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SUMMARY 


The results of the Apollo-Soyuz extreme ultra- 
violet (EUV)/soft x-ray diffuse background survey are 
analyzed to assess the contribution of discrete- 
sources with blackbody or coronal plasma spectra. 
Blackbody emitters in the EUV must be less luminous 
and more numerous than hot white dwarfs (T2105°?K) in 
order to produce the bulk of the diffuse flux. Signi- 
ficant contributions to the EUV background appear 
likely only if sufficient numbers of white dwarfs 
possess low temperature (1%10°°!K) coronae similar to 
the one suggested for Sirius B. 

KEY WORDS: Extreme ultraviolet background - soft 
x-ray background - stellar coronae - 
x-ray 


I. INTRODUCTION 


The_development of soft x-ray astronomy at 
energies 2150 eV has advanced remarkably in recent 
years, culminating in the significant new observations 
made by HEAQ-1 and HEAO-2 (Einstein). The situation at 
lower energies is quite different: data on extreme- 
ultraviolet (EUV) point sources and the diffuse EUV 
sky background are scarce. Stern and Bowyer (1979) 
have presented results from the most extensive survey 
to date of the EUV/soft x-ray diffuse background, ob- 
tained during the Apollo-Soyuz mission. In that paper, 
the authors assumed that the background radiation from 
80 - 250 eV was produced in a hot component of the in- 
terstellar medium (see Tanaka and Bleeker 1977 for a 
review of previous. soft x ak observations) . Isother- 
mal models with 10°° > 8k were consistent 
with the data, although a cakes result by Cash, 
Malina, and Stern (1976), when compared with the 

llo-Soyuz and Burstein, et. al. (1977) soft x-ray 
Tesults, suggested that a multi-temperature model 
would be more appropriate for EUV and soft x-ray dif- 
fuse fluxes below ~ 250 eV. Paresce and Stern (1980) 
extended this analysis and examined constraints on 
models assuming power-law type temperature distribu- 
tions. 


As a serious alternative to the diffuse plasma 
nodels, we should examine possible contributions to the 
EUV background from unresolved point sources. Known 
stellar EUV sources include the hot white dwarfs HZ 43 
and Feige 24 (Lampton, et. al. 1976, Margon, et. al. 
1976), the flare star Proxima Centauri (Haisch, et. al. 


a977), and the dwarf nova SS Cygni (Margon, et. al. 


- 


ae 


1978), indicating that several classes of astronomical 
objects emit EUV radiation. Sirius, although not yet 
detected in the EUV, was first seen in soft x-rays on 
ANS (Mewe et. al. 1975). The recent determination that 
the DA white dwarf in the Sirius system is responsible 
for ~ 95% of the soft x-ray flux (Giacconi 1979) coupl- 
ed with the HEAO-1 results of Lampton, et. al. (1979), 
which are consistent with T ae5 X 10° K and L,, (160- 
280eV) ~ 1078 erg s'', may be taken as evidence for a 
low-temperature corona associated with Sirius B. This 
is likely since an earlier interpretation of the Sirius 
soft x-ray flux in terms of emergent radiation from the 
white dwarf atmosphere (Shipman 1976) has been cast in- 
to doubt by the recent EUV observations of Cash, et. al. 
(1978) and the analysis of Koester (1979). 


a Centauri has been observed to emit soft x-rays 
consistent with a corona at T ~ 10°°7K (Nugent and 
Garmire 1978). Other stellar coronae have apparently 
been observed, though at somewhat higher temperatures 
(see, e.g., Cash, et. al. 1978b, 1979; Walter, et. al., 
1978; Topka, et. al. 1979; Mewe 1979 for a review). 
Very recently, observations on HEAO-2 (Einstein) have 
shown that a wide variety of stars possess coronae, al- 
though the temperatures of most of these coronae are 
uncertain (Vaiana, et. al. 1979, Stern, et. al. 1980). 


Any of the above objects with characteristic 
temperatures ~10°K should produce copious EUV emission. 
The present lack of an all-sky EUV survey comparable to 
either of the HEAO missions, and the absence of strong 
constraints on spatial fluctuations in the diffuse EUV 
background below 100 eV, leave open the possibility 
that thus far unidentified sources of EUV radiation may 
contribute a significant fraction of the EUV background. 
In this paper we will derive constraints on the average 
volume emission integral (for stellar coronae) or the 
average surface area (for blackbody emitters) required 
to produce the diffuse fluxes seen on Apollo-Soyuz. Us- 
ing the properties of the objects already discovered to 
be EUV or very soft x-ray emitters, we will also dis- 
cuss the probable contribution of such discrete sources 
to the observed EUV background. 


II. OBSERVATIONS 


The Apollo-Soyuz background survey has been 
described in detail by Stern and Bowyer (1979). Obser- 
vations were carried out using an extreme-ultraviolet 
telescope (EUVT) that was operated in both a pointed 
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and a scanning mode. The EUVT was sensitive over four 
EUV bandpasses (16-25, 20-73, 80-108, and 80-250 eV) 
with a primary field of view of 2.3° FWHM. Because of 
resonantly scattered solar radiation, the count rates 
seen in the two lower energy channels were used as 
upper limits only to cosmic EUV radiation. Diffuse 
fluxes observed in the two higher energy bands were 
corrected for contributions from both the cosmic ray 
and high energy photon backgrounds through use of a 
continually-monitored opaque shutter. The corrected 
data from a 25° x 25° sky region typical of the ob- 
served background was used to constrain diffuse plasma 
models in the Stern and Bowyer (1979) paper. In the 
analysis that follows here, we will interpret the same 
data under the assumption that the diffuse background 
is produced by a superposition of unresolved point 
sources. 


III. ANALYSIS AND DISCUSSION 


We examined two general classes of point sources: 
blackbody radiators and stellar coronae. The diffuse 
flux at earth that would be observed if a class of ob- 
jects of space density n, pe? were uniformly embedded 
in a neutral interstellar medium with neutral hydrogen 


density n, cm would be (in units of photons cms 


mS Pet 
if n,A,B(E,T) 
I(E,T) = — —————— [1-exp(-N,9(E))], (black- 
An n,0(E) body) 
1 n,A(E,T) <EI> 
I(E,T) = — [1-exp (-N,0(E))], (coro- 


An n,, 0(E) nae) 


where A, is the surface area of each object, 
B(E,T) is the blackbody emissivity (in phot cm’s? 
evi s o(E) the effective interstellar absorption 
cross-section given by Cruddace, et. al. (1974), and 
<EI> the average volume emission integral (Jn 2av) for 
the class of objects. Nu is the neutral hydrogen col- 
umn density corresponding to a "viewing distance" for 
the EUV radiation, and can be set to © in order to de- 
rive minimum requirements for the emission measures or 
areas of each class of point source emitters. We adopt- 
ed the plasma emissivity function A(E,T) (in phot cm? 
s tev!) described by Stern and Bowyer (1979) for all 
classes of coronal objects except the DA white dwarfs, 
which are likely to possess pure-hydrogen coronae if 
they are similar to Sirius B. For this pure-H case, we 
calculated an emissivity function including only brems- 
strahlung and recombination radiation using the com- 
puter code devised by Stern, Wang, and Bowyer (1978). 


Applying the blackbody models, we find accept- 
able fits to the Apollo-Soyuz data for the range of 
temperatures 10°° TS 105*® and N.210!8cm?. We may 
set an upper limit on the space density of these black- 
body emitters by selecting the lowest temperature 
(10°°* K), and thus the highest value of N A,/N,, con- 
sistent with our models. With = 0.1 em”, typical 
for the nearby interstellar medium (Bohlin, Savage, 
and Drake 1978), and A, the typical surface area of a 
white dwarf (with Ry eles 10’cm.), we obtain: 
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Previous limits of 10°* pc-* (Henry, et. al. 
1976) and 5 x 10° pe? (Cash, Malina, and Stern 1976) 


for blackbody emitters at T <10°K were also obtained 
under the assumption of ny=0.1 em >. Wesemael (1978) 


found n, £4 X 10°°pe*® forvhot white dwarfs using 

Vanderhill, et. al.'s (1975) survey, and a grid of 

explicit stellar model atmospheres for n, = 0.1 cm $ 
5°0 H 

and Tope > 10 K. 


A test of the point source hypothesis is provided 
by the measurement of the relative small-scale fluct- 
uation §I/I of the diffuse background, which is relat- 
ed to the number of sources in the field of view of 
the detector. Stern and Bowyer (1979) reported upper 
limits to spatial vatiations in the EUV/soft x-ray 
background of (51/1) ~0.4 for the 80-250 eV band and 
$0.8 for the 80-108 eV band (1 o level). If we conser- 
vatively require at least one unresolved source per 
EUVT field of view, this implies (see, e.g., Gold and 
Pacini 1968; Tanaka and Bleeker 1977): 


ny © 
pe B38? Gry ea 
3 


where Qis the EUVT field of view solid angle 
(1.3 X 10°°sr), D is the "Viewing distance" in pce. For 
vals = 10° pe *, we find D 21 kpc, or the equivalent 
of 10 optical depths at 100 eV (mn, = 0.1). We there- 
fore conclude that, unless the more distant objects 
are up to exp[10] times as luminous as the nearby ob- 
jects, the background should exhibit enormous spatial 
fluctuations (as ft/s Dy+)s which are clearly not 
consistent with the Apollo-Soyuz data. 


If blackbody emitters do not appear likely con- 
tributors to the diffuse EUV background, what of stel- 
lar coronae such as those described in Sec. I? With 
the thin plasma emissivity function described at the 
beginning of this section, we can constrain <EI > once 
we know the average space density of a given class of 
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Fig. 1 (a) - Constraints on the average properties 
of main sequence or giant coronae re- 
quired to reproduce the EUV/soft x- 
ray background intensities. The solid 
line running across the entire figure 
represents L, (160-280 eV)i-= 107% erg 
s . The upper limits (connected by 
dashed lines) are from the results of 
Cash, et. al. (1978b) for a Aur. The 
dotted and hatched areas at the left 
indicate the constraints on tempera- 
ture and emission integral for stellar 
soft x-ray sources assumed to possess 
coronae, We have assumed space densi- 
ties of Drag 1073"? pce~* for giants, 
and 101°? for main sequence stars 
(Allen, 1973). 
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£23 (PURE H) 


ALL WD'S 
(SOLAR PLASMA) 


SIRIUS B 
LIMITS 


5.0 6.0 7.0 
LOG T 
ig. 1 (b) - Same as Figure 1(a), except for the 


case of white dwarf coronae. In the 
case of the DA white dwarfs, a pure 
hydrogen coronal plasma is assumed. 
The constraints on a corona for Sirius 
B are also shown. The dashed line is a 
contour of L_ = 107% erg s"! for a pure 
hydrogen plaéma, the solid line the 
same for a solar abundance plasma. 
Here we have assumed n, = 1On2 espe 
for all white dwarfs, and 10°?"7 pc? 
for DA white dwarfs (Allen, 1973) 
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yurces. In Figure la we present our results for both 
jin-sequence stars and giants with solar-abundance 
yronae, and in Figure lb we present results for white 
varf coronae for the cases of solar abundances and 
ire hydrogen composition. In each figure we indicate 
we value of <EI> for each’class that would be requir- 
i to reproduce the entire diffuse EUV flux as a func- 
lon of temperature. We also indicate in each figure 
ne observed properties of detected point sources of 
9ft x-rays, and a contour of 160-280 eV luminosity = 
Y* erg at in order to facilitate comparison with 
revious soft x-ray studies. In all cases, we have as- 
imed ny = 0.1 and Ny? oo, 

If the observed emission integrals and tempera- 
ires shown in Figure l(a) for previously detected 
tellar coronae are typical of main sequence and giant 
tars, it is unlikely that these two classes of astro- 
ical objects can account for the observed EUV back- 
round intensity. The white dwarf case, however, de- 
erves further consideration. Examination of Figure 1 
>) indicates that a class of low-temperature coronae 
imilar to the one suggested for Sirius B could ac- 
sunt for a substantial fraction of the EUV/ 
ackground. In fact, this scenario would account for 
he entire background if all white dwarfs (or in the 
ase of _pure-H coronae, all DA's) had such coronae 
ith T >10°°' K. 

There are several uncertainties inherent in this 
aterpretation. The fraction of white dwarfs that are 
oft x-ray emitters is unknown at present. Prior ob- 
ervational limits on white dwarf coronal luminosities 
®.g., Vanderhill, et. al. 1975) in the soft x-ray 
and are not very useful for this work, since they 
ave typically been two or more orders of magnitude 
igher than the Sirius B luminosity. In addition, low 
mperature coronae with soft x-ray luminosities ~ 
) **erg s ~' can probably be detected on current sa- 
ellites like HEAO-2 (Einstein) only at distances 


40 pe. A sensitive EUV survey would be most useful 
hn this regard because of the significantly greater 
lasma emissivity below 100 eV at temperatures < 10°K. 


a 


es. 
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Better limits on spatial fluctuations at EUV en- 

ergies are also needed. The best soft x-ray limit to 
date of (§I/I) S 9% (Levine, et. al. 1977) for the 
90-150 eV band (field-of-view ~ 6°) was taken solely 
from proportional counter pulse-height data with typi- 
cal energy resolution A E/E~ 1. Since Levine, et. 
al.'s instrument had a peak sensitivity near ~150 eV, 
spatial fluctuations at the low-energy end of their 
bandpass could well have been masked by a more uniform 
diffuse flux at higher energies. Thus, while the basic 
conclusion of Levine, et. al. is probably correct, 
i. e., that the soft x-ray background does not arise 
from a superposition of unresolved point sources, we 
cannot at present rule out substantial contributions 
to the lower energy EUV background from stellar, and 
in particular, white dwarf coronae. 
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[he Crab Nebula — A Model 


W. Kundt?* and E. Krotscheck? 
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Summary. We present a parameter-free model for the Crab 
nebula and its central source, involving calculations of the 
lynamics and radiation of the relativistic material which 
bmanates from the pulsar. The main features of the model are: 


(i) The pulsar injects electrons and positrons whose energies 
are distributed according to the power law: N,dy ~ y~*:?dy, 
with a lower cutoff near y = 3 10°, and probably an upper cut- 
off near y = 10°. (ii) If ions are injected by the pulsar, they are 
energetically insignificant. (iii) The injected energy rates of low 
frequency (30 Hz) waves Ly, particles Lp, and magnetic flux Lz 
satisfy approximately: Ly:Lp:Lg = 1:1:10~%. (iv) The inner 
part of the nebula is filled with multiply reflected 30 Hz waves, 
of field strength Be S 10~% G, which bounce off the thermal 
component. (v) The thermal component has filamentary 
structure, of various diameters (between <10'° and 3 10!* cm), 
filling factor some 2°%, but completely enveloping the pulsar. 
[ts mass amounts to = 3 Mo. (vi) The observed pulsed radiation, 
from y-ray down to X-ray energies, is emitted by extremely 
relativistic particles on their way from the pulsar out to the 
ebula, whose inner edge is located at r = Rs ~ lly. The 
transient third X-ray peak (besides pulse and interpulse) is a 
detour effect, produced at the inner edge of the nebula. (vii) The 
kinks in the pulsed spectrum, near photon energies of 10 MeV 
and 1 keV, are due to the onset of different pulse smearing 
mechanisms (detouring). (viii) The radiation below optical 
frequencies comes from electrons and positrons stowed in the 
Outer parts of the nebula, of distribution N,dy ~ y~* dy, 
y = 10?, filling factor ~ 98%. (ix) The wisps are the result of 
Stimulated optical emission at the inner edge of the nebula, in 
preferred directions: they are a laser phenomenon. Their offset 
in latitude from the pulsar, by 176, is an aberration effect. 

Moreover we find from pressure balance that the bulk mass 
of the nebula has been post-accelerated by the multiply reflected 
30 Hz waves, not by the injected plasma. The observed prolate 
elliptical shape of the nebula is too pronounced to be the result 
of post-acceleration. We conclude that the explosion has 
Produced cigar shape orientated with respect to the progenitor’s 
spin axis. 

The possible existence of a second neutron star inside the 
nebula is discussed. 


Key words: Crab nebula — the wisps — y-ray pulses — Crab 
Pulsar — supernova remnants 
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1. Introduction 


Our model for the Crab attempts a consistent and unique 
description of the vast observed geometrical, spectral, and 
temporal structure. It is largely a refinement of earlier work by 
Rees and Gunn (1974). Before outlining its main features in 
Sects. 2a—2z,. and justifying them in Sects. 3-7, we find it 
appropriate to start with a short description: 

The nebula consists of three components: (1) the massive, 
low-magnetic stellar remnant of high density which has 
filamentary geometry. It is often called the thermal component, 
and wrapped into enhanced magnetic fields. (2) the almost 
weightless, magnetized, collision-free relativistic plasma injected 
by the pulsar which fills most of the volume, and leaks through 
the porous low-magnetic component. Its pressure is (presently) 
comparable to the ram pressure of the interstellar medium. (3) 
Low frequency (30 Hz) electromagnetic waves of almost con- 
stant density (and pressure) which traverse the volume inside 
the thermal component. They are reflected by the thermal 
component, but hardly absorbed. 

Components (1) and (2) perform a more or less ordered 
radial motion. The velocity of the relativistic component (2) is 
reduced from xc to almost c/2 at an inner shock front, the 
“inner edge of the nebula’’, in a thin boundary layer (which is 
ignored by the low frequency waves), and further monotonically 
reduced to some (6*3) 10~* c near the outer edge by magnetic 
flux compression (Trimble and Rees, 1970). At the inner edge, 
injected particles and fields join the radial motion like people 
joining a (slowly moving) queue. 

The magnetic flux injected by the pulsar has toroidal 
geometry. It is frozen into the expanding plasma, and estab- 
lishes a narrow spiral pattern similar to the grooves of a record. 
It gets hooked up when trailing filaments are’ overtaken. 

Contrary to a widespread doctrine, the pressure of the 
relativistic plasma does not suffice to perform any noticeable 
post-acceleration of the (heavy) thermal component: the 
observed small excess velocity of the filaments is due to the 
(rather isotropic) pressure of the 30 Hz waves. Consequently, 
the cigar shape of the nebula is a result of the supernova 
explosion. 

The relativistic component consists essentially of electrons 
and positrons, with a power law spectrum N,dy ~ y~??dy cut 
Off at ymin = 3 105, and.at ymax ~ 10°. 

The wisps mark directions of enhanced (stimulated, optical) 
synchro-Compton emission in the 30 Hz wave field, near the 
inner edge (= injection sphere, of radius | ly); they area surface 
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phenomenon. Their motion is a phase velocity due to non-steady 
injection and/or oscillations of the nebular plasma. Their 
(somewhat tilted) orientation may reveal a tilt in the spin axis 
orientation of the pulsar acquired during the supernova 
explosion. Their length measures pitch angle excitation. 

The thin wisp, like the other wisps, is the locus of points on 
the injection sphere in which particle velocities are directed 
towards us. Its displacement by 1/6 w.r.t. the pulsar results 
from a small common transverse poleward velocity component. 
It is the symmetry center between the main wisps and the 
“anvil” (= anti wisps). 

The non-thermal radiation spectrum, when plotted as log 
(vI,) versus log v, has the shape of an elephant; see Fig. 3. Its 
optical “forehead”? marks a lower cut-off of the injected 
particle energies (due to phase-riding the low frequency waves). 
Its X-ray ‘“‘back”’ reveals an injected power law spectrum. Its 
(pulsed) y-ray “tail” hangs down because of increasingly 
stronger magnetic fields at the location where the energy is 
radiated (in the wind zone of the pulsar), and wiggles as a 
result of a nonsteady wave bath and/or particle injection. Its 
radio “trunk” is produced by the degraded electrons and 
positrons stowed in the outer parts of the nebula. And the 
(irregularly pulsed) ultra-hard y-ray “‘dirt”? may stem from 
inverse Compton collisions between the injected e*, and near- 
optical photons. 

The pulsed fraction, from y-ray down to X-ray energies, is 
due to synchro-Compton radiation of the highest energy 
particles when moving towards us through the low frequency 
wave bath, still inside and up to the injection sphere. On short 
time scales compared with wave bath fluctuations (= weeks) it 
measures the temporal behaviour of the injected pulsar wind 
intensity. The interpulse may come from particles from the 
farther pole; its (relative) phase advance is explained by a 
stronger forward bending of the particle trajectories from the 
farther pole. The transient third X-ray pulse may be produced 
at the inner edge of the nebula, as the X-ray analogue of the thin 
optical wisp. 


2. Outline of the Model 


This section will elaborate on the theses posed in the introduc- 
tion by listing justifications, whilst leaving detailed calculations 
for subsequent sections. 


a. Mass of the Nebula 


There are four dynamical stages in the evolution of a supernova 
remnant (cf. Gull, 1975); (i) an initial expansion into near- 
vacuum, (ii) the Sedov (or Taylor) stage when the interstellar 
mass Swept up by the filaments grows comparable to their own 
mass, which may be described by a similarity solution, (iii) the 
snowplow stage when the expanding shell is strongly decelerated 
by the swept-up mass, and (iv) the diffusion stage during which 
the remnant blends with the galaxy: During stages (i) through 
(iii), the nebular radius grows in proportion to t* where « = 1, 
2/5, 1/4 respectively. Towards the end of stage (i), the internal 
pressure of the expanding nebula drops below the ambient 
interstellar ram pressure, and Rayleigh-Taylor instabilities can 
allow the implosive penetration of interstellar plasma into the 
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interior of the supernova shell. The Crab nebula finds itse| 
presently in stage (i). 

This statement is based on a swept-up mass of order 10> 
Mp5, as evaluated in Eq. (5) below, and on a nebular mag} 
My = 3 Mg. The latter estimate derives from the followin] 
three observations: (i) The local transverse velocity Upsr > 
1.2 10? kms~! of the Crab pulsar (as measured by Wyckoff anj 
Murray, 1977) is probably due to binary fission, liberating tw} 
neutron stars, cf. Kundt (1977b); one infers My = 2 Myx E 
2.8 Mo. (ki) The same measurement reveals a rather smaj 
velocity of the filamentary shell, less than some 30 kms *} 
momentum conservation during the (last) supernova explosioj 
implies My > 2 Myx; whereby account has been taken of { 
moderate common velocity preceding this explosion (Kund# 
1978). (iii) Direct estimates of the thermal radiation from thi 
(rather fine-meshed, and stratified) filamentary network giv! 
comparable values, cf. Davidson (1976, 1978), Miller (1978). | 
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b. Post-acceleration 


When seen in continuum (non-thermal) radiation, both optical 
or radio, the inner part of the Crab nebula has elliptical shape} 
(exceptions can be explained by the intervention of dens} 
cloudlets). Its observed expansion has been interpreted as dul 
to an initial explosion followed by a post-acceleration by thi 
relativistic pulsar wind (cf. Ostriker and Gunn, 1969; Boden} 
heimer and Ostriker, 1974; Chevalier, 1977). The pressur 
necessary to achieve the observed velocity excess \v/v = 0.0! 
of the filaments over the ratio of radial distance by age of thi 
nebula (Wyckoff and Murray, 1977) equals that of a wave field) 
of strength Bo = 0.7 10-* G(My/3Mo)"2rye'?_ if exerted a 
distance r from the centre of the nebula (of mass My). (Thi 
index C stands for “‘cavity”’). We attribute it to the low fre’ 
quency waves accumulated in the nebula after some 30 reflec} 
tions. Bc should therefore be of order <mG, which is thé 
strength obtained when ~ 20% of the energy output AE of the 
Crab pulsar since birth is converted into waves filling a spherical 
volume of radius Ry ~ 3 ly: 


AT eae 3 1/2 ; 


The force of this wave field is some 30 times stronger than tha’ 
of the relativistic particles exerted at the inner edge of the 
nebula. It will be less than twice as strong in axial directions 
than in equatorial ones (twice because produced by a rotating 
dipole, less than because of fewer reflections due to a longei 
traverse, and, isotropization). Nevertheless, we regard it as toc 
weak to explain the elongation of the nebula by a factor 1.6. 


c. Energy Input by the Pulsar 


In Eq. (1) we assumed a total energy output AE of the pulsar of 
order AE = 10%? erg. This number has been obtained as 
NE = J Ldt where L = L(t) is the total emitted power. If L(r) 
obeys a power law belonging to the braking index n= QG/02, 
VIZ 


Lw ad ab LD ee (2) 


and if use is made of the observed values of Q, 2, and the 
nebular age fo = 0.92 10% yr, the ratio if Ldt/L(to): to can be 
shown to range from 2 to 3.8 for m ranging from 2 to 3. The 
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esent power L(fo) can be estimated from the (more or less 
sotropic) nebular luminosity Ly which peaks in the ultraviolet, 
nd integrates up to (cf. Fig. 3): 


w = 1.6 10%* erg s~1 (d/2 kpc)? (3) 


there d = 0.6 107? cm is the assumed distance from Earth. If 
alf of the energy escapes as 30 Hz waves, and the other half as 
lativistic particles, we find for a measured n = 2.5 (at present): 


\E = 3L(to)+to © 6Lyto = 3 104° erg (d/2 kpc)?, (4) 


s assumed above. 7 in Eq. (2) comes out as 0.7 10°*° yr. 


. Cigar Shape 


‘or a small and not too anisotropic post-acceleration, one is 
yrced to interpret the observed elliptical shape of the nebula 
s due to the initial explosion. Its major axis is more or less 
erpendicular to the average nebular magnetic field, the latter 
iferred from polarization measurements, hence roughly 
arallel to the spin axis 2syrz of the pulsar. We should like to 
onclude that the nebula has cigar shape. This important result 
lows more directly from (i) a linear increase in redshift of the 
727 A[O uJ-line towards northwest, indicating an inclination 
ngle of some 25° [Mayall’s measurement, quoted in Shklovsky 
1968) on page 215], and from (ii) Trimble’s (1968) filament 
elocity plots in three coordinate planes. The cigar shape is a 
rong indication of a magnetically driven supernova explosion 
f. Kundt, 1976a; Bisnovatyi-Kogan et al., 1976). Note that the 
Sherical shape of remnants like Cas A need not be counter 
xamples: On the one hand, their axis may point towards us 
he magnetic knots being filaments seen edge on). On the other 
and, the degree of prolateness’of a young supernova remnant 
1ay depend on the mass in the protostellar envelope. Note also 
iat the snowplow effect tends to sphere remnants during stage 
i). 

At closer inspection, one realizes an average angle of order 
8° between the orientation of the wisps and the nebular minor 
xis, cf. Fig. 1. If the wisps indicate the orientation Qpsz of the 
resent spin axis of the pulsar (as their normal), one is urged to 
onclude that it has been tilted during the supernova explosion 
rough an angle whose projection on the sky is of order 18°. 
uch a tilt may not be unreasonable, considering that the spin 
lay have been suddenly decreased by a factor between 2 and 
», 


_ Swept-up Mass 

igure 1 shows that the outer intensity contours of the Crab 
ebula deviate from elliptical shape. They may be influenced 
y a relative motion of the interstellar gas. The particle density 
in the vicinity of the Crab is probably smaller than 10-1 cm~°, 
ence the swept-up mass 


M = 3 107? gRign_, (5) 


of order 10>? Mo (Rio= nebular radius/10 light-years). Only 
1¢ light relativistic component can be slowed down by so little 
lass. Here we assume a total filamentary mass 2 3 Mo, as 


rgued above. 


Motion of the Relativistic Component 


yhereas most of the mass of the nebula will reside in the 
lamentary shell, most of its volume is occupied by an extreme 
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Fig. 1. Idealized drawing of the Crab nebula as seen in con- 
tinuum radiation (optical or radio, except for the wisps and the 
approaching northern jet (spur), cf. Wyckoff and Wehinger, 
1977). vpsp is the observed transverse velocity of the pulsar 
w.r.t. the local rest system, of magnitude 1.2 10? kms7? 
(d/2 kpc) (see Wyckoff and Murray, 1977). snp is the projected 
spin axis of the stellar core before the supernova explosion, 
assumed to coincide with the major principal axis, and roughly 
with the overall direction of (linear) polarization. Its sign would 
correspond to positive residual circular polarization. In reality 
all intensities are higher in the upper half w.r.t. the pulsar, due 
(supposedly) to higher plasma densities in the (somewhat 
inclined) equatorial plane, and to asymmetric absorption by 
local intervening matter (mainly in the southeast and north- 
west part of the injection sphere). The asymmetry may be 
caused by a relative motion between pulsar and nebula. The 
relativistic wind of the pulsar runs into ja shock at some almost 
spherical surface r ~ Rs; we argue that Rs = | ly. The wisps 
are interpreted as latitude directions of (enhanced) stimulated 
optical emission on this sphere. The thin wisp lies at their 
centre. Its displacement in latitude by 16 w.r.t. the pulsar is an 
aberration effect, corresponding to a small transverse plasma 
velocity of order 4 10-? c: we see the forward-peaked synchro- 
Compton radiation of relativistic particles when they pierce 
the shock front. The tilt of the wisp array w.r.t. the axis of the 
nebula (by some 18°) may be due toa tilt of the spin axis of the 
pulsar during the supernova explosion. The outer contour of 
the nebula may result from ram pressure confinement by the 
interstellar medium, of (relative) velocity vis. 


relativistic, magnetized plasma which has been injected by the 
pulsar. Plasma and magnetic field are frozen together by the 
comparatively high conductivity, on the scale of some 10° 
Larmor radii Rg: 


(6) 


where B is the toroidal magnetic field in Gauss, and y is the 
thermal Lorentz factor of the relativistic electrons and positrons: 
The magnetic field diffusion time scale fg is 


te = al?/c? = 410? yro_yh2 


Rg = ym,.c?/eB = 107% cmye/B-s, 


(7) 
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on length scales / = 101° cm, for a collision-free plasma con- 
ductivity o = 0.6 10-1 s~1 (n_s/y4)"? typical for the inner part 
of the nebula, see Sect. 4. Consequently, particle diffusion, 
magnetic field decay, and blending between the relativistic 
plasma and the low-magnetic protostellar matter can be safely 
ignored (except for surface effects). We also expect turbulence 
to be negligible because (i) the energy stored in the toroidal 
magnetic field would be increased by turbulence, (ii) our 
solution of the equations of motion shows that the energy 
density ratio g= s/np of toroidal magnetic field over particles 
is small in the inner parts of the nebula, ranging from order 
10~° at the inner edge to order unity near the outer edge; hence 
the rigidity of the relativistic plasma favours ordered radial 
motion; (iii) the massive filamentary network moves radially 
(Trimble, 1968) and guides the subsonic motion of the relativis- 
tic component via ‘“‘ magnetic friction’’; (iv) radially expanding 
plasma layers have been seen as “ bright” and “dark lanes”, and 
as “‘myriad filamentary features (fibres)’”’, see Scargle (1969a,b). 


g. Pulsar Wind 


The Crab pulsar drives a relativistic wind which is composed of 
(cf. Ostriker and Gunn, 1971; Goldreich et al., 1971; Cheng 
et al., 1976; Cheng and Ruderman, 1977): (i) Low frequency 
(30 Hz) waves from a rotating inclined magnetic dipole, whose 
polarization is circular along the (present) spin axis, and linear 
along the equatorial plane (hence parallel to the wisps in our 
model), (ii) extremely relativistic electrons, positrons, and 
hardly ions, which escape from the polar cap regions of the 
neutron star along the open magnetic field lines, and (iii) 
magnetic flux frozen into the escaping charges, which has 
opposite sign for the two polar cap regions, and is drawn out 
into the nebula. 

For an almost perpendicular magnetic rotator, most of the 
energy escapes from the near zone in the form of waves. In our 
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Fig. 2. Schematic drawing of the inner edge of the Crab 
nebula, intersected by a plane at right angles to the orientation 
of the wisps. This plane is interpreted to contain the (present) 
spin axis 2psp of the pulsar, which is drawn at a small inclina- 
tion angle for greater clarity. The injection sphere may be 
somewhat oblate due to a latitude dependent pulsar wind. 


model, the Crab pulsar is nearly perpendicular because ((jj | 
pulse and interpulse have roughly the same energy for X-ray 
and higher energies, but the 2 poles cannot be symmetricall} 
oriented as the wisp pattern is highly biassed; and (ii) therjj 
must be a large amount of flux compensation from the 2 pole) 
as otherwise the toroidal field injected into the nebula would bi} 
comparable in strength to the wave field, and much stronger i 
the outer parts of the nebula by flux conservation, in disagree 
ment with the data; cf. Sect. 5. Moreover (iii), polar cap heatinj 
by stray particles hitting the surface would have been observe} 
as a thermal point source if its power exceeded 3 10*° erg s~? =} 
10-8 times the total power of the pulsar (Wolff et al., 1975] 
Particle production should therefore be an energeticalll) 
insignificant process. 


h. Electron-positron Plasma 


There are the following seven indications that the wind of thip 
Crab pulsar cannot contain a significant fraction of ions: (ij 
The present non-thermal luminosity of the Crab nebula need) 
some 3 10*° electrons and positrons, corresponding to aij 
injection rate of some 4 10%8 s~! throughout the past 10° yr 
(these numbers will be derived shortly). This is some 10* time 
the maximal particle flux to be extracted from a (charge) 
separated) Goldreich-Julian magnetosphere. One concludes thé 
particles must be produced somewhere between the stella 
surface and the nebula, via spark discharges. They should bj 
electron-positron pairs. (ii) This same conclusion is indicated i1) 
magnetospheric models, from the conservation of electri 
current along curved field lines through an almost force-fref 
plasma: a one-component plasma is thereby ruled out (cfi}* 
Cheng and Ruderman, 1977). (iii) If charges of opposite sigt| 
had different masses, a rate in excess of 2B,c?y2jn/eQ = 10°! 
Y2un S-' would modify the Gunn-Ostriker mechanism such tha} 
electrons absorb a minor share of the total power (the index J’ 
stands for ‘“‘speed-of-light cylinder”’, ymin== injection Lorentz} 
factor of slowest component). (iv) The dynamical model of the 
nebula presented in Sect. 5 tells us that an ion component mus} 
be energetically insignificant: ions would preserve their stiffness 
(y-factor), thus preventing the plasma from fast enougt| 
(stationary) slowdown. (v) The high (peak) flux density in botk 
the (coherent) radio and (probably incoherent) optical pulses 
asks for some 10* times the shunting (Goldreich-Julian) 
density (cf. Goldreich et al., 1972). (vi) Low intensity radic 
subpulses of (other) pulsars show often circular polarization 
of opposite sign at the two wings, reminiscent of synchrotron 
radiation from an overall charge neutral bunch of electrons and 
positrons held together by electric attraction. (vii) Synchrotron 
radiation from just electrons, of Lorentz factor y, would be 
S0.7% yz! circularly polarized, in marginal conflict with 
observations (cf. Andrew et al. 1967). 

Moreover, Leventhal et al. (1977) have seen a y-ray line of 
(400 + 1) keV from the direction of the Crab which could be 
interpreted as due to stimulated electron-positron annihilation) 
at the surface of a 1.4 Mg neutron star, produced by 10** s~*/N 
positrons (where N is the coherence factor, perhaps larger than} 
10, for emission at preferred angles w.r.t. the magnetic field). 
See, however, Ling et al. (1977) who dispute the result. Note# 
that both the pulsar and nebular plasma are essentially collision- 
less so that the recombination line should lie below present-day |} 
threshold, except possibly at the polar caps of the star, as 
speculated by Varmi (1977). 
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Vindzone Interactions 


n the charges escape from the speed-of-light cylinder of the 
ar, driven e.g. by centrifugal forces, they are seized by the 
trong E x B-force of the forming wave. They will then be 
jost-accelerated by the Gunn-Ostriker mechanism until wave 
ind particles approach energy equipartition. How close they 
fet to equipartition is beyond our present knowledge, but a 
leviation by more than a factor 3 would cause unpleasant 
liserepancies in several of our subsequent estimates. We there- 
ore assume equipartition between wave and particle energy. 

The alternating magnetic flux dragged along by successive 
‘tharge bunches from opposite polar caps cannot stay frozen 
nto the plasma for very long, because of a decrease in charge 
lensity due to spherical expansion (charge carriers would have 
0 flow at superluminal velocities). Field line reconnection will 
lestroy adjacent flux lines of opposite orientation within a 
naximum distance Ry from the pulsar given by 


Ry/R, & 4xnzec/QB, x 104 (8) 


where R, = c/Q ~ 10° cm is the speed-of-light radius, n = 
particle number density, and an index L denotes evaluation at 
*= R,. Beyondr = Ry, only the excess magnetic flux (from the 
aearer minus from the farther pole) will be convected into the 
rebula. 


|, Injected Electron-positron Rate 


There are two independent ways to estimate the particle number 
(injected by the pulsar, whose coincident results lend support to 
the model. First we estimate the number Ns of e* contributing 
the luminosity of the nebula at its brightness maximum. The 
1 power L residing in the relativistic wind must amount to 
power lost by the rotating neutron star: 


= —JOO = 310° ergs! Ina, (9) 


where / is the neutron star’s moment of inertia, and 2 its 
angular velocity. L should approximately equal twice the total 
radiation Ly from the nebula, because the particles of y-factor 
210° lose their energy via synchro-Compton radiation on a 
(short) time scale 


lv/rl = ty S 3m3c®/4ye*B? = 8yrys* B22. 


The nebular radiation power Ly peaks in the ultraviolet, near 
Vmax = 10'° Hz, which implies an average y-factor of the radi- 
ating electrons 


&> = (Ar maxmec/3eBs)"? = 5 10°B=4/2. 


(10) 


(11) 


Dividing the injected (equipartition) particle power Lp ~ Ly, 
Eq. (3), by the average particle energy <y>m.c? yields the mini- 
mum injected particle number rate Ns (at r = Rs): 


Ns = 410° 5-1 Buz. (12) 


Figure 3 suggests that the cut-off in injected particle number 
below y = 3 10° is sharp, and in any case steeper than power 
1.6 in y; if it is much steeper than power 2.2, Ns should equal 
presently injected particle rate to within a factor 2, say. 

Within our model, all the injected particles must eventually 
tribute to the radio luminosity of the nebula, after having 
ded to a y of order 10?, at large distances from the centre. 
us estimate their number N: the spectrum and spatial extent 
w et al., 1964) tell that most of the particles radiate near 
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Fig. 3. Spectral density of the Crab nebula, and of the pulsed 
radiation from its central region (dotted lines), based upon the 
data given in Apparao (1973), Becklin et al. (1973), Bennett 
et al. (1977), Carpenter et al. (1976), Erickson et al., (1976), 
Greisen et al. (1975), Bruber and Ling (1977), Gupta et al. 
(1978), Jennings et al. (1974), Kniffen et al. (1974), Laros et al. 
(1973), McBreen et al. (1973), Sch6nfelder et al. (1975), Thomas 
and Fenton (1975), Thompson et al. (1977), Walraven et al. 
(1975), and Weinberg and Silk (1976). Note that we have 
preferred to plot log (v/,) rather than the conventional log (/,) 
versus log v, because it shows more clearly how the energy is 
distributed. Note also that the part of the spectrum near its 
maximum, and that above 10? keV, are still somewhat disputed, 
and that the latter part shows time variability. 


vy, = 2107 Hz, with a (radio) luminosity Lp. ~ 2 10°? ergs~* 
(d/2 kpc)?. Magnetic flux conservation will allow us to conclude 
(in Sect. 3) that the toroidal magnetic field should rise to several 
10-*G in the outer parts of the nebula. Also, a substantial 
fraction of the 30 Hz waves may have leaked into the outer 
parts of the nebula, of field strength Bo. < 10~°% G, so that (for 


synchrotron, or synchro-Compton radiation): 
N = Lp-9m,c?/8re?< By >v, © 3 1049¢B, p=}. (13) 


Unless there is a source of electrons in the nebula, this number 
should agree with the time integral Ns of Eq. (12): 


Ng = f Neit = 10% BYZ [ LdsL(t)-to = 3:10 BMG, (14) 
cf. derivation of Eq. (4). This means that 
N/Ns © ¢Bi>=3Bs,~3, (15) 


where <B,> is the average transverse magnetic field in the nebula, 
and Bs; that near the injection sphere. 

The slight discrepancy for <B,>-3Bs 2 < 1 may find one 
or a combination of the following three explanations: (i) at 
earlier epochs, the average y-factor of the injected particles was 
smaller than today, by some factor of order 2; (ii) there is a 
significant contribution to the radio luminosity from thin 
magnetized surface layers of the filaments; (ili) the past electro- 
magnetic luminosity is underestimated by a (shifted) power law 
belonging to a braking index n S 3. 


k. Constitution of the Relativistic Component 


What is the fate of the low frequency waves? In order to answer 
this question we have to determine the optical properties of the 
nebular components. The relativistic component has an electron 
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(plus positron) number density ”,. at injection (r = Rs) which 
follows from Eq. (12): 


nd Rs) = Ns/4rR3cB = 10-9 cm-? B-}, (16) 
where v = cf is its gyrocentre velocity. There may not exist a 
better vacuum in the Universe! Here Rs = | ly has been used, 


which is suggested by the size and curvature of the wisps, and 
independently by the radial dependence of B,(r). It also follows, 
within our model, from the spatial extent of the non-thermal 
optical and soft X-ray radiation. 

Throughout the nebula, particle number conservation 
implies 


ner?B = const. (17) 


The radial distance r grows from the inner shock radius Rs to 
the outer shock radius Ry by some factor between 3 and 5, and 
B decreases from | to between 3 107% and 6 10~%, so that n-. 
grows from its injection value (before the shock; which was 
larger in the past) n.(Rs) 2 10~°cm~® by a factor between 10 
and 30 towards the outer edge: 


lOmicmecss 777) = 21054 cms 


(18) 


the upper limit follows from Eq. (13): 
Such an electron plasma, of average Lorentz factor <y> S 


5 10°, has a (relativistic) plasma frequency 
Ge = Anne |yinee Ss 100 sa* nieve t 2) 


(19) 


This plasma convects a frozen-in toroidal magnetic field 
Bo which satisfies 


BorB = const (20) 
due to flux conservation, and has a strength of order 
BCR) = 105>G (21) 


before injection, inferred either from its boundary value at the 
stellar surface (for estimated obliquity), or from the dynamics 
of the relativistic nebular component. But on short time scales, 
the motion of the electrons is controlled by the (stronger) 30 Hz 
waves, corresponding to a Larmor frequency 


@p = eBlym.c = 0.287) B_sys?. (22) 


|. Propagation of the LF Waves 


Waves with frequencies above the internal resonances of a 
medium have propagation behaviour like in vacuum; in the 
case of our electron plasma, the condition w > w., @, IS 
marginally satisfied for the 30 Hz waves throughout the nebula 
(wm = 210?s~1, y = 10). In particular, this condition is 
satisfied near the inner edge by a margin of order 10°, so that 
these waves should not be reflected, or scattered. A quantita- 
tive measure is given by the reflection coefficient p, for perpen- 
dicular incidence of weak waves at a discontinuity surface: 


oe a 


T@tiP+@ a 


alt 
where the refractive index = c/¥waye, and absorption coeffici- 
ent & are related to the characteristic frequencies w; by the 
approximate expressions 


2 A 


pw? — R221 — w2/w2(1 + dwz/w) 


2uR X w2/w*r(1 + dwz/w)? (23b) 


ne( Rn) Nivolume. 


| 
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according to the Lorentz- Lorenz polarizability formula. Here 4 
equals +1, or 0 depending on the excited mode (dispersiony 
branch), and 7 is the damping time scale. For w; from (19) and : 


(22), 7 from (24a) and w = 2 10? s~!,'we find np? — Kk? x | 
Ome aey pers Oe ee where pe b= 10=29/2) BOF 22/9 
and 


p. & (w — 1)2/4 ~ 10-2 (23¢ 


at r = Ry for the 30 Hz waves. Note that a smooth shoc 
structure on the scale of a wavelength gives rise to an ever 
smaller value of p,. Consequently, weak low frequency wave 
do not feel the nebular-plasma beyond r = Ry. 
But 30 Hz waves of strength Bo S mG are not weak. Thei 
‘brightness temperature’? equals some 10!° B2 3y5 1 times the 
typical electron “‘temperature”’ ym.c?/A, and induced Compto 
scattering gives rise to non-linear particle acceleration, i.e. tq 
absorption. If, nevertheless, these waves can traverse the Craliy 
cavity many times, they build up an increasingly nonmono} 
chromatic wave bath because the ee pulsar is slowing 
down. For a power-law slowdown @ ~ (tf + 7) 1") with 
= 5/2, cf. Eq: (2), we have =A\Q/2 = At/(neS= Geen) 
(2/3)Ar/(t + 7) x 0.04 after some 30 cavity crossings. We may 
then order-of-magnitude-wise refer to Blandford’s (1973, p. 168) 
thermalization time scale 


Tin © 3:10? prfz 2059/9 (24a 


where f = eB/m.cQ < 10? is the “strength parameter” of the 
waves. This means that wave absorption via particle heating 
may take some 10? cavity crossings. 

The low frequency waves cannot penetrate into the therma 
component, despite their strength: As shown by Max (1973), 
the propagation condition in a non-magnetized plasma reads 


OVS Gaps a (24b)ih 
which expresses the dominance of the displacement current 
over the plasma current; i.e. for strong waves, the plasma 
frequency threshold is lowered by the factor f~ 1’, (correspon: 
ding to a relativistic mass m.f of the charges). In order tclf 
evaluate this criterion we need the density m, of the therma: | 
component (filaments). It derives from pressure equilibrium 
with the wave bath: 2,k7T = By/4m implies 
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for an assumed (optical) temperature T = 10*K. This value 
(for B_; = 1) is some 8 times higher than Osterbrock’s and 
Woltjer’s estimates from spectral line intensities, cf. Apparag| 
(1973) and Davidson (1978); the discrepancy may result from 
the presence of a neutral component, see Davidson (1976), or 
from a pressure gradient inside the nebula and across (acceler- 
ated) filaments, or might mean that B_3 < 0.8, i.e. that our 
estimate in Eq. (1) was high. The plasma frequency w, corres- 
ponding to m, < 10* cm~% is obtained from Eq. (19): w, = 
6 10° s~1 n4/*, and criterion (24b) for propagation becomes 
ORE ONO S 2 Ace 

In order to make sure that propagation is not rendered 
feasible by a sufficiently high gyrofrequency wg, inside the 
thermal component, we estimate its magnetic field. The latter 
should be inherited from the protostellar shell, because its high 
electrical conductivity of order o = 10'*s~1 T?'? does not 
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2w penetration of the ambient magnetic flux beyond surface 
yers of thickness 

t oo 

= c(t/c)/? = 5 10° cm, 


\ 


* Eq. (7). From the condition 


(26) 


we? = const (27) 


yr the variation of magnetic field strength B with matter 
ensity p for a perfect conductor, we estimate B < 10-°G, 
thence wz < 20s~* B_.. In this case, the frequency 30 Hz 
ills within the domain of extinction, between w, and w, 
>@,), and Eqs. (23b) and (23a), with w, replaced by w,f-1/? 
yr strong waves, yields uy? — Kk? = — 10%®fz1, 2uk x 10-19 
+) and: 


— pi © 4y/k? x 10-29 2/2, (28) 


1 other words: the thermal component acts like a perfect 
iitror for 30 Hz waves. The density jump from some 107-7 
m~* to some 104 cm~® [Egs. (18) and (25)], should happen on 
1e flux diffusion scale height / given in Eq. (26), that is on the 
sale of one wavelength; which means that the discontinuous 
pproximation used in Eq. (28) should be reasonable. 

' Again we should not be too confident in applying standard 
1eory quantitatively to the strong 30 Hz waves in the Crab 
avity, but here are two remarks of confidence: (i) The currents 
1 the filaments needed to reflect a mG — 30 Hz wave require 
xtremely non-relativistic velocities of the charges; (ii) Salvati 
1976) has pointed out that a selective snowplow effect estab- 
shes a dipole layer at the boundary that increases the opacity. 


1. The LF Wave Bath 


We therefore envisage the Crab nebula as a non-transparent 
ocoon formed from a network of filaments, like strings of 
oats in a harbour, enclosing a cavity of multi-reflected 30 Hz 
javes. The sizes of the filaments may be distributed according 
9 a power law ranging from the largest ones, of diameter 
$3 10'°cm, down to the scale of electron Larmor radii 
~10** cm). Some of the 30 Hz photons may be able to leak 
ito the outer parts of the nebula, but only after multiple 
eflections. A power law distribution of filament sizes may be 
he result of Rayleigh-Taylor instabilities during the supernova 
ecelerations as well as of ongoing instabilities. It rules out the 
Ossibility of a reverse shock in the nebula (Gull, 1975) because 
f the absence of pressure contact between individual filaments. 
his scenario is supported by the following eight facts: (i) The 
ressure confining the plasma in the filaments and (ii) the 
oor: needed for their post-acceleration are some 30 times 
igher than L/4mr?c. (iii) The number of radio emitting electrons 
quals the time-integrated injected electron rate only if B is 
imilarly strong, Eq. (15). (iv) Synchro-Compton radiation 
rom electrons in a purely outgoing wave would show a signifi- 
t amount of circular polarization. This fact will be discussed 
20n, as well as: (v) the remarkably small extent of the optical 
nd X-ray region and (vi) the existence of X-ray and y-ray 
. More directly, (vii) the dispersion measure f nds of the 
ulsar shows temporal variations of order +1.5 10'7 cm~? on 
me scales of some 10? d, corresponding to a filamentary layer 
variable thickness Ad ~ 3 10'* cm nj*, Isaacman (1977), 
et al. (1978). These observations can only be used to set a 
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lower limit to the screening filamentary mass. (viii) Strong and 
irregular variability on time scales of some 10? d, uncorrelated 
with that of the dispersion measure, has also been observed for 
the scintillation decorrelation time (Vandenberg, 1976; Isaac- 
man and Rankin, 1977). Interpretations are strongly model 
dependent but seem to prove filamentary motion (cf. Lee, 1977). 

On the other hand, an absence of thermal free-free absorp- 
tion of the central compact radio source near 10 MHz (= the 
smeared-out radio pulses) would seem to restrict the thickness 
of the ionized absorbing layer to Ad < 3 10'4 cm nj *v3T?!?, a 
rather low value (cf. Bridle, 1970; Vandenberg et al., 1976). 
There is a possibility, however, that such free-free absorption 
can be compensated by the action of a RASER (= radio 
analogue of a laser): in the nebula, the strong radio pulses from 
the central pulsar have an average brightness temperature 
reaching or exceeding 3 10'°K, and are moreover radially 
beamed. An estimate similar to that around Eq. (98) below 
suggests that they may stimulate enhanced radial radiation of the 
lowest energy electrons (of y-factor 10), thus tapping their 
gyration energy. Free-free absorption by the thermal plasma 
and stimulated emission by the relativistic plasma may therefore 
compensate each other for frequencies in the vicinity of 10 MHz. 

The postulated non-transparency, at 30 Hz, of the filamen- 
tary network can be used to predict a maximum typical diam- 
eter d and a minimum number N, = N,(d, /) of filaments (of 
length /). For 2 30 reflections, the optical depth 7 must satisfy 
65 7 = N,<ddir[V, where V = volume ~ 47r?/3. Expressing 
N; through the shell mass My, filament mass density p 2 
10-71 gcm~3, d and /, yields: <d> = 4 10'° cm (My/3Mo) 70.4 
and N, = 0.6 10* (3 Mo/My)(r/l)70.8; wherein to,, S 1 can be 
much smaller than unity. 


n. Filamentary Shell and Optical Depth 


In view of the importance of the result that the 30 Hz waves are 
reflected (rather than absorbed), we finally revisit the absorption/ 
emission argument of Rees and Gunn (1974), Isotropic (self-) 
absorption and emission are related by 


Tv) = [ K(v)ds = (c?/2v?kT) | eyds (29) 


where the “absorption coefficient” «(v) == —d In J,/ds is related 
to & in Eq. (23) by k = 2kpR, 7 is the optical depth, 7 is an 
effective particle temperature, and e, is the spectral volume 
emissivity. We are interested in 7(30 Hz). e, is observed down to 
vy S$ 30MHz, with f ve,dr ~ 210-°v9:21 ergcem~?s~?, ef. 
Fig. 3, and T is of order 10!7 K yz. An extrapolation of ve, 
0.71 

4/3 


> < . 
for af s rearon where Veut-ore 1S eStimated to be 2 30 MHz, from 


below 30 MHz may follow a power law ~v* with a = { 


the spatial extent observed by Andrew et al. (1964), and because 
Eq. (15) does not allow for many electrons with y < 10?. The 
exponent «even rises tow = 2 below the Razin cut-off t when the 
(frequency dependent) synchrotron vacuum emission cone angle 
Dac = a 1(Vmax/v)* % widens into ®yiasma = (2|1 = p(v)|)*?, 
where » = refractive index (as above); we estimate vg < Hz for 
the inner part of the nebula. From Eq. (29) we now find r(v) = 
3 10-4 v7.8'%yz* for synchrotron self-absorption by the whole 
nebula, at »y < 30 MHz, and concur with Rees and Gunn that 
7(30 Hz) > 1. But in our model, the wave cavity only occupies 
an inner shell of the nebula, of thickness <0.5 ly, which does 
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not contain (degraded) low-y-electrons, and has a much lower 
radio brightness temperature. Near 30 MHz, the synchrotron 
contribution from this inner shell should be (v/vop)*/2~ °°"? & 
4 10-5 times smaller than that of the whole nebula, and the 
effective particle temperature should be ys/yraaio © 10° times 
higher, so that inside the cavity, we find 7c(v) x 107* ys* 
v,.2'%. This estimate assumed isotropic distributions; a more 
accurate evaluation should take into account that particle 
orbit planes are preferentially poloidal whereas the low 
frequency waves have (transverse) elliptical polarization. We 
therefore consider the result consistent with the above estimate 
(24a). 


o. Polarization of the Wave Bath 


Are the reflected waves polarized ? Under reflection, the helicity 
of a photon is inverted, i.e. its perpendicular angular momentum 
component is conserved, its parallel component inverted. This 
follows from the vanishing of the tangential electric field at the 
surface, which implies that incoming and outgoing wave fields 
have the same sense of rotation around the normal to the 
surface. Multiple reflections at inclined angles will therefore 
depolarize the wave bath. f 

The sense of circular polarization of the waves emitted by a 
magnetic rotator is given by its spin, and is constant throughout 
space (the waves have opposite helicities in opposite’ hemi- 
spheres of the equator). Angular momentum conservation 
demands that on average, this sense is shared by the emitted 
synchro-Compton photons. As pointed out by Rees (1971), 
however, synchro-Compton photons from opposite hemi- 
spheres w.r.t. the spin axis have opposite senses of circular 
polarization because the radiating electron, whose velocity 
must point towards us, ‘“‘sees”’ the rotating magnet from oppo- 
site sides. The resolution of this apparent paradox lies in the 
fact that upstream radiation is much more intense than down- 
stream radiation, so that integrated column intensities preferen- 
tially share the sense of the rotating source. Consequently, if the 
30 Hz waves were immediately absorbed by the nebula, the 
nebular radiation from the absorbing shell should show a more 
or less uniform sense of circular polarization. On the other 
hand, this sense must be largely washed out for a cavity with 
many reflections from inclined walls, roughly in proportion to 
intensities. We therefore expect a residual amount of uniform 
circular polarization, of order some 107*, due to dilution 
(210-), projection (+0.2), and to intrinsic circularity of 
synchro-Compton radiation (~m,cQ/eBc ~ 0.1), cf. Rees 
(1971), or Sect. 3; see also Pacini and Salvati (1973). This is 
consistent with the rather difficult and uncertain observations: 
Whereas earlier measurements reported positive circular 
polarization, of degree [<2 10-2, (4 + 5)10~3, (3 + 5)10-+4, 
107%] at frequencies [optical, 40 MHz, optical, 1.4 GHz] 
respectively, namely by [Miss Oetken (1965), Andrew et al. 
(1967), Landstreet and Angel (1971), Weiler (1975)], more recent 
measurements tend to be less conclusive (Oetken, 1966; Martin 
et al., 1972; Hodge and Aller, 1977; Weiler: private communi- 
cation, 1978). Martin and Angel (1974) argue that the optical 
circular polarization can be understood as exclusively of 
interstellar origin. Note that no circular polarization is expected 
(at the level y~*) from synchrotron contributions in the toroidal 
field, because of the opposite gyration senses of electrons and 
positrons. 


p. Shape beyond Optical Frequéncies 


We consider these circular polarization measurements as | 
strong evidence in favour of the existence of a wave bath. A, 
independent, and equally strong evidence comes from th 
observed spatial extent of the nebular emission zones: Som 
90% of the non-thermal optical radiation comes from an ellip{} 
tical region aligned with the axis of the nebula, with semimaje 
axes of order | and 2 light-years respectively. The non-therm 
X-rays appear to come from areas in the sky whose radip. 
shrink from ~1 ly down to and below 0.5 ly, more or les 
monotonically with X-ray energies from order keV to ordef . 
10? keV. These elliptical~X-ray shapes have been measure 
during lunar occultations and may be partly an artefact of 
dust atmosphere of the Moon, (Kundt, to be published), suc 
that the true extent of the source is smaller and more spheric 
And the y-rays must come from a point source, of apparer} 
radius smaller than 10~°5ly, in order for the pulse not to b 
smeared out by detouring (cf. Fukunda et al., 1975; Ricker 
al., 1975; Kestenbaum et al., 1976; Toor et al., 1976). Note thé 
there is also evidence for 0.5 keV thermal X-rays from ajf, 
elliptical region of semi-major axes 3 ly and 4.5 ly respectively 
of intensity 4 10°° erg s~+, corresponding to a temperature a 
6 10°K, which can be interpreted as due to shock heati 
(Toor et al., 1976; Kestenbaum et al., 1977; Charles et all)” 
1977). This extended soft source must not be confused with t 
rather confined non-thermal source mentioned before, 
power 3 10°” ergs~*, which is 16% polarized near 3 keV (sey 
Weisskopf et al., 1978). 

We thus learn that the relativistic electrons emitted by th 
pulsar lose their energy within a distance of 2 light-years fc 
optical radiation, and within less than one light-year for X-ray; 
i.e. after a lifetime of order 10 yr (optically) to less than o 
year (X-rays). Synchrotron, or synchro-Compton radiatioj), 
peaks at a frequency 


Vs = 3eB,y?/4amec = 4.2 10° Hz B_syé. (3¢ 


In terms of vs, the lifetime ts of the wave bathing electrons ca 
be obtained from Eq. (10): 


vip = ts = 16 yr vidi? B=3?. i, 


For optical photons we have 115 ~ 0.5; and an X-ray energy cif" 
1 keV corresponds to »15 = 2.4 102, implying ts = 1 yr B23" ‘a 
Which shows that a wave field of strength Bo ~ 10°-°G i 
needed in order to explain the short lifetimes of the radiatin| 
particles. Neither the toroidal magnetic field, nor the outgoin| 
30 Hz waves could force the particles to radiate that fast: th 
former falls short in energy density by a factor of order 3 107 
the latter by a factor of order 3 10~?. 


q. Linear Polarization 


As an independent evidence against the toroidal field and thi 
outgoing waves as the cause of the strong non-thermal radiatior 
let us come back to polarization: in the injection region, whe 
the intensity is strongest, the linear polarization is weakest! Th 
optical linear polarization curves (E-vector) have remotel) 
S-shape, in violation of the naively expected symmetry of th 
nebula (cf. Wilson, 1972). In the injection region, the degree oj 
linear polarization drops to 16%, ata position angle of 162°. Aj 
X-ray energies, the position angle in the off-pulse interval ij}, 
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(cf. Weisskopf et al., 1978; Novick et al., 1977; Silver et 
|, 1978); whereas the axis of the nebula has position angle 
40°, cf. Fig. 1. This small and tilted linear polarization should 
; due to the residual linear polarization of the outgoing wave 
lus wave bath, in regions of not too high latitude w.r.t. the 
bin axis of the pulsar. Downward from optical frequencies, it is 
ifluenced by the large ‘‘ magnetically bandaged” filaments, and 
>) some extent by the interstellar medium (Martin and Angel, 
974). If the wave bath is the dominant cause, the tilt of the 
lane of polarization might be brought about by Faraday 
Otation of the 30 Hz waves, whose effect would be small (net 
osition angle 148°) for the extended radio source, most 
ronounced (162°) for the optical source which is centred 
t the inner edge, and again less pronounced (156°) for the 
‘ray source because it is located nearer to the pulsar (see 
elow) where the influence of the outgoing wave is no longer 
egligible. Faraday rotation could cause the remarkable central 
S-shape) symmetry of the optical linear polarization stressed 
.g. by Wilson (1974), but twisted large-scale motion of the 
right filaments and/or relativistic component would equally 
0. 


. Internal Faraday Rotation versus Bright Filaments 


et us estimate the importance of Faraday rotation in the 
ebula. For propagation through an ordinary plasma along the 
irection of the magnetic field B, right and left circular modes of 
vave vector kz = (w/c)ns pick up a phase difference 2 given 
yy 


= fds-(k, — k-) = J dswt w,/cw?, (32) 


nd the plane of linear polarization rotates in both directions 
t ds through the angle [Eqs. (19) and (22)]: 


1 = (€°A*/2nc*y?m?) | nB-ds 


= 2.6 10-%A3 yz? f n_11B_3,5°d518.5. (33) 


‘or an almost charge-symmetric plasma, m must be replaced by 
he difference n_ — n, in electron and positron density. Note 
hat the scalar product B-ds is small for radially propagating 
Vaves, and n may be < 10~!*cm~® outside the filaments so 
hat a net & of order 1% per nebula crossing is not expected but 
annot be excluded (for the 30 Hz waves). At the same time we 
earn that Faraday rotation outside the filaments is negligible 
or radio or higher frequencies (v = 107 Hz). 

Let us come back once more to the linear polarization of the 
ebular radiation, which is remarkable both for its strength 
typically 25%) and S-shape orientation. Most of the (non- 
hermal) optical flux comes from a small (elliptical) central 
egion, but some 10% reach us from a large area, equally 
xtended as the radio emitting domain. These 10% from the 
yuter parts of the nebula show a comparable fraction of linear 
\olarization. Within our model, these 10% non-thermal optical 
adiation must come from small localized regions of con- 
lensed magnetic flux, and restiffened electrons and positrons 
y*® ~ Bfor a conserved magnetic moment of the particles) such 
is are expected, and seen, to form around filaments (cf. Parker, 
(975). In these regions, the magnetic field strength must 
ipproach that of the 30 Hz waves (in order to influence the 
9olarization). The hooked-up magnetic field lines should 
emember their toroidal geometry at injection, hence conform 
or less with the axial symmetry of the nebula. 
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The optical radiation from the central region, on the other 
hand, must owe its intrinsic polarization to the — possibly 
somewhat Faraday rotated — 30 Hz waves. That these waves 
conserve a small percentage of overall linear polarization is 
plausible if the thermal component has a smooth inner surface: 
In the idealized case of an axially symmetric ellipsoid, photons 
leaving the centre will always reintersect the axis between the 
two focal points, and will therefore be very nearly linearly 
polarized in regions near the equatorial plane. 


s. The Spectrum, Medium Part 


We are now ready to discuss the whole spectrum of the non- 
thermal radiation from the Crab, and of its pulsed hard 
component. Figure 3 summarizes our knowledge about the 
spectral density of the steady and pulsed nebular radiation. 
Following the pioneering feat by Jim Peebles, we have plotted 
the quantity log (v/,) (rather than the conventional log /,) 
versus logy, which allows one to read off energy fluxes by 
inspection: intensity = f bye J @1,)d In Vv. 

The nebular flux shows an extended plateau, the “back of 
the elephant’, of slope —0.1, between frequencies of v = 
10?° Hz and 3 10%! Hz, with (energetic) peak slightly above 
1075 Hz, i.e. in the ultraviolet. We have found above, cf. 
Eq. (31), that the electrons producing this radiation lose most 
of their energy in the inner part of the nebula. Consequently, 
the differential emitted power dLy ~ J,dv at the plateau equals 
the injected particle power dLp ~ ym.c?N,dy, i.e. 


dv ~ v-* "dv ~ yN,dy, (34) 


and we infer N, ~ y~?? from v ~ y?, cf. Eq. (30). Obviously, 
there is a low energy cut-off to the injected electron energies 
near Ymin = 5 10°, which Lorentz factor is large enough for the 
particles to stay 99.8% in phase with the 30 Hz waves on their 
way from the speed-of-light cylinder out to the inner edge of the 
nebula. 

There may also be a high energy cut-off to the electron 
energies at Ymax = 10°, demonstrating itself through a bend, or 
kink in the logarithmic spectral density near photon energies ~ 
of 10 MeV, and possibly through a transient small bump 
between | and 10 MeV (cf. Gruber and Ling, 1977). Both bend 
and bump may reflect the inefficiency of the Gunn-Ostriker 
mechanism to boost electrons beyond y-factors 10°, in particular 
in the presence of the 30 Hz wave bath which reduces their life- 
times to ts ~ 3dyg *, cf. Eq. (10). 


t. The Spectrum, High Energy Part 


More accurately, the power / radiated by a charge e of velocity 
cB in an electromagnetic field (£, B) is (boost-invariant and) 
given by [Landau, Lifschitz II, (73.7)] 


Pi o7e| Fay? F%u,|/4a 
= (2e*/3mac*)y[(E + B x B)? — (E-B)*] ‘ (35) 


with oy = Thomson cross-section, u* = 4—velocity, Fa, = 
electromagnetic field tensor. Here the term (E + 8 xX B)? is 
small compared with B? for a wave-riding particle. But it can 
still be much larger than the corresponding contribution 
Ba(1 + sin 6)? for a wave-riding particle from the ‘“‘headwind” 
of a wave bath. In particular, By/Bce ~ Rs/5r is very large 
compared with unity for the inner part of the pulsar windzone 
(r «< 0.2 Rs), so that estimates of the radiated power and 
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frequency may be large underestimates if ignoring the contribu- 
tions from the strong outgoing wave By. We therefore expect 
a high energy tail of the radiation even if particle y-factors never 
exceeded y = 10°. 

As estimated above, this y-radiation is emitted within less 
than the first 3ys1d of their journey out into the nebula, by 
electrons and positrons moving straight towards us. It is 
therefore expected to show the same periodicity as the radio 
pulses, and to be almost in phase with them except for a small 
offset caused by somewhat curved particle trajectories in the 
vicinity of the speed-of-light cylinder (where the radio pulses 
are thought to be produced), and by an angular spread of the 
injection. Observers speak of a pulsed fraction of 50 to 78%. 
When looking at the (integrated) pulse shapes, however, one 
gets the impression that they can be understood as a super- 
position of two “‘garlands’’, each being produced by the 
particles coming from one of the two poles of the pulsar. The 
existence of a steady ‘off-pulse’ part just means that the 
‘*carlands do not touch the ground”’, i.e. that there is no strictly 
off-duty phase interval: the wind-zone is nowhere free of 
particles. This conclusion is strengthened by the fact that the 
pulse shape appears to be energy independent from 1 GeV down 
to 1 keV. 


u. Pulsed X-rays 


How can one understand the drop in the pulsed X-ray fraction, 
in proportion to v~°-%, below energies of 10 MeV (cf. Thomas 
and Fenton, 1975, and Fig. 3)? In our model, this radiation is 
emitted by the e* of Lorentz factor < 10°, after their first few 
days of escape from the pulsar. Synchrotron radiation is 
beamed in forward direction, into a cone of opening angle y~+. 
Angular excursions of the e* moving through the wave bath 
and phase-riding the strong outgoing wave are much larger, 
namely of order fy~+, where fis an effective strength parameter 
(> 10?) for bath plus outgoing wave, cf. Sect. 3. With decreasing 
particle stiffness y, we therefore receive radiation from increas- 
ing spherical angles, and the detour effect sketched in Fig. 4 
gives rise to an increasing amount of pulse smearing. More 
quantitatively, the photons reaching us from the wings of the 
radiating area are delayed in proportion to r[1 — cos (fy~4)] ~ 
rf?y~? if emitted at distance r from the pulsar. The observed 
smearing ratio ~v~° ~ y~°® corresponds to <rf2> ~ y14, a 
law which must be derived from the particle motion in the 
joined fields. : 
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Fig. 4. Schematic drawing of the geometry near the inner edge 
of the nebula, at r= Rs. Radiation emitted at r = Rs, by 
particles leaving the centre at an angle # w.r.t. Earth (ray 2) 
reaches us with a delay compared with a direct ray (ray 1). The 
detour amounts to a distance 6. A small apparent angle 
corresponds to a larger angle & at the pulsar . 


X-ray pulses are expected to disappear completely fe 
energies at which the radiating particles reach the inner edg 
r x Rg of the nebula, where the condensed toroidal magneti 
field forces them to gyrate. Equation (10) tells us that thi 
happens fory ~ 107, corresponding toa photon energy of i ke 
Measurements confirm this expectation. Note that interstella) 
scintillation cannot easily account for sufficient pulse smearin 
at X-ray energies (see Naranan and Shah, 1970). 


v. The Spectrum at Cosmic Ray Energies 


Electrons with injection y-factors below 10” radiate most of thei 
energy inside the nebula_whilst gyrating around the toroid 
magnetic field lines. Their photons should therefore have a near 
isotropic integrated distribution in momentum space. Ii 
particular, a large fraction of them floods the windzone (insidi 
the injection sphere), and a tiny fraction thereof collides wit! 
the wind particles. As a result, inverse Compton collisions wil 
boost them to energies 


Exc y yh = fs 1012 eVyé@via, 


(36 


whereby the photon energy yhv in the rest system of th 
scattering electron must be small compared with m,c?, i.e. 


Yev1a Silt 


(37 


The number of inverse Compton photons equals roughly hal 
the number of synchro-Compton photons times their collisio 
probability W, the latter of order 


WH Rsneor toa beg] 10722 Ne-»g (38 


(or = Thomson cross section). In other words: We expect on 
inverse Compton photon in 3 101° primary photons, in agree 
ment with the (rather uncertain) measurements, see Erickso: 
et al. (1976); Gupta et al. (1978); and Fig. 3, whereby it ha 
been assumed that at energies above 107? eV, there is a negligibl 
contribution from primary photons. 

What spectral index can we predict for the inverse Compto: 
radiation? According to our model the injected particle numbe 
N- is cut off below ymin = 3 10°, and drops as y~ +? above it 
the photon number N behaves as v~°-2° below v = 10** Hz 
The inverse Compton spectral density E-J; is proportional t 
E-N,:N. In view of inequality (37) and Eq. (36), its powe 
should change at Epreax © 3 101+ eV (corresponding to y = 
310°). Below Epreax only the peak of the electron numbe 
distribution contributes to E-J_; whereas above it, inequalit 
(37) has to be used as an approximate equality. As a result, w 
get 


Eo-71 
E-Ip ~ { me for ES} 3 1011 eV, 


This prediction is not a very firm one because it depend 
sensitively on the (unknown) spectral indices in the infrared an 
and ultraviolet domain. ' 

Observations indicate that this ultrahard part of th 
spectrum is considerably pulsed, with variable phase delay c 
order 0.2 periods, and probably time varying (cf. Erickson et al 
1976). Within our model, a large pulsed fraction is expecte 
because the scattering electrons do so preferentially befor 
reaching the inner edge of the nebula. The phase delay must b 
interpreted as due to a somewhat curved trajectory of th 
scattering particles (detour effect). 
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The Spectrum at Radio Frequencies 
ter having discussed the X-ray back of the elephant, its y-ray 
| and ultrahard byproduct, we now come to its soft radio 
nk. If all the injected electrons and positrons drifted outward 
a magnetic field of constant intensity, degrading in energy 
ough radiative losses, their radiated power at frequency 
- y* would scale as their energy, i.e. vl, ~ y, whence vl, ~ 
'. However, the gyrocentre motion of the particles is slowed 
wn by compression and radiative losses. Their frozen-in 
gnetic field gets thereby compressed, which in turn raises 
ir energy inproportion to B}/?. Asaresult, comparatively more 
rgy is radiated at higher frequencies, i.e. the-spectrum should 
somewhat harder than ~v°5, in agreement with the ob- 
ved spectral index 0.71. An average spectral index of order 
is also indicated by our (stationary) numerical model, see 
t. 5 and Fig. 8. Figure 8 shows that a power law spectrum 
\ot an exact solution but may be a good approximation for a 
ooth superposition of particle energies. 

In this paper, we will not discuss the pulsed radio and 
‘ical radiation from the Crab both of which may originate in 
vicinity of the speed-of-light cylinder, as a reaction to the 
ong acceleration by the forming 30 Hz waves (cf. Triimper, 
10; Schwinger et al., 1976). Suffice it to say that we see no 
-d for the (young) pulsar to go beyond optical frequencies in 
radiative output (cf. Thompson, 1975): the observed X-ray 
1 y-ray pulses find a natural explanation in the reaction to 
- wave bath, a reaction which can alternatively be termed 
verse Compton scattering of the 30 Hz photons”. In an 
ended Fig. 3, the waves would form a “pole” in front of, 
i somewhat higher than the elephant! 


The Wisps 


xt we come to a discussion of the wisps, i.e. of the bright thin 
‘ical streaks in the vicinity of the pulsar, tilted by some 18° 
.t. the minor axis of the nebula (cf. Scargle, 1969). Their 
ical shape is sketched in Fig. 1, and a model geometry is 
iwn in Fig. 2. They are variable in position, length, and 
nber (<5 on one side), but not so much in orientation. Their 
yarent irregular transverse motion may have oscillatory 
acter, with speeds of order 0.2 c. Together with the so-called 
fil, they form a symmetrical array, with the thin wisp at their 
tre. The thin wisp does not move (relative to the pulsar). It is 
placed from it by 1/6; its smaller dimension is unresolved. 
ween them is a somewhat S-shaped region of relative 
kness, the “central hole” of the nebula. They are aligned 
h the inferred local magnetic field (Woltjer, 1957, 1958). 

In our model, the wisps originate at the inner edge of the 
yula, as essentially a surface phenomenon, inside one of the 
t vacua in the universe (the plasma density is at a minimum 
re). Their luminosity is some 10? times higher than permitted 
formula (35). We see only one way out: the particles radiate 
erently, they form a laser. The periodically injected electron- 
sitron sheets radiate near-radially, forced by the wave bath, 
i meet the coherence condition for certain poloidal angles 
ught about by the (weak) toroidal field: near-radial radiation 
duces the thin wisp whereas angular offsets of order 0.2 and 
re produce the other wisps (cf. Fig. 2). Stimulation is absent 
mall intermediate angles, allowing for the central hole. The 
of the wisps measures pitch angle excitation, of order 
northwest offset by 176 is an aberration effect, due to 
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a common poleward plasma velocity component of order 
0.04 c. Their much higher intensity in the northwest is a result 
of enhanced injection in equatorial zones, and an inclination 
of the spin axis of the pulsar. It may also be caused by a relative 
motion between pulsar and nebula (Aschenbach and Brink- 
mann, 1975). Their transverse motion is a phase velocity, 
due to an irregular pulsar wind and/or due to nebular oscilla- 
tions. Finally, their concavity (towards the pulsar, except for 
the thin wisp) marks latitude circles on the injection sphere, 
revealing its radius Rs ~ 1 ly. 

A more detailed description and more quantitative discussion 
of the laser effect will be given in Sect. 7. Here we want to come 
back to the remarkable offset of the wisp array w.r.t. the pulsar, 
by some 16. If this offset is correctly interpreted as an aberra- 
tion effect, the particles must be pushed sideways by a consider- 
able poloidal force, on their way out into the nebula. Such a 
force must act equally on electrons and positrons, in order to 
keep the wisps thin, and should act rather near to the inner 
edge of the nebula in order to prevent the ultrahard y-ray 
pulses from being smeared out (by detouring of the particles 
before scattering). Three such forces may be considered: (i) a 
magnetic force density f = — V(B?/87), (ii) a radial electric field 
bending the particle trajectories as the result of an E x B-drift, 
or (iii) a particle pressure gradient f= — Vp. Inhomogen- 
eous magnetic pressures are expected because of a latitude- 
dependent flux injection. Radial electric fields could be set up 
by a latitude-dependent, weakly charged pulsar wind, and 
inhomogeneous particle densities may give rise to transverse 
accelerations if particles can interact even in the absence of 
close encounters. In either case, the equation of motion ps = f 
(with « = relativistic matter density) is order-of-magnitude- 
wise solved (inside the injection sphere) by 


B. 2 (p/uc?)(ct/Rs) © p/uc?, (40) 
where p stands for the magnetic pressure B?/87 or E X B- 
pressure EB/47 respectively, in the electromagnetic cases (i) and 
(ii). In other words: a transverse velocity of order 8B, = 4 107? 
can be achieved by fields whose energy density (of order p) 
equals B,--c?; asymmetries of this order do not seem to be 
ruled out. 


y. X-ray Analogue of the Wisps 


Is there an X-ray analogue of the thin wisp? In our model, 
lasing is restricted to electron energies just below the injection 
peak because it asks for high particle densities and low photon 
frequencies, cf. Eq. (98) below. We therefore do not expect 
spontaneous stimulated emission at other than optical frequen- 
cies. But a transverse particle velocity can give rise to pulse 
shifting, and pulse smearing. The kink in the particle trajectories 
discussed in Eq. (40) will be smaller for the high energy tail of 
the particle distribution, because of larger inertia (stiffness). We 
expect this kink to scale roughly as y~?: in cases (i) and (iii), 
both inverse particle inertia and sideways exqursions are 
proportional to y~*'; case (ii) involves a 2-step acceleration 
(by E and ® x B), and should therefore likewise scale as y~?. 
An optical 8, = 4 10~? may therefore correspond to an X-ray- 
B. of order several 10~-°, whose corresponding detour would 
amount to a significant fraction of the pulse period, cf. Fig. 4. 
We speculate that this detour may explain the transient third 
(and drowned fourth) peak in the X-ray light curve observed 
by Ryckman et al. (1977) at energies between 20 and 150 keV, 
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with a duty cycle of order 10%, phase shift of order 25% and 
fractional energy of 2%. 


' z. A Companion Neutron Star 


We end Sect. 2 with a discussion of the question: is there 
another neutron star near the Crab pulsar? In 1970, Gott et al. 
discussed the possibility that PSR 0525 might be a former 
binary companion of the progenitor star of the Crab. Without 
being able to rule out this possibility, we favour the following 
alternative history (cf. Kundt, 1977b): all massive stars seem to 
form in binary (or multiple) star systems. At a supernova 
explosion, a binary system gets disrupted if the remnant’s mass 
is bigger than that of the two remaining stars;-in the majority 
of cases, this will not happen in the first explosion, but generally 
in the last one. The first explosion creates a runaway star joined 
by a neutron star, whose spin is subsequently decreased by 
magnetospheric friction (Holloway et al., 1978). The second 
S.N.-explosion may liberate two neutron stars, a fast and a 
slow rotator. We think that the Crab pulsar is such a fast 
spinning neutron star, and that its older (and slower) twin 
brother is near it. This interpretation would be strengthened if 
one could measure a relative velocity of the Crab pulsar w.r.t. 
the centre of mass of its nebula, because isolated supernova 
explosions are expected not to yield recoil velocities in excess of 
some 10-° c (Kundt, 1977b). Current velocity determinations 
yield vi = (1 + 0.2)102 kms~+ (Kundt, 1978, 1979). 

Where is this companion neutron star now? Binary dynam- 
ics implies that their connecting vector forms a right angle with 
Vpsr, and that its magnitude equals 


fol[G(My — 2M,x)/a]"? = 0.3 ly (My/3Mo), (41) 


where fo = age (Crab), My = mass (Crab nebula), Mn» = 
mass of neutron star, and a = binary separation at explosion 
(cf. Gott et al., 1970). In words: the second neutron star is 
expected to be presently located at about one third of the 
distance to the inner edge of the nebula. It could even coincide 
with the “‘small wisp”? mentioned in the thesis of Scargle, and 
sketched in Fig. 1 (above the thin wisp). 

Do we expect to see it? A neutron star with a spin period 
much in excess of 1s is too weak a source in order to be 
detected as a pulsar. Nevertheless, it will drive an extremely 
relativistic wind, just like a pulsar, whose outer shock surface 
against the Crab wind should have a minimum radius 


Rs = r(Porav/P)? = 10** cm ria(3s/P)? (42) 


if at distance r, and of spin period P. Here we have assumed a 
dipole radiation power ~ P-*. The magneto-tail could be much 
longer. In view of the low expected total power of the second 
pulsar, of order $10°! Po Zergs~1, it is rather unclear if we 
shall ever be able to detect it, or if it has anything to do with the 
small wisp. 


3. Synchro-Compton Radiation 


This section is devoted to the non-quantum radiation by parti- 
cles in strong electromagnetic waves termed ‘‘synchro-Comp- 
ton” by Rees, because its properties are intermediate between 
synchrotron radiation and inverse Compton radiation. We 
briefly revisit its relevant properties, largely collecting results 
from Rees (1971), or Blandford (1972). 

A charged particle moving in an electromagnetic field 


i Kund 
f ; | = 

radiates magnetobremsstrahlung whose power / has beef” 
quoted from Landau, Lifschitz in eq. (35) above. In particulaiy. 
/ nearly vanishes for straight-line acceleration in an electric field 
and for wave riding particles (moving almost jointly with | 
wave). But / can be quite large for relativistic particles movi 
at an angle with respect to the five “principal” directions give 
by +E, +B, and Ex B, in particular for particles movin 
against a wave. 
More difficult to determine is the spectral distribution of th 
radiated power. Let us restrict considerations to radiation in al}, 
electromagnetic wave, of angular frequency w. The strength of i 
wave is measured by its (Lorentz invariant) ‘“‘strength para 
eter”, or “‘non-linearity parameter” 


f= o,/w = eB/mocw, 


where w, is the non-relativistic Larmor (or cyclotron, or gyro- 
frequency of a charge e of rest mass mp in a magnetic field B. Ay 


wave changes from “‘weak”’ to “‘strong”’ when f goes throug] 
unity. A strong wave can set up relativistic motion within } 
fraction of its period, of Lorentz factor f in the gyrocentre res 
frame, so that the Lorentz force becomes important. Whereall. 
weak waves excite transverse oscillations, strong waves exert 
longitudinal push. Angular excursions of particles in a stron) ~ 
wave are of order //y (cf. Schriifer, 1974). [ 

Particles in a weak wave radiate a Compton spectrur 
peaking at the frequency vy”. In a strong wave, the spectra 
distribution becomes that of synchroton radiation: the spec! 
trum contains v;,/y and all its higher harmonics up tO Vmax % 
vry”, with vJ, ~ v*/3 up to an exponential cut-off near vpy?. Thi} 
result can be obtained by a boost from the gyrocentre res} ~ 
frame (whose Lorentz factor is y/f), cf. Blandford (1972). Moriy* © 
directly, one gets it by remembering that a relativistic particl i)!" 
radiates into-a cone of opening angle y “1: its radiation therefor( 
reaches us only during a small fraction y~? of its oscillatior 
period P, with 27/P = eB/ymoc. This time interval is furtheij © 
shortened by the factor (1 — 8) ~ y~?/2 because the particle 
approaches us, during its visibility cycle, at almost the same 
speed as its emitted photons. Altogether we get an emissior 
intensity of approximate duration y~°P, whose Fourier trans} 
form peaks near i] 
(44) 

If the wave is circularly polarized, the particle trajectory is ¢ 
helix. The local emission cones, of opening angle y~*, trace oui 
an annular region on the unit sphere of radius f/y (because 
angular excursions are of this order, or because emission in thé 
gyrocentre system is transverse). During its short visibility 
cycle, the particle completes a fraction 1/zf of a full circle, hence 
radiates a wave that is circularly polarized of approximate 
degree f-?. The sign of this polarization is the sign of the helix. 
which equals minus the helicity of the photons except for 
almost coincident directions. In particular, synchro-Compton f 
radiation from a rotating dipole wave gives rise to opposite 
signs of circular polarization from opposite hemispheres, but 
the sign of the dipole spin generally dominates because it is})ii 
produced during “‘upstream”’ motion, at high intensity. 
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4. Magnetic Field and Conductivity 


In Fig. 5 we have drawn the expected radial dependence of the: 
toroidal magnetic field component, for a typical latitude angle. 
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ig. 5. Approximate strength of the global toroidal magnetic 
eld B, versus distance from the pulsar r, for the Crab nebula 
‘}t some typical latitude. As the result of a compensation of 
hagnetic fluxes from the two poles, the actual B, will be smaller 
ly some factor <10. The rotating magnetic dipole model 
iredicts a polar surface dipole field strength of Bp = 3 10°*G 
yhich acts as the source for the low frequency waves, and to a 
ssser degree for the wound-up toroidal field. Somewhat 
rbitrarily we have chosen By = 1012 G. An initial slope —3 is 
haracteristic for a dipole field whereas a braking index 20/02 
j= 2.5 may correspond to an average magnetospheric slope of 
-2.75. Atr = Rs, B, increases by a factor 2. Inside the nebula, 
3,(r) has been found numerically. B, drops effectively to zero 
\t the boundary of the non-thermal component. 


"rom the dipole radiation law 
© = (2/3c2)D?,  D = BR, (46) 


ind the observed luminosity L we get a polar surface field 
itrength 


Bo = 3 10'? GLA. Re °. (47) 


For a magnetic dipole field, B(r) behaves as r~°. This law must 
thange into the flux conservation law B,(r) ~ r~1 in the wind- 
tone; the latter starts beyond the speed-of-light cylinder, of 
fadius Rp = c/Q = 1.5 10% km. No solution is known for the 
jifansition region, in particular for the braking index 2.5; we 
jmave assumed a smooth transition of B(r) between the two 
power laws, brought about by magnetospheric currents. As 
\discussed around Eq. (8), there should be a large amount of 
jfeconnection in the near wind-zone, between field lines from the 
jtwo magnetic poles; we have taken care of this reconnection by 
|starting from a rather low effective surface value (10*? G), and 
|by allowing for a rather extended transition region towards the 
t-+-law. Nevertheless, our curve will overestimate the toroidal 
field strength in the wind-zone and beyond, most likely for all 
latitudes. It is, however, very near to the field strength of a 
rotating magnetic dipole in vacuum calculated by Deutsch 
1(1955). 

| At the shock surface r = Rs and beyond, the toroidal field 
gets compressed according to B,rB = const, cf. Eq. (20); we 
have drawn the approximate behaviour of our solution discus- 
sed in Sect. 5. In any case, r8 decreases by a factor of order 10?, 
from the inner to the outer edge of the nebula. The magnetic 
Pressure at the outer edge r = Ry must not exceed the pressure 
L/4a Rc = 10-* erg cm~® exerted by the pulsar wind at the 
inner edge, except for the contribution from the flux wound 
d filaments, which means that 


Ry) < 10-*G 


a 


(48) 


‘ 
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must hold on average. This shows that our curve ends with too 
high values at the outer edge, by roughly a factor 10: we learn 
that field line reconnection in the wind-zone must be very 
efficient, which indicates that the pulsar is an almost perpendic- 
ular rotator. Note that this overestimate would become worse 
if we assumed a smaller value for Rs, as several authors have 
done. Our value for Rs is independently suggested by the 
curvature of the wisps, and by the extent of the central soft X-ray 
region. 

We have assumed throughout that magnetic fields cannot 
recombine on scales of order =r, because of a sufficiently high 
conductivity o of the relativistic plasma. Due to its extremely 
low density, the relativistic nebular component is collision-less, 
hence we cannot use the (density-independent) textbook form- 
ula for collision-dominated plasmas. In the collision-free case, 
particles are accelerated by electric fields until their velocity 
reaches the phase velocity of an internal excitation (wave) 
whereupon they feed energy into this excitation, and get thereby 
braked. A different way of expressing this effective friction is to 
say that particles form clusters (via instabilities) on the scale of 
the Debye length, and scatter on these clusters. The resultant 
conductivity is given by 


aX wm enfolide)n 


(49) 


(cf. Buneman, 1959; Hamberger and Friedman, 1968), i.e. falls 
to zero as n}!?. It can, however, take much higher values for very 
small field strengths, when instabilities are not sufficiently 
excited. In the presence of a considerable magnetic field, 
particle gyrocentre motion has to follow the field lines, and the 
transverse conductivity gets (slightly) reduced. On the other 
hand, Alfvén waves of velocity c84(<c) can now be excited, and 
instead of (49), a better approximation to o reads 


(50) 


(cf. Dupree, 1970). Within its range of applicability, this 
expression decreases as n for decreasing density. But it stays 
larger than expression (49) for an electron-positron plasma; for 
which we adopt o = ae. 

Because of the importance of the validity of frozen-in 
magnetic flux for our model, let us mention that its relativistic 
version reads 


aX welPa 


2 

Sf Fendt? = 2 f (1 + 150) and. (51) 
Here the integral is extended over a 2-dim spacelike cross 
section through a bundle of plasma worldlines, 7 = f/y, meas- 
ures proper time along them, Fy, is the electromagnetic field 
tensor, Ts = |1/)| = ts/y is y~* times the degradation time 
ts, Eq. (10), and {J is the covariant wave operator. In the 
derivation, a generalized Ohm’s law has been assumed in the 
form 


j* = of Fu, — (m_/e?n)é,j7) : (52) 


which ignores pressure gradients, and assumes equal |e/m| - 
ratios for the two charge components (1 = ny + n— = number 
density). 

In Eq. (51), the magnetic viscosity vy = c?/47o0 ~ 1074 cm? 
s~} is small enough that the right-hand-side can be ignored for 
all time scales above some 10° pulse periods. In order to see this 
more clearly, measure lengths in units of r, times in units of r/c. 
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vy then changes into the dimensionless reciprocal magnetic 
Reynolds number Rjj?: 


Rep = yire = 410 org (53) 


which is «<1 for all interesting length scales; and the operator 
Ryz750, is small except on time scales shorter than some 10° 
pulse periods. To an excellent approximation, therefore, the 
right-hand-side in Eq. (51) vanishes, and the vanishing of the 
left-hand-side expresses magnetic flux conservation. 


5. Dynamics of the Relativistic Component 


In Sect. 2 we have collected indications that the pulsar wind 
plasma performs an ordered radial motion, slowing down from 
almost the speed of light (inside the injection sphere) to a bulk 
velocity v of order 5 10~* c at the outer edge, where it adjusts 
to the expanding protostellar remnants. In Sect. 4 we have 
shown that magnetic field and particles are frozen together on 
scales somewhat above the Larmor radii of the gyrating 
particles, because of a sufficiently high conductivity. We there- 
fore have the two conservation laws 


nr?B = const (54) 
and 
BrB = const (55) 


of particle number and toroidal magnetic flux, in which cB = v 
is the gyrocentre velocity, and B = Bo. 

Moreover, in the absence of radiative losses, the magnetic 
moment ~ BR;? of a gyrating particle is an adiabatic invariant, 
where Rz = ymoc?/eB is its (relativistic) Larmor radius. This 
yields 


y?/B = const (56) 


in which y is the Lorentz factor of the microscopic (rather than 
gyrocentre) motion. Note that 8 and y are not related in the 
usual fashion, because y is formed from the gyrocentre motion; 
we keep this somewhat ambiguous notation to economize 
writing, in particular because there will be no need to refer back 
to microscopic velocities. 

From Egs. (56) and (55) we get y? ~ r~1B-1, and logarith- 
mic differentiation leads to é, In y = —(1 + @,1n f)/2, where 
x = In (r/ro) with an arbitrary constant ro. In the presence of 
radiative losses, this adiabatic law has to be modified: 


0, Iny = [0, In ylraa — (1 + 8, In B)/2. (57) 
Here [---],aa denotes the term due to radiative degradation: 
[2,.1n y]raa = —rl/Bym.c® (58) 


in which / is the radiated power given in Eq. (35). 

As a fourth equation between n, B, 8, and y, we have the 
equation of motion of the plasma, assumed one-fluid, non- 
relativistic, non-viscous, and non-gravitating: 


pc*(8 + B-V)B = —V[p + (BE? + B?)/87] 

+ [(E-V)E + (B-V)B)/4r + pe?[(B- V)Blraa- (59) 
pc? is the mass-energy density, p is the particle pressure, and 
[---]raa denotes slowdown due to radiation reaction, (Poynting- 
Robertson effect). Fora toroidal B, and a transverse poloidal £, 
we have (B-V)B = — Be,/r, (E-V)E ~ —E’e,/r. The gyro- 
centre motion is an E X B-drift, so that E = BB. Furthermore, 
we restrict considerations to a stationary flow, hence drop the 


operator @;, and content ourselves with the radial component 
But in order to allow for a spectrum of particle energies, wj 
ete the mass density p by a y-dependent distribution 

—> { du(y). Equation (59) thereby changes into 


aa as = —é[p + B%(1 + f?)/87] 
— B%™1 + B?)/4ar + f duc?Bl2,Blraa- (60 


When the charges radiate a power / isotropically in thei 
gyrocentre systern, they feel a Poynting-Robertson deceleratioy 
B given by 8 = —Bl/ym.c?, and we get by comparison wit 
Eq. (58): | 
[2, In Blesa = [é, In Yraa- (61) 
This term, when multiplied by B, is small compared with thé 
other terms in Eq. (60) for the relevant velocities inside th 
nebula, (8 < 0.5). j 

Of dominating importance is the pressure term. If thi 
pressure p would vanish, due to the absence of binary encoun| 
ters, the plasma velocity c8 would have to be almost constan) 
(and small!) throughout the nebula, as will become obviou 
below. The pulsar wind would be suddenly stopped at the inne) 
shock front, by the discontinuously rising magnetic pressure 
whereas there would be a near-constant magnetic pressuré 
inside the nebula. Such a solution is in more or less dire 
conflict with many of the observations discussed above, it 
particular with the (comparatively) large extent of the noni 
thermal optical and X-ray region: the electrons would lose thei 
injection energy within an infinitesimal distance. 

On theoretical grounds, a collision-free plasma should exer 
a pressure almost like a collision-dominated one becauss 
inhomogeneties in the density excite plasma oscillations, anc 
particles scatter on these small-scale inhomogeneties as other 
wise on individual particles. The expected length scale of suck 
distant encounters, or clumps, is the Debye length Ap = 
(kT/4rne?)!2 = 1013 cm yen=¥2 which can be considerec 
infinitesimal: for references see Sect. 4 where we discussed thi 
analogous electrical conductivity. 

In the presence of distant encounters between relativisti 
particles, the pressure p is related to the mass-energy densit 
oc? (in the rest system of matter) by p = d40c? where 6 = 
(dimension)~+. 6 = 1/3 would hold for an isotropic 3-din 
velocity distribution whereas 6 = 1/2 holds for a magnetizec 
plasma without pitch angle excitations, i.e. for pure gyrations 
Within our model, we infer from the length of the wisps tha 
pitch angles are only some 10% excited, probably due to th 
high symmetry of injection, and therefore use 6 = 1/2 in ou 
computations (Figs. 6 through 8). Results for 6 = 1/3 are no 
very different. Note that a collision-free gas is still included i1 
our analysis for 6 = 0. 

We now multiply Eq. (60) by r/uc? and use pointed bracket 
<-++> to denote ensemble averages: 


<B20, In BY = —(uc?)-40,Lf duc? + (B2/8m\(1 + BA], 


— (B?/4mpc?)(1 + 8?) + <B7[éx In Blraa>. (62 
From p ~ yr~?8-1, B ~ r-18~}, and Eq. (61) we get: 
<B?e,. In B>) = <6(—@, Iny + 2 + @, In B)> 

+ 2g[ + é,1n 8) + 6?) 

— B?0,.1n B] — 2g(1 + B?) — <P? (63 
with 
q = B?/8rpc?, v= —[@x In y)raa- (64 


ifter two cancellations and insertion of Eq. (57) we obtain 
B20, InB> = <8[(3/2)2, InB + 5/2 + «> 
+ 2g@x In B — <B%>. (65) 


te a sufficiently sharp energy distribution of the particles all 
Semble averages can be dropped, and Eqs. (57) and (65), 


“a, inp = 2/3. 2/3 - F/8) 
i T= Q/38)6* + G/35)q ° 


@.In 7 = (1 + a, In B)/2 ++ 

th x = In (r/ro), 7 = y/ys, and [from Eqs. (58), (54) and (55)): 
‘Pese~*/B° + ece*/B), 

= qsBs/BY (67) 


¢ an index “S” denotes evaluation at r = Rs, and where 
ing to Eq. (35): 


= (et/3mie*\[rB*ye*B"], =» 
" x) = 1.6 10-°B_ 4 
e~*B-*),-ns = Ne7? *, 


(66) 


(68) 
(69) 
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Fig. 6. In 8 versus x = In (r/Rs) + xs(gs), where B = v/c is the 
dimensionless gyrocentre velocity of the radially expanding 
relativistic plasma, q = B?/87c? is the energy density ratio of 
toroidal magnetic flux and plasma, and an index “S” denotes 
values behind the inner shock front (at r = Rs). Different 
curves correspond to different parameter values qs; xs(qs) has 
been defined in Eq. (70). The curves in Figs. a, b,c were 
obtained for an initial average Lorentz factor ys = 3 10°, 10°, 
3 10° respectively. Only the curves near ‘“‘p” and ‘‘e” are fair 
approximations to the boundary conditions along a “polar” 
and an “equatorial” direction. The broken parts of the curves 
are no longer realistic because the assumption of stationarity 
gets bad. 


Here the radiation losses, abbreviated by ., are assumed to stem 
from synchrotron radiation in the variable toroidal field 
(~ eg), and from synchro-Compton radiation in a wave bath of 
constant intensity (~e-). They are not important at early times 
after injection. At later times, we should have modeled the 
gradual drying out of the wave bath, and the increasing 
resistance of hooked-up filaments. In trying to compromise, 
we have chosen [By]; = 10-*° G, 7 = 2 107. 

The system of differential equations (66) with the abbrevia- 
tions (67) describes the radial motion of the relativistic com- 
ponent of the Crab nebula. In the next section we shall derive 
Bs x 5 from the inner boundary conditions. After setting 
6 x 1/2 (ignorable pitch angle excitation), the system still 
contains the four arbitrary parameters ro, xs, gs and ys. Of 
these, ro could be gauged to equal Rs, whence ts = 0, and 
only the injected energy ratio gs and the (mono-energetic) 
injected y-factor ys; remain free parameters. We have preferred, 
instead, to gauge ro such that 


e*s = Bs(4gs)”, (70) 


so that different injected fluxes give rise to non-intersecting 
solution curves, and ro loses its simple geometric meaning. In 
any case, we are left with a two-parametric set of solutions, 
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according to the strength of the frozen-in magnetic flux, and 
to the stiffness of the particles. 

We have found, by varying the two parameters qs and ys, 
that the solutions depend sensitively on the second, and 
noticeably on the first. Now there is an outer boundary 
condition, namely that the relativistic plasma join the observed 
motion of the filaments, i.e. 


lay f Toe cena } 
i eh a sheet A —5.7, equator)’. 


(71) 


where ‘“‘pole’ and ‘“‘equator”’ stand for directions along the 
major and minor axis of the seen ellipse respectively. It appears 
that this outer boundary condition fixes the parameters gs and 
ys to within less than factors 3. In Figs. 6a, b and not in 6c, the 
letters ““p” and ‘‘e” denote regimes of such solution curves. It 
must be kept in mind that our simplified model of mono- 
energetic particles cannot give a fully satisfactory description. 
But we feel confident to state, for instance, that a plasma 
containing a significant amount of ions (rather than e*) does 
not solve our boundary conditions, for arbitrary (gs, ys): eg and 
é¢ would prevent the curves from having the correct mean 
descent. It is reassuring that our best candidate curves fall into 
the range ys € (3 10°, 10°) which is independently inferred from 
the shape of the nebular non-thermal spectrum. From Fig. 6 we 
also read off xs €(—10, —9), corresponding to gs € (2 1073, 
4 10-8) via Eq. (70). 

Of course, our stationary model cannot claim validity in the 
outer parts of the nebula which were “‘filled”’ at times when the 
nebula was much smaller. Somewhat arbitrarily we have drawn 
broken lines for times t = 3 10? yr after injection, i.e. for 


310? & ct/Rs © (r — Rs)/RsB = (e*-*8.— VIB. (72) 


6. Synchrotron Spectrum and Inner Boundary Layer 


In the preceding section we have derived the equations of 
stationary motion of the nebular plasma including the temporal 
behaviour of particle energies (y-factors), cf. Figs. 7. With this 
knowledge, we are able to predict the spectral distribution of 
the synchro-Compton power radiated beyond the inner shock 
front. Of course, such a prediction cannot possibly be reliable 
at very low frequencies (~ 30 MHz) which are emitted preferen- 
tially in the outer parts. of the nebula where the stationarity 
assumption gets bad, and it excludes optical and higher 
frequencies. It should apply, however, to the (largely unobserved) 
infrared and microwave part. of the spectrum. It is reassuring 
that our (mono-energetic) calculations yield a spectral index 
d log I,/dlog v in the vicinity of —0.3, in agreement with the 
slope of the “trunk of the elephant”; cf. Figs. 8 and 3, in 
particular the unbroken curves near “‘e”’ in Fig. 8. 

These curves have been obtained in the following way: the 
spectral power of synchrotron radiation from mono-energetic 
particles scales as 


Igdw in PB? f(@/ws)d(w/ws) (73) 


where f(x) ~ x°-%e-* according to the Wallis approximation, 


and where the peak synchrotron frequency 
Ws = 21s G4 y7* By 


(74) 


was introduced in Eq. (30). The total nebular power ~J,,dw is 
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Fig. 7. Average Lorentz-factor y (in units of its injection val 
ys) versus x. For further explanations see Fig. 6. Again, Fig 
a, b, c were obtained for ys = 3 10°, 10°, 3 10° respectively, an 
“np”, “e” denote realistic initial values for typical polar an 
equatorial latitudes. Post-acceleration by flux compressio 
around filaments has been ignored. 
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ig. 8. Approximate (calculated) spectral index between radio 
nd optical frequencies: plotted is J, (in arbitrary units) versus 
(in units of its injection value vs) for monoenergetic particles 
ith ys = 10°. The initial values xs; are marked on the curves; 
or their definition see Fig. 6, and Eq. (70). Realistic are the 
urves near “‘e”’; their average slope is —0.3, in agreement with 
re observed average slope between radio and infrared frequen- 
ies. The broken portions of the curves are no longer realistic 
ecause the assumption of stationarity gets bad. Note, however, 
hat their asymptotic slope —0.5 conforms with a model of 
onstant magnetic field. 


pproximated by an incoherent superposition of that of 
xpanding quasi-mono-energetic sheets, hence J, ~ { d°rnl.., or 
Wy ~ § drny?B(w/ws)*%e- °!¢s 

~ f dl f drr?ny*B?z*%e-* 

~ wf dzz~!e-? { dlB-2dx/d In z 
= w f dz ge(z) f dl h(r, B; D 


vhere we have assumed spherical symmetry, £ = cos 6, x = 
O(r/ro), z= w/ws, and ny?B? ~ nwsB ~ r~*B-4wz~} accor- 
ling to Eqs. (74), (54) and (55). Here the distribution g(z)dz = 
-2I8e-2dz peaks near z = 1; and for given motion, { dlh ~ h 
‘an be expressed as a function of ws. Consequently, to a fair 
ipproximation we have 


(75) 


ol) ~ h(ws) haem (76) 
vith 
1-2 = 26711 + 2, 1InB +) (77) 


or a frozen-in toroidal magnetic field B, ~ r~*B~', cf. Eqs. 
57), (55) and (67). And the spectral index (logarithmic slope) 
llog I.,/d log w is approximated by d log A(ws)/d log ws. 

_ In Fig. 8 we have plotted the function A(ws) in double 
Ogarithmic scale, which resembles remarkably a power law. 
Note that the seeming singularity for A~* = 0 (near injection) 
$ an artefact of the transformation from the r-scale to the z- 
ale, and is hidden in the right hand margin of Fig. 8, for 
3 ws. The asymptotic slope —0.5 is expected for relativistic 
es radiating in a constant magnetic field: according to 
. (10) they spend a time ~y~? at energy ymmoc”, hence emit a 
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power wl, ~ y [Eq. (73)] at frequency w ~ ws ~ y?, hence 
ihe els @ 12, 

We now come to the second item of this séction: the boun- 
dary conditions at the injection sphere r= Rs. They are 
equivalent to the continuity of the 4-momentum vector 7,5n”, 
where 


Tap = (foc? + p)Ualty + pay + TMExvel (78) 


is the stress-energy tensor of matter plus fields, g., = metric 
tensor (of signature +2), and n” is the (spacelike) normal to the 
timelike boundary. Starting with its n?-component, we infer the 
constancy of 


(oc? + p)By? + p + (B? + E?)/8a (79) 


across r = Rs, where from now on y = (1 — f?)~1/? is formed 
from the gyrocentre velocity (rather than from the thermal 
velocity), and where pec? is the mass-energy density in the rest 
frame; 4: = y?o. Particle gyrocentres very nearly perform an 
E x B-drift, so that E ~ BB. Writing p = 8y0c? (as before) and 
using y > 1 inside the cavity (for r < Rs), we get 


[uc2(1 + 8) + B?/47]c¢ 

= [wc2(1 + 8)B? + dy~7} + (B?/87)(1 + B?)]s 
with “C” and “‘S” standing for “‘cavity”’ and “‘r = Rs + 0” 
respectively. Now the 30 Hz-waves do not feel the presence of a 


discontinuity, hence can be omitted from Eq. (80). We denote 
the energy density ratio between frozen-in flux and particles 


by q: 
q = B?/8muc?, 
and infer from Eq. (80) 


(uc/s)[2gc + 1 + Sc] = [gl + B?) + C1 + 8)B? + by~7)s. 


(80) 


(81) 


(82) 
The conservation laws (54), (55) across the shock imply 
9cls = Bsus/bec (83) 
and 
Lcles = Bsyclysys' = Bs€/(L + 8c), (84) 
y'* being the “thermal” y-factor of the particles in their 


gyrocentre frame. Equation (82) thus yields 
(cots Pat 23 

qs 1—-- : 
Next we evaluate the constancy of the time component of 

Tayn”, which reads (10c? + p)By? + EB/47. We get 


(85) 


[uc2(1 + 8) + B?/4ir]c = [B{uc?(1 + 6) + B?/47}]s, (86) 
and Eqs. (81), (83) and (84) imply 
ea UE) —(1+ ay 
87 
~ 20 = B) - pet 


The two Eqs. (85) and (87) can be solved fdr € and qs 
whereupon Eggs. (83) and (84) yield ge: 
E€=1 + 2B; — 3s 
gs = (Bs — 8s)/(1 — Bs) 
gclqs = Bs + Se)/E. 


Our solution curves in Figs. 6 fit the observed geometry for 
ds = 3 10~-*, which implies Bs = 5s. In the previous section we 


(88) 


Il 
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argued that 8; ~ 1/2, (ignorable pitch angle excitation). We 
estimate 5, < 0.2 from the fact that the pulsar injects a power 
law of particle energies: N,dy ~ y~*-?dy, cf. Eq. (34), and that 
the composite Lorentz factor for 3 frames moving with Lorentz 
factors y1, V2 w.r.t. each other is given by 


y(B1, Bs) = [1 — (Bi + Bo)?/(1 + BiB2)?1- >? 
= yiya(l + Bi Bo) (89) 


(according to the addition law of tanh). In order for a particle 
to move relativistically w.r.t. the rest frame (of Lorentz factor 
Yr), its composite y-factor must be 24 yz or «<yp, and such 
particles do not occur frequently for the above (non-flat) power- 
law distribution. We therefore conclude 


Ee hi Os = 3/2, Gs 2 307: de agsia. 2 10-2 


(90) 


Note that gc = Lz/Lp ~ 10~* has been claimed in the summary. 
According to def. (84), € ~ 3/2 means 


ys & (2/3)yc, (91) 


i.e. some 30% of the directed particle energy is used to confine 
and accelerate the nebular plasma, the rest is stored in gyrations. 


7. The Wisps 


The wisps in the Crab nebula have been described in Sect. 2x. A 
number of authors have interpreted them as regions of strong 
plasma turbulence, at a distance of some 0.3 ly from the pulsar, 
their motion being either materialistic or wave motion. Such an 
interpretation is inconsistent with our model: We cannot place 
the inner shock front much nearer to the pulsar than 1 ly, cf. 
Fig. 5, in order to avoid unreasonably large magnetic field 
strengths in the outer part of the nebula. Moreover, our 
balance equations yield particle densities of some 10> ® cm~°, 
much too low for the observed brightness unless one admits 
unreasonably high temperatures. Thirdly, it has to be explained 
why their average geometry appears to be rather stable, with an 
offset centre of symmetry. 

In our model, the wisps are coherent synchro-Compton 
radiation emitted by the almost periodic lattice of electron- 
positron sheets as they pierce the inner shock front, on their 
way out into the nebula (cf. Kundt, 1977a). The motion of the 
periodically injected e*-sheets is conceived of as a super- 
position of (i) a radial gyrocentre motion of velocity v; = cB), 
8, = E/B (as holds for an E x B-drift), which decreases from 
c to ¥c/2 on transversing the shock layer because of an increase 
in Bg, (il) gyrations around the frozen-in toroidal magnetic field 
whose Lamor radius Rs ~ ym.c?/e(B — BE) = 10*cm 
yeB=3(1 — E?/B?)~* is practically infinite before the shock, and 
approaches some 101+cm towards the far end of the shock 
layer, (iii) a small disordered toroidal motion, so-called pitch- 
angle excitation, corresponding to a finite transverse tempera- 
ture, (iv) a small ordered poleward E x B-drift, of order 

'1 = 0.04, due perhaps to a small longitudinal E-field, and 
(v) quasi-periodic angular excursions of order f/y ~ 10~* yg?, 
forced by the counterstreaming 30 Hz waves, where f = eB/ 
mecQ = 10? B_3. According to Eq. (35), the radiated power is 
controlled by part (v) of the motion whereas its latitude 
distribution is essentially controlled by parts (i) and (ii). Part 


(iii) gives rise to a spread in longitudinal directions, and pa 
(iv) effects a poleward offset. © 

In this scenario, the wisps correspond to directions 
enhanced (induced) radiation oriented w.r.t. the present sp 
axis of the pulsar. The thin wisp results from the near-radi 
part of the motion, before the particles reach the inner ed 
whereas the other wisps correspond to preferred latitu 
directions due to the superposed gyrations. Stimulation 
absent at small intermediate angles, allowing for the centr 
hole. The length of the wisps measures pitch angle excitatio 
(iii), of order 10%. Their northwest offset by 176 is explained 
by the small drift (iv). . 

In Sect. 2x, we have listed reasons in support of the clai 
that the wisps are a laser in one of the best vacua of the univers 
On the one hand, Eq. (31) gives an incoherent lifetime of ord 
10 yr for the gyrating particles during which they travers 
distances of some 2 ly, in obvious conflict with the narrowne;: 
(some 101° cm) of the wisps. On the other hand, their optic: 
surface brightness is some 10 times the average optical brigh 
ness which equals 3 erg cm~ 2 s~+(d/2 kpc)?rz6, cf. Fig. 3; i, 
some 5 10~?° times blackbody. In our model, this radiation | 
emitted near-radially for vanishing pitch angle motion, into 
spherical angle of order my~?/4m = 1/4? S 2 107-77. Whe 
pitch angle excitation becomes important, the spherical ang, 
grows to some (10y)~+; but photons are expected to cluster i 
phase in proportion to v/Av, dependent on emission directio1 
where v/Av is smaller than the number of spatial periods of tt 
radiating lattice, so that the locally occupied volume in mome1 
tum (wave number) space is reduced by some factor (10y)” 
Aviv S 10-12 of comparable smallness. We conclude that fc 
plausible beaming near r = Rs, local photon phase spac 
occupation densities are of order 10? times blackbody, implyir 
coherent emission. 

A more direct estimate of the suggested laser phenomeno 
will be given now. To this end, consider the absorption ci 
efficient x == —dIn/J,/ds for electrons of number density nzdE | 
the energy interval (£, E + dE): 


K(v) = J dE[ng-no(E — hy, E) — ngo(E, E — hv)] 9; 


where the cross sections o for (inelastic) electron scattering ai 
related to Einstein’s induced emission coefficient B by o(£;, E 
= hvB(E,, E2). They must therefore satisfy the well-know 
symmetry relation / 


BOE wee Ln BV Ee ; C 


following from detailed balance, in which the weight fact 
g(E) measures the state density in momentum space: g(E)dE : 
number of states in (E, E + dE). For an effectively 1-di 
particle beam g(£) is constant, and we get 


Kv) = — J dEo(E, E — hv) v n7(E) @ 


under the assumption hv « E. The cross section o(£, E — h 
for the electron transition E—> E — hy can be expressed as tl 
radiated photon number per path length /,(£)dv/hve divide 
by the volume density of available photon states f,dv in (y, v - 
dv). For incoherent synchrotron radiation, the radiated pow 
l,dv is known to be 


L(E)dv = (V3e°Be/m.c?)f (v/vs)dv, (9 


| already i in Ea: (73) aac, with 
-[((E+® x BP - 


(E-B)?1/2B? 
Oe 1.78 x%%e-* (Wallis). (96) 
ae photon state density for isotropic radiation is 
dv = 8m?dy/c?. (97) 


| the case of 1-dim relativistic particle motion, with Lorentz 
ctor y, the available photon state density is narrowed by the 
ctor wry” *(vs/v)?!*/42r due to forward beaming. If, moreover, 
1 almost periodic geometry allows induced scattering into 
jme (direction dependent) frequency interval Av, the cross 
ction o grows by the resonance factor (v/Av)?. Alternatively, 
lis factor can be understood as resulting from induced 
lattering (/,—>/,v/Av) and further phase space shrinking 
|, > nyAv/v). Collecting results, and dropping the ignorable 
ctor (vs/v)-?/°, we find 


) @ f dE1,(E)(c?/8mv) 4y? (v/ Av)? ni(E) 


= (V3e%Be/2nm2c*v?)(v/ Av)*<y>nel [dy fvlvs)yn(y)/{dyn,) 
adn cm +)B_a(v/Av)eit (98) 


iD Nes = JdE Nz = electron number density = 2 10-9 cm~-3, 
= 2,v = 6 10** Hz, and <y> = 4 10°. (The ratio of y-integrals 
as been estimated to be x1). Note that without the (energy- 
ependent) resonance factor (v/Av)? but with the beaming 
\ctor y*v5 7/5 retained, expression (98) for —«(v) would be 
ways negative; this can be seen after an integration by parts. 
Our result (98) shows that one can expect stimulated 
nission (negative self-absorption, i.e. f k(v)ds < —1) from the 
sing part of the particle energy distribution (n; > 0), i.e. from 
ie low-energy particles, if in preferred directions v/Av takes 
dlues as large as 3 10°. On theoretical grounds, v/Av cannot 
tow beyond the number of periods of the radiating lattice. For 
te wisps in the Crab, this spatial period /(v) = 2mv/Q = 
0°8 cm decreases from 10° cm (before the shock) to about 1/2 
iis value (behind the shock), so that one has some 10® almost- 
eriods; a value v/Av = 3 10° thus appears plausible. 
| Note that essentially this same laser phenomenon — namely 
limulated emission from a relativistic beam of electrons 
‘aversing a periodic magnetic field — has been measured in the 
iboratory by Deacon et al. (1977). For their experiment, our 
iq. (98) differs numerically from their formula by less than a 
ictor 2 (cf. Elias et al., 1976). Their formula has been derived, 
Owever, for a strength parameter f= eBl/27m.c? small 
ompared with unity, i.e. for the inverse Compton process (for 
thich /,(/) x opcB*y?v/2mv2, holds below the cut-off at v © vc) 
nd differs essentially by an extra factor f. The fact that we can 
eproduce it within the accuracy of our approach is reassuring. 
ir laser has f = 0.72, whereas we deal with f < 107.) 
It remains to relate the angles of enhanced emission to a 
Oherence condition. Call vy = cB, the (almost) radial gyro- 
velocity of the particle motion, /(v,) their spatial period 
above), and A the wavelength of the photons emitted at 
ngle 6 w.r.t. vy. Coherence requires that emissions in successive 
heets (of separation /) occur in phase, i.e. that particle motion 
ags behind projected photon motion by an integer number N of 
jected wavelengths: 


— vy)(l/vy) = NA cos 4, 


(99) 


— NB,A/l)-?. (100) 
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Because of A « /, this latter condition is approximately satisfied 
for cos 6 = . In the inner shock front, the toroidal magnetic 
field doubles whereas the transverse electric field E does not 
change. Consequently, the E xX B-drifting particles have 
8 = E/B ranging from 1 to =0.5, and @ ranges from 0 to <1. 
This is consistent with the observed values 6; ~ 0, 0.2, 0.3, 
0.4, ..., cf. Fig. 2. Of course, this simplified model does not 
predict the precise — and time-varying — preferred angles 6; 
which should be related to the true motion of the particles. 

More precisely, Eq. (100) predicts a whole sequence of 
resonances near cos @ = f, satisfying 


for the thin wisp, (y, > 1). Their spacing is of order A@ = 1077, 
and would be frequency-dependent, hence cannot currently be 
resolved. 

What is the predicted spectral composition of the wisps? 
Equation (98) implies that the negative absorption index -«(v) 
behaves roughly as y?n,/v? for smaller than optical frequencies, 
and changes sign for v = 101° Hz, hence should have a pro- 
nounced maximum at optical frequencies. If particles should 
grow stiffer in the future — as is suggested by the Vela pulsar 
data — the wisps would wander in frequency towards the 
ultraviolet. 
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Summary. The galactic plane has been scanned over one 
degree in the far infrared using an airborne telescope. We 
observe a close correlation between the distribution of far 
infrared and radio-continuum emission. The total infrared 


energy is between one and two orders of magnitude higher than 


that expected from the total energy available in Ly-« photons 
deduced from the radio continuum. Two explanations of this 
far infrared excess are considered; namely, Ht regions with 
large amounts of dust, such that most grains are heated by 
direct absorption of Ly-« and Ly-c photons, or, more likely, 
HM regions associated with molecular clouds heated by a 
number of cooler stars present in the medium. 


Key words: infrared — galactic structure — interstellar dust 


1. Introduction 


In regions where active star formation is taking place the emit- 
ting medium is optically thin beyond 50 um. The far infrared 
emission from the dust in the range 50-400 pm is therefore a 
powerful observational tool to study the energy processes in such 
regions, irrespective of their galactocentric distance. The stellar 
energy contributes to the ionization of the gas and the heat- 
ing of the dust: the nature of grains, the spectral type of the 
stars and the spatial distribution of gas, dust and stars determine 
the relative importance of these two processes. Following early 
work by Pipher (1973) recent predictions of the infrared 
luminosity from the galactic plane have been made by Fazio 
and Stecker (1976), Drapatz and Michel (1977), and Ryter and 
Puget (1977). New observations were carried out by Rouan et 
al. (1977), Low et al. (1977), and Serra et al. (1978). They 
revealed flux levels significantly higher than the model by Fazio 
and Stecker predicted; however, the exact intensity and source 
of the observed infrared flux still remains a matter of contro- 
versy. 

In the present paper, high resolution (6’) measurements at a 
specific galactic longitude / = 27.5° close to the maximum of 
CO emission are described. They will be compared to radio 
continuum maps and 12CO maps obtained at similar resolution. 
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2. Observations and Data Reduction 


The airborne infrared telescope described by Vanhabost et 

(1977) was mounted in the Convair 990 for a NASA-ES 
Spacelab simulation mission (Wegman et al., 1978). This 32 « 
telescope was equipped with a photometer containing a set 
four Reststrahlen filters (Wijnbergen et al., 1972), and t 
observations presented here were carried out in the ba 
114-196 «m with a field of view of 6/3 the detector being a Lé 
bolometer. Sky chopping was performed at 37 Hz. The syste 
Noise Equivalent Flux is 10-11 W m~? Hz". This value 
somewhat degraded by sky noise, especially for large diaphrag: 
and short wavelengths (Wijnbergen et al., 1978). Scanning 
performed in the horizontal direction (constant air mass) witl 
pointing stability 15” rms. The resulting scans are tilted w 
respect to the galactic equator as is the beam throw ds. This 
illustrated in Fig. 1. No compensation for field rotation 
applied, since this effect is negligible during the integrati 
time. We use a beam throw ds = 10’. Scanning speed is 1/0 s 
and the undemodulated infrared signal is recorded after suital 
amplification. Laboratory data treatment includes: (i) s} 
chronous demodulation; (ii) optimal filtering with sharp cut- 
filters; (iii) coadding of scans. The noise level is measured 
coadding even numbered scans and then subtracting an eqt 
number of odd numbered scans. ; 

Special care was given to the absolute calibration of 

photometer. As a further check, Saturn was also observ 
during the flight. Since the galactic plane and Saturn obser’ 
tions were made at different locations, overhead water var 
was constantly monitored (Kuhn et al., 1977). In any case, t 
exceptional stability of the stratosphere and low altitude of 1 
tropopause over the United States during May 1977 provid 
very stable observing conditions during the entire flight. T 
results on Saturn brightness temperature and details of 1 
calibration procedure are published elsewhere (Courtin et ¢ 
1978); the variation in atmospheric transmission has be 
computed using the model of Marten et al. (1977). 


3. Results and Analysis 


In Fig. 1, the scan location is superimposed on a radio c¢ 
tinuum map at 4.2 GHz (Kashima; ref. Hirabayashi, 197 
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.1. Position of the region scanned in the far infrared plotted 

a contour map of the brightness at 4.2 GHz continuum 
rabayashi, 1974). The contour unit is 0.1 °K in brightness 
iperature. The cross close to the scan indicates position and 
f widths of a region detected in the recombination line 
09 « (Reifenstein et al., 1970). Dashed contours are for 
istant ?7CO integrated velocity antenna temperatures given 
K km s~? (derived by us from ?2CO spectra provided by 
hen); the contour interval is 10 K kms7~?. 


> scan is centered at /™ = 27.5° and b™ = 0.0°, the position 
le is 30° with respect to the galactic plane. The cross indicates 
position and the half-widths of a region where the recombi- 
ion line H109a has been detected (Reifenstein et al., 1970). 
In Fig. 2 the far infrared signal resulting from an average of 
‘ans is displayed as a solid line. The smoothing filter provides 
dB attenuation for a 0.2 arcmin~' spatial frequency. Because 
the uncertainty of a zero point outside the galactic plane, we 
re chosen to express all observable quantities as gradients of 
face brightness dJ/ds where the mean is taken over the 6/3 
phragm size. Although we use sinusoidal beam modulation 
h a throw larger than the diaphragm size, we will assume for 
plicity that the measured quantity d//dS is the gradient of 
flux J over the throw. The measured rms noise is 1.10-*° W 
~2 s~1 arcmin~*. Two major features appear in the observed 
file at s=0' (/* = 27.5°, b&§ = 0°) and s=9 (N= 
33°, b™ = 0.10"). 

We shall consider the usual picture of reradiation in the far 
‘ared, namely dust grains heated by star light, to discuss the 
gin of these features. 


Reradiation of Ionizing Photons 


r scan crosses in the South-West a peak in the surface 
ghtness of the radio continuum associated with the Hu 
ion G27.3-0,2. From the recombination line detection we 
sr a dominant contribution of free-free emission in that 
ion. Higher resolution (2/5) observations at 4.9 GHz 
thenhoff et al.. 1978) allow a quantitative comparison 
ween the measured infrared flux and the ionizing flux. The 
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Fig. 2. Full line: gradient of the far infrared surface brightness 
distribution observed along the scan; the rms noise is 1.3 10~*° 
W cm~? sterad~* arcmin~+. Dashed line: expected gradient 
from Lyman a photons absorbed by dust grains embedded in 
the ionized region. Note the order of magnitude difference 
between the units. 


4.9 GHz radio-continuum map has been smoothed to our 6% 
resolution over the area crossed by our infrared scan. A profile 
of the brightness temperature 7,(s) is derived and provides the 
gradient d7,(s)/ds along the scan. With our beam throw of 10’, 
the large scale structure, presumably the non-thermal compon- 
ent, disappears, and d7;,(s)/ds measures the gradient of free-free 
emission. 

Mezger and Henderson (1967) give the brightness tempera- 
ture 7, as a function of the emission measure. From this, 
equating the number of ionizing photons to the number of 
recombinations we derive a relation between the thermal 
brightness temperature of the radio continuum at 4.9 GHz and 
the number of Ly-c photons absorbed by the gas along the line 
of sight. 

We now assume that all Ly-c photons are degraded into 
Ly-« photons which are absorbed by the grains. The contribu- 
tion from ionizing photons to the total infrared surface bright- 
ness is, assuming 7, = 7000 °K throughout the region 


( dT ya/ds dT, /ds ) 


———___—— —_— } = 1.04 10-9( 
W cm~? sterad =? eee! K arcmin=? 


and results are given in Fig. 2. 

We observe an excellent spatial coincidence between the two 
curves. As a matter of fact, the radio peak at s = 0 could be as 
high as the second one if the infrared scan were displaced by 
half a diaphragm to the South. However, because of the limited 
accuracy of the pointing system, we do not consider the difference 
significant. The total far infrared flux may be derived from the 
114-196 wm flux, but depends on grain temperature (Ryter and 
Puget, 1977) and to a much lesser degree on grain properties. 
Assuming a conservative lower limit for grain temperature of 
about 30° K which in fact is more typical of molecular clouds 
than of H 1 regions, we find a total infrared flux 


dhp/ds = q(T)dIa14-196um)/ds ‘ 

with (30° K) = 3 for a A~ emissivity dependence and g(30° K) 
~ 5 for a A~? dependence. Hence we derive from the data in 
Fig. 2 

dly,/ds > 2 to 4 10-° W cm~? sterad~? arcmin~? 


where the inequality refers to the possible existence of a large- 
scale gradient in the infrared emission. Therefore the total 
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infrared output lies significantly above the energy provided 
through the degradation process of ionizing photons. Measured 
infared excess of Hu regions cluster around a factor of 10 
(Gatley et al., 1978, Jennings, 1975; Olthof, 1975). The generally 
very similar distribution of radiocontinuum and far infrared 
emission observed here makes it reasonable to expect that the 
infrared excess is indeed a factor 30 to 50. 

Assuming the infrared excess as described above, one finds 
that one single 04 star would account for the total infrared 
energy, and for the measured radio flux in G27.3—0.2 if 90% of 
the Lyman continuum photons were directly absorbed by the 
dust grains. This would be an unusual picture of the radiation 
transfer inside an ionized region. A more attractive alternative 
is to consider the presence of several cooler stars, with most of 
the Ly-c photons contributing to the radio flux; three BO stars 
would be sufficient, or even a larger number of less massive 
stars (Olthof, 1975). Such an alternative is indeed reinforced 
by the fact that the high resolution 5’GHz map resolved 
G27.3-0.2 in several components. 


b) Possible Contribution from Molecular Clouds 


To decide more accurately which fraction of the total infrared ~ 


flux originates from molecular clouds with no radio continuum 
counterpart, we now examine the available 1*CO data. From 
measurements on 17CO made by Cohen (1978) with an 8’ 
HPBW resolution, we constructed in Fig. 1 a crude isophotal 
map of CO integrated velocity antenna temperature. We 
compute a maximum gradient of the 12CO distribution along 
the scan to be 2.5K kms~tarcmin™+ at s = 15’. Following 
Gordon and Burton (1976) we deduce for the gradient of 
hydrogen 


Nu 


d d 
Joh fa eh eS 20.5 
ds & a oo ds ( 


Ico ) 
K km s+ 
note that the numerical factor is quite uncertain. 

Assuming a far infrared luminosity normalized per hydrogen 
atom (Ryter and Puget, 1977) Li = 2.10~3° W(H atom)~}, 
we derive from the above gradient an expected maximum 
gradient of the total far infrared brightness of 2.10-1+ W cm~? 
sterad~+ arcmin=?. 

This is an order of magnitude smaller than the measured 
value and implies the following possibilities: (i) the contribu- 
tion from the molecular clouds on the line of sight to the far 
infrared flux is negligible; the dominant contribution is due to 
the dust from inside the H 0 regions heated by B stars or even 
by less massive stars; (ii) the derivation of the expected far 
infrared flux from the CO data is incorrect. Either the 12CO 
integrated temperature does not account properly for the whole 
column density of gas, or locally the “‘universal” value of L#, 
is not satisfied, probably through fluctuation of the grain 
properties. 

In any case, the close spatial correlation between far 
infrared emission and continuum emission, quite obvious in 
Fig. 2, implies that molecular clouds and H u regions along this 
particular line of sight are closely associated. It would neverthe- 
less be incorrect to derive any statistical implication on the 
luminosity function at this scale, because of the small number 
of massive stars involved. 


4. Conclusion 


The galactic emission in the far infrared further studied at 4 
large scale in Paper II (Serra et al., 1979) has been loca ly 
mapped with higher spatial resolution (6.3’). A spatial corre} 
lation with the radio continuum is found. o 

The far infrared surface brightness gradients are significantly 
higher than expected on the basis of a highly ionizing stay 
heating the grains. A more reasonable picture involves a number 
of less massive stars. The contribution to the infrared flux of the 
dust present in the molecular clouds along the line-of-sight does 
not seem to be the predominant one. In any case, this observa- 
tion demonstrates the existence of a large dispersion in heating 
conditions at the scale of H it regions and molecular clouds in 
the galactic plane. F 
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Summary. Using incompressible magnetohydrodynamics, we 
derive some important information on the nature of the MHD 
turbulence observed in the trailing edges of high velocity 
streams in the solar wind. We show that this turbulence is 
characterized, to a good degree, by the absence of nonlinear 
wave interactions and that it is necessarily a mixture of modes 
with polarization of Alfvénic and slow magnetosonic types. A 
theoretical model of MHD turbulence, satisfying some observa- 
tional constraints, is used to calculate a variance matrix and 
interpret the main results of the minimum variance analysis 
of magnetic data. 


Key words: solar wind — magnetohydrodynamics — turbulence 
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1. Introduction 


Numerous observations, starting from the work of Coleman 
(1967) and Belcher and Davis (1971), have indicated that the 
low frequency magnetohydrodynamic turbulence in the solar 
wind is mostly characterized by the presence of large amp- 
litude Alfvén waves. These are evidenced through the corre- 
lations between the velocity (Sv) and magnetic field (SB) 
fluctuations, the purest example being always found in the 
trailing edges of high velocity streams. 

Several properties of the Alfvénic turbulence appear to be 
quite well established in the extensive work on analysis of 
observations (Belcher and Davis, 1971; Daily, 1973; Chang 
and Nishida, 1973; Burlaga and Turner, 1976; Denskat and 
Burlaga, 1977; Bavassano et al., 1978) and have stimulated 
theoretical work. In spite of this, the interpretation of the ob- 
served properties is far from clear and, in some cases, quite 
unsatisfactory. 

A main reason for this is the fact that any interpretation so 
far of the observed fluctuations (Barnes and Hollweg, 1974), 
has been based on the concept of simple waves (Jeffrey and 
Taniuti, 1964) which are very special solutions of the magneto- 
hydrodynamic equations. As we will see, the concept of simple 
waves requires the presence of a uniform medium upstream 
(in particular a uniform magnetic field), which is not what is 
indicated by the observations of MHD turbulence in the 
trailing edges of the streams. Rather, the medium, in these 
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regions, appears to be completely permeated by rando . 
fluctuations, so that a statistical description in terms of turbu- 
lence is certainly more appropriate than a description in terms 
of simple waves if one wants to interpret the observational 
results. 
In the present paper we will in fact show that a turbulent 


. description can easily account for the properties indicated by 


the present observations. : 

The plan of the paper is the following: Sect. 2 summarizes 
the properties of Alfvénic turbulence which appear more firmly. 
established. We refer, everywhere in the paper, to the fluctua- 
tions observed within the trailing edges of the high velocity 
streams. In Sect. 3 we show, without any assumption on small 
nonlinearity and without resorting to the simple wave solu- 
tions, the consequences of the observations as to the nature 
of MHD turbulence in the solar wind. In particular we show 
that such turbulence is in a very peculiar state charaterized, toa 
good approximation, by the absence of nonlinear interactions. 
At the same time we point out in Sect. 3 the inadequacy of 
some commonly quoted interpretations of the observations. 
In Sect. 4 we set up a theoretical model for the Alfvénic 
turbulence, based on some observational constraints, and show 
that the model can account for those Statistical properties of 
the waves which are indicated by the minimum variance 
analysis (Sonnerupp and Cahill, 1967) commonly used on the 
magnetic data. Section 5 summarizes the conclusion on the 
paper, indicates some useful diagnostic which should be done 
on the data and states some open theoretical problems of MHD 
turbulence in the solar wind. 


2. Summary of Observed Properties of MHD Turbulence 
in the Solar Wind 


We summarize here those properties of the MHD turbulence 
associated with the trailing edges of high velocity streams which 
appear best established by the various observations, i.e. on 
which the various studies on the subject seem to agree. 

The first one is the correlation between velocity (6v) and 
magnetic field (SB) fluctuations, which satisfy the relation 


5B 


dv = + Gap (1) 


p being the plasma density. The sign in (1) is such that only 
modes propagating away from the Sun appear to be present 
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re precisely 5v and SB are parallel when the average inter- 
anetary magnetic field is directed inwards with respect to 
eSun and they are antiparallel when it is directed outwards). 
ctually, the radial component of Eq. (1) is the most firmly 
tablished due to the fact that the radial component of the 
)lar wind velocity is sufficiently large to provide a substantial 
ilue for the signal to noise ratio (~0.05) while the other 
Dmponents are very much smaller which results in much 
irger errors. 
' The absolute value of the correlation coefficient between 
1e radial component of the velocity and the magnetic field is 
reater than 0.6 in extended regions of the solar wind. Burlaga 
nd Turner (1976) have even shown that the data could often 
e interpreted by a correlation coefficient close to unity but 
iodified by the uncertainties in the measurement of the solar 
find velocity (the magnetic field measurements being of much 
igher precision). 

In the regions where (1) appears to be satisfied to a high 
egree, the magnetic field magnitude stays roughly constant 


2 = constant. (2) 


‘o be more precise, Burlaga and Turner (1976) have looked 
t the ratios 6|B|/<B> between fluctuations in magnitude of 
ne magnetic field and an average magnetic field <B> (over 
-20 min periods), for events where the coefficient of correla- 
ion between dv, and 8B, was p > 0.6 and have obtained the 
tatistical result that a typical value for 5|B|/<B) is 


|B|/<B> ~ 0.06. (3) 


‘his indicates that, besides the Alfvénic fluctuations, there are 
Iso possibly compressible fluctuations (of magnetosonic type) 
ut with very much less power. For the magnitude of the 
ransverse fluctuations (for example in radial magnetic field) 
ne has in fact, from the same analysis of Burlaga and Turner 
1976), a typical value 


B,/<B> ~ 0.3 + 0.4. (4) 


Some important information on the presence of compressible 
uctuations, together with incompressible Alfvén waves, is 
lso contained in a recent work by Neugebauer et al. (1978). 
\nalyzing periods with waves verifying, to a good approxima- 
ion, the relation (1), the authors find, simultaneously, the 
resence of some density fluctuations and estimate that 


Sp)? (8|v|)? 
mE . 


yhere V, is the Alfvén speed in the average magnetic field (for 
very period chosen) and 4]v| indicates the fluctuations in the 
bsolute value of the solar wind velocity. Furthermore, from 
he power spectra of density fluctuations given in Neugebauer 
t al. (1978), one can roughly deduce values 5p/p < 10%, this 
alue being probably an upper limit set up by the limited pre- 
ision of the plasma observations. Thus the values of 5p/p can 
e consistent with the values (3) for the fluctuations in field 
nagnitude. 

As it follows from (1), fluctuations in radial velocity are, in 
rder of magnitude, 


Or ~ 5B, 
ha: MIO 


~ ‘tne + 


Hence, by using (5) and (4), we see that 


Slo] _ dv, 


Vo ae (6) 


If we consider now the continuity equation, in a frame of 
reference moving with the solar wind, 


te) 
a P + pVdv = 0 (7) 


we easily find that, because of (6) and (5), we cannot possibly 
balance the Alfvénic fluctuations év, with the observed density 
variations dp (these are too small). 

The conclusion is therefore that the Alfvénic fluctuations, 
satisfying (1) (and which we consider in this paper) are to a 
good approximation incompressible, i.e., for such fluctuations, 
we can well assume 


p = constant. (8) 


Other interesting statistical properties of MHD turbulence 
in the solar wind are obtained from the minimum variance 
analysis of magnetic data (Sonnerupp and Cahill, 1967). The 
method, as is well known, consists in determining eigenvalues 
and eigenvectors of the minimum variance matrix 


Sis = <BiB> — <BD<By> (9) 


where i, j denote components of the magnetic vector (along 
the axes of any chosen coordinate system) and the brackets 
denote averages over selected periods of the data. 

As the fluctuations (phase velocity much smaller than the 
solar wind velocity) are convected past the spacecraft by the 
solar wind, these averages are equivalent to spatial averages. 

The statistical properties obtained for periods containing 
Alfvénic fluctuations which satisfy (1), (2) and (8) are the 
following: 

1. One of the eigenvalues of the variance matrix (9) is 
always much smaller than the others, i.e. (if we callA, > Az > Ag 
the eigenvalues) 


are eal Og) & (10) 


The corresponding eigenvector m, is denoted as minimum 
variance direction. This indicates that, at least locally, the 
magnetic field fluctuations 6B are approximately in a plane 
which is perpendicular to such minimum variance direction. 

2. The minimum variance direction m3 appears to be 
parallel to the average magnetic field <B), i.e. 


ms//< BY (11) 


i.e. the distribution of the angles between mz and <B> is quite 
narrow (width ~ 10°) and centered around zero. 

3. The power in the fluctuations appears to be distributed 
anisotropically in the plane perpendicular to mz, i.e. 


erally, ! (12) 


Typical values for the ratios of the eivenvalues are A,:A2:A3 = 
10:3.5:1.2 from the work of Chang and Nishida (1973) and 
similar values are obtained in other analyses as well (Belcher 
and Davis, 1971; Bavassano et al., 1978). 

Referring to a coordinate system ég x ép, ég x (és x ép), 
éz, where és, ég are unit vectors in the direction of the average 
magnetic field <B> and the radial direction respectively, — 
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Belcher and Davis (1971) give for the ratios of the correspond- 
ing magnetic powers. 


Pees exe, kegs ben = lad (13) 


i.e. the maximum power appears to be approximately in the 
és X &z direction (this is not, however, exactly the direction of 
maximum variance). If the average field <B> coincides with 
the Parker's spiral field, this becomes the direction normal to 
the ecliptic plane. 

It is important to remark that the statistical properties 
derived from the minimum variance analysis in several papers 
appear to approximately agree, in spite of the fact that the 
periods chosen for the averages are different in the different 
cases (for example several hours in the case of Chang and 
Nishida (1973) and ~ 20’ in Bavassano et al. (1978)), so that 
the analysis covers different frequency ranges. It would be 
certainly important to make a more systematic analysis to see 
if and how such properties vary in various frequency ranges. 

Finally, we must recall the results of a very recent analysis 
on Alfvénic fluctuations verifying (1), (2) and (8), by Denskat 
and Burlaga (1977). Using correlated data between two satel- 
lites (Explorer 33 and 35) and the hypothesis that the wave 
fronts are plane, these authors have determined the direction 
of the normal 7 to the wave front, i.e. the direction of wave 
propagation. The essential result we want to recall is contained 
in Fig. 5 of Denskat and Burlaga, giving a very broad distribu- 
tion of the angles between 7 and <B> and thus essentially indi- 
cating no preferential direction of wave propagation in the 
ecliptic plane. 


3. Indications on the Nature of MHD Turbulence from the 
Present Observations 


Several important indications on the nature of Alfvénic turbu- 
lence can be deduced from the observational results mentioned 
in the previous section. 

Let us assume (8) and consider therefore the equations of 
incompressible MHD, for a perfectly conducting plasma 


V-2= 0 (14) 
V-B=0 (15) 
ov 1 B? 1 B 
—+ . a v( =) aS : — 
= (v- V)v : P at > — V) me (16) 
eB 
op * @ * #8). (17) 
If we introduce 
Z= =v +—~ 

as. (Azp)!? (18) 
we can combine Eqs. (16) and (17) and obtain 
7 ae 4 : 1 B? 
== + {(Z*-V)Z* = —= v(p + x): (19) 
Gt p 8a 


If we further take the divergence of this equation (and use 
V-Z= = 0), we have 
8a 


—V-[(Z- -V)Z*]. (20) 


_ Sun, and the property (1), indicated by the observations, says: 


Separating quantities ‘into average and fluctuating parts, i. 
(in a frame of reference moving with the solar wind) 


poke ee ey ee OR nN (21 
cay Ae : a 
a ee a 


we obtain, in place of (19), (20), the two equations 


1 2 i. 
2 372 + (C4: V)8Z* + (6Z*-V)d5Z* = -<v(p + =) (23) 
ot p 82r ’ 


1 B? 
~V3(p _ =) = —V-[(6Z*-V)dZ~] (24) Au 
p a 
where 
5B | 
We = one Gap (25) 
and 1 
iy <B> 4 
C= mp (26) 


As it is clear from the definition (25), 6Z* represent the two 
possible Alfvénic modes, propagating away or towards the 


simply that only one of the two modes is present, 1.e. either 


8Z*=0, 68Z #0 (27) 
or vice versa. In the following we will refer, for example, to 
(27) (which is verified in the regions where the average inter-~ 
planetary magnetic field is directed outwards). 4 
It is now seen that the consequence of the observational 
result (1) (or (27)), is that the nonlinear interactions terms in 
Eqs. (23) and (24) disappear, so that we obtain 


= 6z- +4C,- VEZ" = 0 


2 
v°(p + =) = 0. 
87 


Thus, the observed correlation (1) between velocity and mag- 
netic field fluctuations implies that the MHD turbulence ~ 
(associated with the trailing edges of the streams) is in a state 
characterized, to a very good degree, by the absence of nonlinear 
interactions (a fact not noticed in the previous literature on 
the subject). This state (only one type of modes is present) is ~ 
quite in contrast with the picture of ordinary hydrodynamic 
turbulence which tends to isotropy (Herring, 1974) and where - 
nonlinear interactions are essentially present in the stationary ~ 
state. i 

The mode which is present (6Z~ for example), satisfies a 
linear propagation equation (Eq. (28)). Furthermore, Eq. (29) 
and the incompressibility assumption (14), imply that 


B? = constant 


(30) 


which is another well defined property indicated by the ob- . 
servations. As it is seen from the derivation, this property — 
(contrary to the statements on the present literature), is not 
independent from (1), but follows from the observed correla-— 
tions between fluctuations in velocity and magnetic field, once — 
incompressibility has been assumed. Notice also that these — 
very general properties have been derived without any assump- 


Ons on small nonlinearity. Besides, they are not based on the 
yncept of simple waves which has been used to interpret the 
licroscale solar wind turbulence (see for example, Barnes and 
ollwegg, 1974). 

| The basic weakness of such an interpretation in terms of 
mple waves (which are exact nonlinear solutions of the MHD 
uations satisfying (1), (2) and (8)) is in the fact that such 
lutions are very peculiar. They occur naturally only in the 
ase of a perturbation propagating in a uniform and stationary 
iedium (Jeffrey and Taniuti, 1964) which is not the case for 
Alfvénic”’ fluctuations which always appear in a highly 
irbulent medium. Notice that the interpretation in terms of 
mple waves leads, correspondingly, to introduce a background 
unperturbed”? magnetic field Bo which is not related to any 
bservable quantity whatsoever but which is generally, but 
icorrectly, taken to be the average field in most of the works 
iterpreting observational data. 

Let us now come to the interpretation of the statistical 
zsults on Alfvénic turbulence obtained through the method 
f variance analysis. A common statement in most of the 
resent literature on Alfvén waves is that the minimum variance 
irection (approximately parallel to <B>) is also the direction 
f wave propagation. Apparently this statement is drawn from 
he fact that the observed magnetic field fluctuations are 
1ostly perpendicular to the average field <B>. If we assume 
hey are strictly perpendicular, i.e. 


— 


B, = é,:5B = 0 (31) 
hen (30) becomes 
32 = constant (32) 


vhich necessarily (and quite generally) implies that the waves 
ire circularly polarized around <B>. In this case the propaga- 
ion direction is parallel to <B> and, hence, coincides in fact 
vith the minimum variance direction. 

However, the hypothesis (32) and the corresponding pic- 
ure of a turbulence of circularly polarized waves, is untenable 
n comparison with the observations. First of all, as recalled 
n Sect. 2, the minimum eigenvalue A3, although small, is dif- 
erent from zero, which implies that 


By # 0. (33) 


secondly, for the case of circularly polarized waves, one would 
ave isotropy of the fluctuations in the plane ,<B)>, i.e. Ay = Az, 
vhich is again contrary to the results of the minimum variance 
tnalysis. Finally, the analysis of Denskat and Burlaga (1977) 
ndicates that, if the wave fronts are plane, the direction of 
yropagation has nothing to do with the direction of <B>. The 
iuthors conclude from their results, and the assumption that 
he direction of minimum variance is the direction of propa- 
zation, that the wave fronts must be curved. 

Although this might well be the case, this deduction is 
nvalid because it is based on the untenable hypothesis that 
ms coincides with the direction of propagation. Correlated 
analyses from more than two satellites would indeed be neces- 
sary to decide if the wave fronts are or are not plane. If they 
are plane, the results of Denskat and Burlaga indicate, in any 
se, that, rather than being made of waves all propagating 
rallel to <B>, the observed MHD turbulence must contain 
a wide spectrum of propagation directions. 
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Notice that, if 6B, # 0, as we are forced to assume, the 
condition B? = const. just gives a relation between 5B, and 
5B, and no constraint whatsoever on the direction of propa- 
gation (contrary to Eq. (32) which necessarily implies propaga- 
tion parallel to <B>). 

More formally, from the linear equation (28) (a conse- 
quence of the observed correlation between dv and 5B), we 
derive that the modes which are present can be expressed as a 
linear Fourier series (whatever their amplitude), i.e. 


8773 . 
dB(r, t) = 7 2 5b(k) exp [i(k-r — wxt)] (34) 
where 
we= k-C, (35) 


as it also follows from (28). On the other hand, the equation 
V-B = 0 (which must hold for each Fourier component) indi- 
cates that, quite generally, for each wave vector A, there are 
only two independent polarizations for the fluctuations 6B 
(subject to 6B | &), in the directions 


é:(k) = i(k x <B>) (36) 
€a(k) = —(k x (k x <B))) (37) 
i.e. we Can write 
dB(r, t) = dBy(r, t) + dBo(r, t) 
= = 2 [86:(A)é1(k) + 5b2(k)é2(k)) 
- exp [i(K-r — wxt)]. (38) 


As it is seen from (36) and (37), the component 6B, of the 
fluctuations is entirely perpendicular to <B>, whereas 5B2 has 
also a component parallel to <B>. In terms of modes of the 
incompressible plasma we are considering, 6B, is what is 
properly called an Alfvén wave, while 5B. is the incompressible 
limit of the slow magnetosonic mode. 

The results of the variance analysis force us therefore to 
conclude that the MHD turbulence observed in the trailing 
edges in high speed streams is necessarily a mixture of waves 
with both Alfvén type polarization and slow magnetosonic 
polarization. We recall that a theoretical analysis in this direc- 
tion (but in the framework of a perturbation scheme on the 
Alfvén wave problem) was considered by Barnes and Hollwegg 
(1974). 


4. Theoretical Model for Alfvén Wave Turbulence and 
Comparison with the Observations , 
To obtain some insight into the observed statistical properties 
of MHD turbulence in the solar wind, we consider the simplest 
possible model of turbulence, i.e. a statistically homogeneous 
and normal turbulence and we calculate the minimum variance 
matrix. Notice that such a calculation is essentially equivalent 
to a dimensional analysis. 

The hypotheses we therefore make on the nature of the 
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turbulence are (in terms of the component at polarization 


é,(k)): 
uf 


V 
Chik bi(k’)> = a3 Tk bk (39) 


II. Normal Correlations 


In (39), by(k) = 6b,(k)/|(B>|, [(k’) is the spectral power (suit- 
ably normalized) in perpendicular fluctuations and k’, k” the 
Kronecker symbol. 

The second hypothesis, i.e. the normality hypothesis, im- 
plies that all triple correlation are zero and the fourth order 
correlation break up into sum of products of double correla- 
tions, i.e., symbolically, 


<bybyb1> = 0 


<bybybiby> = <byb:><bib1> +.... ad 
Notice that, from b,(k) = b{(—k), it follows that 

I(k) = I(—k). (41) 
Making further the hypothesis that 6B,/(B> <1 and- 


6B,/6B, ~ ¢ < 1, we can obtain the matrix of minimum 
variance in the form 


i 


[<BY/? 

i (=) 5 [eT (k)-é(k + k)ér(k + k’)-éo(k’)] 
Vi) kh [éx(k)- én \Léa(k’)- én] 

Tk k + Kh) fe (Wea(k) + br (k)ézi(h)} 
Bar? \2 I é(k — k’)-é(k)? 

- (> =>) ay ae 

x TK )I(k — kK )ba(kex(k) 


Si(r, t)= = COB(r, t)dB,/(r, tp = eesl thre i 7 T(h)éu(k)éz(k) 


(42) 


whete the first term (proportional to [(k)), comes from the 
fluctuation of polarization é,(k) and the other two terms 
depend also from the fluctuations in the second polarization 
and are proportional to J? because, in the ordering used, 
OB, (oo ba, 

From inspection of (42) we see that, if I(kx, ky, kz) is even 
in kx, ky, k, (which is consistent with (41)), Si, is a diagonal 
matrix. Choosing an orthogonal coordinate system with z 
parallel to é,, i.e. és = (0, 0, 1) (and x, y two orthogonal axes 
in the plane | é,), the eigenvalues are, to lowest order in, 


Ar = f d°kI(k)|é1(k)|? 


= f d%kI(k)|é,(k)|? (43) 


i ; fd%k f d?k' lek — k’)-é(k)|21K)Ik — ’). 


As it is seen, to lowest order in our expansion, A, and Az are 
proportional to J(k), and hence are mainly determined by the 
Alfvén wave polarization of the fluctuations, while A3, as it 
is obvious, requires the magnetosonic polarization and, hence, 
is necessarily proportional to /?, Consistently with our expan- 
sion, it will be Ag < (A,, A,) and we have also obtained that 
the minimum variance direction is parallel to <B>. Therefore 


the calculation, already reproduces the statistical properti 
(10) and (11) obtained from the observations. 
Let us now consider the example 


Ke ie ke 
= Aexp Bae fea be las =| iC 
Ne, Nay. Hes 
with A a suitable amplitude which is chosen so as to satisfy, 
|6B?| = const. This is of course chosen in such a way as 
allow analytic calculations but, at the same time, it will give 
information on the spectrum of & vector directions necessai i 
to explain the observations. More realistic forms of J(k) would} 
require numerical integration in (38), but would probably not} 
change the basic conclusions obtained with this model. 
Using (44) we obtain 
" <KSB2y a ve 
+ KBP x8 + x3 
<5 Bz> xz 
|<B>|? x2 + x3 
ugh eer Xo + Xz 
* 2UKBDAD G2 + x? 


and the ratios of the eigenvalues, which are the relevant quan 
tities to compare with the observations, are 


I(k) 


4 


22> 


do xz 

== 4 
Ai Ne ‘ 
Ag _ 1 <0BD xe + XG (47 
Ar 2 |<B>|? x608 + x) 


If we now require the largest eigenvalue to be Aj, the 
axis of our coordinate system should coincide with the direc 
tion of maximum variance (m,) indicated by the observation 
i.e. approximately, the és x é, direction. Consequently, th 
y axis will be approximately along the ég x (ég x ég) direction 

The fact that A2/A, < 1, as indicated by the observations 
implies that 


Xx 
Xy 


i.e. the angular distribution of the k vectors in the turbulence 
should be to some extent concentrated around the 
(€g + ég x (ép X @z)) plane (which is the ecliptic plane when 
<B> coincides with the spiral field). More precisely, if we take 
a typical value A2/A; ~ 0.3 (as indicated by several investiga- 
tions), the half angular width of the distribution of & vectors 
with respect to the y-z plane is required to be 


Aé ~ 30°. 


Zit (48 


Note that, to explain the perpendicular anisotropy, ne 
requirement on the distribution of k vectors in the y-z plane 
(i.e. approximately the és, és x ég xX épg plane) is needed. Th 
is consistent with the results of Denskat and Burlaga (1977) 
which in fact indicate that, on the hypothesis that the wave 
fronts are plane, no particular direction seems to be preferred 
for wave propagation in the ecliptic plane. 

Using the result (49) in (47), and requiring a typical value 
for A3/Ax 


As 
7, ~ 0.05 + 0.1 


ot: : 


et al.: 


a ~ 0.15 + 0.24 
hich is in the range of observed values for perpendicular 
actuations. 


l 


. Conclusions 


Je summarize the main conclusions of this paper and point 
ut some open problem on MHD turbulence which are posed 
y the present observations in the solar wind. 

We have shown that, in the hypothesis of incompressible 
irbulence, the observed correlation between velocity and 
agnetic field fluctuations in the solar wind, i.e. the fact that 
nly waves moving out of the Sun are observed, implies that 
ie turbulence has evolved to an asymmetric state where, to a 
ood approximation, nonlinear interactions are absent. 

The condition B? = constant is another consequence of 
ie absence of nonlinear interactions and not an independent 
roperty. As a matter of fact, one could think of correlating, 
arough data analysis, the degree to which B? = const. is 
atisfied with the 6v — 6B correlation, thus obtaining an indi- 
ation of the degree of validity of the incompressible 
ssumption. 

In the second place, we have indicated that the commonly 
ccepted statement that the direction of wave propagation 
oincides with the minimum variance direction is not tenable. 
“his statement would be valid if the turbulence would be made 
(p of waves circularly polarized around the direction of <B> 
jut this is in contrast with the statistical results of the variance 
nalysis. 

_ The fact that the minimum eigenvalue A; # 0 requires 
lecessarily the turbulence to be a mixture of fluctuations in 
wo independent polarization states, namely an Alfvén wave 
volarization (i.e. fluctuations 5B strictly | <B>) and a slow 
nagnetosonic polarization containing also a parallel component 
of the magnetic fluctuations: The condition B? = const. be- 
fomes now just a relation between 5B, and 5B,, which is of 
terest to check on the data. Work of this type has indeed 
yeen started recently (Sari and Behannon, 1978) and, if done 
n regions with good dv — 8B correlations, is again a test of 
ncompressibility. 

Finally, we have calculated the variance matrix for a model 
of statistically homogeneous and normal turbulence and com- 
vared the results with the observations. Using a mixture of 
Alfvénic and incompressible ‘“‘slow magnetosonic”’ polariza- 
ions, we obtain a minimum eigenvalue which is different from 
rero and the corresponding minimum variance direction 
arallel to <B> in agreement with the analyses on the data. 
The anisotropy of fluctuations, which is observed in the plane 
| <B>, requires, according to the model, a certain concentra- 
‘ion of the direction of wave vectors of the turbulent waves 
around (approximately) the plane é, — é: x (és, x éz), with 
a half angular width of the order of 30° (to have A2/A; ~ 0.3). 

On the other hand, no condition is required on the wave 
vector directions in the é, — é; x (ép x é,) plane, which is 
-onsistent with the two satellite observations of Denskat and 
Burlaga (1977) showing no preferential direction of propagation 
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in the ecliptic plane. Further, we show that the ratio A;/A; 
depends on the average of the squared perpendicular fluctua- 
tions, which is another relation which would be of interest to 
check with the data. ; 

Concerning open problems on MHD turbulence posed by 
the observations, we have first of all to explain the very remark- 
able fact that the stationary turbulence which is observed 
contains only one of the possible modes (i.e. the modes propa- 
gating away from the Sun only). The currently given explana- 
tion for this is that, of the waves generated at the Sun, only 
the forwardly propagating waves can overtake the critical 
Alfvénic point and be observed in the solar wind (Belcher and 
Davis, 1971; Hollwegg, 1975). However, the maximum power 
in Alfvén waves generated from motions in the convection 
zone and getting out in the solar wind, is found to be mainly 
in periods of the order of one to a few hours, which corre- 
spond also to the typical scales of supergranulation (Hollweg, 
1978). Conversely, it is found that much less power can get 
out at higher frequencies. 

On the other hand, the observed MHD spectrum at 1 AU 
follows, roughly, a — 3/2 power law (Russell, 1971), so that the 
power in the shorter periods (for example, from 1 s to 1 h), is 
of the same order of magnitude than the power in fluctuations 
of larger periods (from 1 to few hours). Thus it is unlikely that 
the higher frequencies observed in the solar wind can be of 
solar origin. The argument of the solar origin, as an explana- 
tion for having only outwardly propagating waves, does not 
therefore apply to such higher frequencies (periods down to 
1s) which still consist however of outwardly propagating 
waves. 

Thus we must really understand the fact that an original 
situation with turbulent waves of both types present (which is 
the case if we think, for example, to local generation) should 
evolve in such a way that one of the two disappears. A ten- 
dency of Alfvénic wave turbulence towards an asymmetry of 
this type has been indeed obtained by Lifshitz and Tsitovich 
(1971) in the framework of weak turbulence theory. Owing to 
the large amplitude of the fluctuations observed in the solar 
wind, weak turbulence theory becomes questionable and we 
should rather understand the asymmetry in terms of a strong 
turbulence theory. 

A second problem arises when we recall the possible 
mechanisms of MHD wave generation in the solar wind. We 
have already said that only waves of relatively long periods 
(T = 1h) can escape from the chromosphere. On the other 
hand, if we think of mechanisms of local generation in the 
solar wind itself, through velocity shear instabilities (Dobro- 
wolny, 1972, 1977), maximum growth rates occur near the 
ion gyrofrequency, which means that especially waves with 
periods of the order of seconds will be generated. There is there- 
fore a big gap in the spectrum where we do not know of any 
mechanism of generation. 

In contrast with this, the spectrum of the observed MHD 
fluctuation in the solar wind (Coleman, 1967; Belcher and 
Davis, 1971) is a continuous one over many frequency decades 
without any gap whatsoever. Clearly, a cascade caused by 
nonlinear interactions, from the larger to the smaller scale 
lengths, is needed to explain the observed spectrum. However, 
the stationary state which is observed is characterized, as we 
have remarked, by the absence of nonlinear interactions. 

Work on these basic problems is presently under progress. 
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ummary. Information on the potential energy of interaction 
f OH and Hg is assembled with a view to calculating the cross- 
tetions for rotational excitation of OH by Hy. The incom- 
leteness of our knowledge of the potential is believed to 
etermine the accuracy of the results, which relate to transi- 
lons between the J = 3/2, 5/2, 7/2 rotational levels of the 
[Ig)2 ladder. It is shown that collisions with Hg are likely to 
hermalize rather than invert or anti-invert the populations of 
he levels of the ground rotational state, responsible for the 
naser emission observed at a wavelength of 18 cm. 


<ey words: rotational excitation — OH — maser emission 


{. Introduction 


ince the discovery of the OH radical in the interstellar medium 
in 1963, many attempts have been made to understand the 
characteristics of the maser emission at 18 cm. Both radiative 
and collisional pumping mechanisms have been proposed to 
account for the intensities of the main lines at 1665 and 1667 
MHz and the satellite lines at 1612 and 1720 MHz (see Fig. 1). 
Rogers and Barrett (1968) considered the contributions of 
collisions with both charged and neutral particles to the rate 
of transitions between the components of the ground state 
(7Il3;2J = 3/2) A-doublet. Gwinn et al. (1973) discussed, 
among other processes, the production of excited OH through 
the collisional dissociation of H2O by H. Collisions with 
neutral perturbers (H, Hz, He), leading to rotational excitation 
which is followed by radiative decay to the ground rotational 
state, were analysed by Bertojo et al. (1976). On the basis of 


Fig. 1. Transitions observed between the levels of the ground 
rotational state (7II3,2 J = 3/2) of OH. The parities of the com- 
ponents of the A-doublet and the values of the total angular 
momentum quantum number, F, are marked. The frequencies 
of the transitions are expressed in MHz (the diagram is not to 
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their computations of potential energy curves, these authors 
suggested that population inversion in the OH radical could 
be explained in terms of collisional pumping by H, but not 
by Hz or He. 

Still more recently, Elitzur (1977) and Bouloy and Omont 
(1977) have recalculated the contribution of charged particle 
impact to the rates of transitions within A-doublets of mole- 
cules. These authors show that the approximation adopted by 
Rogers and Barrett (1968) is inaccurate for ions at low tem- 
peratures and results in the collision rates being substantially 
overestimated. 

The role of H atom collisions in inverting the populations 
of the levels of the rotational ground state of OH has been 
re-examined by Kaplan and Shapiro (1979) and Shapiro and 
Kaplan (1979) who demonstrate that inversion can occur for a 
wide range of densities and temperatures. 

In the present paper, we reconsider the problem of the 
rotational excitation of OH by Ho. Although it is unlikely 
that collisions with Hz contribute to the process of population 
inversion, it is still necessary to know the rotational excitation 
cross-sections in order that the thermalizing effect of collisions 
with Hz may be incorporated in calculations of the popula- 
tions of the energy levels of the radical. Bertojo et al. (1976) 
calculated only ratios of cross-sections for differential excita- 
tion of the components of excited A-doublets. 

We begin (Sect. 2) with harmonic analysis of the available 
OH-H, potential energy curves and a discussion of the long 
range behaviour of the interaction energy. Our knowledge of 
the interaction potential is still far from complete and is 
believed to determine the accuracy of the calculations of the 
rotational excitation cross-sections, reported in Sect. 3. The 
astrophysical consequences of these results are briefly dis- 
cussed in Sect. 4 and our conclusions are summarized in 
Sect. 5. 


2. Determination of the Interaction Potential 


Consider the interaction between a para-hydrogen molecule 
in its ground electronic (XZ?) and rovibrational state and a 
CH molecule, in which there is one unpaired 2p7 electron. 
Interactions with OH are analogous, with an electron hole 
taking the part of the unpaired electron in CH. Whilst con- 
strained to its ground state, para~-Hz may be considered to be 
a spherically symmetric perturber, and this approximation 
should be reasonable for barycentric energies E/k < 510 °K, the 
threshold for rotational excitation of para-H2. 


A, 


x 


Fig. 2. Coordinate system employed in the present work 


Subject to these approximations, the potential energy of 
interaction between the two molecules may be written (cf. 
Flower and Launay, 1977), 


V(e, R) = 47 S vxcs(P) Yax(6) Yo-.(R). 


@Q2 


where ep = (p. 6.4) is the intermolecular vector, which joins 
the centres of mass of the molecules (see Fig. 2), R = (9, ®) 
are the angular coordinates of the unpaired electron (electron 
hole) in the same coordinate system, and Y is a normalized 
spherical harmonic function. The potential V is invariant under 
rotations about the z-axis. In (2.1), we neglect the dependence 
of V on the radial coordinate of the electron, thus assuming 
that the electron orbital is not deformed by the interaction 
with the perturber. This approximation is valid when p is 
large and is reasonable when p is small if the interaction is 
not reactive. 

The OH internuclear axis and the intermolecular vector p 
define a plane of symmetry of the potential V and of the total 
hamiltonian. Appropriate electronic eigenfunctions possess a 
definite symmetry under reflection in this plane. The symmetry 
group is C, and the symmetric and asymmetric electronic 
eigenstates are denoted A’ and A”, respectively. Let us now 
consider the different ranges of the potential. 


a) Short and Intermediate Range 


Bertojo et al. (1976) have calculated the energy of interaction 
of OH and Hz for molecular separations in the range 4 < p < 7 
@ and a perpendicular approach of the perturber (8 = z/2 in 
Fig. 2). Considering only the unpaired 2pz electron (electron 
hole) and adopting the convention that the y-axis should lie in 
the plane of symmetry (¢ = 7/2 in Fig. 2), we obtain the 
orthonormal electronic eigenfunctions given in Table 1. We 
note that, in the case of CH, “‘case 1” collisions of Bertojo 


_ etal. correspond to A’ symmetry and “case 2” collisions to A” 


symmetry; in the case of OH, the association is reversed. We 
shall now relate these two cases to the potential energy expan- 


~ sion (2.1) above. 


The symmetry adapted eigenfunctions in Table 1 diagonal- 


ize the potential, V(p, R), the diagonal elements being the 


(2.1) 


." >y* 


Table 1. Electronic eigenstates and their designations 
symmetry; (©, ®) are the polar coordinates of the 2pz el 
in the xyz frame (Fig. 2) 


Case Normalized eigenfunction G 
1 [¥i:(0, ®) + ¥i-1(0, ®)]/V/2 A’ 


2 [¥i:(0, ®) — Yi-1(9, ®)/-v2 A’ 


adiabatic potential energy surfaces, V(e). For the two c 
considered by Bertojo et al., we have 


V(p) = 4x Ps Vequlp) Yaul/2, 77/2) 


MEV ye VG Von Yar te Vase 


(23 
Retaining terms in the expansion up to g = Q = 2, we obtaii 


V(p) = vooo — V5 Ve200/2 + Ve20/2 


3 Vooe + Veo-2 
SN psn /\ (SSE) ee 


25 5) (2. 


From the reality and symmetry of the potential, it may | 
shown that 


Vaq—u = Vaau- 
Thus, the information contained in the calculations of Berto 


et al. for case 1 and case 2 collisions may be summarized 
follows: 


V(case 1) + V(case 2 
ee ES = 000 — VS va00/2 
+ V220/2 — Vo20o/-V5 (2. 


V(case 1) — V(case 2 
“ease eee = +3099, (2. 


where the + sign applies to CH and the — sign to OH. 

Following Green and Zare (1975), we note that case 
collisions, for which the electron lobes point along the y-ax 
may be expected to be more repulsive than case 2 collisio1 
for which the lobes are perpendicular to the direction of in 
dence; this expectation is confirmed by the calculations 
Bertojo et al. 

We see from Eq. (2.4) that the average of case | and case 
interaction energies is a sum of isotropic and anisotroy 
contributions to the interaction potential (2.1). Without fi 
ther information on the potential (i.e. additional geometrie 
it is not possible to determine each term separately. Howev: 
it is probable that the isotropic term (v999) dominates for 
wide range of values of p. 

The difference between case 1 and case 2 energies (Eq. 2 
yields the coefficient v222, which is responsible for different 
excitation of the components of excited A-doublets (see belo\ 


b) Long Range 


The long range interaction between two molecules compri: 
electrostatic, induction and dispersion energies. When one 
the molecules is uncharged and considered to be spherica 
symmetric, as is the Hz molecule in the present analysis, t 
electrostatic energy vanishes identically. In Table 2, we | 
the induction and dispersion contributions to the harmot 
expansion (2.1), retaining terms up tog = 2. A more compl 
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AN 
le 2. es forms of the coefficients of the harmonic 
sion (2.1). Indices 1 and 2 refer to Hz and OH, respec- 
ly, and p is defined in Fig. 2; U is an ionization potential, 
a dipole polarizability, A« = a, — a, A is a quadrupole 
larizability, 1 a dipole and © a quadrupole moment 


Vqo0(p) 


induction dispersion 
2.-6 3 U,U2 
Scot eis Uy 
6/3 9/3 U,U. 
SPamoet 242 i at 
Wane, Bs EUs 
spies - pied A 6 
vac “PL (Dore Aa anaaial 


tbulation of the coefficients describing the long range inter- 
ction between two neutral diatomic molecules is to be found 
1 Flower et al. (1979). 

_ The available molecular parameters are listed in Table 3. 
‘he anisotropy of the dipole polarizability, Ac., and the 
uadrupole polarizability, 42, of the OH molecule are not 
nown. Furthermore, the mean value of the dipole polariza- 
iility of OH, a, does not appear to have been reliably deter- 
nined, the value in Table 3 being derived from Denbigh’s 
liscussion of the polarizabilities of bonds. Consequently, even 
he long range behaviour of the OH—H, potential must be 
onsidered to be uncertain. 


) Composite Potential 


The long range behaviour of the coefficients of the potential 
nergy expansion (2.1) is determined by the expressions in 
fable 2 and the numerical values in Table 3. In the case of 
100(p), Only the asymptotic form of the induction energy is 
nown, and this was assumed to be valid for all p (this point 
s further discussed below). _ 

As Table 2 shows, vooo(p) and veoo(p) have similar asymp- 
otic forms, the induction energies being in a constant ratio 
yf 4/5. In an attempt at extracting some more information 
rom the short and intermediate range potential, we have 
ssumed that vooo = V5 vaoo in Eq. (2.4) and neglected other 
erms. This procedure appears somewhat arbitrary but is not 


\ 


fable 3. Values (in atomic units) of molecular parameters per- 
aining to Hz and OH, with notation as in Table 2 


J, = 0.567 me = 0.484™ 
a, = 5.18 = 0.657 
a = 5 6, = [35 


(1) Handbook of Chemistry and Physics, 57th Edition, 
976-77 

(2) Kolos and Wolniewicz (1967) 

(3) Denbigh (1940) 

(4) Meerts and Dymanus (1973) 

(5) Chu et al. (1974) 


a Aas 5: 


Vv (x10°* Hartree ) 


Pla,) 


Fig. 3. Variations of coefficients in the potential energy expan- 
sion (2.1) with intermolecular distance, p 


unreasonable as the neglected terms contain no additional 
information on the purely rotational inelasticity of the collision. 

The resulting variations of the coefficients vooo, Vioo, V200, 
and vo22 are shown in Fig. 3. The isotropic term (Uoo0) is seen 
to have a shallow minimum at p = 8.4a9 which arises from the 
cancellation of the long range attraction (principally the dis- 
persion energy) by the short range exponential repulsion. 
Figure 3 also shows that vooo is the dominant anisotropic term 
in the potential. 

AS U222 is the only term in the potential which can change 
the value of the projection of electronic angular monentum on 
the OH internuclear axis, it is the only term which can give rise 
to differential excitation of the components of an excited A- 
doublet (this fact is implicit in the analysis of Bertojo et al.). 
A measure of the relative amplitude of differential excitation 
is the ratio of voz and vag, as the latter term results in rota- 
tional excitation but does not discriminate between the A- 
doublet components. With the potential in Fig. 3, we have 
that voe2/ve00 = 0.19. As the cross-sections depend upon the 
squares of the corresponding amplitudes, we deduce that the 
cross-section for differential excitation is only about 4% of 
the total rotational excitation cross-section; this figure should 
be still further reduced owing to the unfavourable orientation 
of the electron lobes relative to the rotation axis in the lower 
rotational states of OH (cf. Bertojo et al., 1976). We therefore 
conclude that collisions between OH and Hz give rise to prac- 
tically no selective excitation of the components of A-doublets, 
and henceforth we shall neglect the contribution of v222(p) to 
the total interaction potential. 


=! Yea! ae 2 ee a 
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3. Evaluation of the Rotational Excitation Cross-sections 


The spectrum of the OH radical is quite rich owing to the 
complex interactions between rotational, electronic and 
nuclear angular momenta (Dousmanis et al., 1955). The goal 
must be to calculate cross-sections between all low lying energy 
levels, taking into account fine structure, A-doubling, and 
hyperfine structure. However, such an effort towards a com- 
plete solution of the collision problem will be justified only 
when the potential is more reliably and completely determined. 
In the meantime, the approximations made in the analysis of 
the collision ought to be made compatible with current 
knowledge of the potential. 

To this end, we shall neglect hyperfine structure and 
A-doubling, both of which are small effects. The spin-orbit 
interaction splits the IJ ground electronic state into *I]1)2 
and 7113). components, and each fine structure state has its own 
rotational ladder. In Table 4, we list the energetic separations 
of successive rotational levels, averaged over the 7I],);. and 
2T1,,. ladders. Also given are the separations of adjacent levels 
of a rigid rotor with the same rotational constant as OH. The 
results in Table 4 suggest that, to a first approximation, we 
may represent the OH molecule by a rigid rotor with the 


appropriate rotational constant, providing that we make- 


the correspondence between J = 1 and the bottom rungs of the 
rotational ladders. 

Using the potential derived in Sect. 2 and with the aid of 
the molecular scattering programme described by Launay 
(1977), the cross-sections for transitions between the first three 
rotational levels of the *II3)2 ladder have been computed. The 
results are presented in Fig. 4 as functions of the scaled energy 
variable x = E/AE, where E is the barycentric collision energy, 
expressed relative to the initial level of the transition, and AE 
is the excitation energy. The rotational levels specified in 
Table 4 were included in the calculations and no additional 
(e.g. dynamical) approximations were made when solving the 
coupled equations describing the collision problem. 

As the rotational excitation threshold energies (Table 4) 
are large compared with the isotropic potential well depth of 
approximately 6 °K, we may expect that the anisotropy of 


Table 4. Energy levels, E; (cm~*), of a rigid rotor with the 
same rotational constant as OH (18.52cm™?: Poynter and 
Beaudet, 1968). Separations of adjacent energy levels are also 
given, as are the corresponding values in OH (numbers in 
parentheses), averaged over the 7IJ,)2 and 113). ladders 


J E; E;+1 = E; 
1 37.04 
74.08 (72.54) 

2 a1 12 

111.12 (109.94) 
3 222.24 

148.16 (147.29) 
a 370.40 

185.20 (184.57) 
5 555.60 

222.24 (221.78) 
6 777.84 


OH by He, expressed as a function of the scaled energy vari- 
able x = E/AE 


the repulsive part of the potential will determine the magnitud 
of the inelastic cross-sections. Consequently we find that 
AJ = 2 transitions are much more probable than AJ = 
transitions (Fig. 4) owing to the predominance of the V200 
coefficient in the anisotropic potential. However, it should be 
borne in mind that the potential energy calculations of Ber- 
tojo et al. (1976) provide no information on the v;99 coefficient. 
which we have taken equal to its asymptotic form (Table 2) 
for all p; with this assumption, |v100| K v200 over the wholk 
range of the repulsive part of the potential (Fig. 3). In the 
case of the CO—H, interaction, for which more complete cal- 
culations have been made (Flower et al., 1979), it is found that 
the dipole and quadrupole coefficients are comparable in 
magnitude at short range, despite the fact that CO is a “nearly 
homonuclear’ molecule. On this basis, we might expect 
|v100/V200| > 1 in the short range OH—Hg interaction, as OH 
is a ““strongly heteronuclear” molecule. The predominance ot 
AJ = 2 transitions is, therefore, likely to be an artefact of the 
potential which we have employed. A more definitive state: 
ment must await calculations of the OH—Hz, potential energy 
curves for additional values of the angle of inclination of the 
O-H internuclear axis. 


4. Astrophysical Consequences 


As mentioned in the Introduction, Kaplan and Shapiro (1979 
have shown that collisions with H atoms can lead to inversior 
of the populations of the ground state A-doublet of OH. A: 
collisions with Hz molecules will tend to thermalize the popu: 
lations of these levels, it is important to compare the relative 
efficiency of inverting/thermalizing collisions. 

To this end, we present in Table 5 a comparison of rate 
coefficients for excitation of the 7II3;.J = 5/2 rotational state 
in collisions with atomic and molecular hydrogen. The result: 
for atomic hydrogen were obtained by averaging the numerica 


ble 5. A comparison of rate coefficients for excitation of the 
g2 J = 3/2 — 5/2 transition in OH (a) by Hz (this paper) 
i (b) by H (Kaplan and Shapiro, 1979) 


q(3 — 3) (cm? s~*) 


(a) (b) 

1.8(— 14) 1.2(—13) 
1.8(— 13) 8.7(— 13) 
5.6(—13) 1.5(—12) 


lues in Table 1 of Kaplan and Shapiro (1979), who give 
‘e constants for transitions between individual hyperfine 
ucture states. The figures for molecular hydrogen were ob- 
ned by averaging the J = 3/2 — 5/2 cross-section, plotted 
Fig. 4, over a Maxwellian velocity distribution, f(v): 


oO 


= J vaf(v)dv. 

} is clear from the Table, H atoms are somewhat more 
jicient that H. molecules in producing rotational excitation. 
ynsequently, the populations of the ground state A-doublet 
OH may be expected to be collisionally inverted in regions 
‘interstellar space where the hydrogen is largely atomic, 
aereas the populations will be thermalized where molecular 
‘drogen is the dominant species. The observation of OH 
aser emission may, therefore, yield information on the 
rdrogen chemistry of the emitting region. Conversely, a 
10wledge of the chemistry should enable the nature 
Ollisional/radiative) of the pumping mechanism to be 
>duced. 


Summary and Conclusions 


/e have brought together information on the OH-H, potential 
vergy surface in order to calculate the cross-sections for 
)tational excitation of OH. Our knowledge of the potential 
found to be incomplete, at all ranges of internuclear distance, 
nd is believed to determine the accuracy of the final results. 
It would appear highly desirable to undertake extensive 
ilculations of the total potential at short and intermediate 
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range (4 S p S 9a) and of the dispersion energy contribu- 
tion at long range (p 2 9 ao). The results presented here would 
then provide a point of reference for more refined treatments 
of the collision problem. ; 

A conclusion which is likely to remain unchanged is that 
collisions with Hz do not result in significant differential 
excitation of the components of excited A-doublets and thence 
to inversion (or anti-inversion) of the levels of the ground 
rotational state (7II3;.J = 3/2). On the other hand, collisions 
with H, will contribute to the thermalization of the populations 
of these levels, and collisional population inversion is unlikely 
to occur in regions where the hydrogen is largely in molecular 
form. 
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Summary. Twenty-four Virgo cluster spirals have been observed 
in the H1 21-cm line with the Nangay radiotelescope; 19 have 
been detected, 11 of them for the first time. These new measure- 
ments have been used with previously published ones to 
compare the Hr contents of 56 spirals later than Sb in the 
Virgo cluster area with those of another 110 galaxies of the 
same types, isolated or members of small groups. The method 
of comparison, which uses the mean apparent H1 surface 
densities, is distance-independent and has been found to be 
free of any bias. As a result, the Virgo cluster spirals have been 
definitely shown to be H 1 deficient, the deficiency being in fact 
limited to the Virgo cluster proper (12° in extent), where it 
amounts to a factor of 2.2 + 0.3 on the average. Individual 
deficiencies of Virgo spirals have a dispersion lower than a 
factor of 2; they are independent of the morphological types 
and of the luminosities of the galaxies, but are strongly related 
to the ‘“‘anaemic”’ appearance of several of them and probably 
to their colours, too. Evidence suggests that these abnormally 
low H Icontents probably do not result from peculiar conditions 
in the formation of the Virgo cluster spirals, but are likely to 
have been provoked by the combined effects of galactic 
collisions and of the interaction between the galaxies and 
the intracluster gas. Simple estimates show that the latter 
process could in fact well account for all the observed gas 
deficiency. 


Key words: clusters of galaxies — spiral galaxies — 21 cm-line 


I. Introduction 


It is becoming apparent that the evolution and present proper- 
ties of galaxies are determined, not only by their genetic 
inheritance, but also and in a non-negligible way by the 
environmental conditions they experience in the course of their 
lifetime (van den Bergh, 1976). Evidence for such a view is 
provided by the various dissimilarities between cluster and 
field galaxies, the most striking of which is probably the 
“anaemic” appearance shared by many cluster spirals (Van den 
Bergh, 1976; Wilkerson et al., 1977). Van den Bergh (1976) has 
proposed that all the peculiarities of cluster galaxies can be 
accounted for by the continuous stripping of their interstellar 
gas resulting from galactic collisions and from their interaction 
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with the intracluster medium. And, as a matter of fact, th 
cluster spirals so far observed in the H1 line have hydroge 
contents systematically lower than field spirals (Huchtmeier | 
al., 1976; Sullivan and Johnson, 1978; Krumm and Salpete 
1979a). One of the clusters thus studied is the Virgo cluste 
whose proximity and richness in spirals make it particular! 
well suited for accurate H1 measurements of a statistical 
significant sample of galaxies. 

Three important 21-cm line works have been devoted ¢ 
the Virgo cluster: first those by Davies and Lewis (1973) ani 
by Huchtmeier et al. (1976); both of them have conclude 
that there is a H1 deficiency of about a factor of 1.7 in Virg 
cluster members, from observation of 25 and 39 galaxie 
respectively, mainly relatively late type spirals; however thi 
result was not completely beyond doubt (Bottinelli an 
Gouguenheim, 1974b; Huchtmeier et al., 1976). Another stud: 
has been carried out by Krumm and Salpeter (1979a,b); i 
concerns SO and early-type spirals, and cleary shows that the 
are also H 1 deficient in the Virgo cluster. In the present papet 
we have reexamined the question of the Hi content of Virg 
cluster spirals later than Sb, from a large sample (56 objects 
and by means of a new method of analysis, our goal being firs 
to verify the reality of the H 1 deficiency, and second to event 
ally specify its origin. 

Section IT presents our new observations and the reductiot 
of all the data in the sample used. Section III is reserved for 
general discussion of the H1 content of the Virgo cluste 
spirals, by means of a statistical method we believe to be fre 
of any obvious bias; the H 1 deficiency is found to be real a 
its possible causes are investigated. Finally Sect. IV suggest 
some possible extensions to the present study. 

| 


If. Collection and Reduction of the Data on Virgo Cluster 
Galaxies 


I. Construction of the Sample 


The purpose of the present study is to compare the H 1 conten 
of Virgo cluster galaxies to that of ‘“‘normal”’ ones, “normal 
meaning galaxies either isolated, or members of small groups 
The sample of normal galaxies will be that gathered and dis 
cussed by Balkowski (1973); the H 1 content of normal galaxie 
strongly depends on the morphological type, so it is clear (thi 
point will be developed in the next section) that the compariso 
planned should be made separately for each type. In order tha 
such a comparison should have some significance on a statistice 


jis, it is necessary that the sample of normal galaxies of each 
} ane be rich enough, let us say more than 10 objects. 
requirement leads us to restrict the comparison only to 
laxies with types between 3 and 9, or, in other words, to 
rals later than Sb. 
Therefore, as a first step, we have collected all the data for 
frals later than Sb, measured in the H1 line, and located in 
b zone comprised between 12h and 13h in right ascension 
d 0° and 20° in declination. According to de Vaucouleurs 
161), this zone includes the whole region of the Virgo cluster 
dper. Corresponding H 1 fluxes come from Tully and Fisher 
177), Huchtmeier et al. (1976), Fisher and Tully (1975), 
‘ewing and Mebold (1975), Shostak (1975) and Davies and 
wis (1973). Measurements by Robinson and Koehler (1965) 
‘re not considered, because their H 1 fluxes are underestimated, 
cording to Davies and Lewis (1973). The whole set of data 
nceerns 46 objects; although this sample is rich and covers a 
de range in galactic luminosities, it suffers some defects. 
rst, not all the brightest Virgo cluster galaxies listed by de 
tucouleurs (1961) have been measured; second, in a few 
ses, different observers quote discrepant values of the H1 
\x for the same galaxies. Finally, galaxies are unresolved in 
arly all these measurements. Therefore, we decided to improve 
e quality of the sample in those three directions by carrying 
it new 21-cm line observations. 


The Observations 


wenty-four Virgo cluster spirals later than Sb were selected on 
e above-mentioned criteria and were observed in the 21-cm 
1 line with the Nangay radiotelescope: the instrument has a 
ilfpower beamwidth of 4’ x 22’ at 21-cm wavelength. The 
stem noise temperature is 95 °K and the receiver backend 
‘ovides three banks of filters: 15 x 900 kHz, 15 x 300 kHz, 
id 64 x60kHz with velocity resolutions of 190, 63 and 
!km s~* respectively. The on-off observational procedure is 
tscribed by Chamaraux et al. (1970). Observations were made 
the optical position of the centre of the galaxy given by 
allouét and Heidmann (1971); in addition, 5 galaxies having 
rge East-West dimensions were observed at one and two 
tamwidths East and West of the central positions. Fields and 
ference fields were carefully checked for possible confusion: 
ynfusion problems occur only for the two close pairs NGC 
67-4568 and NGC 4633-4634. 

Nineteen galaxies were detected, with typical integration 
mes of about one or two hours; among them, 11 were 
feasured for the first time in the H1 line, of which 3 had 
aknown redshifts. The profiles are displayed in Fig. 1 and 
ieir parameters are given in Table 1. For galaxies observed 
aly at their central position, a correction factor f must be 
dplied to the observed H 1 fluxes to account for beam filling; 
jsuming a gaussian large scale distribution of the H1 in the 
alaxy, and using the gaussian shape of the beam in the East— 
Jest direction and its large dimension in the North-South 
irection leads to: 


= (1 + Cw4?P? 


aia 
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where Ty is the projection of the H1 diameter of the galaxy in 
the East-West direction. [y was computed from the type and 
the E-W projection of the Holmberg diameter of the galaxy 
corrected for inclination from the statistical study by Bottinelli 
(1971). Corrections are always less than 35°%, except for NGC 
4654. 

Table 1 shows that our H1 results are in agreement with 
previous ones, except those concerning the pair NGC 4567/8 
for which Davies and Lewis (1973) quote an H1 flux lower 
than half ours, possibly because of a higher uncertainty in their 
measurements. On the other hand, our redshift values agree 
generally well with optical determinations, except for NGC 
4206, NGC 4222, NGC 4411A and NGC 4411B; note that 
each of these galaxies has only one optical redshift measurement, 
made by Eastmond and Abell (1978). For NGC 4206, our red- 
shift value is in agreement with other H 1 measurements, made 
by Tully and Fisher (1977) on the one hand, and by one of us 
(P.C.) with the Parkes radiotelescope on the other. Concerning 
NGC 4222, our velocity determination could be somewhat 
uncertain due to confusion with our Galaxy (viz. Fig. 1). For 
NGC 4411A and NGC 441 1B, where the redshift discrepancy is 
severe, no HI emission has been found at the velocities given 
by Eastmond and Abell (1978); note also that our redshift 
values are in favour of a physical association between these 
two close galaxies. 

Among the 5 undetected galaxies, one (NGC 4402) was 
confused by our Galaxy; the upper limits of the Fy values for the 
other 4 were computed from Fy < 2.5(c/Vn)W, where a is the 
r.m.s. noise of the observation in one channel, W the expected 
width of the line estimated from the luminosity using Tully and 
Fisher’s (1977) relation and n the corresponding number of 
channels occupied by the profile. Three undetected objects had 
a known redshift: we confirm the Huchtmeier et al. (1976) non- 
detection of NGC 4212 and NGC 4579, in the velocity ranges 
680 to 3300 km s~? and — 200 to 3000 km s~? respectively, the 
latter result being in contradiction with that of Davies and 
Lewis (1973). NGC 4193 has no known redshift; no signal was 
found for velocities between — 200 to 2700 kms~?. 


3. Reduction of the Data 


The data collected concern 56 Virgo cluster spirals with mor- 
phological types later than Sb. As the parameters of these 
galaxies will be compared with those of galaxies in Balkowski’s 
reference sample, they have to be defined and derived in the 
same way. Therefore morphological types were taken from de 
Vaucouleurs et al. (1976). 

Magnitudes and photometric diameters were expressed in 
Holmberg’s (1958) system. Most of the Virgo spirals in our 
sample have been measured by Holmberg (1958). For the 
other ones: (i) magnitudes were taken from de Vaucouleurs and 
de Vaucouleurs (1964) and reduced to Holmberg as indicated 
by these authors, or otherwise from Zwicky et al. (1961, 1963) 
and reduced to Holmberg according to formulae given in 
Balkowski et al. (1974); (ii) diameters were taken from Nilson. 
(1973) and reduced to Holmberg by means of Paturel’s (1975) 
relations. 


la-j. 21-cm profiles of Virgo cluster galaxies measured for the present study. Redshifts are in km s~* relative to the Sun 
intensities are in 10-* Jy. The arrows indicate the optical velocities 
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le 1. H1 data for observed Virgo cluster galaxies 
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Possibly confused by the Galaxy 
Possible detection 
Pair; NGC 4411A/B is resolved by the Nancay beam 


NGC number of the galaxies 
Systemic velocity referred to the Sun 


Observed H 1 flux 

Correction factor for beam filling 
H 1 flux corrected for beam filling 
Column 9: 
(1975); [T] Tully and Fisher (1977) 


‘Column 10: Ratio of the H1 diameter to the optical one 


Holmberg and Holmberg reduced magnitudes and dia- 
Meters were finally expressed as face-on values at the galactic 
le using corrections by de Vaucouleurs and Malik (1969) 

d Heidmann et al. (1971) for galactic and internal absorption 
‘Tespectively. Note that galactic absorption is nearly negligible 

the Virgo cluster. 
_ Observed H 1 fluxes taken from sources other than Shostak 

1975) and Fisher and Tully (1975), were corrected for beam 

ing in the same way as those measured at Nangay, i.e. 
uming a gaussian large scale distribution of H1 in the 
axies, with a H 1 diameter related to the Holmberg one and 
the morphological type as derived by Bottinelli (1971). 
‘Shostak (1975) and Fisher and Tully (1975) made the corrections 
or beam filling in a similar way: accordingly we kept their 
corrected H 1 fluxes. 

Using corrected H1 fluxes for the same galaxies from 
ifferent observers, we checked then the agreement of the 
ious H 1 flux scales. A good agreement was found implying 
‘ors ~ 20% on the H1 flux measurements, except for Davies 


Other values of the H 1 flux: [D] Davies and Lewis (1973); [H] Huchtmeier et al. (1976); [P] Parkes rieasurements 


V Sources cAd/Ao Waom% (Fa)ovs Correc- (Fi)cor Other (Fy)cor Values y/Ao 
(km s~?) (km s~+) (km:s~*) (10° Me Mpc~?) tion (10° Mz Mpc?) (10° Mo Mpc?) 
factor 
2 3 4 5 6 7 8 9 10 
1282 E,. 5a 1330 + 13 320 + 60 9.5 1.33 12.6 — 
en == 8 (<0.81) 1.14 (<0.92) —_ 
371 E Tigers) O04. 413 9.1 1.02 9.30 11.8 (P), 11.6( T) 
2027 Vv — <0.51 1.21 <0.62 <0.59 (H) 
i E 222) 30% +253 + '60 2.6 1.16 3.0 — 
889 Vv 855+ 30 380+ 60 Vel 1.10 ie a 
2400 Vv 2407) + 13), ~ 266 + 30 28.1 — 28.1 33.4 (D) 0.29 
212 Vv 241 +13 152 + 13 3.9 1222, 4.8 _ 
1610 Vv 1580 + 30 279 + 30 13.4 _ 13.4 10.0 (D), 11.9 (H) 0.37 
920 E,Sa (1108 + 30) (253 + 30) (0.41) isi! (0.46) — 
—14 E _ — ~- -- _ ~ 
—112 E 1273 + 30 =139 + 26 eS 125 1.8 — 
839 E 1273 +13) 114-+ 13 3.4 1.29 4.4 — 
263 Vv 253 +13 152 + 30 3.2 A352 4.3 4.3 (F) 
—_ —_— 1387 +12 127+ 13 52. 1.11 5.8 — 
2223 Vv 2242 +12 342 + 30 5.6 1.19 6.6 2.7 (D) 
1805 Vv _— _ <2.4 — <2.4 6.9 (D), <2.8 (H) 
— — 303 + 30 190 + 30 2.5 1.07 BF -—- 
1358 Vv 1396 30", 253 ct 30 Zl Lhe 255 — <0.71 
1036 Vv 1032 +30 253 + 30 6.0 1.48 8.9 14.8 (D), 11.8 (S), 15.7 (T) 
977 Vv 994 + 13 76 + 13 79 _ 7.9 8.5 (S) 
1674 Basa 6.1620 412. 139 +30 25 1.33 353 <1.4(H) <0.77 


Sources of velocities: [E] Eastmond and Abell (1978); [Sa] Sandage (1978); [V] de Vaucouleurs et al. (1976) 
H 1 line systemic velocity given in terms of redshifts with respect to the Sun, with its uncertainty 
Full width at 20% of maximum intensity of the H 1 profile, with its uncertainty 


[S] Shostak 


and Lewis (1973), who give some discrepant values compared 
to the other sources, probably because of larger uncertainties. 
The adopted: H1 flux values were determined in the following 
way: 

i) when the galaxy had been mapped at aaa the 
Nangay value was taken; 

ii) otherwise, we took the mean of the various available Fy, 
after elimination of discrepant values if any. 

These H1 fluxes were then corrected for self-absorption 
according to Heidmann et al. (1971). For those members of 
4 unresolved pairs, F;; was estimated from the H 1 flux for the 
pair assuming that the H 1 mixed surface density ¢, (Gouguen- 
heim, 1969) for each member is proportional to its mean value 
in normal galaxies having its type. 

The various total parameters for Virgo cluster spirals of our 
sample are given in Table 2. For the derivation of the face-on 
luminosities and of the hydrogen masses a distance of 13.5 Mpc 
was adopted for the cluster; that is the mean between Heidmann 
et al.’s (1971) and Tully and Fisher’s (1977) values, both 
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Table 2. Data for Virgo cluster galaxies of the sample studied 
Galaxy Type c\A/Ao Mo ao Fy (10° Ref. Lo(10° My (10° oy (107° Memb. 
(km s~?) (0) Mz Mpc?) Lo) Mo) g.cm~?) 

1 Se 4 5 6 7 8 9 10 i 12 
N4123. 5 1330 11.71 5.75 12.6 N 5.30 2.34 1.22 = O07 = EX? 
N4152. 5 2157 12.87 3.27 5.2 H 1.82 0.97 1.55 +035 Vv? 
1769 4 2160 13.1 3.58 7.6 i} 1.47 1.41 1.90 +106 Vv? 
N4178 8 297 11.40 6.4 19.3 DT 7.05 3.69 1.55 +003 Vv? 
N4189 6 2097 12.48 3.3 43 S 2.61 0.80 1.27 = 0158.5 0 °V 
Naios 5) | 12.98 3.27 (<0.9) N 1.65 (<0.16) (<0.28) (<—2.63) V 

N 4206 4 709 12.03 5.32 10.6 NT 3.95 2.26 1.37 30'50) nV 
N4212. 4 2027 11.54 4.62  <0.58 H 6.204) 200 1 M009 = 4 bane ny 
N4216 3 15 10.25 8.89 13 D 20.3 1.50 0.33 21/40") Vi 

N 4222. 7 222 13.4 3.38 3.0 N 1.12 0.65 0.97 eS (05 RAV, 
N4237 4 855 12.35 3.21 1.2 N 2.94 0.22 0.37 NER | ONY 
N4254 5 2400 10.36 7.08 33.4 D 18.38 6.20 2.13 +090 Vv 

N 4294 6 415 12.15 3.87 5.9 S 3.53 1M 1.28 0.56 V 

N 4299 8 241 12.70 3.07 4.8 N 2.13 0.89 1.64 40.120 2V 

N 4298 5 1116 11.74 5.05 }10.7 H 5.16 lon 0.54 —1.49 Vv 

N 43025 1120 11.75 6.47 5.11 J 0.54 —1.49 Vv 

N 4303 4 1599 10.00 10.1 20.0 H 25.6 3.72 0.64 0.86 xX 
N4321 4 1580 10.06 9.80 13.4 N 24.2 2.49 0.45 Sad any) 

N 4380 3 920 12.2 4.63 $0.5 N 3.47%) S009. * S0I07) | Se aOR AV, 
13322A 5 ~1000 13.3 3.70 6.8 7 1.23 1.79 2.24 +0.98 xX? 
N4388 3 2614 11.12 7.23 2.9 H 9.13 0.60 0.20 pipe ah) 

N 4394 3 772 11.78 4.5 19 H 4.97 0.36 0.30 SoA ee 
N4411A 8 1273 13.44 3.3 1.8 N 1.08 0.34 0.54 Syiiee NY 
N4411B 8 1273 12.94 3.6 4.4 N 1.71 0.82 1.09 -~0.59 Vv 

N 4420 4 1678 12.4 3.03 2.8 H 2.81 0.53 0.98 0.097 7X 

D 128 9 1572 14.2 3.4 4.6 F 0.535 0.84 1.25 kin) &. 36 
N4496A 9 1763 11.95 5.2 11.0 H 4.22 2.04 1.30 ‘O.Ogimanex 

N 4498 6 1500 12.0 4.63 2.4 T 4.06 0.45 0.36 =F 
N4501 3 2057 9.87 8.70 9.2 H.T 28.9 1.72 0.39 SSE AY 
N4517 6 1128 10.35 10.5 32.9 S 18.5 6.95 1.09 = 0:84 ax? 
N4519 7 1170 12.13 4.03 11.4 H 3.60 2.12 2.25 +040 V 
N4522 6 2316 12.3 4.83 1.6 H 3.08 0.31 0.23 = ASS ge, 

N 4523 8 263 13.6 3.8 43 F\N 0.929 0.80 0.95 SOG 4) 
N4535 5 1946 10.26 9.70 21.8 DHT = 20.2 4.05 0.74 -0.94 Vv 

N 4540 6 1286 12.2 3.17 1.9 H 3.38 0.36 0.59 SHO 
N4548 3 468 10.80 7.33 3.0 H 12.3 0.56 0.18 2:45 nV, 
N4561 8 1387 12.6 2.28 5.8 N 2.34 1.08 3.58 +148 Vv? 
N4567. 4 ~—-2199 11.85 5.09 ry 4.66 0.33 SHES 4 Ny 
N4568 4 2247 11.36 6.18 ae iS 7.32 \1.24 0.33 ST hOgmmInY, 

1 3576 9 1077 13.4 4.45 48 F 1.12 0.87 0.76 Hey 
N4571 7 349 11.62 5.34 3.3 H 5.16 0.61 0.36 Se NY 
N4579 3 1805 10.27 9.06 <2.4 N 20.0) | -<04S, 5 <0.09) a 3i6ou 1 V 
INPASH Sul 12.6 2.62 (<081) 4H Dis CONS)! | ceOSan ee LosmmaV) 

N 4633.7 303 13.29 3.03 1.24 0.43 Sy NY 

N 46346 303 12.75 3.67 }2 e iN 2.03 }o.s0 0.37 SAG AY 

N 4639 4 963 11.99 3.92 4.4 H 4.10 0.82 0.92 =0:20) lV) 

N 4647 5 1396 11.99 4.53 2.5 N 4.10 0.47 0.39 ip NY 
N4651 5 794 11.08 5.81 16.6 D,G.H,T 9.47 3.08 1.57 20137 ve 
N 4654 6 1036 10.84 6.60 14.1 DiS On ies 2.65 1.05 =O Wen, 

D 144 «9 1185 13.5 4.3 3.1 F 1.02 0.56 0.52 tS ux 

N 4688 6 977 12.5 6.13 8.2 NS 2.56 1.49 0.70 =f 

N 4689 4 1620 11.43 5.84 3.3 N 6.86 0.61 0.31 2309 Sy 
N4758 3 1250 13.0 3.62 3.1 i 1.62 0.61 0.80 +0.14 Vv? 
N 4808 6 773 12.1 3.49 12.6 S 3.70 2.38 3.38 ee iviom ex 

D 156 9 927 14.4 2.6 1.8 F 0.445 0.33 0.85 =O94n x 
DPis8ae8 | 32726 14.1 2G5ae) SRS F O1S86: | 027s Tan 01620 mmc ST ae eex 
Column 1: Name: N = NGC,I = IC, D = DDO f 
Column 2: Morphological type, coded according to de Vaucouleurs et al. (1976) 
Column 3: Systemic velocity, in terms of redshifts with respect to the sun 

Column 4: Holmberg apparent magnitude reduced to face-on view at the galactic pole 
Column 5: Holmberg apparent photometric diameter reduced to face-on view at the galactic pole 
Column 6: Adopted HI flux, corrected for beam filling 

Column 7: Sources of 21-cm data used in the computation of the HI flux: D = Davies and Lewis (1973); F = Fisher and Tu 

(1975); G = Grewing and Mebold (1975) H = Huchtmeier et al. (1976); N = Nancay (this paper); S = Shost 
(1975); T = Tully and Fisher (1977) 

Column 8: Luminosity, for face-on view at the galactic pole 
Column 9: Neutral hydrogen mass corrected for self-absorption 

Column 10: Mean neutral hydrogen density projected on the optical disk of the galaxy 
Column 11: Deficiency parameter u defined by u = 4 log (cx/Gq) 

Column 12: 


Membership: V = Virgo I cluster; X = Virgo cloud X; ? = uncertain membership 
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ir conclusions. 


L. Discussion of the Results 


Choice of a Suitable Parameter 


he H1 masses of Virgo cluster spirals are to be compared to 
jose of “normal” spirals of Balkowski’s (1973) sample. Such 
comparison is made possible because the H 1 mass (My) of a 
ormal galaxy is not arbitrary; it is in fact well determined by 
wo parameters only, the morphological type 7 and the photo- 
retric linear diameter Ay of the galaxy for example (or also 
fhe type T and the luminosity L,), as shown in previous 
tudies (Gouguenheim, 1969; Roberts, 1969; Balkowski, 1973). 
n other words, values of log My (7, Ao)y for ‘‘normal”’ 
jalaxies having the same respective values of Ay and T display 
mly a small and random spread around a mean value 


og M;(T, Ao)n, characterized by a r.m.s. dispersion oy(T, Ao). 
[herefore a very convenient way to measure the deviation of 
he H1 mass M,(T7, Ao)y of a Virgo spiral having the type T 
ind a diameter Ao, from its normal value, is to use the dimen- 
sionless quantity: 


, — 108 Mu(T, Ao)y — log Mu(T, Ao)w 
‘ an(T, Ao) 

which expresses that deviation in terms of the dispersion of the 
H 1 masses observed in the normal galaxies around their mean 
values for the considered values of T and Ap. Now one em- 
pirically finds: , 


log M,(T, Ao)w = oT) log Ao + B(T) (1) 


where « and f are only functions of T. 
_ As a first step, we have determined the values of a(7) by 
the least-squares method from Balkowski’s (1973) data, after 
removal of Virgo cluster galaxies and of NGC 5247 (spurious 
measure) from her sample, and change of some types after de 
Vaucouleurs et al. (1976); moreover, new more accurate values 
of H 1 fluxes (Durand, 1975; Shostak, 1975) were used instead 
of those quoted by Balkowski whenever possible, after checking 
the coincidence of the flux scales. Note that samples are poor 
for T < 2 and T = 10, and the corresponding a are of little 
significance; this is why we restricted the present study to 
aE Wh 

Table 3 shows no clear variation of « with the type when 
taking the mean uncertainties into account. The weighted mean 
value of « for 3 S T S 9 is 


a= 2.1 + 0.2 


a value not significantly different from 2. However, it can be 
noticed that errors in distances in (1) tend to lead to values of « 
artificially close to 2. In order to check the influence of this 
spurious effect, we looked also for the correlation between 
log ao (ao photometric diameter in minutes of arc) and log Fu, 
which are both distance-independent. 

_ Coefficients of the regression line were also found very 
close to 2; thus we can take confidently: a = 2, independent 


Sia 3 


- 


Table 3 

eel 3 4 5 6 7 9 

a. 2 Dee, 1 PANE 2k mime. GF anes ae ares | 

(ep 0.68 0.22 0.62 0.84 0.89 0.95 

Oy 4 O74 103" PLO 77 AbD? 1380 

on 5 O29 OTs 40245 .0:27. 0519.2 (O26 

ee AG) 16 20 29 20 13 12 

Line 1: Morphological type 

Line 2: Mean slope of the regression line of log My versus 
log Ao, where My and A> are the H1 mass and the 
optical diameter of the galaxy respectively (least- 
squares fitting) 

Line 3: Correlation coefficient of the regression line 

Line 4: Mean logarithmic value of the mixed mean H1 
projected density oy (in 10~% g cm~”) 

Line 5: r.m.s. dispersion of log og around its mean value 

Line 6: number of objects considered 


of the type, a result in agreement with Shostak’s (1978) con- 
clusions. Accordingly, (1) becomes distance-independent. 

As a consequence, if we denote by oy the mean mixed H1 
surface density defined by: og = My/(7/4)A3 (Gouguenheim, 
1969), (1) shows that log o4(7, Ao)y depends only on 7. Then 
one can write: 


2: [log on(7T, Ao)ly — log on(T)n 
onx(T, Ao) 


where oy is the dispersion of log oy around its mean for normal 
galaxies. In fact, on can be considered as independent of T 
and Ao, when the finite sizes of the samples are taken into 
account (viz. Table 3); one finds: on = 0.25 + 0.04, so that: 


u = A{[log on(T, Ao)]vy — log ox(T)y}. 


Note that u is completely independent of the distances; note 
also that if the Virgo spirals are perfectly normal, one has: 
au = 0, with a dispersion o, =1. 

On the other hand, luminosities and diamaters of spirals (in 
particular the Virgo ones) satisfy the relation: Lo « Aj® 
(Heidmann et al., 1971). Thus one can use instead of u the 
parameter: 


u’ = 4{[log My/Lo*ly — log My/Lo"*y}. 


In fact, the analysis by Huchtmeier et al. (1976) is similar to 
one using u’. However, although the two procedures are 
completely equivalent in principle, we prefer to carry out the 
present discussion by means of the parameter u, because wu’ is 
distance-dependent, contrary to u. ‘ 


2. The H1 Content of the Spiral Galaxies in the Virgo Cluster 


a) The Overall Deficiency 


Values of the parameter wu for Virgo cluster spirals are displayed 
in Table 2. As can be seen at once, the overwhelming majority 
of them (77%) are negative, implying an abnormally low H1 
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content for their types and their diameters. The mean a of the 
u values for the 50 detected galaxies with types later than Sb is: 


az = —0.91 + 0.16 (mean error) 


a value significantly negative at the So level. That corresponds 
to a mean H 1 deficiency of a factor 1.7 for the Virgo spirals, a 
value in excellent agreement with those of 1.7 and 1.9 quoted 
from smaller samples by Huchtmeier et al. (1976) and by 
Davies and Lewis (1973), mainly for late-type spirals; a similar 
trend is found for early-type galaxies of the Virgo cluster by 
Krumm and Salpeter (1979a,b) who conclude that the average 
hydrogen mass per galaxy is lower in the core than outside. 
Note that analysis from parameter w’ yields: 


w = —0.76 + 0.16 


for the same sample of Virgo cluster galaxies, a value in agree- 
ment with Z, which confirms the above-mentioned equivalence 
of wand wu’ for the discussion. One can incidentally remark that 
Virgo spirals in our sample are not overluminous when 
compared to those in Balkowski’s (1973) data. In fact, the mean 
logarithmic value of the ratio Lo/<Lo> of their luminosities to 
the corresponding mean for Balkowski’s spirals having the 
same morphological type is Lo/<Lo> = 0.8 + 0.1. 

Bottinelli and Gouguenheim (1974b) have claimed that at 
least part of the H1 deficiency found by Davies and Lewis 
(1973) in the Virgo cluster is an artifact due to an overluminosity 
of the members measured by those authors and which they have 
not taken into account. Clearly that objection does not apply 
to the study of Huchtmeier et al. who considered the luminosity 
effect in their analysis, nor to ours, since oy does not depend on 
L, and since anyway our Virgo spirals have a normal luminosity. 

Before going further on into the analysis, two basic questions 
have to be answered about the significance of the result. 

i) Does the negative value of 7 come from some bias in 
Balkowski’s sample? Obviously two biases in Balkowski’s 
sample can alter our result: 

a) For each morphological type, the linear diameters of 
galaxies in Balkowski’s (1973) sample cover a definite range of 
values; in order that our method be valuable, it is necessary 
that the diameters of the Virgo cluster sample galaxies belong 
to the same range of values. We have checked that it is actually 
the case. 

b) the o, values in Balkowski are computed without 

accounting for the undetected galaxies. There is a possibility 
that allowing for them leads to smaller G, values. In order to 
check this effect, we have reexamined all the galaxies undetected 
at Nancgay before Balkowski’s work and having a known 
velocity. Since then, they have been detected or the H 1 fluxes 
limits have been considerably lowered. Their oj values are 
exactly in the same range as in Balkowski’s sample, with the 
same mean values. In other words, their H1 contents are 
similar to those of the detected ones and they have been 
previously undetected only because of their smaller apparent 
diameters. 
1 Unless stated’ otherwise, the galaxies having upper limits 
of H1 content will not be used in the following analysis; 
indeed, either their velocities are unknown, or they are not 
secure (one measurement) and accordingly the upper limits are 
unreliable. Anyway, their exclusion does not alter our con- 
clusions 


ii) Does # < O imply an actual H 1 deficiency ? The negai| 
a-value can be interpreted in 3 ways: either My is too low (\p 
given Ay and 7), or Ao too large (for given My and T), 18 
possibly T too large (for given Aj and My). If for some reas\i_ 
ii has always been negative in Virgo cluster galaxies, then 
distinction between the three eventualities is meaningless sit} 
properties of galaxies depend essentially on two paramete): 
then we can always assume that their My content is too le, 
But if @ was initially 0 and has become negative after soi 
event (E£) in the life of Virgo cluster galaxies, then the ae | 
arises whether that event has modified 7, Ap or My. | 
unlikely that T can be affected in a systematically different wa) ila 
a cluster and in a field galaxy. Indeed the type seems to ; 
related to the angular momentum of the galaxy, and. 
dynamical events which specifically occur in cluster galax 
i.e. high velocity collisions and interaction with the intraclust} 
gas, hardly disturb the motions of their stars, which are in fa} a 
the main contributor to the angular momentum. But Ao mz 
have been modified, for instance through tidal interactic 
with other cluster members; if u < 0 implies a change in Ay 
then the diameters of Virgo spiral galaxies need to have bee 
multiplied by 1.3 on the mean. Their luminosities cannot hay) 
remained unchanged through the event (£). Indeed assumin} 
the Virgo cluster galaxies were initially normal, and in particu 
lar satisfied the standard diameter—luminosity relation. (Heic! 
mann et al., 1971), then application of this relation with thei 
present parameters would lead to an underestimate of mor} 
than a factor of 3 in the distance of the Virgo cluster, whi 
is clearly ruled out. On the contrary, the distance of the Virg« 
cluster derived from the diameter—luminosity relation b 
Heidmann et al. (1971) is in good agreement with other deter! 
minations. This implies that the diameter-relation is stil] 
satisfied in Virgo, and that Lo was multiplied by a factor of Wl 
after (E). The luminosity function of Virgo spirals would then 
be significantly different from that of other loose groups of 
galaxies (always assuming that Virgo cluster galaxies were 
initially normal), displaying an excess of luminous galaxies.| 
Use of Turner and Gott’s (1976a,b) data shows that it is not the} 
case, ruling out a change in Ao as the cause for negative #-values. 

The only remaining possibility to account for negative 
u-values is a deficiency in H1. There is no a priori objection} 
against that eventuality; in particular it is in good agreement| 
with the coincidence of # and a within the errors for Virgo 
cluster galaxies. | 


b) Variation of the H1 Deficiency with Galactic Parameters | 


One can use the following parameters to define the overall state | 
of a galaxy in 4 cluster, namely the morphological type and the’ 
diameter, which give its intrinsic properties, and its position 
and velocity, which define its relation to the cluster. A priori, 

the H 1 deficiency displayed by the Virgo cluster spirals may be 

related to these four quantities. 


(i) Position in the cluster. An examination of the surface 
density of the brightest galaxies in the zone we consider has 
led de Vaucouleurs (1961) to isolate a number of physical 
clusters, namely: the Virgo cluster proper (Virgo I), covering a 
nearly circular area 12° in diameter and centred near 12 h 27 m 
+ 14° (1950) and several groups which are parts of the so- 
called ‘‘southern extension”’, the most important of them being 
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» §ig. 2. Deficiency parameter wu of Virgo cluster spirals versus 
\)igular distance r to the centre of the cluster in degrees. Dots 
‘id open circles represent members of Virgo I and Virgo X 
usters respectively 
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(te X cloud. These latter condensations are far less dense than 
te Virgo cluster itself, and are not physically related to it, 
ceording to de Vaucouleurs (1961). Among the 50 measured 
alaxies of our sample, 31 are definite members of the Virgo 
luster, 9 pertain to the X cloud, and 10 are uncertain members 
jl f the one or the other cluster. 

A very striking feature is that the H 1 deficiency is closely 
elated to the membership thus defined, namely: 

-i) For the 10 uncertain members, # = 0.19 + 0.27; there- 
pore they display no H1 deficiency at all; moreover, the 
wi lispersion of the uw values is: ¢ = 0.9 + 0.2, in total agreement 
vith the standard value o = 1.0 obtained for normal galaxies. 
\)}0 their H 1 content is perfectly normal, as expected for objects 
dossibly unrelated with any cluster. 

ii) For the 31 definite members of Virgo I, 7 = —1.40 + 


ithe subcluster (S’) of Virgo I, in agreement with de Vaucou- 
eurs’ (1961) statement that (S’) is merely a condensation 
Within Virgo I. Dispersion of the u values is: o = 1.1 + 0.2, 
ijsessentially the same as for normal galaxies. 

iii) For the 9 measured members of (X): # = —0.53 + 0.28, 


agrees well with the physical distinction between Virgo I and 
(X) proposed by de Vaucouleurs (1961). Note also that, as for 
|| the mean u-value, the density in galaxies in (X) is intermediate 
~) between that in Virgo cluster and that in the loose groups, 
several objects of which are in Balkowski’s sample. 

The possible relation between uv and the cluster density leads 
lus to look for a correlation between the H1 deficiency in a 
galaxy member of Virgo I and its distance to the centre of this 
.} cluster. Figure 2 displays the corresponding plot and indeed 
Suggests the possibility of such a correlation in the sense that 
the H 1 deficiency is higher in the central regions of the cluster 
than in the external ones. This correlation becomes a little 


‘Table 4. Variation of the deficiency parameter u with various quantities in Virgo I cluster 


more convincing when one uses the mean uw-values by ranges 
of r-values, as one must do in fact, since the parameter u does 
not measure the H1 deficiency of one given galaxy, but is 
meaningful only when averaged over a significant sample of 
objects. More accurately, for r < 2.5°, # = —1.8 and wu values 
are in the range (— 3, —1); whereas for r > 3.5°, # = —1.3 and 
u values are in the range (—2, + 1). Note that projection effects 
weaken considerably in Fig. 2 any existing correlation between 
the H1 deficiency of the galaxy and its true distance to the 
centre of the cluster. 

Another possible relation between the H1 deficiency of a 
Virgo I galaxy and its position in the cluster is provided by the 
existence of an East-West effect: galaxies in the East half of 
the cluster are generally more deficient than those located in the 
West half. More precisely, mean deficiencies are: #4; = —1.79 + 
0.25 and ay = —0.91 + 0.25 in the East and West halves 
respectively leading to#w — ad, = 0.88 + 0.36, a difference just 
at the limit of significance; curiously, if real, the East-West 
effect does not seem to be related to the galaxies themselves; 
indeed properties of the sample galaxies are the same in the 
two halves, their mean distances to the centre of the cluster are 
equal, and the densities in bright galaxies are identical. This 
effect is somewhat puzzling and needs to be investigated. 


(ii) Diameter, Type and Velocity of the Galaxy. As we have 
seen in the previous section, the H 1 deficiency is firmly estab- 
lished in Virgo I only. Therefore we have limited to definite 
members of that cluster the search for possible correlations 
between the deficiency and galactic parameters. In order to give 
some statistical significance to the study, we have searched for 
the influence of each parameter as follows: the total range of 
variations displayed by the parameter in our 31 Virgo I galaxies 
was divided in 3 parts, in such a manner that there were approxi- 
mately the same number of objects whose parameters fell 
within each part; then # was computed for every subgroup thus 
defined. One can see in Table 4 that there is no definite evidence 
of correlation between # and any parameter chosen. Note 
however the marginal indication (~ 2 r.m.s.) that the deficiency 
is lower for galaxies having velocities near the mean for the 
cluster. Note also that the slight increase of @ values for late- 
type galaxies could be spurious and due to erroneous inclusion 
of one late-type optical member (NGC 4299 for instance) in our 
sample, which is likely to occur, according to de Vaucouleurs 
and de Vaucouleurs (1973). 


(iii) Distribution of u-values in the Virgo 1 Cluster. Since the 
dispersions of u values for Virgo I cluster galaxies and for those 
of Balkowski’s sample are essentially the same, one can now ask 
whether the shapes of the distributions of the u values are also 
the same for the two sets. First note that the distribution of u 
values for normal galaxies does not depend on their intrinsic 


’ 


} Parameter Morphological type Diameter (’) Deviation from the mean velocity 
(km s~*) (in absolute value) 
_ Range considered (3, 4] [5, 6] Tt) AA eee [3.9,6.0] >6.0 <200 (200, 900] > 900 
a — 1.45 —1.51 —1.13 — 1.36 —1.49 —1.31 —0.94 — 1.68 —1.54 
4 (+0.28) (40.34) (40.39) (40.35) (+0.31) (+0.33) (+031) (+0.26) (+0.38) 
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Fig. 3. Histograms of the deficiency parameter u: a) for Virgo 
spirals (full line); b) for normal spirals (dotted line) after a 
translation by Au = —1.5 


properties; we have checked that it is the same in Virgo I, as 
could be expected from the absence of correlation between u 
and any galactic parameter shown in the previous section. 
Therefore, when deriving the distribution of uv, one can group 
galaxies together regardless of their intrinsic properties; that 
allows a significant comparison of the normal galaxies and 
those of the Virgo I cluster, through samples of convenient 


sizes. The two distributions of uw are displayed in Fig. 3. One- 


can clearly see that they are essentially the same (in particular 
they are symmetrical) with centres distant by Au = —1.5. This 
result implies that dispersion of the H 1 deficiencies among the 
Virgo I spirals is relatively low, certainly not exceeding a 
factor of 2. 


3. Some Implications of the Observed H1 Deficiency 


Obviously, if the Virgo spirals have been gas deficient for a long 
enough period, then their evolution will have been altered, that 
is to say they will have formed stars at a lower rate than field 
galaxies having the same luminosities. 

As noticed by Van den Bergh (1976), such a low rate of star 
formation in Virgo spirals can account for their too red colour 
and for their frequent “anaemic”? appearance, characterized 
by smooth nebulous arms. 

Are these two properties effectively correlated with the 
deficiencies observed ? 


a) Colours 


Holmberg (1958) has shown that Virgo cluster spiral and 
irregular I galaxies have intrinsic colour indices systematically 
higher than field galaxies of the same morphological type. The 
mean intrinsic colour excess that he has obtained for 53 Virgo 


cluster galaxies is: ACj = 0.08 + 0.015. Chester and Roberts 
(1964) have found that the colour anomaly is still present when 
the variation of the colour index with the luminosity within each 
type is taken into account. 

Among our 31 detected Virgo I galaxies, 21 have colour 
measurements by Holmberg (1958), yielding a mean colour 
excess <ACG> = 0.08. Our mean u-values are 7 = —1.43 + 0.32 
and # = —0.71 + 0.34 for those galaxies having ACé larger 
and smaller than 0.09 respectively. This result shows that the 
Virgo spirals having the lowest gas content are also the reddest 
ones, a result already obtained for normal galaxies by Bottinelli 
and Gouguenheim (1974a). Moreover, these authors have 


and relative H 1 contents among the galaxies of the same typ 
This correlation leads to a colour excess (relative to the mez 


value for the type) A(B — V) = +0.10 + 0.02 for the norm 
galaxies having the same relative H 1 content as Virgo I galaxi 


a value to be compared with A(B — V) = 0.056 + 0.0 
obtained for those 23 Virgo I spirals of our sample havi 
B — V colours in de Vaucouleurs and de Vaucouleurs (196¢ 
Therefore Virgo cluster spirals appear too blue for thé 
relative Hi content. The value of this colour anomaly 
possibly related to the mean date of the event (E), whi 
could then perhaps be determined through a model of galact 
evolution. ‘ 


b) Morphology 


In his new classification of galaxies, Van den Bergh (1976) h 
introduced a new category of spirals, the ‘““anaemic”’ ones. T) 
anaemic spirals are characterized by smooth nebulous arn 
indicating a lack of ionized hydrogen. According to Van di 
Bergh (1976), these objects are ancient normal spirals havi 
lost part of their interstellar gas, and in fact they do occ 
preferentially in rich clusters of galaxies, where processes of g 
removal are expected to be efficient, either through collisio1 
or through interaction with the intracluster medium. 

Is the anaemia effectively related to.the gas content in t 
Virgo cluster galaxies? Van den Bergh (1976) has reclassifi 
all the galaxies appearing in the Hubble Atlas of Galax: 
(Sandage, 1961); 14 of them are in the Virgo cluster and ha 
been observed in the H 1 line, among which 9 have a type lat 
than Sb. In addition, we have been able to classify, 6 oth 
Virgo spirals observed in the H1 line and having a knoy 
redshift, on the basis of an excellent plate (n° 1367) from t 
SRC Schmidt telescope at Siding Spring (Australia). Table 
displays the types and wu values obtained for those 20 Vir 
spirals, including those earlier than Sb, in order to get samp! 
of significant sizes. Remarkably, each true spiral has a value 
u which exceeds any of those for anaemic ones (except in t 
case of NGC 4421, which is an upper limit!); moreover, t 
mean uw-values for the 9 anaemics and the 11 spirals a1 
i, S —2.36 + 0.38 and a, = —0.84 + 0.26 respectively. The 
results state unambiguously that in Virgo cluster, anaen 
spirals have a lower H 1 content than the true ones, confirmi 
clearly Van den Bergh’s view. Incidentally, note that this pro 
erty seems also to be valid for galaxies isolated or pertaining 
small groups. Indeed for the 31 galaxies of Balkowski’s (197 
sample out of the Virgo cluster and classified by Van den Ber 
(1976), the three anaemics have # = — 0.94, whereas the 28 tr 
spirals give v7 = —0.07. 


4. Possible Causes of the H1 Deficiency 


First note that H1 deficiency in cluster spirals seems by © 
means exceptional (Sullivan and Johnson, 1978). Therefore it 
likely that the origin of the observed gas deficiencies is to 
searched in the influence of the cluster itself on its membe 
either at the epoch of their formation, or in the course of th 
lifetime. In the first eventuality, cluster galaxies could ha 
experienced peculiar initial physical conditions; let us try 
find them in the case of Virgo I. For this purpose the use 
Searle et al.’s (1973) model of galactic evolution is particula 
suitable; indeed, as shown by Bottinelli and Gouguenhe 
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Zolumn 2: 
Column 3: 


Morphological type 
RDDO type: Sp for 
spiral, An for anaemic 
Column 4: Deficiency parameter 


'1974a) it can account for the various H1 contents observed 
n galaxies of a given morphological type later than Sb in terms 
of a more or less rapid evolution, the speed of the evolution 
being itself related to the initial gas density. Thus a correlation 
between the initial gas density and the H 1 content is expected 
in spirals later than Sb. Figure 4 shows the correlation to be 
sffectively present for Balkowski’s (1973) sample of galaxies, 
when measuring the H I content by the ratio M,/M, of the H1 
mass to the indicative mass and the initial gas density by the 
present mass density p;, as in Bottinelli and Gouguenheim 
1974a). In fact an excess (p;/<p;>) ~ 2.5 of the mass density 
felative to its mean value <p,> for the type is found for those 
norma! galaxies having an H rcontent as low as Virgo I spirals 
[((My/M,)/<My/M,> ~ 0.45]. Now Virgo I spirals have: 
o:/<p,>> = 1.4 on the mean, which would yield a H1 deficiency 
only about a factor of 1.3 resulting from evolution alone. 
Moreover, Fig. 4 confirms that Virgo I galaxies follow more or 
less the trend of the correlation for normal spirals, but with a 
systematically lower H 1 content. Therefore, although a rela- 
tively high initial mass density can account for a small part of 
the H 1 deficiency of Virgo I spirals, it is unlikely that it can 
explain the totality of it. 

Thus we are led to seek the main cause of the gas deficien- 
cies observed in Virgo I spirals in the continuous action of the 
cluster environment upon its members during their lifetime. 
Two processes can be invoked, namely galactic collisions and 
interaction with the intracluster gas. Let us examine the conse- 
quences of each of them. 
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p: of a galaxy with respect to their respective mean values 
<My/M,> and <p,>. Crosses and dots represent spirals later than 
Sb out of clusters and in the Virgo cluster respectively 


(i) Collisions between Spiral Galaxies. Spitzer and Baade (1951) 
have shown that high velocity collisions between spiral galaxies 
in a cluster are able to remove the major part of their inter- 
stellar gas, although leaving their stars unaffected. And that is 
in fact the situation observed in Virgo spirals which are gas 
deficient, but display a normal star distribution (Benedict, 1976). 
Now let us estimate the number Nz of such collisions experienced 
by a bright spiral galaxy (S) in Virgo I and leading in (S) to a 
H 1 deficiency higher than a factor of 2 (roughly the mean value 
found). Nz is given by: 

No Dr VITA 


where p, is the number density of spirals within the cluster, V 
the mean relative velocity between two galaxies, T the age of the 
cluster and 7 the collisional cross-section corresponding to a 
gas deficiency higher than 2. 

Only collisions with large and bright spirals are expected 
to produce significant deficiencies in (S), so we shall take for ps 
the number density of bright spirals in Virgo I. Virgo | contains 
61 bright spirals (m < 13.5) within a sphere of radius 6° 
(de Vaucouleurs, 1961) which leads to ps = 5.1 Mpc~®. 

V is derived from the redshift dispersion Av, through the 
cluster by: V = V3V2Ap,. Taking Av, = 821 km s~* (Sandage 
and Tamman, 1976) yields: V = 2000 kms~*. We shall use: 
Pet DIOP ae. 

Estimate of ./ requires a knowledge of the conditions in 
which gas removal takes place in (S). For simplicity, we shall 
assume after Spitzer and Baade (1951) that gas in a given part 
of (S) is totally removed each time it encounters a zone of the 
colliding galaxy with a gas density higher than 10-7 cm~*, and 
that otherwise it remains undisturbed. Now let us take for the 


! 
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large-scale distribution of gas within the disk of (S) the gaus- 
sian law suggested by Bottinelli’s (1971) results under the hypo- 
thesis of a constant thickness of the gas layer, namely: 


p(r) = po 2- (rity)? 


where ry is the hydrogen radius, within which half the H I mass 
of the galaxy is found. The HI density at the Holmberg radius 
fo iS p(ro) ~ 0.1 cm~* for all the spirals (Bottinelli, 1971); 
taking ry/ro = 0.70 (mean value for types 3 to 8) after Bottinelli 
(1971), one finds that the limit density 10-2 cm~° is reached 
at r ~ 2rg. Then 94% of the H1 mass lies within that limit, 
and accordingly galaxies can be treated in this problem as disks 
with radius 2ry. Taking for the (S) Holmberg diameter the 
mean value obtained in our sample galaxies yields: 2ry = 
13 kpc. 

Now (S) describes a certain cylinder when moving through 
the cluster. Under the previous assumptions, we can consider 
that (S) will lose more than half it gas content in a collision each 
time the centre of the colliding galaxy lies within that cylinder 
at the instant of the collision. Then, taking into account the 
mean projection factors of the disk of (S) in the direction 
perpendicular to the relative velocity, one finds 


MM = 7(2ry)?-1/2 


and N. = 0.03. : 
Therefore, only one spiral in our Virgo I sample is expected 
to show a gas deficiency higher than a factor of 2 under the 
effect of the collisions alone, instead of the 17 actually observed. 
Of course, our estimate of the number of collisions is very 
crude, mainly because of the uncertainty about the significant 
Hi extensions of the galaxies; however, agreement with the 
observations would require HI extensions about six times the 
Holmberg ones, which seems to be ruled out. Note also that 
accounting for the collisions with the lower luminosity 
galaxies does not alter significantly the result. Indeed, using 
Schechter’s (1976) luminosity function of galaxies, one can 
show that the gas deficiencies ina given Virgo I galaxy provoked 


by the collisions with the bright spirals (m < 13.5) and with the 


lower luminosities ones (m > 13.5) are respectively in a ratio 
PLAY 

Thus, although collisions can contribute in some way to the 
gas deficiency in Virgo I cluster galaxies, they are unlikely to 
represent the main cause of this phenomenon. 


(ii) Interaction with the Intracluster Gas. As for a number of 
other clusters of galaxies, the Virgo cluster is a source of X-ray 
emission (Kellogg et al., 1972; Gorenstein. et al., 1977). In 
addition, Serlemitsos et al. (1977) have detected in its X-ray 
spectrum the presence of an iron line which provides strong 
evidence for the existence of a hot intracluster gas in Virgo 
cluster as being responsible of the observed X-ray emission. 
Interaction of the intracluster gas with the galaxies moving 
through the cluster results in the stripping of their interstellar 
gas, either by thermal evaporation (Cowie and Songaila, 1977), 
or under the effect of the dynamical pressure (Gunn and Gott, 
1972). In order to check whether such an interaction can 
account for the H 1 deficiency observed in Virgo I spirals, let us 
estimate the density p, of the intracluster gas needed to produce 
it by effect of dynamical pressure (no estimate of the effect of 
thermal evaporation will be attempted because that process 
seems to be less efficient in the case of disk-galaxies). The 
amount of interstellar gas removed from a given galaxy in this 


interaction depends on the relative importance of the ft! 
opposite forces acting on each element of interstellar gas, nam! 
the pressure force F, from the intracluster medium, and { 
gravitational force F, binding the element to the galaxy. W. 
the gas is distributed in a thin layer — which is obviously | 
case in our problem — the corresponding forces exerted o 
unit area of the layer are (Gunn and Gott, 1972): 


F, = pedi 
where v, is the velocity component of the incoming flow p 
pendicular to the plane of the galaxy, and: 
F,(r) = 27Go,(r)o,(r) 
where G is the gravitational constant, o,(r) and o,(r) being t! 
respective surface densities of the stars and of the gas at tl 
point considered, defined by its distance r from the centre | 
the galaxy. 

Removal of gas occurs when F,(r) < F,, i.e. outside a di 
QG the radius r, of which is related to p, (Zasov, 1975), by: 
Pedi. = 2nG':5(Tc)-Fo(Fc). ( 

All the gas located outside Z is removed by intergalact 
pressure, whereas all the gas inside ZY remains bound to tl 
galaxy. So, if the H 1 mass distribution My(r) before the inte 
action is known through the galaxy, r, can be easily derive 
from the deficiency parameter u by: 


u = 4log [Mx(r.)/Mu] ( 


where My, is the total H 1 mass present in the galaxy before g 
removal. Then Eq. (2) provides p, through the knowledge of 
and of the star distribution in the galaxy. 

As in the previous section, we shall adopt for the H 1 lar 

scale distribution in the disk of a spiral the gaussian le 
suggested by Bottinelli’s (1971) results: 
Ms(r) = My(1 — 2-°"#%) ( 
where ry is the H1 radius of the galaxy. Note that, since t! 
H 1 deficiency in Virgo lis ~2, r, ~ ry, and then the importa 
parameter is in fact rg, which is well known from Bottinell 
(1971) work, and not the exact form of the H 1 distribution la’ 
which is somewhat more uncertain. Equation (4) yields: 


oX(r) = 1.4 0% 2-Clrw? 


where ox(r) is the true H 1 surface density and oj its mean val 
through the disk of radius ry. Bottinelli (1971) has shown : 
to be practically the same for all the normal galaxies; adopti: 
its mean value and including elements other than hydrogen 
the interstellar gas (assuming standard abundances) leads t 


a,(r) = 2.8 10-9 2- rw? (g em=). ( 
Now o(r) can be computed from the surface brightne 
fa(r) when the mass to luminosity ratio W/Z, is knoy 
through the galaxy. 
In the disk component (which we are concerned witl 
-s(r) is given (Heidmann et al., 1971) by: 
ba(r) = 19.9 + 6.8(r/ro) (in m/O)”) 
where ro is the Holmberg radius of the galaxy. Taking Mo 
+5.4 and .@/Y%, = 3.5 (Rubin et al., 1978), one obtains: 


o(r) = 0.49 10-2:"7!70 (¢g cm=?)- ( 
Therefore, setting « = r,/ry, Eq. (2) can be written: 
log pe + 0.300? + 2.7ary/ro + 2logv, + 9.23 =0 | ( 


where p, and v, are in gcm~° and cms“? respectively. 
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= 2(Av,)?. 
_Jiking for Av, and ry/ro the same values as in the previous 


tion and for u its mean for the Virgo I cluster, one obtains 
om Eqs. (3), (4) and (7) 


= (4 + 2)10-*° gcm-°. 


This figure is to be compared with the intracluster gas 
ensity derived from the X-ray observations of the Virgo 
luster (Bahcall and Sarazin, 1977). Of course, the interstellar 
as is expected to be removed from galaxies in those parts of 
ieir trajectories in the cluster where the density of the intra- 
‘luster gas is maximum, that is in the inner regions of Virgo I. 
ind, as a matter of fact, from Bahcall and Sarazin’s isothermal 
odel scaled to our adopted distance for Virgo I, one can see 
hat our value of p. corresponds to the mean intracluster gas 
] ensity in a sphere with a radius of 1.4° (+1.1°) centred at the 
entre of the cluster. This is quite a reasonable result; indeed 
jalf the number of bright galaxies of Virgo I are within a circle 
Wvith a radius of ~2.8°, a value which has also been proposed 
yy Van den Bergh (1977) as defining the core radius of the 
‘luster. Moreover, according to the result, spirals do not need 
0 have radial trajectories in the cluster to experience important 
leficiencies, which explains why all Virgo spirals are probably 
3 deficient. Note also that bright spiral galaxies are totally 
bsent from the central regions of the cluster, where intra- 
cluster gas density is high enough to have completely removed 
heir interstellar gas, eventually transforming them into 
enticulars. 

Finally, gas removal by intracluster gas accounts for most 
the properties of the H1 deficiency discussed above, namely 
ts independence of the diameter of the galaxy and its increase 
ith deviation of the velocity of the galaxy from the mean for 
e cluster. Moreover, it can explain why the observed disper- 
On o, of the u-values around their mean in Virgol is not 
Significantly different from its value 1.0 in normal spirals. 
Indeed, as seen from Eq. (7), the additional scatter of u provoked 
by gas stripping mainly results from the dispersion of the 
Tu/ro values in the various spirals, which is of the order of a 
factor of 2 (Bottinelli, 1971); taking it into account yields: 
o, = 1.4, in good agreement with the observed value o, = 
1.1 + 0.2 and not very different from 1.0. However, Eqs. (4) 
and (7) predict a variation of u with the morphological type 
through that of ry/ro. Taking Bottinelli’s (1971) values leads to 
a decrease of u from —0.7 to —2.0 from T = 3 to T = 9, which 
is not actually observed, possibly owing to the high dispersions 
Of ry/ro values through each morphological type; in that 
connection, note also that Bosma (1978) has claimed the 
Variation of ry/ro with the type found by Bottinelli (1971) to be 
insignificant, in which case there would be no more contradic- 
tion with the observations. 

Finally, notice that interaction with the intergalactic 
medium is expected to sweep away all the gas of a galaxy 
beyond a certain distance from its centre, which in the Virgo I 
cluster is of the order of its initial H1 radius. Accordingly, the 
Tatio ay/a> of the present H 1 diameter to the Holmberg one is 
expected to be significantly smaller in Virgo I galaxies than in 

ormal ones. Asa matter of fact, the two Virgo objects measured 
at 4’E and 4’W from their centres have ay/ao values a factor of 


2 below the mean for their types (Table 1); in particular, the 
ratio ay/ao for NGC 4254 is as low as the lowest one observed 
in type 5 galaxies by Bottinelli (1971). Krumm and Salpeter 
(1979b) also find with the high spatial resolution of the Arecibo 
radiotelescope that Hi radii tend to be smaller for early 
spirals in the Virgo cluster core than outside of it; there is the 
same trend for the H1 masses, which yields similar values of 


of for early spirals of their sample located inside and outside 
the cluster. This would favour a stripping by the intracluster 
gas limited to the outer regions of the spirals. 

Therefore removal of interstellar gas from Virgo spirals by 
interaction with the intracluster gas having the characteristics 
derived from X-ray emission seems to give a convenient 
account of the value and the properties of the observed H1 
deficiency, except perhaps for its constancy with respect to the 
morphological type. We conclude that interaction with the 
intracluster gas is likely to be the main cause of the H 1 defi- 
ciency. Collisions probably play a less important role, increasing 
slightly the general deficiency and eventually explaining the 
absence of correlation between the morphological type and the 
deficiency. 


IV. Contents of Spirals in other Clusters and Groups 


1. Clusters 


After the previous discussion, one can expect that gas deficiency 
is also present in galaxies of other rich clusters especially when 
these clusters are X-ray sources. And actually systematic H 1 
deficiencies have been reported by Sullivan and Johnson (1978) 
in the galaxies of the two rich clusters A 1367 and Coma, both 
of which are X-ray emitters. Analyzing the H 1 contents in the 
same way as Huchtmeier et al. (1976) have done for the Virgo 
Cluster, they find mean H 1 deficiencies of about factors of 3 
and 5 in A 1367 and Coma clusters respectively. A new analysis 
of their data, by means of the distance independent parameter 
u leads essentially to the same conclusions, namely H1 defi- 
ciencies of factors of 3.4 and 4.5 in the A 1367 and Coma 
clusters respectively. Incidentally, such an agreement implies 
that the spirals in Coma and A 1367 clusters follow the same 
diameter-luminosity relation as those in the Virgo cluster 
(Heidmann et al., 1971) and that accordingly their diameters 
have not been significantly altered by the tidal effects they have 
probably frequently experienced, especially in the Coma 
cluster. Note also that the dispersion of u-values for those 9 
detected spirals in A 1367 is o, = 1.2 + 0.3, not significantly 
different from the value for normal spirals, and that their 
u-distribution is just the same as that of normal spirals, but 
translated by Au = —2.0. Thus, as in the Virgo cluster, the 
phenomenon having led to the gas removal has not altered the 
shape of the u-distribution, implying again a low dispersion of 
the deficiencies experienced by the various galaxies. This 
property suggests that causes of gas removal are the same in the 
A 1367 and Virgo clusters (one cannot conclude for Coma 
cluster, where most of the H 1 fluxes are upper limits). In this 
connection, note that the mean H 1 deficiencies reported in the 
three clusters vary in the same sense as their densities in bright 
galaxies and their X-luminosities, as expected if interaction 
with intracluster gas and/or collisions between galaxies are the 
sources of gas stripping. 
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2. Groups 

Loose groups, where collisions very seldom occur and which are 
not X-emitters, are expected to contain spirals having a normal 
H 1content. We have performed two studies to check this point. 


a) Ursa Major Cloud 

This cluster is similar to Virgo X in size and concentration, 
and accordingly intermediate between rich clusters and loose 
groups. Tully and Fisher (1977) have detected H 1 in 22 of its 
members. Performing the same analysis as for the Virgo cluster 
from their data yields: # = +0.13 + 0.29 for galaxies in the 
UMa cloud. Therefore no H 1 deficiency is present in them. 


b) De Vaucouleurs’ Groups 

In order to check whether there is some gas deficiency in de 
Vaucouleurs’ (1975) groups, we have divided in two parts 
Balkowski’s (1973) sample of 110 galaxies not members of 
Virgo cluster and with T = 3, depending whether they are 
members of de Vaucouleurs’ groups or not. For each morpho- 
logical type, the mean logarithmic values of o, was computed 
separately for each part. The weighted mean difference between 
the two categories is 


(log oy)in = +0.07 + 0.05 


(log Oy)outside ia 
groups groups 

or 

Au = +0.27 + 0.19. 


Thus although a slight H1 deficiency could be present in 
galaxies members of de Vaucouleurs’ groups, our data are 
insufficient to clearly settle the question. Therefore, after 
removal of Virgo cluster galaxies, Balkowski’s sample is homo- 
geneous and composed of normal galaxies as far as their H 1 
content is concerned. This result justifies a posteriori the 
constant use of the whole Balkowski’s sample as a reference 
sample throughout this paper. 


V. Summary and Concluding Remarks 


We have compared the H1 contents of 56 spirals in the Virgo 
cluster area and of 110 other spirals isolated or members of 
small groups, all of them with morphological types later than 
Sb. The method used is based on the comparison of the mean 
apparent H I surface densities; it has been shown to be distance- 
independent, free of any bias and to lead to statistically signifi- 
cant results for spirals later than Sb. The three main results of 
the study are the following: 

i) The H 1 deficiency previously found in Virgo cluster spirals 
by other authors is definitely confirmed; however we have 
shown that only the members of the Virgo cluster proper (12° in 
extent) are H 1 deficient, by a factor of ~2.2 on the average. 

ii) Dispersion of the H 1 deficiencies of Virgo cluster spirals 
is relatively small (less than a factor 2), a property which also 
seems to be true for the A 1367 cluster studied by Sullivan and 
Johnson (1978). 

iii) The Hi content of Virgo cluster galaxies is unambigu- 
ously related to their morphology, “‘anaemic”’ spirals with 
smooth arms having less gas than other ones, as suspected by 
Van den Bergh (1976). 

The gas deficiency does not seem to result from peculiar 
physical conditions present in the cluster spirals at the time of 
their formation — for instance a high mass density — but instead 
it is likely to be due to the effects of the cluster environment on 
the galaxies, namely the collisions with other galaxies and the 


Table 6 

Galaxy c(AA/Ao)a1 Waom rene u 
(km s~*) (km Sy ")r | CO%Vae 

Mpc~ ?) 

NGC 4527 1714 416 30.4 

NGC 4536 1800 348 24.0 

NGC 4632 1716 245 10.9 

NGC 4713 644 201 16.3 

A 1252 + 003 1386 370 10.9 

NGC 4900 984 162 Ball 

NGC 4904 1162 271 Sail 


interaction with the intracluster gas. Our approximate estima 
show that the dynamic pressure of the intracluster gas, th 
presence of which is demonstrated by the X-ray emissi 
probably accounts for the major part of the observed 

deficiency. This result must be taken together with several line 
of indirect evidence suggesting that interaction with intraclu 
gas could also be responsible for the formation of lenticula 
galaxies from spiral ones in clusters; particularly significant 
that respect is the correlation between the percentage of (E + 
SO) galaxies in a cluster and its X-ray luminosity, found Fe 
Bahcall (1977) and Tytler and Vidal (1978). Note also that th 
three rich clusters so far investigated in detail in the H 1 line 
X-ray emitters, and that all of them show important 

deficiencies. At this stage, it would be of importance to di 
criminate between collisions and interaction with the intra- 
cluster gas as the causes of gas removal from spirals in clust 
This could be done, firstly by measuring in the H 1 line galaxie 
in clusters which are not X-ray emitters and secondly by 
performing detailed rigorous calculations of the loss of ga 
experienced by spirals in clusters under the influence of each 
these processes. In addition, it would be highly desirable t 
compute evolutionary models in order to determine if the 
removal is continuous or if it has occurred at a determine 
epoch, and also if a part of the deficiency is due to primordial 
conditions. Clearly such studies would give a deep insight int 
the very interesting question of the respective influences 
the heredity and of the environment on the life of the galaxies 
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Summary. It is shown that the charge transfer reactions with 
hydrogen postulated by Péquignot et al. (1978, 1979) accounts 
for the low-excitation line spectrum emitted by NGC 7662 in a 
much more satisfactory manner than any previous attempt. 

However, current spectral information on this nebula is 
not yet sufficient to provide a quantitative check of the reaction 
rates. 

Some consequences of the reaction: 
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are briefly mentioned. 

The present photoionization model confirms the finding of 
Bohlin et al. (1978) that the abundances of gaseous carbon and 
oxygen are very close to one another. 


Key words: planetary nebulae — NGC 7662 — photoionization 
models — atomic data — abundances 


1. Introduction 


The planetary nebula NGC 7662 is often considered as an 
archetype among planetaries and it formed the subject of 
numerous theoretical investigations (Flower, 1969; Harrington, 
1969; Kirkpatrick, 1972; Bohlin et al., 1978, hereinafter BHS), 
which emphasized the need for considering quite complex 
structures and adequate adjustments of the central star spec- 
trum in order to account for the flux of low excitation lines. 
The elaborate photoionization model obtained by BHS 
reproduced very well almost all emission-line fluxes without 
making use of the charge transfer reactions between atomic 
hydrogen and several ions (N*?, O*?, Net?, and S*%) that 
Péquignot et al. (1978, hereinafter PAS) were led to postulate 
in their own calculations in order to explain the emission-line 
spectrum of the planetary nebula NGC 7027. This may cast 
doubts on the conclusions of PAS (subsequently improved by 
Péquignot et al., 1979, hereinafter PSA) and it seems advisable 
to examine the effect of these reactions on the models of 
NGC 7662. 
In Sect. 2 some relevant characteristics of the nebula are 
commented on from the standpoint of photoionization calcula- 
tions. A schematic density distribution suggested by mono- 
chromatic plates is used in Sect. 3 to derive a photoionization 
model including the empirical charge transfer rates proposed 


by PSA. In Sect. 4 the results are discussed and compared wil 
those of BHS. The main conclusions are given in Sect. 5. 


2. Comments on Some Observed Characteristics 

The planetary nebula NGC 7662 is often considered as a protd 
type with which any photoionization model should be cox 
fronted because (1) it represents a widespread class of plane 
aries, (2) its emission-line spectrum is extensively observe 
(Kaler, 1976), (3) its double-shell structure, as seen in Hf ligh} 
seems rather symmetric and closed (Weedman, 1968), and (4 
its central star is observed in particular in the ultraviole 
range (BHS). 

Despite these remarkable “qualities”, it should be re 
membered that: 

1. Monochromatic plates taken at the [O 1] 3727 A an 
length (Aller, 1956) show that the outer shell cannot bi 
considered as homogeneous or symmetric, even to a firs 
approximation: the [O 11] emission is strongly concentratec 
in a few spots located on one side of the projected ring; these 
spots roughly coincide with maxima of the Hf surface bright 
ness, suggesting a local enhancement of the density. 

2. The inner shell is an oblate spheroid (according t 
Weedman, the ratio of the axes is 1.5): [Ne v] 3426A i 
maximum along the minor axis whereas [Ne 1] 3869 A anc 
[O m1] 5007 A are maximum along the major axis; this may bi 
attributed, at least in part, to different distances to the source 

3. The nebula is essentially matter-bounded so that thi 
power L, and thus the effective temperature 7, of the centra 
star are ill-defined; this degree of freedom is not really removec 
by the ultraviolet continuum flux measured by BHS: this fluz 
provides only (R,/D?)T, ~ 1.510712 K (where D is the 
distance and Ry, the radius of the star) with a rather largé 
observational uncertainty which may be further amplified by a1 
unknown departure from the Planck law. 

4. The angular size of the nebula is large enough that, th 
observed flux of some low-excitation lines produced in the 
outermost layers may apparently be questioned (e.g. [Sm 
6723 A, see BHS). 

The consequences are as follows: 

5. The only severe constraint on the ionizing spectrun 
comes from the lack of any detectable He 1 4686 A emissior 
out of the inner ring (Aller, 1956): the flux of this line car 
therefore be used to infer the photon luminosity above 54.4 eV 


ertheless there remains some flexibility since (a) the shape 
he continuum depends on two parameters (7, and the 
vi gx) and (b) the stellar atmosphere models are not very 
lable for high effective temperatures (Hummer and Mihalas, 
10). 
6. Concerning the distribution of the hydrogen number 
isity 7, the constraints provided by the Hf surface bright- 
‘His and several doublet line ratios are partly offset by the 
immetry and the possible clumpiness of the gas, However, 
: strict confinement of He** to the inner shell ensures that 
8 shell is not made of small clumps embedded in a low 
asity medium. 

7. The low-excitation lines do not heavily constrain the 
dels because (a) the corresponding emitting zones are 
atively insignificant in this matter-bounded nebula, (b) the 
iall or intermediate scale structure of the outer shell is 
‘certain, and (c) some line fluxes may be considered doubtful. 
ich circumstances are unfortunate as the major difficulties 
& experienced in interpreting these lines from the models. 
Thus, it may be optimistic to believe either that NGC 7662 
institutes an ideal test of photoionization calculations or that 
correct account of the emission-line spectrum guarantees 
e validity of a model. The case of the planetary nebula 
: GC 7027 can be considered as complementary: the nebula 
“Yoks rather untypical but the models are subject to stronger 
nstraints although the interpretation of the spectrum may be 
‘ynfused by dust mixed with the ionized gas. 
“Nevertheless detailed photoionization models of NGC 7662 
(main extremely valuable from an astrophysical standpoint. 
“he model described in the next section makes use of the obser- 
itions compiled and corrected for reddening by BHS. 


". Description of the Model 
BH) 


1. The program used in the calculations was described by 
(Idrovandi and Stasitiska (1978) and subsequently improved by 
SA. The ionization and temperature equilibrium of a spheric- 
lly symmetric nebula photoionized by a central source is 
tained in a standard way. The transfer of the diffuse ionizing 
adiation is treated in the “outward only” approximation along 
‘0 directions. The resonant scattering and the Ot Bowen 
luorescence are treated in a “‘straight-line path” approxima- 
ion. The most recent atomic data are carefully included. All 
he ions of H, He, C, N, O, Ne, Mg, and S are considered. 
The present calculations differ from previous ones in that 
hey include (a) all the charge transfer reactions with hydrogen 
(lready calculated by atomic physics and (b) the reactions 
impirically introduced by PSA. The rate coefficients 8 for all 
‘eactions are given in Table 1 with references. Charge transfers 
yetween hydrogen and more highly ionized species probably 
txist (Dalgarno and Butler, 1978) but they should have no 
tffect on the main conclusions unless the rate coefficients are 
much larger than 10-° cm® s~?}. 
2. The adopted distance to the nebula is D = 1.0 kpc (like 
S). 
3. The spectrum of the central star is adapted from Model 


Note: A(X"), in units of cm*s~*, corresponds to the 
ion: Ht X"— Ht + X™-! 
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Table 1. Charge transfer rate coefficient with H in units of 
CM Sieoste a sel Oa Xe 


ion rate ref. ion rate ref. 

Het  1.9(—15) 1 N*? 1.0(—9) x T™% 6 

Hett+ 1.56(—13) 2 N78 3506-9) Ta af; 

Cre EOC 9)l Tyas. Or 1,.0(—9) 8,9 

C**  1.0(—9) 4 Ot? 8.0(— 10) 6 

Nt 2.2(— 12) 5,6,9 Net? 2.0(—10) 6 
Se al oC 9) bn 

1 Jura, Dalgarno (1971) 

2 Arthurs, Hyslop (1957) 

3 Blint et al. (1976) 

4 Valiron (1978) 

5 Melius (1973) 

6 Péquignot et al. (1978, 1979) 

7 Christensen et al. (1977) 

8 Field, Steigman (1971) 

9 Inverse reaction with H* included. 


406 (T, = 10° °K, log gy = 5) of Hummer and Mihalas (1970) 
by multiplying the He*+ Lyman continuum flux by a factor of 
1.7 in order to diminish the discontinuity of 54.4 eV as suggested 
by improved calculations (Kunasz et al., 1975): this procedure 
is roughly equivalent to slightly increasing the effective tempera- 
ture and keeping g, small. In the final spectrum the high 
frequency flux (Av = 100 eV) is multiplied by another factor 
~1.7 varying continuously with frequency in order to best 
account for the [Ne v] 3426 A flux: such an enhancement is 
qualitatively expected if 7, is indeed somewhat larger than 
10° °K. With such a spectrum, the stellar radius needed to 
account for He 11 4686 A is Ry = 1.0 10!° cm, slightly smaller 
than the one postulated by BHS. The effect of changing the 
star spectrum is briefly discussed in Sect. 4. 

4. The density distribution consists of two concentric shells 
whose geometrical characteristics are chosen in accordance 
with the observations of Weedman (1968). The inner shell (1) is 
homogeneous (see Sect. 2) with hydrogen number density 
ny(1) = 104 cm~8, mean radius R(1) = 9.7 10*® cm and thick- 
ness AR(1) = 1.3 10° cm (Weedman found AR(1) S 2.2 1018 
cm): the hydrogen density my conforms to the electron density 
ne deduced from the high-excitation line ratios [Ar 1v] 
4711 A/4740 A (n. = 1.2 10‘ cm~* from Saraph and Seaton, 
1970) and [Netv] 2422 A/2425A (nm, = 1.1 10*cm~* from” 
Lutz and Seaton, 1979); AR(1) then follows from the Hf flux 
produced by this shell. The oblateness of the shell is considered 
in Sect. 4. The outer shell (2), of mean radius R(2) = 20 10*® cm 
and thickness AR(2) = 4.8 10'® cm, is filled by a homo- 
geneously distributed gas with my = 1.6 10° cm~® containing 
condensations with m, = 310° cm~%; assuming that these 
condensations have about the same geometrical thickness as 
the smooth component, they cover about 5% of the sky of the 
source. These two densities as well as the covering factor are 
uniquely determined once the thickness of the shell, the Hf flux 
from the shell, and the line ratio [O ] 3726 A/3729 A all agree 
with observation. The true situation is more complex since the 
density and/or the thickness of the smooth component evidently 
vary from one side to another but, with the information 
presently available, using a more sophisticated distribution 
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would become an academic exercise. The three low-excitation 
line ratios [O u] 3726 A/3729 A, [Su] 6716 A/6731 A and 
(Cl m1] 5519 A/5538 A all provide nearly the same mean 
electron density n, = 2.8 10° cm~° (Pradhan, 1976; Pradhan, 
1978; Saraph and Seaton, 1970). 

5. The emission from the outer shell is obtained by adding 
the contributions from the two components calculated separ- 
ately (the inner shell remaining identical in the two calcula- 
tions): a first run with 7y(2) = 1.6 10° cm~® provides the emission 
due to the smooth component and a second run with ny(2) = 
310? cm~* provides the emission due to the clumps after 
multiplying the resulting fluxes from the “outer shell” by a 
factor of 0.05. If the clumps are very small and uniformly 
distributed in the shell, this procedure overestimates the diffuse 
field within the clumps. This might be roughly corrected by 
including some kind of filling factor or by multiplying the 
diffuse field emissivity of the “‘outer shell”’ by some factor less 
than unity (in the second calculation). However this correction 
was not considered useful since the clumps seem to be con- 
centrated in a few places so that they do experience a diffuse 
field reasonably close to that obtained in the procedure outlined 
above. Anyway the results are not much influenced by moderate 
changes of the diffuse field and the present calculation should 
only be considered as the simplest but still representative 
example of the models that can be constructed. 

6. In accordance with the result of BHS, the elemental 
abundances? are first obtained by assuming [C]/[O] = 1 and 
by varying [O] until the temperature sensitive ratio [O m] 
4363 A/5007 A agrees with observation. Other elemental 
abundances have less effect on the thermal balance and are 
chosen so as to best satisfy the available observations. In this 
way, the following abundances are obtained: [He] = 0.085, 
(Oe Ol) = 4-5:10- 23 IN] ="9 10 5o [Ne] =) 8.105 ¢and {S)/— 
8.8 10-°. The magnesium abundance [Mg] = 10-® is taken 
very small since this element is likely to be locked in dust grains 
(see however the discussion of Péquignot and Stasiniska, 1979, 
in the case of NGC 7027): so far the lack of detection of 
Mg m 2798 A (<0.4 x Hf, BHS) implies [Mg] < 10-5 in the 
outer shell. The assumption concerning [C]/[O] is discussed 
in Sect. 4. 


4. Results and Discussion 


The observed line fluxes corrected for reddening (in units of HB 
flux) and the final results of BHS are given in columns 2 and 
3 of Table 2. The line fluxes deduced from the model described 
in Sect. 3 appear in column 4. The next three columns give 
the partial fluxes arising from the inner shell, from the smooth 
component of the outer shell, and from the condensations 
respectively. The agreement of the two calculated spectra 
with observation is generally good and it would be difficult to 
select one of them on this basis only. 

The two calculations first differ in the treatement of the 
diffuse field. Both the on-the-spot approximation of BHS for 
the Bowen fluorescence and the outward-only approximation 
of our calculation tend to favour a slightly larger temperature 
in the innermost layers of our model. This may account in part 


2 [X] represents the abundance by number of element X 
relative to hydrogen. 


for our moderately larger C 1v 1549 A flux, but the differe 
due to these causes only should not much exceed the exp 
accuracy of the integration procedure. 
The differences are likely to originate primarily in the use| 
(a) different star spectra, (b) different gas density distribut 
and (c) charge transfer reactions in our calculation (Table : 
The star spectrum used above follows quite closely t 
results of the stellar atmosphere calculations: this spectrum 
relatively more intense in the range 35—54.4 eV and thus hardy 
than the one postulated by BHS so that the heating rate of t : 
gas is enhanced. This explains to a large extent why the co} 
verged abundance of oxygen is now [O] = 4.5 10~¢ instead 
3.710-* and why Cv 1549 A is about 10% stronger. T i 
choice of BHS was motivated by the need for keeping t 
photoionization rate of O*+ as low as possible in order 
alleviate the difficulties they faced in interpreting the [Om] 372] 
flux. Although this choice cannot be formally excluded, it seer 
to conflict with current theories of stellar atmospheres. Anyw/ 
it appears that this procedure is not sufficient to work out ti 
[O 1] problem and, from our experience, is totally inadeque 
in the case of NGC 7027 and of many other nebular objects. 
The [Ne v] 3426 A flux (column 4 of Table 2) may indica 
that the luminosity of our star in the high-energy tail of tl 
spectrum is somewhat too weak. However, the exact densi 
distribution and/or the distance from the gas to the star m: 
be involved as well. As an example the line fluxes arising fro 
three models of the inner shell are compared in Table 3: tf 
density ny = 10* cm~° and the Hf flux are identical in the thr’ 
cases which differ only by the mean distance R(1) to the st: 
(and thus also by AR(1)). The intermediate case corresponds t 
the model described in Sect. 3 (column 5 of Table 2). The effe| 
of the oblateness of the real inner shell is crudely iliustrate 
in the two extreme cases whose values of R(1) differ by a factc 
of 1.5. The behaviour of [Ne v] and [Ne 11] is in qualitati 
agreement with the monochromatic plates of Aller (1956 
Quantitative measurements would help in deciding if th 
density is indeed the same along the two axis. The large variatio 
of [Ne v] from one case to another illustrates how difficult it 
to infer precise information about the primary spectrum & 
means of high-excitation lines. Charge transfers with hydroge 
may be an other source of uncertainty. i 
The reasonable agreement of [O m1] 5007 A, [C mi] 1909. 
and [C 1v] 1549 A with observation when the ratio of the [O m1 
lines is correct gives additional support to the finding of BH) 
that [C] is close to [O]. Such a coincidence is particularly note 
worthy in view of the large differences between the two model 
in other respects. ! 
The density distribution adopted in this investigation for th 
outer shell is deliberately schematic but still much mor 
satisfactory than the one obtained by BHS. In effect thi 
picture arising from the model of BHS is one in which the oute 
shell would display a lumpy structure in the Hf light (with ; 
covering factor of 0.13), and exactly the same appearance in th 
[O m1] light. However the observations of Aller (1956) an 
Weedman (1968) show that (a) the shell is irregular but approxi 
mately closed in the Hf or [O m1] light, (b) the prominent [O m 
emission is restricted to a very small fraction of the shell (ver 
likely less than 10%{), and (c) the Hf flux due to the “[O 1m 
condensations” is a rather small fraction of the Hf flu 
produced by the shell. It is easily verified from Table 2 (column: 
5, 6, 7) that these features are faithfully reproduced in th 
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dresent model: in particular the moderately denser condensa- 
ions emit about 27% of the [O 1] flux but only 5% of the Hf flux 
‘that is 13% of the Hf flux from the outer shell). Accordingly 
the density distribution is not uniquely determined. The case 
Jescribed in this paper should only be considered as an example. 
it was obtained by selecting a priori and systematically the 
simplest assumptions suggested by the observables (thickness 
and density of the shell, etc.). Nevertheless the agreement of the 
calculated fluxes with observation for the low excitation lines 
is at least comparable to that obtained by BHS. It is hardly 

to point out that this satisfactory result follows 
directly from introducing the empirical charge transfer rates 
of Table 1 (in particular f(O**)): with this straightforward 
ity distribution, the [O u] flux would be too weak by a 
r 2.5 if 8(0*7) were ignored. The calculation of BHS also 
tes this point: in order to reach agreement with the 


| wavelength (A) observ. | BHS model of Section 3 
. total total total inner outer outer 
[ (2) (3) (4) smooth clumps 
6563 310 287 282 281 283 283 
5876 6.8 tl ee aA 10.9 LR 
4686 44 43 42 62 doe 2a. 
2326 — — 4.6 eye) PH 8.5 
1909 560 430 567 740 238 398 
J Iv 1549 720 890 1000 1360 393 206 
ix] 5200 —- ae 7(—4) 2(—4) 4(—4) 8(—3) 
ln] 6548+ 6584 8.2 7.3 8.2 6.4 3.9 31 
Miu) 5755 0.17 0.14 0.18 0.18 0.095 0.81 
Su 1749 — 8.3 16 20 7.3 11.7 
S1v) «1488 — 10.7 24 34 8.0 BD 
Jv 1240 nt 7.4 4.5 6.9 0.19 0.12 
dy] 6300 + 6363 — 0.18 0.016 0.005 0.01 0.20 
Yn) 3727 14.6 NPY 14.9 6.3 21.8 84 
Dal 867323 1.18 1.48 1.30 1.19 0.91 Sak 
}) uj} =5007+4959 1650 1530 1740 1320 2470 2520 
)m) 4363 15.9 15.3 16.9 15.7 19.1 19.3 
Jv) 1403 _ 21 21 32.5 1.5 0.3 
Nem] 12.8 _— 1.13 0.66 0.40 0.86 2.8 
Ne mr] 3869 + 3968 99 97 112 92 146 152 
Nerv] 4721 2 0.82 0.76 1.14 0.08 0.02 
Nerv] 2423 74 63 71 105 12.7 sae 
Nev] 3426+ 3346 slg i735 eds 18.4 0.9 0.3 
Mgu 2798 — — 4.7 ar 5.3 14.4 
Mg 1] 4.5 2 — een 0.87 1.13 0.35 0.13 
Su] 6723 0.93 57, 1.54 0.92 1.6 9.2 
$n] 4071 0.60 1.29 0.41 0.42 0.21 1.6 
Sm] 9069+9532 38 33:5 40 Sy By; 98 
Sm] 6312 — 25 1.45 1.51 1.10 3.0 
Sur] (18.7 “= 7.5 5.6 4.5 6.3 16.6 
Siv]  10.5u 44 37 42 39 49 34 
0 um] 3729/3726 0.56 0.58 0.57 0.41 0.70 0.56 
Su) 6716/6731 0.66 0.67 0.61 0.47 0.79 0.64 
Nerv] 2425/2422 0.90 —_— 0.92 0.90 1.34 23 
ip (10-++ erg/s) 20.5 20.5_- 20.5 13.1 6.4 1.0 


observed [O 11] flux, they were obliged to postulate a prominent 
maximum of density in the outer shell (with a correspondingly 
small covering factor); this high peak density was intended to 
absorb much of the Lyman continuum photons so that oxygen 
may significantly recombine into O*. But then, in order to 
account for the doublet line ratios, they had to further assume 
that the gas density decreases exactly at the place where much 
of the [On] and [Su] emissions come from. This ad hoc 
assumption constitutes a very serious weakness of their model, 
more especially as this surprising circumstance should happen 
in essentially all the outer shell. Moreover, assuming that the 
ionization structure of Cl** and S** are roughly identical, it 
is found that the mean electron density indicated by the [Cl m1] 
doublet ratio would be about three times as large as the value 
quoted by Saraph and Seaton (1970): such a discrepancy is 
probably large enough to invalidate the value of the peak 
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Table 3. Line fluxes from three inner shells differing by their 
mean radius R(1) (HB = 100 = 13.1 10~**erg/s) 


R(1)/1028 cm 1.9 9.7 11.7 
AR(1)/10¥° cm 1.9 1.3 0.88 
ion wavelength (A) 

Hel 5876 4.9 5.1 39) 
He ir 4686 63 62 59 
C mw] 1909 600 740 860 
Civ 1549 1720 1360 970 
[N uJ 6548 + 6584 1.9 6.4 10.5 
Nw] 1749 9.8 20 16.8 
Niv] 1488 30 34 15 
Nv 1240 9.3 6.9 2.0 
[O n] 3727 3.9 6.3 11.5 
[O 11] 5007 + 4959 1220 1320 1440 
O Iv] 1403 Sial B25 26.5 
[New] 3869+3968 82 92 102 
[Nerv] 2423 ihaby/ 105 89 
[Nev] 3426+ 3346 29.8 18.4 10.9 


density that BHS were led to accept in the outer shell. These 
remarks show that the problem faced by BHS could not be 
solved by devising some more elaborate density distribution. 

In this connexion another point may be mentioned: the 
fluxes of [Su] 4070 A and [Su] 6723 A calculated by BHS 
exceed those measured photoelectrically by Peimbert and 
Torres-Peimbert (1971, hereinafter PTP) by factors of 2 and 6 
respectively (Table 2). As pointed out by BHS, Noskova (1976) 
finds a larger [S 1] 6723 A flux; nevertheless after calibrating 
Noskova’s measurement by means of PTP’s [Ou] 7323 A 
flux (this procedure seems reasonable since the two lines should 
be emitted in not too different regions and belong to the same 
spectral range), the result of BHS is still 2.5 times too large. 
In fact it is well known that blends can significantly affect the 
measurement of [S 11] 4070 A (see, e.g., Aller et al., 1966) and 
it seems likely that the [S 11] lines are coherently too large by a 
factor of 2.5-3 in the calculation of BHS. These authors state 
that [S 1] is very sensitive to optical depth but the same is true 
for [O 11] and this discrepancy can be taken as further evidence 
that the mean density and/or the optical depth of the outer shell 
are too large in their model. Such an incompatibility between 
[Ou] and [Su] is removed in our model including charge 
transfers because it was empirically found that, unlike B(O*?), 
but in accordance with the predictions of Dalgarno and 
Butler (1978), B(S*?) is small (PAS). 

Kirkpatrick (1972) proposed that the shadows presumably 
formed behind optically thick condensations may favour the 
[O 11] emission, Although it is by no means excluded that there 
are optically thick cold globules embedded in the ionized gas of 
the outer shell, this proposal faces difficulties in providing alone 
a large [Om] flux, at least in the case of NGC 7662. The 
electron density of the ionized skin of these globules should be 
large enough (say n, > 10* cm~%) to become thick to Lyman 
continuum radiation over a distance much shorter than the 
geometrical thickness of the shell. The skin of the globules, as 
any ionization front, would emit low-excitation lines. At such 
a density, however, [O m] 3727 A would be de-excited and 
strongly penalized relative to, e.g., [Ou] 7323A or [O1] 
6300 A; also the ratio [O 1] 3726 A/3729 A and [S 1] 6716 A/ 


6731 A would be wrong. Thus the shadows should emit m 
[O m] 3727 A and [S 1] 6723 A but not the other two oxy 
lines: this seems practically’ impossible since (a) the 
[O 11] 7323 A/3727 A is not very sensitive to the tempera 
while [O 11] 3727 A is, (b) due to the undoubtedly fast char 
exchange between O* and H (not considered by Kirkpatri 
[O 1] 6300 A is easily emitted, and (c) as stated above, th 
shadows should be concentrated in a small fraction of the s 
and a correspondingly small fraction of the diffuse radiati 
would be available to illuminate them. Let us recall also tha 
calculation of the possible emission of [Ou] 3727A fre 
shadows in the Orion nebula led Mathis (1976) to pessimis 
conclusions even though the case he considered was in seve 
respects more favourable-thanks to the lower excitation of 
nebula-and to the weaker requirements on geometry. 

The detailed structure of the outer shell and the possil 
existence of cold globules could be brought to light if the lo 
excitation lines were accurately measured and in particular i 
reliable positive detection of [O 1] 6300 A were obtained. 


5. Concluding Remarks 


This investigation first established that photoionization mod 
including the charge transfer reactions with hydrogen empirica 
introduced by Péquignot et al. (1978, 1979) in their analysis 
NGC 7027 (Table 1) can satisfactorily account for the emissi¢ 
line spectrum of the double shell planetary nebula NGC 76 
This result was obtained by assuming a priori the dens 
distribution which follows most  straightforwardly fre 
observation. 

The present calculation confirms the finding of Bohiin et 
(1978) that the gaseous abundances of carbon and oxygen ¢ 
very close to one another. However, due in part to the use o 
more intense primary spectrum in the range 35-54.4 eV, 1 
best fit to the observations is now obtained for [C] = [O] 
4.5 10~* instead of 3.7 10~* while other elemental abundan 
are not much affected (see Sect. 3). 

Although a quantitative check of the empirical cha: 
transfer rates is yet not possible for reasons exposed in Sect. 
a careful discussion of the constraints imposed by the lo 
excitation lines and by the monochromatic plates (Sect. 
shows that the calculations which ignore these reactic 
(Bohlin et al., 1978) face very serious difficulties in account 
for low-excitation lines of NGC 7662 even when they postul: 
an ad hoc spectrum for the central star and a completely ad t 
density distribution for the gas of the outer shell. 

The rather large empirical rate for the reaction: 


Ot? + H->O+t + Ht 


is certainly the most “‘necessary’’ from an astrophysical star 
point and it was precisely the only one which seriously cx 
flicted with the predictions of Dalgarno and Butler (197 
After the present work was submitted for publication, I learr 
that Butler et al. (1979) obtained B(O*?) = 6 10-1° cm? s 
in excellent agreement with the empirical value of Table 1 sit 
the accuracy of both estimates is of the order of a factor of 
It should be mentioned that a very accurate value of B(O*? 
not necessary in most practical circumstances once reaction 
is assumed to be fast. Conclusions which would depe 
critically on the exact value of B(O*?) in the range, s 


al 


.0) 10-® cm* s~* should be considered as tentative but 
lar attention should be paid to these cases for they may 
useful to improve the empirical determination. 

This study shows that charge transfers with hydrogen can 
idify some current views on the structure of H 1 regions 
d many nebular objects in that: 

a) the purely theoretical concept of “filling factor’’, as it 
peared in virtually all studies on H 1 regions (e.g., Shields and 
arle, 1978) in order to fit the ratio [Om] 5007 A/[O uJ 
27 A to observation, may need re-examination and the mean 
nsity of the (invisible) ‘“‘clumps”’ may at least be lowered, and 
b) because of the non-linear effect of charge transfers on 
€ ionization equilibrium, a moderate contrast in density can 
duce large surface brightness variations for low-excitation 
ies such as [O 1] 3727 A, [O 1] 6300 A, [N 11] 6584 A or even 
‘m] 6723 A so that the concept of “high density filaments” 
ould be used with some caution when these filaments are not 
rectly visible as such. 
In conclusion, much work is still needed to check accurately 
(e empirical reaction-rates but this situation cannot justify the 
\sregarding of their possible effects when one pretends to reach 
yme conclusion on the real structure of a nebula. 


lote added June 7th: with the recent collision strengths obtained 
y Giles (1979) the calculated flux of [Ne v] 3426 A + 3346A 
ould be approximately multiplied by a factor of 1.5 in 
lables 2 and 3. This greatly improves the agreement between 
bservation (column 2 of Table 2) and calculation (column 4) 
‘ith the stellar spectrum adopted in Sect. 3. 
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Summary. A photometer sensitive at the 584 A line of He 1, in- 
corporating a helium gas resonance absorption cell, was flown 
on the Apollo-Soyuz Test Project in July 1975. The instrument 
observed much of the night-time sky, and returned 42 min of 
usable data. The data were analyzed by fitting to a model of 
resonant scattering of solar 584 A flux from nearby interstellar 
helium. Good model fits were obtained for an interstellar gas 
bulk velocity vector pointing toward a = 72°, 6 = +15°, with 
speed 20 km s~+, with interstellar medium temperatures from 
5000 to 20,000 °K and with neutral interstellar helium density 
(8.9 + 4.9) 10-% cm~%. In the context of theoretical studies of 
the interstellar medium by McKee and Ostriker (1977), the 
results may indicate that the Sun lies in the warm, partially 
ionized periphery of a cold interstellar cloud, surrounded by a 
high-temperature gas heated by old supernova remnants. 


Key words: interstellar helium — local interstellar medium 


I. Introduction 


Observations of interstellar gas passing through the solar system 
provide information about the temperature, number density, 
composition, and bulk velocity of the local interstellar medium 
(ISM). A number of authors (Blum and Fahr, 1970; Holzer and 
Axford, 1971; Axford, 1972; Johnson, 1972; Wallis, 1973, 1974, 
1975; Meier, 1977; Freeman and Paresce, 1979) have developed 
models which describe how neutral atoms passing near the Sun 
are gravitationally focused into a density distribution whose 
shape depends in a complicated manner both on physical 
parameters of the ISM and on the local effects of photoioniza- 
tion by the Sun, collisional ionization and heating by the solar 
wind, collisions with other atoms, and the pressure of sunlight. 
Study of the details of this distribution allows untangling of the 
various parameters by model fitting. Studies of the distribution 
of the local ISM have been made by observation of solar 
ultraviolet radiation scattered by hydrogen (Bertaux and 
Blamont, 1971; Thomas and Krassa, 1971; Thomas, 1972; 
Bertaux et al., 1976; Cazes and Emerich, 1977; Adams and 
Frisch, 1977), and of extreme ultraviolet (EUV) radiation 
scattered by helium (Paresce et al., 1973a,b, 1974; Weller and 
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Meier, 1974; Freeman et al., 1976, 1977; Ajello, 1978). The 
experiments have established the direction toward which tl 
local ISM moves as within about fifteen degrees of a = 72 
8 = +15°, and have determined the bulk speed of the distai 
gas to be within a few kms~+ of 20, but the temperature ar 
number density of the gas are more uncertain. 

There has been a substantial theoretical difficulty with tl 
models used to interpret the data from these experiments. Mo 
observers of helium have performed model-fitting using a mod 
which is strictly valid only if the thermal speeds of individu 
atoms are very small compared to bulk speed of the distant ga 
At a temperature of 10*°K, roughly the mid-point of tl 
range discussed in the references cited, the actual helium therm 
speed is 4.6 kms~?, whereas the bulk speed Vg seems to | 
about 20 kms~1+, as discussed above. There is therefore roo 
for doubt about the applicability of the low-temperature mode 
and the accuracy of conclusions derived by using them, as v 
have discussed at length elsewhere (Freeman and Paresce, 197$ 
Models valid at higher temperatures are analytically complicate 
and require large amounts of computer time to evaluate. In tl 
present work, we use the high-temperature model of Freemz 
and Paresce (1979) to interpret data obtained with a 584 
photometer, equipped with a helium gas resonance absorptic 
cell, during the 1975 Apollo-Soyuz Test Project. 


II. Instrumentation 


Complete details of the construction and calibration of tl 
Apollo-Soyuz helium 584 A photometer have been publishe 
elsewhere (Bowyer et al., 1977). In brief, the instrument co: 
tained a channel electron multiplier (CEM) whose optical ax 
traversed a gas cell 10cm long. The cell was sealed by met 
foil EUV filters, one tin and one aluminum, each approximate 
1200 A thick. The cell was alternately filled with helium at 
pressure of 1.4 Torr for a period of approximately 2.5 
and then vented to space for an equal interval. The heliu 
column density within the filled cell was 4.9 1017 atoms cm7 
The helium column absorbed more than 99% over a bar 
about 40 mA full width, centered on the 584A line. Th 
absorption feature was sufficiently broad to absorb solar 584 
flux scattered by neutral helium in the Earth’s upper atm: 
sphere, even at several times the nominal (Jacchia, 197 
exospheric temperature of 10° °K, and even when that scatters 
flux was Doppler-shifted by the entire 8 km s~? orbital spec 
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the spacecraft. The absorption feature did not in general 
jletely absorb the 584A line scattered from helium in 
nearby ISM, as we discuss further in Sects. III and IV 
rein. 

When the cell was vented, the partial pressure of helium 
thin it was calculated to fall to less than 10~-° Torr ina few 
iths of a second, which corresponds to a helium column 
asity not exceeding 310% atomscm~-?. At this density 
: absorption feature would have had a full width at half 
ximum of 2 mA and a maximum absorption, at line center, 

12% of the incident flux. Such an absorption feature is 
frrow compared with the calculated profiles of the solar 
4 A line scattered from the local ISM. Hence absorption 
ised by the vented gas cell was negligible. 

An end-to-end photometric calibration of the instrument 
s performed before flight, using emission lines of hydrogen, 
ium, neon, and argon at wavelengths of 200 to 2000 A. 
3S-calibrated Al,O3; photodiodes and gas proportional 
unters were used as reference standards. With gas cell vented, 
. instrument sensitivity to diffuse 584 A flux was 18 + 3.6 
ints s~+ rayleigh~*. The product of CEM quantum efficiency 
d metal foil filter transmissions was 4 10~°, and the field of 
W was approximately 14 degrees in diameter. In the labora- 
y, the instrument exhibited a dark count rate of less than 

count s~*. A comparable count rate was obtained in flight 
th the instrument door closed. 

At the end of each 0.1-s interval, the instrument telemetered 
» number of counts detected by the CEM during that interval. 
e instrument also telemetered gas cell pressure and tempera- 
e at 0.1-s intervals. 


. Data 


e Apollo spacecraft carrying our instrument was launched 
July, 1975, into a near-circular orbit at 220 km altitude. The 
dital plane was inclined at 55° to the celestial equator, and 
proximately contained the Earth-Sun line. Data were taken 
various times during the mission while the spacecraft was 
neuvered so that the instrument field of view surveyed much 
the celestial sphere. The instrument was also operated at 
rer times to acquire additional data from random lines of 
ht. The instrument was not operated during or immediately 
er purges of gas or liquid from the spacecraft, or when the 
ction control system rocket motors nearest the instrument 
re activated. Approximately ten hours of data were obtained. 
\SA provided detailed spacecraft aspect and trajectory infor- 
ition for this time period. 

Inspection of the data revealed that the observed count rates 
re 100-1000. times as large when the Sun was above the 
rizon as when it was below the horizon. We ascribe these 
th daytime count rates to scattering of solar EUV radiation 
mm residual atmosphere at and above the spacecraft orbit, 
d have discussed the matter in detail elsewhere (Freeman et 
, 1978). To make certain that our conclusions about flux 
ittered from the local ISM were not affected by this daytime 
liation, we restricted the present analysis to data taken when 
: Sun was at least 30° below the horizon. Since the Earth’s 
ib is depressed 15° below the horizontal when viewed from 
) km altitude, this constraint corresponded to a solar zenith 
gle of at least 135°. To minimize the effect on our analysis of 
ors in calculating absorption of 584 A flux by the atmosphere 


above 220 km, we chose to analyze only those data for which 
the zenith angle of the line of sight (LOS) was less than 60°. 
Finally, we excluded from analysis data taken when the space- 
craft was in the South Atlantic Anomaly. After these three 
constraints were imposed, 53 min of data remained for study. 

While these data were being collected, the LOS scanned the 
sky at a rate of at most 0.5°s~1. We therefore deemed it 
appropriate to bin the data into 30-s intervals, corresponding 
to the time necessary for the LOS to traverse at most one field 
width. During each such interval we separately treated data 
taken when the gas absorption cell was full and empty, and 
ignored data taken while the cell pressure was changing. In 
order to eliminate spikes of extraneous noise and telemetry 
dropouts from the data, we subjected each 30-s bin of 0.1-s 
data samples to a filtering process in which the mean and 
standard deviation of each 30-s set of samples was calculated, 
and then all samples more than three standard deviations away 
from the mean were discarded. The process was repeated 
until no more samples were discarded. The amount of data 
thereby eliminated was less than five per cent and was consistent 
with Poisson statistics. The resulting count rates for the various 
bins ranged between 2 and 60 cs~1. The standard deviations 
obtained from the statistics of the individual 0.1-s data samples 
were consistent with those expected from Poisson statistics, and 
were generally in the range 0.5-1.5 c s~?. 

We corrected the observed count rates for atmospheric 
absorption of 584 A flux along the lines of sight by using the 
atmospheric models of Jacchia (1971). The solar activity para- 
meters required as inputs to the models were taken from Lincoln 
(1975). We used the 584 A absorption cross-sections of Hall 
et al. (1965) for Nz, O, and O2. Our calculations were based on 
the spacecraft position and LOS orientation at the mid-point of 
each bin. The effect of these corrections was to increase the 
observed flux levels by 10 to 30%. We have not included in our 
stated errors the effect of any errors in the Jacchia models or the 
584 A absorption cross-sections of Nz, O, and Oz. 

It was also necessary to allow for resonant absorption of 
584A flux by the 1-2 104 atomscm~? (Jacchia 1971) of 
atmospheric helium remaining above the spacecraft. This 
correction is model-dependent for it depends on the spectral 
profile of the 584 A line scattered from the ISM helium. There- 
fore, we chose to incorporate this correction into the models 
used for predicting the scattered lines, which we shall describe 
in the next section. 

We investigated the possibility of other terrestrial 
phenomena affecting the data by correlating the binned, 
absorption-corrected data with LOS zenith angle, solar zenith 
angle, LOS-Sun angle, local strength of the geomagnetic field, 
magnetic latitude, and component of spacecraft velocity along 
the LOS. The only correlation we found was with magnetic 
latitude. In Fig. 1 we show cell-empty count rates plotted 
against magnetic latitude. There is a pronounced increase in 
count rate south of magnetic latitude — 50°, and a noticeable 
peak within 10° of the magnetic equator. These increased 
count rates may be due to localized airglow, partiale precipita- 
tion, or some other cause. We decided to restrict the data under 
analysis further, by excluding data taken south of magnetic 
latitude — 50° or within 10° of the magnetic equator. After this 
additional exclusion there remained 42 min of data. In Fig. 2 
we depict by hatching the portions of the sky viewed while 
these data were gathered. 
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COUNT RATE (COUNTS -S”!) 


GEOMAGNETIC LATITUDE 


Fig. 1. Observed cell-empty count rate, corrected for atmo- 
spheric absorption, as a function of magnetic latitude. Repre- 
sentative error bars are shown 


The possibility remained that the data selected for analysis 
still contained weaker background sources. The minimum 
count rate observed in our restricted data set was approxi- 
mately 2.5cs~1, observed with gas cell full, and it occurred 
at times when our theoretical ISM models predicted cell-full 
count rates of 10~? to 1 cs~+. Therefore, we believe that this 
2.5 s~1 was in fact background. 

We note in passing that these very low predicted count rates 
were predicted only for the filled gas cell. The corresponding 
cell-empty count rates were generally 15-25 cs~1. That is, the 
low count rates were not caused by unusually low scattering 
of 584 A photons along these particular lines of sight, but by 
the fact that for these particular combinations of line of sight 
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Fig. 2. The celestial sphere, indicating by hatching the portions 
surveyed by the Apollo-Soyuz helium 584 A photometer while 
gathering the 42 min of data analyzed herein 


1972), geocoronal helium 584 ve radiation (Freeman et al., a 
and the unknown source which caused our high count raj 


background of 2.5cs7?. The effect on the eeouer of ra 
results of possible deviations from this assumption will | | 
discussed in Sect. V. i 

We encountered an additional uncertainty in reducing | t| 
data. As discussed by Schmidtke (1976), the total solar 584| 
flux may vary from day to day by as much as thirty per cey| 
The 42 min of Apollo-Soyuz data we have selected for analy 
are composed of eight separate intervals, 1-10 min long, s spac 
1 to 24 h apart. To allow for possible solar 584 A flux vari : 
tions from interval to interval, we decided to allow the assumé¢ 
value of the flux to vary, from interval to interval, whi 
searching for model fits. 


IV. Modeling of Photometry of the Local ISM 


A general formalism describing radiation resonantly scattere 
from hydrogen and helium in the local ISM, in the approxim 
tion that thermal speeds of individual atoms are small compare 
to the bulk speed of the gas as a whole, is well established (e. 
Freeman et al., 1976 and references therein). We have recent 
described (Freeman and Paresce, 1979) a revised model whic 
does not require the approximation of small thermal speed 
We used for the phase-space number density an analyt 
expression due to Danby and Camm (1957), which is valid eve 
for high temperatures of the distant ISM. We showed that whe 
observing 584 A scattering from helium located near the upwir 
symmetry axis of the motion of the ISM with respect to tl 
Sun, the predictions of our high-temperature model agree wit 
those of previous, low-temperature models. Far from the upwir 
axis, the predictions of the two kinds of models differ by : 
much as 30%. The present data involve observations of heliw 
not only near the upwind axis (a = 252°, 6 = —15°, as given t 
Weller and Meier, 1974) but also more than 90° from the upwir 
axis. Therefore, we chose to use our high-temperature mod 
for the present analysis, the more to be certain that our co. 
clusions take proper account of the effects of gas temperatur 
As we discuss below, the model predictions did in fact sho 
but little dependence on temperature. But if we had not chose 
to use the high-temperature model, we would be forced to re 
solely on indirect arguments that no temperature effects we: 
present. 

Meier (1977) has developed a similar high-temperatu: 
model. Fahr (1971), Fahr and Lay (1972), and Fahr et al. (197 
also have developed high-temperature models, but of differe: 
analytical form. 


e predictions of this type of model depend on fifteen 
sical parameters, in addition to the gas absorption cell 
nsmission profile. The parameters describe the bulk speed 
Xgl), temperature 7, helium spatial number-density ny. and 
rection of motion of the distant gas, the position and LOS of 
\§e observer, the component of the observer’s velocity along 
e LOS, the total flux 7Fo of the (assumed gaussian) solar 
ail4 A line as measured at 1 AU from the Sun, the FWHM AA 
® that line, the rate By at which neutral helium at 1 AU from 
pm the Sun is ionized by solar radiation at wavelengths less 
an 504 A, and the ratio ». between the pressure of sunlight 
‘pi@yid the force of solar gravity on a neutral helium atom. 

One subroutine of our model program convolved the pre- 


bservations discussed herein were from 0.01 to 0.7 of the 
orresponding cell-empty fluxes. 

‘SW For the modeling used in the present work, we assumed that 
dhe local ISM flows toward the direction « = 72°, 8 = +15°, 


al ISM with gas absorption cells have placed limits on the 
as bulk speed Vz. Bertaux et al. (1976), observing hydrogen, 


88 and 21 kms~+. Freeman et al. (1976), observing helium, 
ound a lower limit of 10-15 km s~?. Adams and Frisch (1977) 
jave used Copernicus high-resolution spectrometer scans of 
yman-alpha background to measure the speed of Doppler 
hift, and found about 22 kms~?. We therefore chose Vz; = 
20 km s~* for our modeling. 
Weller and Meier (1974) and Meier (1977) used A A= 
«.12 A and B = 6.8 10-® s~?. Delaboudiniére and Crifo (1975) 
summarize recent work indicating that Ad is between 0.11 and 
0.15 A. Banks and Kockarts (1973) indicate that By = (8.0 + 
24.0) 10-® s~*. We selected AA = 0.12 A and By = 6.8 10-® s~} 
the present work. We chose p» = 0, as indicated by Fahr 
1974), and we used values for the observer’s position, velocity 
and LOS appropriate to the mid-points of the various data bins. 
There is much uncertainty in the correct value of nye, and 
was we have indicated, 7F) may vary substantially on a short 
“time-scale. However, both of these quantities appear in the 
model predictions only as overall linear factors. Therefore, it 
is not necessary to justify the values used in the initial modeling, 
i) because the model predictions need only be scaled appropriately 
at a later stage in the analysis. We selected the numerically 
} convenient values my. = 0.01 ne eand who 0" Cras? § 2 
for inputs to our computer program. 
__ The work of Paresce et al. (1974), Weller and Meier (1974), 
| Bertaux et al. (1976), and Cazes and Emerich (1977) suggests 
| that 7 is within a factor of two or so of 10* °K. Therefore, we 
| evaluated our model for values of 5000, 10,000 and 20,000 °K. 
| Finally, we corrected each 584 A line profile predicted by 
| the model for resonant absorption by atmospheric helium 
above the spacecraft, using the detailed atmospheric model of 
Jacchia (1971), with model parameters appropriate to the 
conditions of flight. The effect of this helium was to impose on 
the scattered lines an absorption feature typically 12 mA 
FWHM, which absorbed more than 99% of incident flux over a 
_ typical bandwidth of 10 mA. The feature was Doppler-shifted 
‘by the relative motion of the spacecraft to the atmosphere, but 
_ it was always contained within the absorption band produced 
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by the filled helium gas absorption cell, and therefore could 
not alter the model predictions for cell-full flux. 

For each set of physical parameters discussed above, we 
calculated a cell-full and cell-empty model prediction for each 
30-s data bin. We used the values of line of sight direction, and 
of spacecraft position and velocity, that obtained at the mid- 
point of the bin. 

The model predictions for the data discussed here were 
relatively insensitive to temperature. Typically, they varied by 
less than 10% as T was raised from 5000 to 20,000 °K. 

It is difficult to describe concisely the effects of possible 
errors in those model features which affect the predictions in a 
complicated manner. But for example, small departures of the 
solar line profile from a gaussian shape do not appear likely 
to affect the predicted cell-full and cell-empty fluxes substan- 
tially. Errors of a factor of two in the absorption due to 
atmospheric helium, calculated from the Jacchia (1971) model, 
alter the quality of fit of model to data, but do not alter the 
derived local interstellar helium density by more than 25%. 


V. Comparison of Data and Model Predictions 


We proceeded with the fitting of the data to the model predic- 
tions. First, we subtracted 2.5cs~+ from each data point to 
correct for the assumed background rate. Second, we converted 
the resulting count rates to rayleighs of flux by dividing by the 
instrument 584 A sensitivity of 18 c s>1 rayleigh~?. Finally, for 
each discrete interval of data collection, we determined the 
appropriate factor by which the nominal product ny.m7Fo must 
be multiplied to best fit (minimum chi-square) the envelope of 
predictions to the observed fluxes. Hereafter this quantity 
is referred to as the scale factor. The observed fluxes, with 
nominal 2.5 cs~! background removed, and the scaled model 
predictions, are displayed in Figs. 3 and 4, which display the 
eight distinct intervals of data collection which we have 
discussed. The envelopes of the model predictions are indicated 
by shading, with the cell-empty predictions being the upper 
shaded area, and the cell-full predictions the lower one, in each 
case. Circles, with representative error bars, depict the observed 
fluxes. The error bars do not reflect calibration errors of the 
instrument, since these presumably result only in a constant, 
proportional correction to the nominal instrument sensitivity 
which will automatically be factored out in determining the 
scale factor in the modeling. We include the effect of such 
calibration errors where appropriate in further analysis. 
The specific scale factor used for each interval is displayed 
below each plot. It is the factor by which the baseline model 
predictions must be multiplied to reconcile them with the data. 
Thus a scale factor of 1.50 means that the product ny.7Fo 
actually present was 150% of that assumed by the model. The 
variations in scale factor are easily accounted for by our 
observational errors and by variations in background and 
solar flux. The scale factors vary from 1.42 to 1.95. The scale 
factor used in each figure is the average of the three separate 
scale factors obtained for best fits of the data to the model 
predictions for the three temperatures used. Within each figure, 
the same scale factor was of course used for both cell-full and 
cell-empty predictions. Each separate scale factor was derived 
by minimizing the chi-square statistic for the fit in question. 
We have scaled the predictions in the figures using the average _ 
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Figs. 3 and 4. Reduced observed fluxes and model predictions for the eight discrete intervals of data collection. Open circles 
cell-empty fluxes. Solid circles = cell-full fluxes. Representative error bars are shown. Shaded area = envelope of model pred 
tions as temperature varies from 5000 to 20,000 °K. Cell-empty predictions are the upper shaded area, in each case. The mo 
predictions have been adjusted so that the product nye7Fy = A 10-7 photons cm~* s~1, where the value of A is displayed at t 
bottom of each panel. All fluxes are in rayleighs, and each data point represents one 30-s bin. The horizontal scales are time, 
arbitrary units. The nominal assumed background, 2.5 c s~+, that was discussed in the text, has been subtracted from the observ 
count rates before plotting, but the Poisson error of the total number of counts in the bin, including the presumed backgrour 


was used for the error bars 


scale factor, rather than using for each prediction the specific 
scale factor which minimizes its own chi-square, in order to 
display the variations in predictions with temperature more 
clearly. 

Chi-square per degree of freedom ranges from 1.4 to 10, 
indicating that the quality of fit is acceptable for some segments 
of the data. Spatial variations in the background may have 
been responsible for the poorer fits. For example, a 3cs~1 
variation in the background would decrease chi-square by a 
factor of two. Since we have seen that such a background varia- 
tion is in fact likely, we conclude that the models describe the 
data reasonably well. 

The average scale factor for the eight distinct intervals of 
data collection is 1.78 + 0.16. Thus, if our model predictions 
are to agree, on the average, with the reduced observations, we 
must adjust the values of ny, and Fo so that their product is 
1.78 10” photons cm~® s7}?. 

There has been much discussion of the correct value of the 
solar 584 A flux wFo. Hall and Hinteregger (1970) reported 
mF = (8.9 + 1.8) 10° photons cm~? s~1 and Hinteregger (1976) 
has recently revised this value upward by 30-60%. Rusch et al. 
(1976) have tabulated Atmospheric Explorer C observations 
for 1974 June 8, showing 7Fy = (15.5 + 4.7) 108 photons cm ~2 
s~*. Maloy et al. (1975), observing on 1974 November 27, 
found Fo = (26 + 3) 108 photons cm~2s~1, and have later 
(Carlson, 1976) revised the uncertainty to 30%. Heroux and 
Higgins (1977) reported values of 7F) between 13 and 15 10° 
photons cm~?s~1, on five separate occasions from 1971 to 
1976. To encompass these diverse results, we adopt 7Fo = 


(20 + 10) 10° photons cm~2s~1 as an appropriate avera 
value for the remainder of this discussion. 

Since our data indicate the product nyewFo is 1.78 1 
photons cm~°s~1, we conclude that nye = (8.9 + 4.9) 10 
cm~%. The error given is the root sum square of the err 
assumed in 7Fo, the calibration error of the instrument, ai 
the standard deviation calculated in averaging the scale facto 


VI. Discussion and Conclusions 


The data and analysis generally support most recent conclusio 
about local ISM parameters derived from observations 
resonantly scattered solar EUV flux. The fact that our moc 
fits were obtained with values of the ISM parameters genera 
similar to those recently used by other authors is significa 
in that most previous analysis of helium 584 A observatio 
has been by means of a model strictly valid only for very l¢ 
ISM temperatures. Since the model used in our analysis dc 
not possess this restriction, the broad agreement of our rest 
with preceding low-temperature analyses reduces the possibil 
that the previously obtained fits of a low-temperature moc 
to a high-temperature gas may have been in some way specio 
or misleading. However, it should be noted that our data a 
primarily concerned with observations on the upwind side 
the Sun where effects of gas thermal motion are small. 
Paresce et al. (1973a,b, 1974) obtained ny. = 0.032 cm 
Weller and Meier (1974) obtained values for nye within t 
range 0.009-0.024cm~%. These results depended on t 
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med value of 7F, (as ours does), and the authors in 
estion used values of that quantity approximately half the 
e have chosen. Their value would be reduced by a 

lor of two if they had used our value for 7Fp. Freeman et al. 
177) concluded nye < (0.004 + 0.0022) cm-* on the basis 
observations made during the Apollo-Soyuz mission, with a 
ferent instrument, using Fo = 20 10° photons cm~? s~?, but 
ing a much smaller data set than that used in the present work. 
ihr et al. (1977) reported ny. between 0.0035 and 0.01 cm~-°, 
30 using Fo = 20 108 photons cm~?s~}. Ajello (1978) re- 
rted ny. = 0.008 + 0.003 cm~%, on the basis of Mariner 10 
yservations. 

Given the nominal 0.085 relative cosmic abundance of 
‘ium atoms to hydrogen atoms (Allen, 1973), our value for 
« implies a number density my of neutral hydrogen of 
10 + 0.06cm~*. It is of interest to compare this value, 
plicable to the nearby ISM, with hydrogen number densities 
rmined from column density measurements within a few 
ms of parsecs. In Table 1 we list the current available data 
+t of column densities obtained from stars within 30 pc of the 
un, which includes 8 values consistent with column-averaged 
x at or below 0.05 cm~%. In particular, Evans et al. (1975) 
bserved « CMi, at a distance of only 3.5 pc, and found ny 
‘etween 0.015 and 0.03 cm~%. Furthermore, both Dupree et al. 
1977) and McClintock et al. (1978) observed « Aur, at a dis- 
ance of 14 pc, and found ny from 0.02 to 0.05 cm~°. 

The preceding discussion suggests some possible conclusions 
ibout the structure and nature of the ISM near the Sun. McKee 
ind Ostriker (1977) have recently developed a multiphase ISM 
nodel which explains the 10°-10°°K ISM _ temperatures 
nferred from interstellar O v1 absorption lines (York, 1974; 
lenkins and Meloy, 1974), but which also allows for the pres- 
nce of substantial volumes of partially ionized gas at 
emperatures near 8000°K, with neutral hydrogen number 
lensity near 0.09 cm~*. This gas is produced by heating and 
onization of small, cold interstellar clouds which are embedded 
n the hot supernova remnants. Our results could be explained 
f the solar system lay within such a volume of gas. If so, then 
jomewhere within a few pc of the Sun, on may find the cloud’s 


Table 1 
Star Distance my(cm~*) Reference for 

(pe) Column Density of H1 
«Cen 1.34 0.15-0.25 Dupree et al. (1977) 
« Cen 1.34 0.10-0.20 McClintock et al. (1978) 
: Eri 3.3. 0.10—0.16 McClintock et al. (1978) 
- Ind 3.4 ~0.1 McClintock et al. (1978) 
x CMi 3.5 0.015-0.030 Evans et al. (1975) 
¢ CMi 35 0.09-0.13 McClintock et al. (1978) 
3Gem_ 10.7 0.02-0.15 McClintock et al. (1978) 
« Boo 11.1 0.02-0.15 McClintock et al. (1978) 
xAur 14.0 0.02-0.04 Dupree et al. (1977) 
x Aur 14.0 0.04-0.05 McClintock et al. (1978) 
¢Tau 20.8 0.02-0.15 McClintock et al. (1978) 
rLeo 22.0 ~ 0.02 Rogerson et al. (1973) 
‘And 26.0 0.03-0.08 Baliunas and Dupree (1979) 
* Eri 28.0 ~ 0.07 Rogerson et al. (1973) 
xGru 29.0 0.09-0.18 York (1976) 


cold core, with T = 50-100 °K, ny = 10-100 cm~°, and radius 
0.5-10 pe (McKee and Ostriker, 1977). In view of the small 
number of measured hydrogen column densities to nearby 
stars, it seems possible that a small cold cloud could have 
escaped detection even so close to the Sun as a few pc. Vidal- 
Madjar et al. (1978) have used diverse data and different 
theoretical arguments to conclude that such a cloud closely 
adjoins the solar system in the direction of Scorpius-Ophiuchus, 
although their arguments have been disputed (McClintock 
et al., 1978). 

The clouds in the McKee-Ostriker theory are immersed in 
a network of old supernova remnants, some of which may have 
been reheated by more recent supernovae. Supernovae induce 
substantial long-lived bulk motions of interstellar material 
radially outward from their positions (Chevalier, 1977 and 
references therein). On allowing for the motion of the Sun, the 
ISM approaches from a position within the Scorpius-Centaurus 
association of early main sequence stars (Weller and Meier, 
1974, 1976) an association which might reasonably be expected 
to have produced several supernovae earlier in its lifetime. The 
strong O vi absorptions to several stars in the Sco-Cen associa- 
tion, reported by Jenkins (1978), may support the hypothesis 
of a nearby old supernovae remnant. 

Whatever the result of these conjectures, it is clear that 
observations of interstellar gas passing through the solar 
system can provide valuable insight into the structure and 
properties of the interstellar medium out to tens of parsecs 
from the Sun. 
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ummary. Energy requirements associated with the flow of 
Jasma along magnetic arches threading the corona are 
«plored in this paper. The maintenance of flow due to pressure 
ifferences between the ends relies on continued evaporation 
t one foot in response to conduction of heat from the corona. 
. study of heat-flow against the plasma stream provides 
uantitative information on the thickness of the chromosphere- 
srona transition region. 

_ This examination extends to arches composed of sheared 
lagnetic flux. The maintenance of dense current-sheets within 
we corona is necessary in this case if the relaxation of the 
ructures is not to proceed rapidly with considerable release 
f energy. Thus, the supply of material through the transition 
one must normally be sufficient to maintain balance in the 
ieets. This requirement cannot be met under certain extreme 
Inditions, and it is suggested that various brightenings ‘of 
-ray Bright Points and other Emerging Flux Regions might 
e due to “thermal” events produced at this stage. It is also 
ossible that flares are triggered by the sequence, though the 
roduction of non-thermal particles is beyond the scope of 
lis study. 


ey words: solar corona — magnetohydrodynamics — transi- 
on zone — solar flares — X-ray radiation (solar) 


, Introduction 


nergy required to heat the solar corona is derived from 
eneath the photosphere, though it is commonly assumed that 
i¢ dominant transport and conversion process effective during 
aring differs from those during “‘quiet” periods. It is clear 
om various energy-density considerations that the magnetic 
eld of the region plays a vital role in flaring. Although direct 
bservational evidence is difficult to obtain, it is thought that 
ere is sudden relaxation from a sheared configuration built 
» slowly prior to the event. What is still not clear is the extent 
») which the relaxation during flaring involves reconnection of 
sid lines between neighbouring anti-parallel magnetic arches 
deyvaerts et al., 1977) as opposed to relaxation of shear 
ithin individual flux tubes (Spicer, 1976). The former case 
ould be regarded the more likely if energy release could be 
1own to occur only where large-scale anti-parallel magnetic 
elds existed, but certain Skylab observations (Vorpahl, 1976) 
»pear to show activity within individual arches. Studies of 
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X-ray Bright Points (Golub et al., 1974) should provide 
valuable information to resolve this question, since these 
appear to be relatively simple bipolar magnetic regions which 
sometimes brighten very rapidly following a quiescent state 
lasting hours. This bright phase appears to herald complete 
decay of emission from the region (Nolte et al., 1979). 

Although it is usual to invoke acoustic or MHD waves to 
heat the corona during non-flare periods, it has been shown by 
various authors (Tucker, 1973; Glencross, 1975; Rosner et al., 
1978) that the relaxation of the embedded magnetic field will 
contribute to this if the structure is sheared. This latter factor 
is relevant to studies of emerging magnetic flux in active regions 
and at X-ray Bright Points, since these regions are bound to be 
highly distributed. An attractive feature is that the rapid 
relaxation of shear under exceptional circumstances could 
account for flare-like brightenings at Bright Points. The energy 
balance within a magnetic arch forming part of an emerging 
flux region is examined here to determine how such a brightening 
might come about. The novel feature of the study is that flow of 
material around the arch and evaporation from the chromo- 
sphere are taken into account. By doing this it is possible to 
explain a number of observed features. The dependence of the 
thickness of the chromosphere-corona transition zone is one 
such feature, and the downflow of material into sunspots is 
also explained. 

It is stressed that the brightenings discussed in Sect. 5 are 
regarded as “thermal” events, rather than true flares which 
are characterized by the acceleration of particles to high 
energies. However, there is no evidence that energetic particles 
are produced in a large proportion of subflares, and it is still 
possible that more violent changes are triggered by the process 
described here (see Spicer, 1976). 


2. Sheared Flux Tubes 


Magnetic flux tubes emerging through the solar surface are 
liable to be highly sheared as a result of interaction with 
turbulent sub-photospheric medium. Parker (1972) shows that 
no equilibrium configuration exists unless the flux lines 
composing a tube are twisted uniformly about the central axis, 
so there will be relaxation towards this state during expansion 
of the field into the solar atmosphere. It is also seen from that 
analysis that any inhomogeneity extends the full length of the 
flux tube. Discontinuities in the magnetic flux distribution might 
be associated with “braiding” (bunches of twisted field lines 
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become wrapped around similar structures), or with cylindric- 
ally symmetric variations in pitch angles of flux lines. Although 
these sub-structures merge with their neighbours during the 
relaxation of the flux tube, the speed at which this occurs is 
restricted by the sheets of material depicted in Fig. 1. Taking 
the case of two neighbouring braids, and denoting the magnetic 
flux density by B in the sheet, and by the slightly higher value 
(B + b) elsewhere, pressure balance is maintained when that of 
the material at the sheet is Bb/uo. (The pressure of material is 
assumed to be small compared with the magnetic pressure 
elsewhere in the tube.) The electron number density at the 
sheet is then 


n = Bb/(2uokT), 


where k is the Boltzmann constant and T is the appropriate 
temperature. Taking the line-of-sight path through a flux tube 
to have length D, sheets of total thickness (19/m)?D provide the 
same radiated flux as a uniform distribution of material having 
number density 7. Glencross (1975) determined conditions ina 
sheet when B=1.510-% Tesla and b= 0.1510-* Tesla 


} (a) 
g (b) 


Fig. 1. Shearing of flux tubes is illustrated schematically here. 
Two twisted braids appear in a and these are shown as two 
semicircles separated by a shaded sheet in the cross-section. If 
the field lines are twisted in the same sense for the two braids, 
antiparallel components meet at the sheet. Some merging of 
flux has already occurred to produce the surrounding envelope 
by the stage shown in the cross-section. Diagram b shows a 
radial variation in twist of the field. Discrete changes are shown 
here in order to show where current sheets (shaded) are located, 
but a more gradual distribution is normally expected 


(15 Gauss and 1.5 Gauss respectively). A particle n 
density of 101° m~® corresponds to a temperature of 10° © 
this case. : 3 

It is envisaged that a whole spectrum of discontinuitie: 
spread throughout the magnetic field of an emerging flux syst 
so that sheets of material of various densities exist there. 
extreme density might correspond to the case B = 0.05 te 
and 6 = 2.10-° Tesla, so that the localized magnetic ene 
density variation is about 8% of the mean. This means t 
the electron number density in such a sheet is 1078 m~* wh 
the coronal temperature is 3 10° °K. Such dense sheets hav 
a combined thickness of only 100 m in a line of sight throt 
a flux tube of diameter 1000 km contribute the same phoi 
flux as a uniform distribution having mp) = 10'*m-°%. [T 
““average”’ is in keeping with observations (Solodyna et 
1979).] 

The choice of a temperature in excess of 10° K in discussi 
of these sheets (Tucker, 1973; Rosner et al., 1978) is justi 
on observational grounds, but Glencross (1975) points out t 
the scale height of this material has to have the correspond 
value if the rapid relaxation of fields is to be suppressed o 
the whole length of a coronal arch. Where this conditior 
not met initially, the energy released from the field soon p 
duces it. Various authors (Glencross, 1975; Rosner et al., 19 
have argued that the relaxation of the field can supply 
energy needed to maintain these sheets at this high temperat 
for considerable periods, but it seems highly likely that MI 
waves passing along the flux tube also provide a major con 
bution to the heating. Not only will the flux of waves and 
mean field intensity be high where magnetic flux emer 
through the photosphere, but the sheets represent inhon 
geneities in the magnetic field at which dissipation of wa 
occurs (Wentzel, 1976). 

The main concern in this paper is to illustrate that she 
must be considered where explanations are sought for vari 
observed features. Although it is important to know the relat 
effectiveness of wave- and current-heating of the corona. 
is sufficient to recognize for this discussion that the lat 
source alone is adequate to maintain sheets for signific: 
periods (Glencross, 1975). As a basis for further discussion, 
re-examine the simple case where resistive dissipation wit! 
a sheet balance heat loss through radiation and conducti 
(Rosner et al., 1978). This means that 


Pla ~ n2-f(T) + C 


where f(T) is the power loss function given by McWhirter et 
(1975), o is the electrical conductivity, J is the current densi 
and C is the net energy loss per unit cross-section due 
conduction. The thickness d of the sheet at this particu 
cross-section through the flux tube is then obtained from » 
gradient of the azimuthal component of the magnetic fi 
associated with such a current density, namely 


d ~ 2(2Bb)!?/(uoJ) = 4(nkT |o)*!?/J. : 


Consider initially the case where the thermal conducti 
is negligible, and the electrical conductivity has the classi 
value ao, ~ 510~-* T?/? mho/m (Spitzer, 1962). Taking T 
3 10° °K gives J ~ 3 10-15” amp/m? and d ~ 10!°n-1/?2 m. T 
view taken in this paper is that these values (typically J 
300 amp/m? and d~ 30m where n ~ 10!7m~§) are r 
generally representative of conditions in the corona becat 
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er to provide any heat to be conducted from the region. 
sma turbulence would then develop wherever the current 
isity exceeded Jr ~ ne(kT/m,)!? ~ 25 10-°n amp/m?. 
tker (1973) and Rosner et al. (1978) consider that these 
lhly resistive conditions are normal in sheets in order to 
\lain how relatively few of these structures within a magnetic 
figuration provide heating for the rest of the active region. 
this paper, we regard the development of turbulent condi- 
ns to be unusual however, because the bulk of material lies 
thin numerous sheets distributed throughout the highly 
\turbed field of the emerging flux region. Since a local heating 
tchanism (resistive effects or MHD waves) is invoked for 
tse sheets, the conduction of heat between the structures is 
garded to be unimportant. 

_An important feature to note is ‘that the flux of MHD 
ives will be great in a highly disturbed emerging region, where- 
the sheets cause rapid dissipation (Wentzel, 1976) to heat the 
aterial. The resistive effects discussed earlier are bound to be 
pplemented — or even dominated — by wave heating during the 
owth of magnetic regions, which means that the current- 
nsity J could be far lower, and the sheet thickness higher, 
an the values estimated earlier. This means that the diffusion 
ne constant of the field, which was nearly 1 h for the purely- 
sistive case considered earlier, will also be increased: such a 
ng period is required to explain relatively slow changes in 
lission from active regions. 

Various interchange instabilities are normally expected to 
ntribute to the relaxation of shear (see Priest, 1978), but a 
pid flow of material along sheets provides a stabilizing role 
reinforce that due to twisting of fields (Rosenbluth, 1960). 
ich a flow is regarded as a common feature in this study, and 
e factors involved in sustaining it are explored in the next 
ction. The broadening of sheets due to wave heating also 
counts for a reduction in the effectiveness of instabilities. 


Flow of Plasma along a Flux Tube 


pward motion of material into a coronal arch occurs during 
e expansion of the structure in order to “fill” the region 
th plasma, but flow can also occur within a static flux tube. 
iis is because the pressure distribution of material will not 
identical along both legs. A particular case is that of an 
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g. 2. Flow of material along a magnetic flux tube occurs 
om high to low magnetic intensity. A throttle restricts flow 
the pressure difference between the feet is sufficiently high 
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arch spanning from a cool sunspot to a plage (Fig. 2). Taking P 
to be the pressure of the medium at some level beneath the 
solar surface where the magnetic flux density is B, and using 
s and p as subscripts to denote sunspot and plage, 


(P, + Be /2p0) = (Pp + Bp/2p0) 


since pressure balance applies at each level beneath the photo- 
sphere. Sunspots are regions having exceptionally high magnetic 
intensities so P,; < P,: flow of material therefore occurs into 
the sunspot along the pressure gradient parallel to field lines. 

The general problem of fluid flow along a duct is discussed 
by Shapiro (1953). He describes how allowance can be made 
for frictional forces, heat input along the path, and changes in 
specific heat. A simpler approach is taken here by examining 
flow along a frictionless tube where the change of temperature 
T with position is considered to be known from observations. 
This step is then followed by an examination of the distribution 
of heat-input required to maintain this temperature distribution. 

The change in particle number density n with distance x 
along a frictionless flux tube from one foot of an arch can be 
found for a neutral gas by combining the momentum equation 

dv ss 


ee Ty = Le 
nm =. = <* (nkT) am = 


with the corresponding flux continuity equations 
F = nAv = constant. 


(Symbols not defined earlier are the mass of the particle m and 
the drift velocity v. A is the variable cross-sectional area of the 
tube, and F is the total flux of particles. ¢ is the gravitational 
potential and k is the Boltzmann constant.) Considering the 
previous pair of expressions, 


n kT dx 


5 ila a MR CL Hs 
where W/2 is the kinetic energy associated with the drift 
motion of each particle of gas. This same expression relates 
the temperature and density gradients of the ionized hydrogen 
in the corona to the flow velocity if the quantities W = 
(m,v2 + mv?)/2 and m = (m. + m,)/2 are used, where the 
subscripts denote electrons and ions. Carlqvist (1966) used the 
same expression to examine the flow of electrons and ions in 
opposing directions when a current flows through the corona, 
but the drift of these oppositely charged particles in the same 
direction along a pressure gradient is regarded as the dominant 
motion in the present study. 

Meyer and Schmidt (1968) have applied expression, (A) to 
the flow of neutral gas along low lying arches in which the 
temperature of the medium remains 5000 °K. They point out 
that the flux of material does not increase indefinitely with the 
pressure different between the feet of the arch because the 
transition from W < kT to W > kT can only occur at cross- 
sections where the right-hand side of (A) happens to pass 
through zero. A limiting flux is therefore reached because the 
drift of plasma cannot exceed the local velocity of sound any- 
where upstream of this section. Meyer and Schmidt examined 
stable configurations formed when the throttling of flow occurs 
at the top of the arch: the transition to supersonic velocity can 
take place there because the gradient of the gravitational 
potential in (A) changes sign. Although the velocity continues 
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to increase during the initial fall down the second leg, it is 
subsequently braked to subsonic velocity at a shock front which 
provides the resistance to motion which the low viscosity of 
the Sun’s atmosphere cannot deliver. 

Flow of material along coronal arches has now been 
examined numerically using expression (A) in the form ap- 
propriate for the ionized and non-ionized regions. The object 
is to explore what conditions are likely to exist once time- 
invariant flow involving throttling is set up. The examination 
has been carried out for structures of height 5000 km with a 
similar separation between the feet. These show the same 
major details as the taller arches which might be regarded as 
more characteristic of the solar atmosphere, except that long 
“featureless”’ lengths of large scale-height coronal-plasma 
need not be included in the computations. Conditions required 
to produce upflow are far more critically determined than those 
allowing material to fall along the second leg, so the study is 
restricted to the former region intially. Figure 3 provides self- 
consistent information obtained by trial and error methods on 
the upflow of material along a leg of each of four arches having 


different particle number-densities at the tops. The assumptions . 


made in each case are, 

a) the particle number density is 1022 m~? where the 
temperature is 6 10° °K at the foot; . 

b) the tube has uniform cross-sectional area; 

c) the pressure difference between the feet of each arch is 
sufficiently high that throttling of flow occurs at the top; 

d) the temperature structure in each case is essentially in 
agreement with observation. Thus, there is a relatively cool 
chromosphere with a rapid transition to the corona at 3 10® °K. 
(Vernazza et al., 1973). 

It is not necessary to specify the thickness of the transition 
layer for this study, provided it is small compared with a scale 
height (i.e. a constant pressure region), but the position of this 
region above the photosphere is a critical parameter in deter- 
mining the particle number density at the top of the arch. Thus, 


. Fig. 3a indicates how the zone has to lie about 600 km closer 


to the photosphere for every order of magnitude increase in 
particle number-density at the top of the arch. (The tempera- 
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Fig. 3. Four different temperature distril 
tions extending from the pire 
the corona appear in a, while b shows 

corresponding Mach number distributic 
along these flow paths when throttl 
occurs at the top of the arch. The flux tt 
has constant cross-section in this case, a 
it extends to a height of S000km. 17 
electron number density n, at the top of 
arch given in the following table, cor 
sponds to a value of 107° m~ in the pho 
sphere at the base, while estimates, 
magnetic flux density (B) of the tube’ 
based-en assumptions outlined in Sect. 


Curve Ne (m=) B (Tesla) 
A S108 70 10-3 
B SLOTS 22 10-8 
3 4 SG S'1Ote pa Ges 
D SPO 210g" 


ture-versus-height profile within the chromosphere has also bi 
modified for each of the four cases to provide a rough rep 
sentation of that expected in practice.) Clearly, the ene 
requirements to sustain conditions in the corona — which \ 
be discussed later (Sects. 4 and 5) — differ considerably betw 
these cases. 

As mentioned earlier, the calculations account for a const 
flux of material flowing upwards through this atmosphe 
with throttling of flow at the top of the arch where the so 
velocity is 220 kms~?. Figure 3b shows how the Mach num 
changes with height when this requirement is met for each of 
four temperature configurations. The main increase in each c 
occurs within the transition layer, followed by a grad 
change in the corona where the density falls off slowly w 
height. These arches are particularly short however, so 
Mach number will be somewhat lower for the transition z« 
within taller coronal structures. 

The caption to Fig. 3 lists the particle number density 
the top of the arch corresponding to each temperature prof 
Estimates of magnetic induction are also provided: th 
correspond to cases where the energy density of the embed 
material is 2% of the magnetic energy density. 

A more interesting configuration is that where the crc 
sectional area of the duct increases with height. The solid cu 
in Fig. 4a again represents a temperature-versus-height pro 
where the temperature in the corona is uniform, but 
corresponding Mach-number distribution in Fig. 4b applies 
the case when the cross-sectional area increases linearly b 
factor 9 along the structure from the base to the top. 
additional restriction applied in this case is that the press 
difference between the two feet of the arch is sufficiently | 
that the Mach number does not exceed 0.8 anywhere along 
path. This maximum develops at the top of the transition z 
since the cross-sectional area there is roughly half that at 
top of the arch, although the density of material rema 
essentially constant throughout the coronal altitudes. This i 
case where, the pressure distributions along the two legs do : 
differ greatly, but any further disparity leads to choking of fic 
On the basis of Fig. 4b, it might be expected that the M: 
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mber then becomes unity at the top of the transition zone, 
dugh the flow cannot become supersonic there because the 
ms on the right-hand side of expression (A) remain essentially 
nstant throughout the region. Whether throttling of flow 
tually occurs in such a region depends on the nature of the 
schanism heating the corona above it. This point is discussed 
er, where the particular configuration is regarded as being 
stable. Accepting this to be the case for the time being, the 
estion arises whether a stable configuration (not having this 
‘ottling at the base of the corona) can actually exist within 
diverging flux tube, since this is presumably a common 
metry within the solar atmosphere. The answer to this is 
»vided in Fig. 4, where the temperature profile is modified 
‘the dashed line: the corresponding Mach number variation 
iches unity at the top of the arch in this case. That is, 
‘ottling is produced at this location by raising the temperature 
the corona, though the pressure (which is determined by 
nditions below the transition zone) remains essentially un- 
ered. This re-location of the throttle comes about because 
: drift velocity increases linearly with T to compensate for 
> decrease in number density where the pressure remains 
stant, but the sonic velocity only increases as T™?. 

This discussion of flow does not apply solely to sheets of 
iterial, but it illustrates that conditions must be critically 
‘intained in these particular structures. This is because the 
ronal pressure within sheets is determined by the surrounding 
ignetic configuration, as well as by the temperature dis- 
bution along the field lines. The readjustment of the 
id — together with the release of energy — until the relevant 
nperature distribution is reached has been mentioned in 
et. 2. It is such a change which inhibits throttling at the 
nsition zone in the example just considered: the point is that 
sssure balance cannot be ensured in the corona if upflow of 
iterial is restricted at the base of the region while outflow at 
: top of the leg is not. 

As pointed out earlier, the maintenance of plasma flow 
ies on the availability of energy along the path. A steady 
at input has been implied in considering the stable tempera- 
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Fig. 4. The solid curve in a represents a tempera- 
ture distribution of the type presented in Fig. 3, 
and the corresponding Mach number distribu- 
tion in b applies to a flux tube which increases 
in cross-sectional area by a factor 9 from the 
base to the top. In this case, the pressure 
difference between the two feet of the arch is not 
quite sufficient to produce throttling of flow, 
which would otherwise occur at the top of the 
transition layer. In spite of this divergence of 
the field, choking of flow can still occur at the 
top of the arch (when the pressure difference is 
sufficiently great) if a suitable temperature 
gradient develops in the corona. The dashed 
curf€s show the relevant conditions 


ture structure to exist, so various features of this will now be 
examined. 


4. Chromosphere-Corona Transition 


It was assumed for the simple models in Sect. 3 that a constant 
flux of material flows around a coronal arch. This is not 
strictly correct for a current sheet because material is carried in 
through the walls. However, the diffusion of magnetic flux is 
generally slow (Glencross, 1975), and this is particularly so if 
heating by MHD waves dominates. Clearly, the maintenance 
of flow is critically dependent on the availability of material at 
one foot. This must involve continued evaporation from the 
base of the transition zone and subsequent heating of this 
medium as it rises towards the corona. The energy expended in 
doing this within a sheet is 5 10° J/s for each vertical column 
of 1 m? cross-section through the transition region if a particle 
number density of 10'7m~* and upward flow velocity of 
50 km s~? are to be maintained at the top of this zone. This 
large energy flux (5 10° erg cm~*s~*) can only be derived by 
conduction down the sheet from the corona: the average value 
over the cross-sectional area of a , tube is far smaller 
however. Since the relative importancé of energy loss through 
radiation and conduction was discussed in general terms in 
Sect. 2, it is instructive to add here that the energy flux passing 
through a unit area into the transition zone equals the radiation 
loss from a column of corona with the same section and a 
length about 10* km. The sources considered earlier are clearly 
capable of supplying this ‘‘moderate”’ quantity of energy. 

An important feature of this model is that it provides 
quantitative information on the temperature variation with 
height through the transition zone when flow of material is 
significant. This is because the temperature structure must 
allow sufficient energy to be deposited at each horizontal layer 
along the path in order to heat plasma crossing it on the upward 
drift. Denoting the flux density of the flowing medium by S$ 
particles/m?/s, and using the Spitzer (1962) value 9 10~**- 


70 


T?°J/(m2 °K s) for the thermal conductivity, the expression 
relating the temperature T to the value J) some distance h lower 
in the constant-pressure zone is 


T?> = 0.8 10!2Skh + TG°. 


Numerical values plotted in Fig. Sa show how the tempera- 
ture varies with height above the level where Ty = 5 10*°K for 
different values of S. The value appended to each curve is the 
electron number density at the base of the corona (temperature 
3 10°°K where the Mach number is taken to be 0.3 (velocity 
70 km s~*). Figure 5b duplicates some of this information on a 
log-linear plot for convenience. The fact that the Spitzer 
thermal-conductivity is not always appropriate is to be dis- 
cussed, but these calculations indicate that the transition 
region gets thinner as the product (Bb) for the flux-tube 
increases. In spite of some average being taken through a 
number of sheets, observations show this tendency for the 
transition region to become thinner as the average photo- 
spheric magnetic field increases (Withbroe and Noyes, 1977), 
though the trend does not apply to the higpest field intensities 
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Fig. 5. This shows the temperature variation which must apply 
in the transition zone if upward flow of material is to be 
energized by thermal conduction from the corona. Each curve 
represents a different constant-pressure region: the number 
density quoted in each case is that at the 3 10°°K temperature 
level. Examples are shown on a log — log, and b log-linear 
scales for convenience 


associated with sunspots ee cit.). The reason for t 
explained later. 

No account has been takén of radiation loss in derivin 
above relation between T:and 7p, but the numerical m 
show that it is of secondary importance within the temper. 
range considered. This is not the case where the chromos 
has a temperature below 5 10*°K, but that region must 
sustained by mechanical heating from below. 

The conclusions just reached about the thickness of 1 
transition layer do not apply to the atmosphere above sunspt 
nor to other intense-field regions into which downflow 
material occurs. The differencearises because a high-temperai 
regime is required along the first leg if material is to reac tf 
top of the arch, but a continuous distribution of plasma alo 
sheets. within the second leg is ensured by the downflow. 
is known from prominence studies that energy and pressu 
balance within the corona can be provided by either a “hot? | 
‘cold’ regime. Smith and Priest (1977) and Priest (1978) poi 
out that this can also be the case within coronal sheets, providé 
the heat input only increases slowly with density, and thi 
suggest that the observed downflow of cool material ini 
sunspots (Foukal, 1975, 1976) results from condensation | 
plasma in these dense structures. The same conclusions app! 
to the present study, though the material flows from the oth 
leg of the arch in this case rather than inward through the si t 
of the sheet. : 


5. Rapid Brightenings 


The simple example studied earlier illustrates that a clo: 
relationship must exist between the various processes involve 
if equilibrium is to be maintained within a sheared magnet 
arch. One feature is that the temperature distribution mu 
be appropriate for the particular magnetic configuration 
pressure balance is to be attained at sheets. Furthermore, tl 
downfall of heat from the corona must be sufficient to produc 
the required evaporation rate if flow of material takes plac 
It is now shown in this section, however, that there is a lim 
beyond which these conditions cannot be met. 

Consider the material rising through the transition temper; 
ture gradient to be composed of ionized hydrogen. The electro1 
present control the downward conduction of heat, but transf 
of energy to the upward flowing ions has to occur at each lev 
to maintain the expansion of the atmosphere. The characterist 
time for this transfer is about 1.5 107 T1:°/ns (Spitzer, 1962 
which means that ions must exceed this time in each “constan 
temperature” layer in traversing the transition zone. Accordin 
to the expression in Sect. 4, the temperatures lies within (say 
5% of some value T over a height range 0.3 10-1? T?-°/(Sk) n 
so a limiting drift velocity for ions is obtained by dividing this t 
the energy transfer time. This gives a critical velocity Vert - 
40,/T m/s, which-is attained initially at the high-temperatu1 
region at the top of the transition zone. Since T ~ 3 10°° 
there, Vor, ~ 70 km s~1. Note that the same limiting conditio 
applies to all sheets threading a flux tube (subject to tk 
temperatures being essentially the same) even though there 
likely to be a significant variation in density determined by tt 
local magnetic conditions. This means that activation of shee 
can occur over a considerable area of solar surface within 
short time interval once a suitable disturbance develops (s« 
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stimate is a fairly high velocity: a moderately high 

id limit of this type is needed for the onset of infrequent 
ts like the rapid brightening of arches. 
It is clear that some change of magnetic structure with time 
to take place if conditions are to be driven beyond the 
eshold, Although static conditions were assumed in Sects. 3 
d 4, the conclusions still provide a basis for a qualitative 
cussion of time-varying configurations. In the case of an 
erging arch, an upward flow of plasma is required to 
pensate for expansion of the structure, in addition to the 
tion around the loop. If this flow is limited to the velocity 
mt as the expansion speed of an arch increases, the coronal 
sets get thinner. This causes resistive heating to increase but, 
ntrary to initial expectation, this actually restricts evapora- 
n still further. This arises because the temperature gradient 
the transition zone becomes even steeper to enhance thermal 
nduction, and the temperature step also increases: it therefore 
=" a greater barrier to the flow of ions. The point to note 
that the transition layer normally represents an insulating 
yundary between the corona and chromosphere, since the 
tter region is a very effective heat-sink. This role is destroyed 
ice the layer becomes so thin that energy can be transported 
rough it by the electron population without equipartition of 
ergy with the ions being achieved. The temperature of 
e chromosphere is barely perturbed by this conducted energy, 
the evaporation of material is not affected. 

Loss of material from sheets, and the corresponding 
crease in temperature, leads to the current density exceeding 
e limit J; given in Sect. 2. (Note that Jp actually decreases as 
e temperature increases in this constant-pressure regime 
cause the number density no 7T~1.) The conductivity 
_~ 310-9 n'/2 mho/m is of order 10~® o, in this case, so the 
laxation of shear proceeds extremely rapidly. Even if a flux 
‘non-thermal particles produced at this stage increases the 
te of evaporation at the foot, the turbulence is unlikely to be 
tinguished (Shapiro and Knight, 1978). 

The discussion has been concerned with rapid increases in 
ft X-ray emission, though the expansion of sheets during the 
velopment of ion-sound turbulence will induce electric fields 
provide particle acceleration (Heyvaerts et al., 1977). Thermal 
anges are indeed observed during the early development of 
res (loc. cit.), so the processes responsible appear to lead to 
r more energetic events (Spicer, 1976). Whether or not the 
quence discussed here provides the trigger for other changes, 
€ process must play a role in producing soft X-rays during 
me flares, since restriction of plasma flow at the transition 
me arises where rapid changes in flux-tube geometry occur 
re Sect. 6). 


Observational Features 


1is section outlines various observations which can be 
plained by the model discussed. First, it is known that 
aterial falls along coronal arches into sunspots (Foukal, 1975, 
76). This is inferred from detection of material which is too 
ol to be in hydrostatic equilibrium at the coronal level 
ncerned. Upflow of far-hotter coronal medium along legs of 
ches cannot be deduced so readily, so doppler shifts of 
der AA ~ 10~* A have to be sought at soft X-ray wavelengths. 


ss Pad it v7. 


In fact, blue shifted transition-region XUV lines have already 
been observed from weak-field regions: the fact that they have 
low-intensity compared with red-shifted lines from stronger 
magnetic regions (Lites et al., 1976) must be due to the different 
thicknesses of transition layers which are a feature of this 
model. 

Flow of material along filaments towards sunspots can also 
be observed in the visible spectrum (Ellison, 1944; Kawaguchi 
and Kitai, 1973), and downflow velocities of order 50 kms~? 
have been recorded. In fact, the latter paper records large-scale 
motions of this type just before the major flare on 1972 October 
29 (Glencross and Brabban, 1976): presumably there was a 
related flow of hotter plasma taking place along taller coronal 
arches at the same time. Although energetic optical flares 
developed during the period, this event was noted for the great 
flux of soft X-radiation lasting almost one day. There are 
therefore grounds for suggesting that the low-energy emission 
was caused when flow of material to the corona was disrupted. 
Glencross and Brabban (1976) and Glencross (1979) consider 
that active regions are disturbed by subphotospheric motions 
on the scale of the supergranulation to produce these long-lived 
events: such perturbations can produce the geometry-changes 
in magnetic loops which lead to the heating stage discussed in 
Sect. 5. 

Note too that Roy and Tang (1975) observed a correlation 
between the expansion speed and the X-ray flux from loops. 
The vertical motions of the fields were of order 100 km s~?, so 
conditions required to produce the necessary upflow of plasma 
were unlikely to have been met. 

Further interesting observations have been discussed by 
Brueckner et al. (1976). They found changes occurring in the 
intensities and profiles of spectral lines produced at the foot 
points of active loops prior to flaring. If the upflow of material 
has velocity just less than V.,;, at this stage, fluctuations in 
particle flux will lead to enhanced heating in some sheets only, 
rather than throughout the whole tube, to produce the minor 
events observed. 

The availability of energy to produce rapid brightenings 
is dependent on the presence of sheets of material within 
flux tubes according to this model. Such sheets must then 
play an important role in determining various observed 
characteristics of the solar atmosphere. Not only will a large 
fraction of the photon emission come from them, but they 
provide ‘inhomogeneities’? in the magnetic field at which 
currents and MHD waves are dissipated. It is seen from the 
discussion that the small depth of the transition zone, and the 
short cooling time of material falling towards sunspots, both 
points to dense plasma existing at the relevant levels. 

Further work to test the viability of this model must 
include measurements of the density of X-ray emitting plasma 
and studies of doppler shifts. Observations of changes in flow 
rates just before arches brighten would also be extremely 
valuable. 

Note that if the assumptions made here are correct, a basis 
is laid for explaining other characteristics of the/solar atmo- 
sphere. One case is the low emission from coronal holes: the 
open fields of these regions are unable to retain a significant 
degree of shear, so there will be no dense X-ray emitting sheets 
present. Furthermore, since high velocities are regarded to be a 
common feature at the feet of arches, this could have some 
bearing on the motions of cool material forming spicules. 
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Linearized Approach 
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mmary. The first-order effects of a velocity field on the 
ymmetry of Fraunhofer lines are analyzed and a method for 
covering the velocity gradient from the observed asymmetries 
described. The method — which does not require the concept 
‘formation depth — is applied to the inversion of synthetic 
ita; the results obtained show that it has the properties of 
ibility and sensitivity necessary for working in practice within 
fairly large range of photospheric velocities (up to the order 
‘the Doppler width of the lines). 


y words: line profiles — Fraunhofer lines 
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Introduction 


any lines of the solar spectrum, observed with high spatial 
id spectral resolution, show an asymmetric profile (Roddier, 
65; Magnan and Pecker, 1974; Kostik and Orlova, 1974 and 
177; Barambon, 1977). In the limiting case of the intensity 
nergent at a given instant from a unique line of sight, their 
ymmetry can be originated only by a velocity gradient (along 
e line of sight) in the region of the solar atmosphere where 
e line is formed (we neglect the effects-of magnetic fields and 
essure shifts). The same is true — but only for small velo- 
ties — also in the case of a spatially averaged profile, as we 
all prove in Sect. 3 of the present paper. 

_ We will describe a method to get the gradient of the velo- 
ty field from the observed asymmetries, using the linear 
proximation and the concept of response function developed 
y Caccin et al. (1977; hereafter referred to as Paper I). We 
all suppose that the presence of a velocity field is the only 
fference between the “true” atmosphere and a zeroth- 
‘der model, which will be a classical, plane-parallel atmos- 
rere in hydrostatic equilibrium, completely described by a 
t of state variables given as functions of depth (i.e. we shall 
msider the case of a velocity field that does not affect the 
ate variables of the gas but only the line opacity). This 
striction, however, does not cause any loss of generality, 
cause the asymmetry, as defined by the third central moment 
f the line profile (Kostik and Orlova, 1974), does not vary — 
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to the first order — if simultaneous perturbations of the other 
state variables are added (cf. Sect. 3). 

Finally, we will show that determining the velocity field 
from the kind of linear relations that we have found between 
the field and the third central moments of the emergent pro- 
files is a classical problem of indirect sensing and in Sect. 5 
we give some numerical results, obtained with a simplified 
model, showing the possibilities of application of our method. 


2. Velocity Effects on the Central Moments along a Single 
Line of Sight 


Let us start from Eq. (10) of Paper I, that in the present case 
takes the form 

SIy, = f v(t)RF(t, AAjdt, (2.1) 

0 

where 8/,, is the difference between the observed value of the 
emergent intensity (at the distance AA from the centre A of the 
unperturbed line) and the corresponding value predicted by 
the zeroth-order model. On the right-hand side, f is the stan- 
dard optical depth in the unperturbed model, v(t) the velocity 
component along the line of sight and RF(t, AA) the response 
function corresponding to the perturbation v(r), given by 


RF(t, Ad) = 2 (B — 12,) exp (—12,) (2.2) 


which, if the line opacity has a gaussian profile, becomes 


2A 
&(B a 


T8,) exp (— ta) (2.3) 
Remember that RF(t, AA) is a known function, depending 
only on the zeroth-order model, and that it is antisymmetric 
with respect to AA (i.e. RF(t, — AA) = — RF(t, AA), since all 
zeroth-order quantities are symmetric with respect to AA). 

Note that 5/,, is a known function of AA only if we have 
absolute measures of wavelength, and only in that case we 
can use the Fredholm integral equation of the first kind (2.1) 
to determine the unknown v(r). The difficulty of obtaining 
good absolute measures and the fact that 5/,, is sensitive to all 
the possible perturbations suggest however, instead of using 
(2.1), to look for linear relations of the same form involving 
quantities whose experimental determination does not require 
absolute measurements of wavelength. Quantities of this kind 
are the central moments of the line profile. 
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Let a(x) = 1 — I(x)/I, be the line profile, where we put 
x = AX to simplify the notation; the nth central moment M, 
of a(x) is then 


M, = if: (x — <x>)J"a(x)dx, (2.4) 
where 
Or if xa(x)dx / ie a(x)dx. (2.5) 


It is evident from (2.4) that M, exists only if the line profile 
goes to zero quickly enough when x — +0 (as it does — at 
least for weak lines — in our case, since we have assumed that 
the line opacity has a gaussian profile). 

We have, to the first order, 


a(x) = a(x) + Sa(x) (2.6) 


where a°(x) is the unperturbed profile (symmetric with respect 
to x) while da(x) = —4I,./I, is antisymmetric with respect to 
x, like RF(t, x). 

Therefore we get, again to the first order, 5M, = 


+0 +0 
<x> = <x>? + 8x) = ( f x8a(x)dx) / J a%(x)dx, 
as <x>° = 0 because of the symmetry of 7°(x), and then 
40 +o 
M, = [ xta%™(x)dx + [ x"8a(x)dx 
+0 
=o MOXx> [tax dx (2.7) 


so that, recalling the symmetries of a°(x) and 8a(x) with respect 
to x, we can write 


M, = Me? for n = even 
and 
+o Vie 

M,, = 5M, = A (<" Lge We x) Ba(x)dx 

= 4 v(t)RF,(t)dt  forn = odd (2.8) 
having put 

Tones RF(t 

RF,(t) = ae (Sa x *) ae» dx (2.9) 


That is, to the first order, all the odd moments (which are 
zero to the zeroth order) are affected by’ the perturbation, 
while all the even moments (equivalent width, variance, etc.) 
do not vary. We note, by the way, that, if the microturbulence 
is due only to the presence of a macroscopic velocity field, it 
must be a second or higher order effect, since it affects the 
equivalent width and the Doppler width of lines. 

To measure the asymmetry of a line profile we have chosen 
its third central moment; let us then consider more carefully 
the properties of the function RF;(t). We know that, when- 
ever v(t) = v = const., M3 = 0, then it must be1 [7° RFa(t)dt 
= 0. Therefore RF;(t) cannot have the same sign within the 
whole range of t; indeed its graph, on a logarithmic scale, has 
two peaks, as shown in Fig. 1. Recalling expression (2.9) for 


+ Yo, 0 = Mz = 0M} + v?M2 + v?M34+...> Mi = M2 = 
MZ=...=0 


—— RF, centered at (4A) 
RF, " nw (4A) 
 Ah=o 

n Akzo 


LOG TAU 


Fig. 1. RF’s of the moments of order 1 and 3 for a Milln 
Eddington line of our set (yo = 5.0). The dot-dashed curve’ 
RF; for one photospheric line in the HSRA (A5249.111 of Fe 
E.P. of 4.47 and log gf = — 1.39). All the curves are normal 
so that ["3 |RF,|d(log t) = 1 i‘ 

hj 


, 


RF,(t), we can immediately understand the presence of th 
two peaks, as RF,(t) is given by a linear combination of tw 
terms, which are the RF’s of the Ist and the mth momer 
centered at x = 0 instead of <x>. These two functions al 
shown (for n = 3) in Fig. 1, together with RFs, and we sé 
that they are very similar but slightly shifted in depth wii 
respect to each other, thus causing the presence of two peal 
in RF3. The shift can be interpreted as follows: both terms 
(2.9) are averages on x of RF(t, x), but they are weighted in 
different way (the first with x and the second with x*). Reca 
ling that, roughly speaking, RF(t, x), as a function of f, “sta: 
higher’? when x is smaller, we understand why the first terr 
in which the values corresponding to smaller values of x a 
weighted more, is shifted upwards with respect to the othe 
This can be summarized by saying that the core of the line 
more effective in determining the shift of <x>, while the win, 
have a stronger influence on the third moment (centered | 
x = 0). Hence the shift in ¢ is ultimately due to the differe: 
t-dependence of RF(t, x) in the core and in the wings of tl 
line. 

As a conclusive remark, we want to point out that the u 
of centered moments cannot allow the determination of absolu 
velocities, because it leaves undetermined an additive constai 
in v(t). Formally this is implied by having [> RFa(t)dt = 
consistent with the fact that no absolute measurements | 
wavelength are needed to get any M,. 


3. Effects of Simultaneous Perturbations and Spatial Average: 


If several simultaneous perturbations are present along tl 
line of sight, the resulting variation 6/ is, to the first order, tl 
sum of all the terms that we would have obtained separatel: 
therefore, having chosen 7, P, and v as independent variable 
we can write the most general perturbation in the form 


ol, = O17 + olf + dl2 G3. 
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ach term on the right-hand side is given by an expres- 
the same kind of (2.1). Since most of the conclusions 
preceding section have been obtained on the basis of 
erations about the symmetry of the RF as defined in 
), let us now consider the symmetry properties of the RF’s 
esponding to 8/7 and $/?. 

For the case of a temperature perturbation 57, we can 
rite here the expression for the RF (given by (16) of Paper I): 


it, x) = =| (B° — 12) + x2 =| exp(—#9): (3.2) 


re x, t, and J, (respectively the total opacity, the corre- 
nding optical depth and the intensity at the considered 
th rt) are the only quantities depending upon x. The un- 
urbed values «2, ¢2, and /2 are obviously symmetric with 
ect to x, therefore the RF is symmetric if (@x,/@T)° is 
metric, as it is (for v = 0) since x, is symmetric for any 
ie of T. For the case of a pressure perturbation, the result is 
same, since the same considerations can be done on the 
‘esponding RF (which has the same form of (3.2), apart 
n the derivative of the source function B which is missing). 
refore we can conclude that the terms 6/7 and d/£ in (3.1) 
even with respect to x while the 5/2 is odd. 

The emergent profile a(x) can still be written in the form 
); but now da(x) is given by 


‘) = —S1,/I2 + I281-/(12)?, (3.3) 


sre SJ, is the total perturbation (3.1) and 5/, is the per- 
»ation of the adjacent continuum, which does not depend 
m x, and is due only to the perturbations of T and P. For 
purposes da(x) can then be considered — putting together 
terms according to their symmetry — as the sum of an odd 
n containing only the velocity perturbation (just the same 
was considered in Sect. 2) and an even term containing only 
and 5P. Using the same symmetry considerations made in 
t. 2 and taking into account the suggested splitting of da, 
come from (2.7) to the following conclusion: for n = even, 
= M° + 8M,, with 8M, due only to perturbations of T 
| P; for n = odd, M, = 5M,, with 6M, still given by (2.8). 
The effects of the velocity on the central moments are then 
irly disentangled from those due to the perturbations of 
other thermodynamic quantities; in particular the choice 
M, to define the asymmetry of a line assures that it is due 
y to the velocity gradient. 

It is also possible to generalize these results to the case of 
tially unresolved observations by averaging on different 
:s of sight. To do that, we can restrict ourselves, without any 
s of generality, to the case of two lines of sight. Denoting 
m with a subscript, we have for the average intensity (either 
or Ie) 


4, 


i, inserting these expressions in the definition of a(x), we 
— to the first order — 


= 4(8a, + 8aa), 


ere each of the terms on the right-hand side is given by 
3), provided that the unperturbed model is the same along 
two lines of sight, as implied by our hypotheses. The line 
‘file is then the average of the two line profiles and the same 


+ Iz) = 81 = 48%, + 8/2), 


happens also for the central moments, which are obtained 
linearly from them: 


M,, = 4{(M,)1 + (M,,)2] (3.4) 


For odd m we can recall expression (2.8), which is valid also 
in the presence of simultaneous perturbations, and notice 
that RF,(t) is the same for any line of sight; therefore, expres- 
sing (M,); and (M,)2 by (2.8) and interchanging the integra- 
tion with the average, we get 


My = f Mox(t) + va) RF a(tdt; (3.5) 


i.e., when unresolved data are used, the perturbation, at each 
depth, is simply the average of the perturbations on the 
unresolved lines of sight. 

The same conclusion could be derived, for even n, also for 
ST and SP. 


4. Inversion Technique 


Let us start from (2.8), written for the case nm = 3, with RFs, 
defined by (2.9); in (2.8) v can now be interpreted as an 
average on a bundle of unresolved lines of sight and Mg is 
the observed asymmetry. We have such an expression for each 
spectral line studied and, rewriting each of them in the form? 
ao 
M, = f o(t)RF(e)dt, (2350 aD (4.1) 
0 

we get a system of equations for the unknown function v(f), 
which can be solved numerically by replacing each integral 
with a finite sum and the whole system (4.1) with an equivalent 
system of linear algebraic equations whose solution will be a 
pointwise approximation to v(t). We have proceeded in the 
following way: 

(i) we have replaced the infinite interval of integration with 
a finite one, say (a, b), chosen so that all RF’s are nearly zero 
outside; then 

(ii) we have divided the interval (a,b) in m elementary 
intervals and, putting v(t) = vy; = const. within each of them, 
we have got from (4.1) 


M, = > v,f, RFAt)dt = (i = 1, 2,..., 0) (4.2) 


which can be rewritten vectorially in the form 
M= K-+v (4.3) 


The linear system (4.3) can be solved directly for v, either 
exactly (when m = n, which is the case we have been working 
with) or in the least square sense (when m < n): 


» = K-1.M ifm=n (4.4) 
v =(K"-K)"1K7-M ifm<n (4.5) 


(K~* is the inverse of K and K7? is the transpose of K). 
Unfortunately the solutions obtained from such direct 

inversion are unstable and, therefore, physically meaningless; 

i.e., to use the terminology adopted by different authors (cf. 


2 In this and in the following sections we omit the subscript 3, 
while i denotes the ith spectral line among the considered n 


a 
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Tikhonov and Arsénine, 1976; Rodgers, 1976), the problem 
is typically ‘‘ill-posed’ (underconstrained), as we want to 
derive a continuous function from a set of measurements that 
is necessarily finite. To understand it in another way, let us 
think to a function u(t) which is orthogonal to each RFj, i.e. 
such that 


Vi f u(t) RF(t)dt = 0, (4.6) 
0 

it is then evident that, if any u(t) is added to a solution v(t) of 
(4.1), the sum satisfies again the system (4.1). The presence of 
experimental errors makes the problem worse, since now it is 
sufficient that Vi the integrals in (4.6) are small enough to add 
the corresponding u(t) to the unknown function v(t) and obtain 
again a solution of (4.1) “within the experimental errors”’. It 
is the presence of such unmeasurable components that makes 
unstable the solution of (4.3). The only way to solve the prob- 
lem is by obtaining information about these unmeasurable 
components and by incorporating the resulting constraints in 
the inversion scheme. This kind of information cannot be but 
“a priori’ information (its source may be the physics of the 
problem, arbitrary restrictions, etc.): in our case a reasonable 
condition is to impose a smoothness constraint, consistent with 
the fact that we have only a finite “resolving power” in depth 
because of the finite width of the kernels in (4.1). We have 
then used the regularization method introduced by Tikhonov, 
very similar to the methods developed by Twomey (cf. Rust 
and Burrus, 1972), which might all be considered as examples 
of constrained linear inversion. In general all these methods 
assume the existence of a unique solution of the system (4.3) 
and search the smoothest solution satisfying it “within the 
experimental errors”’. 

In Tikhonov’s method the smoothness constraint is for- 
mulated numerically as the minimization of the quadratic form 


(K-v — M)"-(K-v — M) + yo" -C-v (4.7) 
Tikhonov has shown that Vy > 0 dv’, given by 
v’ = (K7-K + yC)~1-K7-M, (4.8) 


that minimizes (4.7) and converges uniformly to the unknown 
vector when y— 0. The constraint matrix C is obtained by 
discretization of the expression 


i f(t)v'(t)?2dt, ; (4.9) 


where f(t) is a positive arbitrary function and v’(¢) the first 
derivative of the unknown with respect to ¢. If we divide the 
interval (a,b) in the same way used to get the system (4.2) 
and replace (4.9) with 


Divs fi fat 


approximating then v} with the first differences of v(t), i.e. 
putting 


vi = (ve — v,)At 
v; cae (v;-1 — Vy 41)/2At y = 2, Suartnul —1 


Vn = (Yn-1 — 0p)/At 


we get 


b “aft 


J f(t)o'(tPdt = v?+C+0 


a 


the function f(t) (in this paper we take a gaussian fun 
centered in the middle of the interval (a,b) without 
attempt to optimize the choice). 
In practice, the inversion scheme works as follows: 
a) a value of y is chosen and vw” is calculated from (4.8); 
b) the calculations are repeated with progressively s 
values of y until the solution starts oscillating; 
c) the last value of v’ before the starting of oscillatio 
taken as the best approxiniations for v. 


in which the source function, the same for the continuu 
and the lines, is / 


B= BU + bt) = BoC + 1.52) 


(the coefficient of the continuum optical depth is representat 
of the solar continuum at approximately 46000 A) an 
ratio 7 of line to continuum opacity at the line centre is ta 
constant with depth, while the absorption profile p(AA 
assumed gaussian and constant with depth. The RF of. 
emergent intensity is then 


ie 2X AX 7°(Aa) (12,8 
cAAp AAp L1 + (Ad 1 + Bl OP andy 
where the expression in brackets is the unperturbed line pro j 


a°(AX). For convenience it is possible to introduce the adime 
sional quantities 


RF(t, AA)/I. = 


x= AAAAy xs (t) = 0(t)A/cAAp 
RF(log t, x) = log. 10tRF(t, AX)/I, 
= —~4,6052rxa°(x) exp (— 12) ae, 
and the RF, of the nth central moments becomes 1 
© Vio 
RF,(log t) = f (" a op ae x") RF(log t, x)dx / 


In Fig. 1 we give the graph of the function RFs, calculate 
with our simplified model for a synthetic line and with tl 
HSRA for a photospheric line of Fe 1. Comparing their shape 
we can conclude that our model is sufficiently realistic for o1 
exploratory purposes. 

Figure 2 shows one of the sets of RF’s used in the prese 
work. We have solved the system (4.3) for n = 5 and n = 
but only the RF’s pertinent to the former case are shoy 
(when n = 9, the range of yo values remains the same and tf! 
9 curves are more crowded than those in Fig. 2). With 9 lin 
some RF’s are almost equal to each other, thus causing in 
the presence of rows almost proportional to one another; bt 
though the direct solution becomes ,even worse than with 
lines, the constrained inversion works equally well. 

Figures 3 and 4 give some representative results obtain: 
with different velocity fields. The values of the velocity aren 


a) ‘¢ 


Ke -3, -2. -1, 
LOG TAU 


gy. 2. The set of RF’s used for the solutions obtained with 5 
es. The corresponding value of yo (from left to right) are: 
2, 4.0, 1.5, 0.6, 0.2 


ways small (we have also xs 2 1) and edge effects are present; 
ertheless the general trend is always reproduced, within 
€ proper range of depths. Note that, since an arbitrary 
stant can always be added to our velocities, the fitting might 
: somewhat refined (no systematic attempt to take advantage 
this property has been made here). On the contrary, the 
sults obtained with a direct inversion procedure (we tried 
ith a standard Gauss-Jordan elimination scheme) are so bad 
at they cannot be shown in our figures (a scaling of a factor 
1 would sometimes be necessary) and are completely 
eaningless. Figure 5 gives the results of a rough test, made 
check very preliminarily the stability of our inversion with 
spect to random errors in the data. 


Conclusions 


| the present paper we have analyzed the first order effects 
1 the emergent line profiles induced, ina static, plane-parallel 
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Fig. 4. Parabolic velocities, solutions with 5 and 9 points 


atmosphere, by the presence of a small velocity field. At the 
same time we have shown how it is possible to disentangle the 
velocity effects from those due to perturbations of the other 
fundamental quantities by means of the central moments of 
the line profile. 

To check the validity of the first order approximation, we 
might calculate the next non-zero term of the development 
and compare it with the first one. If we have only a velocity 
perturbation, this term is that in v*, otherwise it is the sum of 
mixed terms containing either v and 857 or v and 4P, as can 
easily be seen from symmetry considerations. In the latter case, 


“theoretical” curve 
eoo retrieved values 


LOG TAU 


Fig. 5. Rough test of the stability of the solution against the 
presence of noise in the input data. A number taken at random 
in the interval (0.9 M, + 1.1 M,) has been substituted to the 
exact values of each M,; the results obtained with five different 
sets of input data are shown 


78 


the check is not immediate, since 67 and 5P cannot be derived 
from the observed values of M3, within the inversion scheme 
described in the present paper. They could however be calcu- 
lated by linear inversion of other data, like the continuum 
intensity or the equivalent widths of the lines, whose expres- 
sions contain, to the first order, the terms in 67 and 6P. We 
want to stress, however, that in this work we have analyzed 
only one part of a complete scheme of inversion in which we 
aim to use, for each perturbation, the most suitable spectral 
feature that can be given by an expression of the same kind 
as (2.8). 

Because of the preliminary nature of the present paper, no 
attempt has been made to apply now the inversion method to 
real data; we have only shown that, as far as only velocity 
perturbations are concerned, it has the properties of stability 
and sensitivity necessary to work in practice within a fairly 
large range of photospheric velocities, as shown in Sect. 5. 

To put the calculations in a proper perspective, it is worth- 
while to compare our approach with that followed in the 
multicolumn models available in the literature (e.g. Gonczi 
and Roddier, 1971).? The first non zero-terms of the series 
expansion of the asymmetry, as measured by Mz, are M3 — 
that we have considered in the present paper — and M2, which, 
when we refer to a finite area of the solar surface, does not 
consist only of the terms present in the case of a single line of 
sight, but includes additional terms, originating from the 
non-linearity of the relation between Mg and the intensity. In 
the multicolumn models, the velocity is assumed constant 
within each column, which is supposed to be optically thick, 
and therefore no velocity gradient is present along any line of 
sight. In this way M% vanishes and the whole asymmetry is 
due to the mixing of different lines of sight, so that the first 
non-zero terms are contained in M2. The difference with the 
approach made in the present paper is then essentially in the 
choice of the most significant terms of the expansion. We think, 
however, that definite conclusions about the sizes of the dif- 
ferent terms cannot be derived at the present stage, but only 
after a careful analysis of high resolution data made within the 
framework of the complete inversion scheme that we are trying 
to set up. In it, the different perturbations should be separated — 
to the first order — as much as possible and successive iterations 
should be foreseen. 

Meanwhile, we want to point out those we think to be, 
within the framework of the linear approach, the main 
advantages of our method: 
® These authors have indeed assumed that, apart from the 
velocity, the only differences, from one line of sight to another, 
are those in AAp and are entirely due to the variation of the 
microturbulence, neglecting any change of the thermodynamic 
parameters 7 and P; but this is not relevant for the purposes of 
the present discussion 


a) We can derive the depth dependence of the velocity 
without assigning a formation depth to the emergent int 
for each point of the line profile, as it is instead necessa 
the method of the line-bisector (Magnan and Pecker, 197} 
in which one has to assume that at each AQ the intensity com 
out from an infinitely thin layer, characterized by a u 
value of the velocity. 

b) We must not assign a priori the form of the functi i 
v(t), since we automatically get the smoothest function sat 
fying (4.1) within the experimental errors. 

Finally some words are needed about the most impo tal 
assumptions we made. The first one, that of LTE, is 
strictly necessary,’ since. it is sufficient to assume (to the 
order) the independence»of the source function from | 
velocity; the second, more restrictive, hypothesis is that | | 
assuming a line profile which goes to zero rapidly enough 
the wings to allow the definition of Mg (this makes the meth 
described here not applicable to medium-strong lines havit 
lorentzian wings). The possibility of a generalization to CO} 
with these lines is now being investigated and we think that 
solution of this problem is possible, without major changes i 
the described approach, if one employs, in place of the centr 
moments used in the present paper, suitably truncated moment 
obtained by performing all the integrations on a finite ran} 
around the centre of the line. a 
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mmmary. The obscuration of light caused by the presence of 
ast along the W 3/W 4/W 5S region has been investigated by com- 
iring optical (Ha) and radio data of the same angular resolution. 
‘3 was studied at relatively high resolution (2'8), and the distri- 
ation of the visual extinction over the object has been estab- 
shed. The W3/W4 and W5 complexes were investigated at a 
oderate angular resolution (8/9) and contour maps of the visual 
tinction over the area have been constructed. The dust envelop- 
g the W 3/W4 complex appears to be concentrated in conden- 
tions, often coinciding with the CO molecular condensations 
scovered in the same area. These are often associated with Hu 
nots and are likely sites for the formation of stars (a process 
at has already occurred in W 3). This view is further strengthened 
om the fragmented structure of the obscuring cloud of W 5 and 
¢ close association of the dust fragments with the CO conden- 
tions and the newly formed stars (IR objects etc.) embedded 
ithin them. x 


ey words: H 11 regions — dark clouds 


troduction 


he aim of the present work is to study the obscuring clouds in 
e vicinity of the W3 (IC 1795)/W 4(IC 1805)/W 5 (IC 1848) Hu 
gions and to investigate their relationship to the associated 
olecular clouds and sites of current star formation. 

The obscuring regions were investigated by comparing the 
riations in the absolute brightness of Ha (6563 A) with the 
responding thermal radio emission. The new optical results 
ere obtained at a high photometric accuracy and with exactly 
¢ same angular resolution as the thermal radio data. Earlier 
sorption results on W3 and W 4 by Ishida and Kawajiri 
968) were obtained at low angular resolution with a photographic 
chnique utilizing a very broad filter ( 300 A width) and better 
udy of these objects seemed necessary. 

The visual extinction of W3 was studied at high angular 
solution (2'8) and a comparison with the reported visual ex- 
action of the ionizing stars of W 3, discovered by Beetz et al., 
76 was carried out. Also in the present work the large scale 
ructure of dust in the vicinity of the W 3/W 4/W 5S region and 
correlation with the molecular clouds discovered by Lada et al., 
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1978 was established This investigation was carried out at a 
moderate angular resolution (8/9). 


Experimental 


A two beam photoelectric photometer was used at the f/18 
Cassegrain focus of the 1.9m Kottamia telescope (Egypt). The 
detailed description of this instrument is to be published else- 
where (Meaburn and Mikhail, 1979). For the present work a 
narrow band (9 A halfwidth) interference filter centred on Ha 
6563 A was used in the one channel whereas a broad band (70 A 
halfwidth) filter centred on 5667 A always monitored the contin- 
uum simultaneously in the other. The telescope was fixed at 
different declinations and the Earth’s rotation was used to scan 
the acceptance cone over the nebula. For observations on W 3 
(IC 1795) a 2'8 acceptance cone on the sky was used to coincide 
with the HPBW of the 10.5 GHz radio continuum map of Hughes 
et al., 1977. Three 2'8 wide lanes at different declinations were 
selected for the Ha scans aross W 3 (1-3, Fig. 1). For observations 
on the W3/W4/WS region the same acceptance cone on the 
sky was used although the results were eventually convolved up 
to 8/9 to coincide with the HPBW of the best thermal radio map 
available (1420 MHz, Rohlfs et al., 1977). Six such lanes at 
different declinations were selected for the Haw scans across the 
W 3/W 4 area (1-6, Fig. 5) and two across the W 5 region (1-2, 
Fig. 8). The declinations of the various selected lanes were set by 
pointing the telescope on field stars of known coordinates lying 
within the lanes. This method was preferred to the coverage of 
the whole area by offsetting the telescope in declination which 
degrades the positional accuracy of the results, Each lane was 
scanned in Ha many times during the night and every night one 
of them (lane 2, Fig. 1) was always repeated to monitor the varia- 
tions of sky transmission over the various observing nights. The 
transmission of the Ha filter was optimized by tilting. The temper- 
ature of the filters was taken many times during each scan by 
employing a digital electronic thermometer and a thermocouple in 
contact with each filter. The two photomultipliers of the instrument 
(EMI 9862 B/140) were kept constantly at — 20°C by employing a 
thermoelectric cooling system. The signals from the two channels 
(Ha and continuum) were fed to two D.C. Avo amplifiers and were 
eventually recorded on a multichannel U.V. recording oscillo- 
graph. A 1s time constant was employed for the observations. 
The dark current from both photomultipliers was frequently re- 
corded during the observations and remained constant around 
the value of 5 10~'? A at the operating voltage employed (1700 V). 
The observations were always sky background limited 
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Fig. 1 Absolute surface brightness 
BH¢ contour map of the main part | 
of W 3 (IC 1795) in units of 107° e1 
cm *s / sterad~! with an angular | 
resolution of 2'8. The paths of the — 
lanes 1-3 across the object are also ~ 
shown. The dashed contours are from 
the 10.5 GHz radio continuum 
contour map (Hughes et al., 1977) 
made with exactly the same angular 
resolution. The contours are in 
units of 1 K 7, 


Fig. 2. Contour map of the visual extinction (Av) of light in the direction of W 3 (IC 1795) in units of mag. The resolution is 2/8. T] 


photograph is from the red print of the Palomar Sky Survey 


which was higher than the dark current by a factor of 10. The 
many scans taken through each of the selected positions (from 
five to seven) were eventually integrated to achieve very high 
signal to noise ratios (SNR). 


Results and Correlations 

a) W3 (IC 1795) 

A 2/8 angular resolution Ha contour map of the main part of 
W 3 (IC 1795) produced by lines drawn through equal values of 


Ha surface brightness is shown in Fig. 1. The absolute surface 
brightness BHa has been calibrated against the planetary nebula 


/ 


NGC 7662 (Capriotti and Daub, 1961; Osterbrock et al., 196 
Higgs, 1971) a’ procedure with a maximum overall error of 15 
for the faintest regions. This makes the absolute brightness 
much less accurate than their relative values which are accura 
to better than 1% in the brightest positions. Also shown in tl 
same figure is the radio continuum peak of the main compone 
of W 3 (W3 continuum) from the 10.5 GHz map of Hughes et < 
(1977) made with the same angular resolution (2/8). The detail 
structure of the obscuring region can be obtained by compari 
the attenuated optical (Ha) data with the 10.5 GHz radio co 
tinuum data of Hughes et al. (1977) which is not affected by tl 
presence of dust. Then the distribution of the visual interstell 
extinction Av over the nebula, expressed in magnitudes, w: 
estimated by the relation (see for example Goudis, 1976; Goud 
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. 3. W 3. An overall correlation of the obscuring dust cloud 
esent work; resolution 2'8), the CO molecular cloud (Lada et 
1978; resolution 2/3), the 10.5 GHz radio continuum peaks 
aghes et al., 1977; resolution 2/8) and the IR continuum peaks 
10—350 p» (Furniss et al., 1975; resolution 5/5). W3 N denotes 
northern component whereas W3 continuum indicates the 
in source. Certain contours have been used. The visual ex- 
tion (Av) contours are in units of mag 


IRS2a (11.8) 


4(11.3/10.5) 
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. 4. A correlation of the most obscuring region of the dust 
ad (solid contours of Av in units of mag) with the various 
rmal sources contained in W 3 (thin contours) taken from the 
h resolution (25” x 28") 1420 MHz radio continuum map of 
ivan and Downes, 1973. The ionizing stars of the sources are 
wn as crosses and marked after Beetz et al. 1976. The reported 
ial extinction (Av) of these stars is marked in parenthesis (in 
ts of mag); the first value is from Beetz et al., 1976 whereas 
second is from Schulz et al., 1978 


| Johnson, 1978): 
Tb 10.5 GHz 
=. o ——— |, 1 
8.543.208 | BHa | (1) 


sre Tb is the brightness temperature in degrees Kelvin (esti- 
ted for this work from the 10.5 GHz data of Hughes et al., 
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1977 which are expressed in antenna temperature) and BH« the 
absolute Ha surface brightness in units of 10~->ergcm ?s7! 
sterad~ 1. The above relation has been calculated for an assumed ~ 
electron temperature of 7, =7500 K. If a 7, =10,000 K is adopted, 
the values of Av are decreased by 0.25 mag. With a maximum 
error in the faintest regions of 15% for BHa and 10° for the radio 
data the above relation (1) gives the visual extinction Av with a 
maximum uncertainty of +0.4 mag for the most heavily obscured 
regions. Based on the results obtained by applying the above 
method, a contour map has been constructed by drawing lines 
through equal values of visual extinction and is shown in Fig. 2. 

A correlation of this dust cloud, as derived from the present 
work, with the main condensation of the recently detected CO 
molecular cloud on the W3/W4 area by Lada et al. (1978) is 
shown in Fig. 3. The resolution of their CO contour map (2:3) is 
compatible with the 2'8 angular resolution of the present contour 
map of the obscuring region. The close proximity of the dust and 
molecular cloud is apparent from the figure. Also shown in Fig. 
3 are the peaks of the radio continuum emission from the 10.5 
GHz map of Hughes et al., 1977 (resolution 2/8) and the peaks 
from the infrared continuum emission at the range of 40-350 p 
from the contour map of Furniss et al., 1975 (resolution 5/5). 
From the correlations of Fig. 3 it can be seen that both Hu 
sources (W 3 N and W3 continuum) are lying on the edge of the 
dense dust/molecular complex. This interface is also the area 
where optical line splitting usually occurs (Goudis and Meaburn, 
1976). In faet such a splitting in the [Nu] line (of the order of 
50 km s~') has been recently discovered (Johnson et al., 1979). 

A correlation of the most obscuring region of the dust cloud 
with the various thermal sources contained in W 3 (Sullivan and 
Downes, 1973) is shown in Fig. 4. Also shown in the same figure 
are the positions of the ionizing stars of the various sources dis- 
covered by Beetz et al., 1974, 1976 and confirmed by Schultz et 
al., 1978. Their visual extinctions as estimated by the above 
authors are also marked. By inspecting the correlation of Fig. 4 
the distinct decrease of the visual extinction of the stars from 
north to south, firstly noted by Beetz et al., 1976 (who quote a 
decrease from Av~14™ to Av~4") is confirmed. Although the 
visual extinction values derived from the present investigation 
are generally lower, these are average values over the 2'8 beam 
and the real extinction must be distinctly higher. 


b) W3 (IC 1795)/W4 (IC 1805)/W5 (IC 1848) Region 


W 3 (IC 1795) is part of a larger complex and lies on the north 
west edge of the H 1! complex commonly referred as W 3 (IC 1795)/ 
W 4 (IC 1805) Region. W 5 (IC 1848) although in the vicinity of 
W 3/W4 may not be physically connected with it and therefore 
will be investigated separately. An 8/9 resolution Ha contour 
map of W3/W4 constructed in a similar fashion is shown in 
Fig. 5. The errors and limitations of the results are as discussed 
in the previous section on W 3. The obscuration of light by the 
presence of dust along the line of sight of W 3/W 4 was estimated 
by comparing the 8/9 resolution optical (Ha) data with the 1420 
MHz radio continuum data of Rohlfs et al. (1977) obtained with 
exactly the same angular resolution. The Av was then estimated 
from the relation: ’ 


fon2/63+3:21og [72120 MEE) 
a 


(2) 
For an assumed 7,=7500 K. The units are the same as the ones 
used in relation (1). The distribution of the visual extinction over 
the area is presented in Fig. 6. The mean error of Av is 0.3 mag 
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Fig. 5. Absolute surface brightness 
BHa contour map of the W 3 

(IC 1795)/W 4 (IC 1805) complex i 
units of 1075 erg cm~?s_* sterad” 
with an angular resolution of 8:9. 
The paths of the lanes 1-6 across t 
complex are also shown. Part of tk 
path of lane 6 is shown, the actual 
path being much more extended 


Fig. 6. Contour map of the visual extinction (Av) of light in the direction of W 3/W 4 in units of mag. The resolution is 8/9. The pk 


graph is from the red print of the Palomar Sky Survey 
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. 7. W 3/W 4. An overall correlation of the obscuring clouds (solid lines of Av in units of mag; present work, resolution 8/9), the CO 
lecular condensations (heavy dashed lines; Lada et al., 1978, resolution 8’) and the 1420 MHz radio continuum peaks (hatched 
as; Rohlfs et al., 1977, resolution 8/9). The feature around «=2"24™, 6=61°15’ roughly coincides with the IRS No. 5 reported by 
zio et al., 1975. The ring structure of W 4 is also sketched (see text) 


Fig. 8. Absolute surface brightness 
BH« contour map of the main part 
of W 5 (IC 1848) in units of 

10-*° erg cm~* s~! sterad~* with an 
angular resolution of 8/9. Parts of the 
paths of the two lanes across the 
object are also shown; the actual 
paths are much more extended 
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hough in the heavily obscured area detected around «= 2"36"30; Fig. 10. Also shown in the same figure are the emission peaks of 

61° the error might be considerably higher. A correlation of _ the 1420 MHz radio continuum survey (Rohlfs et al., 1977) and 

Structure of the dust as indicated by the visual extinction the IR source detected within one of the bright rims of W 5 (Loren 

itour map of the present work with the structure of the CO and Wootten, 1978). The IR source lies within a distinct obscuring 

lecular clouds mapped by Lada et al. (1978) with similar region of Av~3™. In the same area, a heavily obscured, newly 

gular resolution (~8’), is shown in Fig. 7. Also shown in the formed star of early spectral type B5 V has been found (Cohen 

ne figure are the various emission peaks from the 1420 MHz and Lewis, 1978). 

lio continuum survey of Rohifs et al. (1977). 

A BHa and Av contour map of the main part of W 5 were LS a 

ived in a similar manner and are shown in Figs. 8 and 9 re- 

ctively. A correlation of the structure of the dust with the CO The picture emerging from the correlations of Fig. 7 is that of 

lecular clouds (resolution 8’, Lada et al., 1978) is shown in an Ht! loop structure (W 4) enveloped by dust and neutral material 
Pay 
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Fig. 9. Contour map of the visual extinction (Av) of light in the iegion of W S in units of mag. The resolution is 8/9. The photogra 


is from the red print of the Palomar Sky Survey 
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fragmented in distinct condensations. The existence of obscuring 
matter enveloping the optically visible Hu loop (W4) can be 
easily seen by inspecting the red Palomar Sky Survey Print (a 
casual star count will verify this) but the fragmentation of the 
obscuring region into condensations is evident only after the 
mapping of the distribution of the visual extinction (Fig. 6) and 
the correlation with the CO molecular condensations (Fig. 7). It 
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Fig. 10. W 5. An overall correlation 
of the obscuring clouds (solid lines 

of Av in units of mag; present work; 
resolution 8/9) the CO molecular ’ 
clouds (heavy dashed lines; Lada et a 
1978, resolution 8’) and the 1420 MH 
radio continuum peaks hatched areas 
(Rohlfs et al., 1977, resolution 8/9). 
The IR source (Loren and Wootten, 
1978) is also marked 


is believed that it is these condensations of dense dusty/neutra 
molecular complexes which provide the necessary environmen 
for the formation of stars. Indeed in W3, massive young O 
stars have already been formed (Fig. 4). It should be noted th 
there is no way to discriminate between a dust cloud lying — 
close proximity to the Hm region and a foreground absorbit 
cloud. However, the conjectural evidence of a physical inte 
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Hu/H1 dusty molecular complexes is quite 
and, in principle at least, provides a meaningful sequence 
vents leading to the formation of stars (see for example 
negreen and Lada, 1977). 

The visible loop structure of W 4 is a fairly common phenom- 
mm (galactic and extragalactic) and a number of them have 
eady been observed by various workers (see for example Davies 
ul., 1976; Lasker, 1977; Goudis and Meaburn, 1978; Meaburn, 
18). The W 4 loop has a diameter of the order of 80 pc, for a 
tance of 3 kpc, and this can be easily attributed to the pressure 
rted by the stellar winds from the hot O stars of the IC 1805 
Ster. 

Close associations between dust/CO molecular condensations 
i Hu knots are also discernible on the W S area (Fig. 10). The 
wly found IR source (Loren and Wootten, 1978) and the newly 
med young star (Cohen and Lewis, 1978) embedded in one of 
m (Fig. 10) further strengthen the hypothesis that these dusty/ 
lecular fragments are indeed the birthplaces of stars. It would 
interesting to see if future IR and molecular observations in 
W 3/W 4/W 5 region will support this hypothesis. 


knowledgements. We wish to thank Dr J. Meaburn for com- 
nting on the manuscript. We also wish to thank Professor 
Assad and his staff for giving us the opportunity to use the 
‘m Kottamia telescope, Egypt. 

One of us (CG) wishes to acknowledge a Post-Doctoral S.R.C. 
search Associateship and the other (N.W.) a S.R.C. Research 
identship. This work forms part of a nebular programme 
1erously sponsored by the S.R.C. 


ferences 


*tz, M., Elsisser,H., Weinberger, R.: 1974, Astron. Astrophys. 
34, 335 

tz, M., Elsasser, H., Poulakos,C., Weinberger, R.: 1976, Astron. 
Astrophys. 50, 41 


85 


Capriotti, E.R., Daub, C.T.: 1960, Astrophys. J. 132, 677 

Cohen, M.H., Lewis, R.R.: 1978, (preprint) 

Davies, R.D., Elliott, K.H., Meaburn, J.: 1976, Mem. Roy. Astron. — 
Soc. 81, 89 

Elliott, K.H., Goudis,C., Meaburn, J., Pilkington, J.: 1978, Astro- 
phys. Space Sci. 55, 475 

Elmegreen, B.G., Lada,C.J.: 1977, Astrophys. J. 214, 725 

Fazio, G.G., Kleinmann, D.E., Noyes, R.W., Wright, E.L., Keilik, 
M.I., Low, F.J.: 1975, Astrophys. J. 199, L177 

Furniss, I., Jennings, R.E., Moorwood, A.F.M.: 1975, Astrophys. 
J. 202, 400 

Goudis, C.: 1976, Astron. Astrophys. 48, 145 

Goudis, C.: 1978, Astron. Astrophys. 70, 635 

Goudis,C., Johnson,P.G.: 1978, Astron. Astrophys. 63, 259 

Goudis, C., Meaburn, J.: 1976, Astron. Astrophys. 51, 401 

Goudis, C., Meaburn, J.: 1978, Astron. Astrophys. 68, 189 

Higgs, L.A.: 1971, Catalogue of Radio Observations of Planetary 
Nebulae and Related Optical Data, Report NRC 12129, P.A. 
B. Vol. 1, No. 1, Canada 

Hughes, V.A., Viner, M.R., Kidd, A.M.: 1977, Monthly Notices 
Roy. Astron. Soc. 179, 525 

Ishida, K., Kawajiri, N.: 1968, Publ. Astron. Soc. Japan 20, 95 

Johnson, P.G., Terrett,D.L., Walsh, J.R.: 1979, Monthly Notices 
Roy. Astron. Soc. (in press) 

Lada,C.J., Elmegreen,B.G., Cong,H-I., Thaddeus,P.: 1978, 
Astrophys. J. 226, L39 

Lasker, B.M.: 1977, Astrophys. J. 212, 390 

Loren, R.B., Wootten, H.A.: 1978, Astrophys. J. 223, L81 

Meaburn,J.: 1978, Astrophys. Space Sci. 59, 193 

Meaburn, J., Mikhail, J.S.: 1979, (in preparation) 

Osterbrock, D.E., Capriotti,E.R., Bautz;L.P.: 1963, Astrophys. 
J. 138, 62 

Rohlfs, K., Braunsfurth, E., Hills, D.L.: 1977, Astron. Astrophys. 
Suppl. 30, 369 

Schulz, A., Proetel, K., Schmidt, Th.: 1978, Astron. Astrophys. 64, 
L13 

Sullivan, IJ, W.I., Downes, D.: 1973, Astron. Astrophys. 29, 369 


ae et sy er we 


acre 


RNS ae ee oe Oe ge SN ie 


Astron. Astrophys. 83, 86-94 (1980) 


La Solution ELP du Probléme Central de la Lune 


M. Chapront-Touzé 


Service de Mécanique Céleste du Bureau des Longitudes, Equipe de Recherche associée du CNRS 


77, avenue Denfert Rochereau, F-75014 Paris, France 
Received May 8, 1979 
The ELP Solution of the Main Problem of the Moon 


Summary. In a previous paper (Chapront-Touzé, 1974) and in 
our thesis (Chapront-Touzé, 1976), a former solution 7 for the 
main problem and its derivatives with respect to the constants: 

x3 = m, ratio of the sidereal mean motion n’ and v of the 
Sun and the Moon; 

x2 = IT, semi-coefficient of sin F in latitude; 

x = &, semi-coefficient of sin / in longitude; 

xé = e’, solar eccentricity; j 

x8, ratio of the keplerian semi-major axis of the Moon and 
the Sun related to v and 7’; 

x8, ratio of the mass of the Moon to the mass of the Earth— 
Moon system; have been obtained. This new paper deals with 
the improvement of the former solution T by a more convenient 
method for the resolution of the variational equations. The 
solutions so obtained are described. 

The variables are given in (2). They are also called h; 
(i = 1... 6). A first set of variational equations EF is described 
in Sect. I. The unknown variables are dh¥ (i = 1...6), small 
increments to the coefficients AF of the Fourier developments 
of the variable A, and 6v; and 6», small increments to the fre- 
quencies vy and v, of F and /. The previous method for solving 
the variational equations is described in Sect. II. The new one 
is described in Sect. HII. In this method, equations E* are 
written in (5) and after a substitution settled under the general 
form (6) in which P;* is a polynomial in 6A}, dv, dv, Equations 
(6) are separated into 2 groups in connection with the fre- 
quencies of the argument gf, the coefficient of which is Af. 
For the first group, the frequency is greater than lim (7) given 
in Table 2, coefficients of polynomial P;* are smaller than 0.5 
and af is almost equal to 1. We show that the other equations 
(group II) can be reduced to the same form after substitutions. 
The set of equations so obtained can be resolved by means of 
successive approximations. A difficulty remains concerning the 
coefficient of the argument 3D — 2F — /+ 3!’ of A. From 
Deprit et al. (1971), this coefficient is very small and we have 
chosen, in almost every case, to annul it. There remain 2 
equations to determine the coefficient of 3D — 2F — / + 31’ 
in m and they must be compatible. 

Sections V, VI, and VII deal with the results. 

ELP1900 has been computed with constants 1900 by im- 
proving solution T by means of the above described method. 
The reduced set of variational equations has been solved by 
successive approximations in three steps. The convergency of 
the processus is satisfying. The mean motions of perigee and 
node are given. 


The derivatives of ELP1900 with respect to the consta 
have been improved with the same method but the results 
far less accurate because of the small precision adopted in 
computation of the second members of the equations. 

ELP2000 has been computed with constants 2000. Ti 
departure solution 7; for the variational equations has be: 
computed with ELP1900 and its derivatives. The precision fo 
the computation of the second members has been increas 
by a factor 10 in comparison with ELP1900. Then Tj has be 
improved by the above described method. Tj is the so i 
proved solution. Then, from 7; new second members for th 
variational equations have been computed. The greatest cot 
rections to 7; given by the reduced set of variational equation 
are: —0/00011 cos (2D — 2F + 2/’) in x and 0700011 > 
sin (2D — 2F + 21’) in y which give a correction of 0/0002 
for the coefficient of sin (3D — 2F + 3/’) in longitude. Thes 
corrections have been added to Tj to give ELP2000. 

As a conclusion, we have two solutions ELP for the mai 
problem with different constants: ELP1900 and ELP2000. W 
can consider that internal precision for ELP2000 is less tha 
0/0002 in longitude (about 0.4 meter for the position of th 
Moon). A comparison of ELP2000 with SALE2000 (Henrarc 
1979) will be published next. 

Derivatives with respect to the constants have been com 
puted with a small precision for ELP1900. We hope to com 
pute soon derivatives of ELP2000 with an increased precisior 


Key words: lunar theory 


Dans un article précédent (Chapront-Touzé, 1974), nous nou 
proposions de déterminer une solution du Probléme Centré 
sous forme de séries de Fourier a coefficients numériques et d 
leurs dérivées par rapport aux constantes du probléme (x?) 


cos,. = a 2 = or 
> [4ent 2S Bi,..145%9| 08 (D+ nF +l Pee 
tycucta eh sin 
D, F, I, I’, qui restent littéraux, sont des fonctions linéaires d 
temps dont on donne numériquement les coefficients. Le 
variables utilisées étaient: 
y=e sin &, 
A=1+@0 


n, x = e cosa, p=ycosh, 


(2 
qe—y, Sine 


ou n, e, y = sin i/2, &, h, 1 sont des quantités osculatrices. L 


le du périgé fale longitude du noeud 4 et la longitude 
A sont rapportées au périgée du Soleil. Les autres 

s habituellement utilisées: longitude, latitude, 
rayon vecteur peuvent étre obtenues facilement a 

) ir de ces 6 variables. Les constantes (x?) sont au nombre de 


x? est le rapport m du moyen mouvement sidéral du Soleil 
iu moyen mouvement sidéral de la Lune v. 

x8 est la moitié du coefficient 2F du terme en sin F de la 
x8 est la moitié du coefficient 2 du terme en sin/ de la 
gitude. 

x2 est l’excentricité du Soleil: e’. 

x2 est le rapport « = ao/a’ oli ao et a’ sont les demi-grands 
s de la Lune et du Soleil liés 4 v et n’ par les relations 


“ = k(ms + mr + mz) 
} = k(mr + mz) 
k est la constante de la gravitation universelle. Donc: 


+r ls 


Ms + my, + Mr 
x8 est le rapport p = m,/(mr + mz). 


us avions obtenu, alors, pour la solution semi-numérique: 
cos ,. ‘ : 7 
Met . (i,D os inF sic isl +s il’) (3) 
4 sin 


: premiére solution dont la précision était évaluée, avec un 
| d’optimisme, 4 0701 en longitude. La méthode utilisée 
it, au début, purement itérative. Puis, devant le manque 
convergence de cette méthode, surtout pour les petits 
iseurs, nous Il’avions couplée A une méthode de variations. 
s tard (Chapront-Touzé, 1976), une premiére solution pour 
dérivées, c’est-a-dire pour les coefficients Bj, .,, a été 
enue, par une méthode analogue, mais avec une précision 
n moindre. Depuis, nous avons pu accroitre considérable- 
nt la précision de notre solution, surtout de la solution 
1i-numérique, par une meilleure résolution du systéme des 
ations aux variations. C'est l'objet du présent article. 


Les équations aux variations 


considére le systéme des équations différentielles du prob- 
ie pour les 6 variables (2) sous la forme: 


= Hah) (i=1 


H, est de la forme m?H{ pour i = 1...5 et Ay + m?H pour 
6. Les Hj sont de lordre de 'unité, m vaut environ 0,0748. 
signons, maintenant, par (A,) une solution approchée de la 
ution exacte (A, + 5/,) toutes deux sous la forme (3). A la 
ution (4,) sont associées les fréquences vp et v, de Fet /; a 
+ 8h.) sont associées vp + dvp et v, + 5y,. Les fréquences 
D et I’ sont des données du probléme. Posons, de facon 
érale: 


h) = SF) SO ot 
F représente H, dh, h. 


--6,j = 1...6 


ae Ye aa ee ee ee ah 


En linéarisant et en identifiant terme a terme, on associe a 
chaque argument non nul I’équation EF 


72 aon =e Ss ~ [357 oH Bhy) —- 


k 
si 5h; 


— hk = ~ H¥(h,) 
Ve 

ou v, représente la Sguosiiees de l’argument ¢¥, [ ]” le coeffi- 
cient de l’'argument gf du crochet; 6», est une combinaison 
linéaire de dvp et dv, On ajoute a ce systeéme 5 équations 
supplémentaires obtenues de la facon suivante: On ne veut pas 
de termes séculaires dans les 5 premiéres variables, donc le 
terme constant de 


5H; 
H,(h;) + 2 Fh, 5h; 


pour i = 3 et 5 doit étre nul. Pour / = 6, il doit étre égal a 1 
car le moyen mouvement sidéral de la Lune est pris comme 
constante d’intégration et comme unité. D’ou les équations 
E?' @ = 3 et 5) 


3H. 
pin) = my 
et E8 

3H : 
[San i 5h,|° = 1 — H%Xh,). 


L’ajustement du terme en sin/ de la longitude L sur la 
constante 2& et du terme en sin F de la latitude Y sur la con- 
stante 2’ donne les équations E9 et E3: 


SL 
[ss = an)” ey aT, 
et 

Tem seem 
be ch, = 2F — Wh). 


Cas des dérivées 


Considérons maintenant les solutions (A,) et (A, + 5/,) sous la 
forme complete (1) et posons: 


F, = Fo + > Fi,w8Xe 

w 
F remplacant H, 5h, h. vp et v;, s’écrivent de méme: 
Vp = Vrp,o + > Vp, wOX?,. 

w 


yi Ve 2 2 M1,w0Xt- 


La fréquence d’un argument gf s’écrit donc: 


ye = Ve,O + = Vic, wOX dy. 
w 


Nous supposons maintenant la solution semi-numérique (/;,,o) 
suffisamment bien déterminée et nous cherchons 4 améliorer 
les dérivées. La solution exacte est donc de la forme: 


: 
hy, + 5h, = hig + > (Ayo + 5h, ~)dxo, 


et la fréquence d’un argument de la forme: 


My, + bu, = Ve,o + 2 Wr,s0 -— Sv, w)OXD- 


Pour chaque dérivée par rapport 4 la constante x2 et pour 


} 


So Re Re ee eee 


ge 
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chaque argument non nul, on obtient I’équation aux variations 
Efs 


My 1 [dAi,o (ke) 
k ant 
Sh + se Baw ase Sh; | 
See, 5 —— Hl) — 2 i Ko. 
VK,O 


Les équations supplémentaires F?,, (i = 3, 5, 6) s’écrivent: 


8Hi;,o ©) 
[ dh; Shy.o| = why). 
Posons 
L(h;) = Lolhj,0) + > Lwdx%, 


Uh;) = Uo(h;,0) sir > Uy Ox°,. 


Les accroissements de & et I’ étant représentés dans notre 
systéme de constantes par 6x8 et dx8, les équations E°.,, et 
§.w 8 écrivent respectivement 


[> ue Shy;, a = 283 — (Ly) 
j 


dU P 
Shi, ae 
> ae, 
d*% étant le symbole de Kronecker. 

On constate que les coefficients de l’équation EF et des 
équations Ef.,,, quel que soit w, sont les mémes. Seuls changent 
les seconds membres et la signification des inconnues. 


= 282 — (My) 


II. Méthode primitive de résolution des équations aux 
variations 


Pour la solution semi-numérique, nous avions (Chapront- 
Touzé, 1974), résolu le systéme des équations aux variations 
en limitant le nombre des inconnues par une condition sur les 
seconds membres. Pz, étant une quantité choisie en fonction de 
la précision que nous souhaitions atteindre et avec le souci de 
réduire le plus possible le systéme, nous ne conservions que 


les inconnues telles que: 


k 
|-m = | p, (4) 

VE 
pour i = 2...6, ainsi que les 6h¥ de méme argument que les 
dhE retenues, dvr, 6%, et les termes constants des variables n, 
x, p. Les autres inconnues étaient supposées nulles et le systeme. 
réduit aux équations associées aux oh} retenues et aux 5 équa- 
tions supplémentaires. Une étude faite lors de la derniére 
itération avait montré que les résultats, pour certains petits 
diviseurs, étaient trés différents selon la valeur de P2 choisie 
(Pz = 510-?° rad et 1 10-1° rad). Des résultats encore diffé- 
rents avaient été obtenus en prenant P, = 510~1° rad et en 
ajoutant aux inconnues sélectionnées par (4) les dh? telles que, 
en supposant ces inconnues égales au second membre de 
léquation E7 correspondante, elles modifient de facon signifi- 
cative les seconds membres des équations Ef déja retenues 
(Chapront-Touzé, 1976). La solution T ainsi obtenue avait 
été comparée a la solution ALE (Deprit et al., 1971). Le 
Tableau 1 donne les plus gros écarts en longitude autres que 


ceux provenant de différences de constantes. Pour les équations 


Tableau 1. 

Argument T-ALE 
2D — 2F + 21’ 070212 
D-I+l' —0,0084 
2D — 21 + 21’ 0,0047 
T+ 1 0,0034 
D+/i4+l 0,0016 
4D — 2F — 21+ 4I’ 0,0013 
3D -2+1' —0,0013 
D-II’ —0,0012 


aux variations des dérivées, la méthode de résolution | &t] 
semblable, la condition (4) étant remplacée par: } 


ew View 
—h*., —— HE.(h;) = ht = Pee 
Vk,O Veo 


P; étant pris beaucoup plus gros que Ps (Pz = | 10~*). « 
désignera dans la suite cette solution par 79. 


III. Seconde méthode de résolution des équations aux 
variations 


Soit un systéme de la forme q 
AXi= B 


ou A est la matrice carrée des coefficients, X la matrice colont 
des inconnues, B la matrice colonne des seconds membre 
Si A est de la forme 


=1+'A 


ou Jest la matrice unité, A’ une matrice de coefficients suffisan 
ment petits, on pourra en déduire: 


xX = BU — A+ A® —...,) 


ou bien résoudre le systéme par approximations successives € 
partant de 


Ap) = Bi Pulse Xa = Be VAGX a ss 


Ceci n’est valable que si les coefficients de la matrice A’ so 
suffisamment petits. Le principe de la seconde méthode est ¢ 
ramener le systéme des équations aux variations a un systén 
de cette forme. 

Considérons une équation E mise sous l’une des form 
suivantes: 


dhe + Pk = BY 
k 
ang — “+ Ps = Bi ( 


ou PF (i = 1...6) est un polynéme en 6h}, dv, dy. En rempl 
cant dh¥ par —P* + BY, on obtient pour les équations 1 
(i = 1...6, k # 0) la forme générale suivante: 


of She +P" = BF ( 


ou P;* est un polynéme en dh}, dvr, dv. La taille du plus gr 
coefficient de P;* dépend de la valeur de »;,. Si v; est de lord 
de 1, c’est A dire si l’argument g/ est de fréquence mensuell 


é 


ients de P;* sont inférieurs 4 510-2 et ek est trés 
; de 1. Par contre, si v, est petit, certains coefficients de 
nt nettement supérieurs a l’unité. Par exemple, pour 
juation associée a l’argument 2D — 2F + 2/’ de A 


teas tee 


‘= 292, ... Oxap-oF sr —- 291,... dysp orev 
y+ B86,... OAagp -2F +2r +s 


ur I’équation associée a l’argument 2D — 2F + 21’ de x, 
= —0,008043v 


| 
: 


= —1,2865x25-oF +41 + 1,2868x25-27 — 1,2868y25-2F + av 


y+ 1,2868y25-oF + 0,507byo5-oF+ar... 


atiquement, nous avons séparé les équations en 2 groupes. 
ans le groupe I se trouvent les équations associées a des 
guments gf tels que: 


> lim (i) 


yur i = 1...5, lim(i) est égal au plus gros coefficient des 
rivées (0H,/0h;) (j = 1... 6), lim (6) est égal a la racine carrée 
1 plus gros coefficient des dérivées (0H,/0h;) (j = 1... 6). Les 
leurs de lim (7) sont données dans le Tableau 2. L’unité de 
équence est le moyen mouvement sidéral de la Lune. Un 
Icul rapide montre que pour les équations du groupe I, les 
efficients de P/* sont inférieurs a 0,5. af est trés voisin de 1. 
ans le groupe II se trouvent lés autres équations y compris 
s équations supplémentaires. 

_Pratiquement, pour déterminer les équations du groupe II, 
dus N’avons pas recherché tous les petits diviseurs ¢¥ possibles, 
ais seulement ceux que nous avions rencontré en calculant 
s seconds membres des équations différentielles avec une 
écision de 10-*% rad. La 4° colonne du Tableau 2 donne le 
ymbre d’équations du groupe II associées a chaque variable. 
ésignons par aj, le plus gros coefficient du polynédme P;* 
Jur une équation du groupe II. Si l’équation associée a la 
iriable 5h}, appartient au groupe I, on peut remplacer, dans 
polynéme P(*, dh}, par sa valeur tirée de l’équation (6): 

h, i 1 Bi, od, (7) 
le polynéme P;* est remplacé par un polynéme dont le 


femier coefficient est plus petit. En répétant l’opération un 
. 


ableau 2. 
lim (i) nb. eq. gr. Il , 
n 0,04938 15 
x 0,02068 9 
y 0,02068 9 
Pp 0,00800 4 
q 0,00800 4 
A 0,22280 76 
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certain nombre de fois, on obtient, a la place des équations du 
groupe II, des équations de la forme 


of*Bht + OF + Pre = BY 


ou les coefficients du polynédme P/* sont inférieurs a une 
quantité e que l’on s’est fixé et ol QF est un polynéme des 
variables associées aux équations du groupe II, de dv,p et de 
dv, dont les coefficients sont tous supérieurs a e. Plusieurs cas 
sont a considérer. 


Cas des variables I et 6 (n et X) sauf pour Pargument 
3D —-2F—/1+ 3I’ 


Pour les équations associées a ces variables, le coefficient «/f 
reste voisin de 1 (cas 1) ou atteint une valeur voisine de | dés 
la réduction des plus gros coefficients (cas A). Nous avons 
considéré qu’il était suffisant de prendre e = 0,25. Nous 
n’avons pas trouvé de polynémes Qf. On arrive donc aprés 
réduction a des équations du type I. I] faut noter que le nombre 
des réductions atteint 415 pour l’équation associée a l’argument 
2D — 2F + 2’ ded. 


Cas des variables ngp-oF=i+av et Asb =2F-i+9r 


Pour cet argument, v, = 0,000409y, soit environ 20 fois plus 
petit que pour l’argument 2D — 2F + 2/’. Si l’on applique 
la méthode précédente, le nombre de réductions nécessaires 
devient trés grand et le temps de calcul sur ordinateur prohibi- 
tif. Nous avons da nous résoudre a traiter le probleme d’une 
autre facon pour cet argument. L’équation en 6n a été réduite 
jusqu’a ce que les coefficients du polynéme P/* soient inférieurs 
a 0,2. L’équation se présente alors sous la forme: 


1,000466ng5 - oF -7+s1 + 0,000805As5-oF -7+37 + Pn = Br (8) 
ot les coefficients du polynéme P,, sont inférieurs a 0,2. C’est 
donc une équation du type I. L’équation en 5A sous la forme 
(5) s’écrit: 

SAsp- oF -T+3v — 2459,578ngp-oF -i+av + Pa = By 

En divisant par le coefficient de 5”, on obtient l’équation: 
8ngp-oF-T+3av — 0,000415A35 - aF-T+ ar + Px = By (9) 


ot les coefficients du polynéme Px sont au plus de 0,02. On 
obtient, ainsi, une seconde équation du groupe | associée a 
dnsp -2F-i+a1, Mais aucune équation associée a dA3p-oF-T+ar- 
Il faut noter que cet argument ne figure, pour la longitude, ni 
dans ILE (Eckert et al., 1954), ni dans ALE (Deprit et al., 
1971), ni dans SALE (Henrard, 1979). D’aprés Deprit et Rom 
(1971), le terme le plus élevé du développement analytique du 
coefficient de l’argument 3D — 2F — / + 3/’ de la longitude 
est (315/128)maey?e soit 0500000019. 


Cas des variables 2 et 3 (x et y) et 4 et 5 (p et q) 


Pour les équations associées a ces variables, on obtient aprés 
réduction des plus gros coefficients une corrélation entre les 
inconnues 45x et dy de méme argument, ou dp et dg de méme 
argument. La corrélation est d’autant plus accentuée que la 
fréquence v, est plus petite. Par exemple, pour les équations 
associées Al’argument 2D — 2F + 2/’ dexet y(v, = —0,00804y), 
on obtient: 


0,98038 x25 - 2F+av + 1 ,0221 byep- aF+2i +... 
1,02268x25- aF+ar + 0,98048yo5 =3F4+9h T ass 


— 


—— oe 
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soit pour le déterminant A des 4 coefficients la valeur 0,0839; 
alors que pour les équations associées a l’argument D — 2F + 
1+’ de x et y (% = —0,01649v), le méme déterminant A 
vaut —0,7207. Pour les variables p et g, A vaut au maximum 
0,18000. Ceci nous a amenée a prendre pour ces équations 


Onl 
ee 

Pour un certain nombre de ces équations, le polyndme QF 
n’est pas réduit au seul terme en dx ou dy (ou dp ou dq) de 
méme argument. Deux cas sont a considérer: Pour l’équation 
associée A Xop_oF+27, par exemple, le polyn6dme QF — 
1,0228 yop - oF +21 S’écrit: 


0,0422dnsp-oF-i+3r — 0,04180n5-oF +741 


+ 0,01158p2p-F-i+2r- (10) 


Les équations réduites associées 4 ngp_-oF-i+av et ND-oF+i+v 
ne comportent pas de polynéme OQ et, pour |’équation associée 
a Pop-F-i+2r, il est réduit a 0,9036g05_7_i+2”. Si nous rem- 
placons, dans Eq. (10), les variables 5735-27 -7+31, OND-oF +140 
et 6pop-F_i+21 par leur expression tirée de leur équation asso- 
ciée réduite, le polyndme Q¥ — 1,022dyo5-o7+2, aura ses 
coefficients inférieurs a e, qui vaut ici 0,00839, donc s’ajoutera 
au polynoéme P;’*. Ce cas est également celui des équations 
associées aux variables yop - oF +21, XaD-2F - 21441, YaD-2F-21+41's 
Xsp-4F-i+sv, Vsp-4F-i+5v. L’autre cas a considérer est celui 
des équations associées 4 xp_j+1, YD-T+15 

qui s’écrivent respectivement aprés réduction: 


0,98058x5_i47 — 0,9705Syp_74; — 6,26148», + Pi = BS (11) 
0,98058y5-741 — 0,97088x5-7+1 — 6,26298y, + P = Bs (12) 
1,00128p5-F41 — 0,99318q5-F4r + 11,17698vp + Py = Bi 
(13) 
0993 23p52Fsp tll litlere ee Pa ee 
(14) 


ou les coefficients de P2, P3, Pz, et Ps sont inférieurs 4 0,12. On 
associe ces équations aux deux équations supplémentaires E$% 
et E§. Aprés réduction de quelques coefficients, ces Equations 
s’écrivent: 


Po-F+> WD-F+V 


1,001269g5-F47 — 


8xp-i+v + Syp-t4r + PY = By? 
Spp-F+v + Sqp-F+1 + Pe? = Bee. (16) 
Les coefficients de P;° et P%° sont inférieurs a 0,07. Un calcul 
rapide montre qu’en résolvant le systéme des Eqs. (11), (12), 
et (15) en 8x5_i+1, Syp-7+1, 6% ON Obtient des Equations du 
type I pour ces variables. De méme, en résolvant le systeme 
des Eas. (13), (14), et (16) en 5p5_ 741, 695-7+1, Svp On Obtient 
des équations du type I pour ces variables. 


(15) 


Cas des autres équations supplémentaires 

Les équations £8 et E8 s’écrivent respectivement: 
0,0040776xo + P§ = BS 

0,004122dp) +. PS = Bg. 


Aprés réduction des polynémes P3/0,004077 et P8/0,004122, on 
obtient les équations 


8X0 an Pe = Boe 
po + P& = BY 


qui permettent de déterminer 5x et po, les coefficients de | 
et Po étant inférieurs a 0,1. , 
L’équation £8 s’écrit: 


100548 + Pe = BS 


permet de déterminer 67. 

Aprés réduction, toutes les équations du groupe II @ 
été finalement ramenées a des équations du groupe |. On Pj 
alors résoudre le systeéme obtenu par approximations suce| 
sives: Soit 


She + Py = BE 


if 


ce systéme ou les ‘coefficients des polynémes P;* sont inférie i 
a 0,25 pour lespetits diviseurs et 0,5 pour les autres. U} 
premiére approximation est obtenue en prenant 


on — BE. 


On peut éventuellement, pour cette premiere approximatic 
ne retenir que les plus grosses corrections. La seconde appro: 
mation et les suivantes sont obtenues en prenant: 
dhk = BE — Pik / 
la valeur des polynémes P;* étant calculée a partir de Vappro: 
mation précédente. 


IV. Mécanisme pratique de la réduction et précision des 
coefficients 


Procédons a la réduction d’une équation du groupe II te 
que nous l’avons décrite en III. Pour cela, nous considéro 
Vinconnue 64;,, dont l’équation associée appartient au grou 
I, de plus gros coefficient aj, dans le polynéme P;* et nous 
remplacgons, dans ce polynéme, par l’expression (7). Le secoi 
membre de l’équation (6) devient: 

ar 
Be — = BA. 

Hh 
Soit aj, le coefficient le plus élevé du nouveau polyndéme J 
obtenu. Aprés réduction, le second membre de I’équation ( 
devient 


1 2 

a; Qa 

yah v1 J2 nro 
Be — 2 Bt —* pe. 

ee 42, 


En conservant la suite al,/at,, aj,/aj, des coefficients 
réduction, on peut, pour de nouveaux seconds membres « 
systéme initial, calculer les seconds membres du systéme d 
équations réduites sans refaire la réduction des coefficien 
Ceci est valable, en particulier, pour le systéme des équatio 
aux variations des dérivées dont les coefficients sont les mém 
que pour la solution semi-numérique. 

Les coefficients des équations aux variations du groupe 
avant réduction ont été calculés avec une précision absol 
e’ de 10-* pour les équations en x, y, p, g, et les équatio 
E25 -2F +21" et EP-T+Y et de 10-8 pour les autres. La réducti 
de ces équations a été faite de telle sorte que, loraee dans 
polynéme P;* on remplace un 8A}: de coefficient ajt De u 
expression du type (7), les coefficients du polyndme ‘ait Hes J 
soient caleulés avec la précision e’. Enfin, toutes les variabl 
dh}2 figurant dans le polynéme P;" avec un coefficient supérie 


Ae ian : si 
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at été prises en compte pour la réduction, méme si les 
ids membres des équations Ej! associées a ces variables 
nuls a la précision de nos calculs. Cette méthode de 
Jution du systéme initial des EF ne revient donc pas a 
‘une troncature au niveau des seconds membres, comme 
1s la premiére méthode que nous avions utilisée. 


_ La solution ELP1900 


tte solution a été calculée a partir des constantes 1900 
ivantes. 
— Moyen mouvement sidéral de la Lune: 


= 1 732 559 353:56 par siécle julien 
Pxtoven mouvement sidéral du Soleil: 
= 129 597 742738 par siécle julien 
'— Coefficient du terme en sin / de la longitude: 
= 22 6395550 
— Coefficient du terme en sin F de la latitude: 


'= 18 4615400 


— Excentricité du Soleil e’ = 0,01675104 
— Rapport mz/m, = 81,30, d’ot 


/(mp + mz) = 0,01215066828675 
— Rapport ms/(my + m,) = 328 912, ce qui donne 
¢ + m,)/(ms + mp + my.) =.0,3040317647 10-°. 


bleau 3. Corrections 4 7o. Etape 1 


Tableau 5. 
2° membre 2° membre 2° membre 
av. COrr. ap. corr. ap. COrr. 
Eq. (8) 0,82 10-° 0,80 10-2° 0,82 10-29 
Eq. (9) —0,55 10-3 0,62 10-12 —0,38 10-32 


Les seconds membres du systéme des équations aux variations 
avant réduction sont les mémes que pour la solution T. Ils 
proviennent du calcul des seconds membres des équations 
différentielles du probléme central a partir d’une solution 
approchée 7p, avec une précision générale de troncature des 
séries de 10~1° rad (2”10~®). Mais, ici, les équations aux varia- 
tions ont été réduites selon la seconde méthode. A la premiére 
étape, nous avons obtenu, a partir des seconds membres des 
équations réduites, des corrections a la solution 7) dont nous 
n’avons retenu que les 5 plus importantes (Tableau 3). 

A Vétape 2, nous avons substitué les 5 corrections précé- 
dentes dans les polynémes P;* du systéme (17). Nous donnons 
dans le Tableau 4 les corrections 4 la solution 7p supérieures 
a 070002 obtenues a l’étape 2. Pratiquement, nous avons 
conservé toutes les corrections supérieures a 0700001. 

L’étape 3, obtenue en substituant 4 nouveau ces corrections 
dans les P;* apporte par rapport a l’étape 2 des corrections 
valant au plus 0700006 ce qui montre une convergence satis- 
faisante du processus. 


Cas de X35 -2F -i+av 


Dans la solution To, le coefficient de ce terme est 0700050. 
Pour la solution ELP1900, nous l’avons conservé tel quel car 
d’aprés le paragraphe III, nous ne sommes par en mesure de 
calculer sa correction. Le Tableau 5 donne les valeurs des 
seconds membres des Eqs. (8) et (9) donnant 835-2F-i+ar, 
avant correction (1° colonne), au terme de l’étape 3 (2° colonne), 


Argument Coefficient en imposant en plus a A3p-2F-7+3 la correction —0%00050 
g 3 qui annule son coefficient (3° colonne). 
2D — 2F . 2! — 003021 Il n’y a pas de compatibilité numérique entre les 2 équations 
D-I+! i 0,01929 mais les valeurs trouvée sont trés certainement au dela de la 
2D — 21 + 21 : —0,00774 limite de notre précision. 
ater = | + fs 0,00186 La somme de la solution de départ 7) et des corrections 
3D — 2F—I + 31 0,00786 apportées par la nouvelle méthode au terme de l’étape 3 
bleau 4. Corrections 4 To. Etape 2 
Argument Coeffi- Argument Coeffi- Argument Coefficient 
> cient cient 
2D — 2F + 2!’ — 002877 6A 2F — 2I’ — 000047 éy 4D — 2F — 2] + 4l’ 0700024 
B-1+l' 0,01929 6x 3D—2F-—1+5l’ —0,00039 6x 3D-2F+I' —0,00023 
2D — 2] + 2I’ — 0,00774 dy 3D —2F—1+5l’ | —0,00039 déy 3D-—2F +1’ 0,00023 
3D — 2F — 1+ 31’ 0,00180 dy 2D — 2F + 2I’ —0,00036 
3D — 2F — 1+ 3!’ 0,00780 dS BD+I-l 0,00034 pnité = v 
4D —2F—-21+4l -0,00076 SA 3D-—1+T' —0,00033 $n 4D —2F + 2I’ 0,20 10-8 
3D -—-2F-—1+l 0,00063 bx 0 — 0,00029 én D+I-I’ 0,13 10-8 
3D —-2F-—1+ 1’ —0,00063 6A 2D+2F-—41+/'  —0,00025 én 3D-—1+TV —0,12 10-8 
2F — 21 0,00048 SA D-2F+/1+I —0,00025 6n 2D — 2F + 2!’ 0,10 10-® 
4D — 2F + 21’ 0,00087 8x 4D-—2F-21+ 4!’ 0,00024 &y, —0,10 10-49 
bvp —0,10 10-29 


ae eS eee 
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Tableau 6. 

Argument ELP1900-ALE 
2D — 2F + 2!’ 070004 
D-I+Tl 0,0058 

2D — 21 + 2I’ — 0,0003 

[+1 0,0005 
D+I+I 0,0017 

4D — 2F — 2] + 2!’ 0 

3D — 274+ 1’ —0,0012 

D-I' —0,0014 


constitue la solution ELP1900. Les moyens mouvements de la 


longitude du noeud / et de la longitude du périgée w sont: 


% = —6 967 18071376 par siécle julien 
= 14 642 61473724 par siécle julien. 


On donne, dans le Tableau 6 les différences entre ELP1900 et 
ALE pour les arguments figurant dans le Tableau 1. La solu- 
tion ELP1900 est plus proche de ALE que la solution T. II 
faut noter ici que ELP1900 présente des différences notable- 
ment plus petites avec SALE1900. 


VI. Les dérivées de la solution ELP1900 


La précision avec laquelle nous avons obtenu les dérivées est 
de beaucoup inférieure a la précision de la solution elle méme. 
La solution de départ TP avait été obtenue au terme de 6 
itérations, les 2 derniéres comportant des corrections par la 
premiere méthode. A partir de 7), nous avons calculé les 
seconds membres des équations différentielles avec une pré- 
cision de 10~” en unités absolues, puis les seconds membres 
des équations réduites selon la méthode décrite en IV. Le 


Tableau 7. Corrections a T? 


Tableau 7 donne les principales corrections (supérieu 
10-*) en unités absolues apportées a la solution TQ. 
Nous utiliserons pour les dérivées l’unité absolue. C’est ad 
que pour calculer une coordonnée en secondes sous la forn 
(1), les Bj,...:, étant exprimés en unités absolues, il faut expr 
les 5x? en secondes. 
Le Tableau 8 donne 4 titre indicatif la valeur du plus gerd 
terme de ces dérivées. 


Cas de Asp -2F -i+3v “4 


Pour les dérivées par rapport a e’ et «, la solution T¢ présenta 
des termes en Asp_er-i+31 avec un coefficient important 
Nous ne sommes pas en mesure de calculer de corrections 
ces termes par la méthode que nous utilisons. Compte tenu 
la référence que nous avons citée en III, les coefficients exa | 
sont certainement beaucoup plus petits et méme au dessou 
de la précision que nous souhaitons atteindre. Nous avon 
décidé d’annuler ces coefficients. Les corrections pot 
A3b-2F-i+31 Qui figurent dans le Tableau 7 ont donc été prise 
arbitrairement égales a l’opposé du coefficient de ce term 
dans 7@. Les valeurs des seconds membres des Eqs. (8) et ( 
donnant 6”35-2F-i43, sont données dans le Tableau 9. Ce 
quantités, aprés correction, sont inférieures a la précision qu 
nous pouvons atteindre. Cette précision est elle méme diffici 
a évaluer. Compte tenu d’expériences numériques faites pot 
la solution ELP2000 que nous verrons plus loin et de la valet 
des corrections du Tableau 7, nous pourrions espérer uf 
précision de p 10-5 pour les dérivées par rapport a m, I, 
et » et p 10~* pour les dérivées par rapport a e’ et a, p etal 
de l’ordre de quelques unités. Mais cette précision est certal 
ement altérée par la trop faible précision de troncature dé 
séries utilisée pour le calcul des seconds membres du systen 
différentiel. 

Le Tableau 10 donne la valeur des dérivées des moyel 
mouvements rapportés a v. 


Argument Coefficient Argument Coefficient 
dérivée/m dérivée/e’ 
bx 0 0,00025 én 3D —-2F—1+ 31’ — 0,00062 
oA I’ 0,00053 on D — 2F + 31’ 0,00018 
6A 2D —-—21+T —0,00024 ox 2D — 2F + 2!’ 0,00402 
ox 2D — 2F + 2!’ —0,00016 ox 2D — 2F + 4l’ 0,00061 
OA D-II 0,00012 Ox 0 —0,00013 
oie ; Sy 2D =\2F + 21 —0,00403 
dérivee/P Sy 20 = 2F ar 0,00061 
pas de correction > 10-4 ax PUD en ee ea 0,00344 
dérivée/é “ih Sade aig ies eee 
8x 2D — 2F + 21 0,00056 8A Di ge Ee ks age 
Sy 2D — OF + 21’ —0,00056 oA D— 2F + 31’ —0,00040 
oA [- —0,00021 
dérivée/u oA 2D — 2F + 21’ —0,00013 
pas de correction > 1074 
dérivée/a 
op 2D — F-—14 2!’ —0,00063 
éq 2D — F—1+ 2!’ 0,00069 
oA 3D = OF —1+ 3I 0,05993 
—0,00329 


dA D-I+l 


ae * 
leau 8. Plus gros terme de chaque dérivée 


Dérivée/m Dérivée/& 


—0,3700 


Dérivée/T 


Dérivée/e’ 


—0,0513 
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Dérivée/a Dérivée/p 10~% 


—0,0120 0,0633 
—0,1025 0,5405 
—0,1024 0,5403 
—0,0007 0,0038 
—0,0007 0,0038 
—0,0336 0,1778 


0,4233 —0,0094 0,9877 0,0576 
—0,4234 —0,0094 0,9878 0,0576 
0,0143 1,0050 0,0052 —0,0035 
—0,0143 1,0050 0,0052 0,0050 
—0,4546 0,0128 0,1056 —0,1922 
bleau 9. 
rivée/ 2° membre 2° membre 
‘ av. corr. ap. corr. 
Eq. (8) —0,17 10-5 —0,19 10-5 
Eq. (9) —0,18 10-® 0,51 10-8 
Eq. (8) 0,31 10-8 0,33 10-8 
Eq. (9) 0,25 10-7 0,99 10-8 
Eq. (8) —0,26 10-5 —0,95 10-§ 


Eq. (9) —0,11 107° 0,16 10-§ 
Eq. (8) —0,62 10-8 —0,42 10-® 
Eq. (9) —0,63 10-3 —0.11 10-8 
Eq. (8) 0,34 10-4 —0,13 10-4 
Eq. (9) —0,25 10-4 0,10 10-¢ 
0-3 Eq. (8) 0,27 10-& 0,35 10-8 
Eq. (9) 0,63 10-8 —0,18 10-6 
bleau 10. 
rivée/ Vp, ee 
—0,1038394 0,3110818 
0,0006688 —0,0044824 
—0,0012982 —0,001 1022 
—0,0001786 0,0010588 
—0,0000374 0,0000507 
0-8 0,0002210 —0,0004193 


[. La solution ELP2000 


tte solution correspond aux constantes suivantes voisines 
constantes 2000. 
— Moyen mouvement sidéral de la Lune: 


= 1 732 559 343718 par siécle julien 
— Moyen mouvement sidéral du Soleil: 
= 129 597 742%34 par siécle julien 


— Les coefficients des termes en sin / de la longitude et en 
F de la latitude ont été pris égaux 4 ceux de 1900 soit: 

= 22 6397550 

= 18 4617400 

— Rapport m,/my + m, = 0,012150568 

— Rapport (my + m,)/(ms + my + m,) = 0,3040423956 10~° 
~ Excentricité du Soleil: 
= 0,01670924. 


1e solution de départ 7; a été calculée a partir de ELP1900 et 
; dérivées. Les seconds membres des équations différentielles 


du probléme central pour la solution 7; ont été calculés avec 
une précision générale de troncature de 10~1* (soit 2”10~°) 
soit un facteur 10 par rapport au calcul analogue pour la 
solution ELP1900. Nous avons utilisé les coefficients du systéme 
des équations aux variations, et donc des équations réduites, 
calculés pour 1900. Les seconds membres des équations 
réduites ont été calculés a partir des seconds membres des 
équations différentielles selon la méthode décrite en IV. Le 
systéme ainsi obtenu a été résolu par approximations suc- 
cessives comme pour la solution ELP1900, en 4 étapes. La 
convergence de ce dernier processus est de méme qualité que 
pour ELP1900. Nous n’y reviendrons donc pas. Nous donnons 
dans le Tableau 11 les corrections supérieurs a 070001 ap- 
portées a la solution 73 par la méthode des variations. En fait, 
nous avons conservé toutes les corrections supérieures a 
BenOr es 


Cas de X35 -2F-i+sv 


Comme pour les dérivées de la solution ELP1900, nous avons 
admis pour correction sur le terme Agp-2F-7+3, une quantité 
annulant le coefficient de ce terme. Le Tableau 12 montre 
l’évolution des seconds membres des Eqs. (8) et (9) donnant 
6nsp-2F -i+s avant et aprés correction. 

A partir de la solution améliorée obtenue 7;, nous avons cal- 
culé a nouveau les seconds membres des équations différentielles 
avec la précision générale de troncature de 10~ !*, puis, toujours 
par la méme méthode, les seconds membres des équations rét- 
duites. Nous donnons dans le Tableau 13 les corrections a la 
solution 7y supérieures a 0700001 ainsi apportées. La correc- 
tion xo provient d’une erreur sur le coefficient de ce terme dans 
léquation réduite correspondante. Ce coefficient a été pris 
égal a 1,4913 pour le calcul de la solution 7y alors qu'il vaut, 
en réalité, 1,9826. Si l’on corrige ce coefficient, on trouve pour 
dxo dans le Tableau 11 —0,00027 qui est trés voisin de la 
somme des 5x9 figurant dans les Tableaux 11 et 13. Les correc- 
tions sur le terme d’argument 25-27 +2, de x et y deviennent 
alors les plus grosses corrections du Tableau 13. 

Il faut noter que les corrections apportées a ces termes dans 
la premiére amélioration (Tableau 11) étaient elles mémes les 
plus importantes du tableau et que les nouvelles corrections 
valent environ 7% des premiéres ce qui reste acceptable quant 
au processus de convergence de la solution. Les corrections 
bxXep-eF+av et Syen5-oF +27 du Tableau 13 produisent une cor- 
rection de 070002 sur le terme d’argument 3D — 2F + 3/’ de 
la longitude. 

La valeur des seconds membre des Eqs. (8) et (9) donnant 
535 -2F -i+sv figurent dans le Tableau 14. Ces quantités sont 
inférieures 4 la précision a laquelle nous pouvons prétendre. 
La somme de la solution déja améliorée 7j et des corrections 
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Tableau 11. Corrections a 


Argument 

6x 2D —2F + 2I’ 

dy 2D — 2F + 2!’ 

6A 2D — 2F + 2!’ 

6A 3D-—2F-—1+ 31’ 
6A SD -—2F-—1+4 31’ 
bx O 

dA DD - 2F-1+ 3!’ 
6x 2D —2F + 4’ 

dy 2D—2F + 4l’ 

6A D— 2F + 3!’ 


To 


Coefficient 
0700184 dp 
—0,00184 8q 
—0,00142 op 
—0,00051 éq 
0,00036 dx 
—0,00035 Sy 
0,00035 dx 
0,00029 éy 
0,00028 ép 
— 0,00026 éq 


, 


Argument Coefficient Argument 

4D — 3F —1+ 4l’ —0500017 bA BD-—2F +14 31 —07000tm 
4D — 3F —1 + 4l’ —0,00017 | 
Di hia ae le 0,00017 unité =v |) 
2D ~F—~1+2I’ +0,00017 «$n 5D—2F-1 +37 9e0nsiGgmee 
4D — 2F — 1+ 2Il’ —0,00016 én 2F — 1+ 31’ —0;14 10“ 
4D) > 2F = 1 41210, 70,00016 on DF EI y/ 0,50 10-9 jj 
2D —2F—1+4Il’ 0,00016 by, —0,59 10-19 7 
2D —2F—1+ 4!’ 0,00016 ovr 0,16 10-4 
Dhan —0,00012 / 
D- Fer —0,00011 4 


- Tableau 12. 


2° membre 2° membre 
av. corr. ap. corr. 
Eq. (8) 0,61 10-1° 0:25 10711 
Eq. (9) ~ 0,40 10-2° = 0127 1032 
Tableau 13. Corrections a Tj 
Argument Coefficient Argu- Coeffi- 
ment cient 
x 2D — 2F + 2/’ —0500011 x 21’ 0500001 
y 2D — 2F + 2!’ 0,00011 y 21’ 0,00001 
x 0 0,00009 
r D-I+l 0,00002 unité = v 
A 2D — 2F + 2/’ —0,00002 vy —0,98 10-1 
x 2D —2F + 4l’ —0,00001 Vp 0,20 10-18 
y 2D —2F + 4l’ —0,00001 
Tableau 14. 
2° membre 2° membre 
av. corr. ap. corr. 
Eq. (8) =0,11 10-2° —0,12 10-2° 
Eq. (9) — 0,26 10-12 —0,14 10-11 


du Tableau 13 constitue la solution ELP2000. Les moyens 


mouvements sont: 
— 6 967 16742643 par 


Il 


Vp, 


VG 


siécle julien 


14 642 53779368 par siécle julien. 


Conclusion 


Nous avons obtenu sur le probléme central de la Lune | 
résultats suivants: 
Une solution pour le systéme de constantes 1900: ELP190 
Une solution pour un systéme de constantes voisines d 
constantes 2000: ELP2000. 
Cette derniére solution a été calculée avec une meilleu 
précision que la solution ELP1900. On peut considérer qu 
précision interne est inférieure aux derniéres correctio 
apportées soit 0%0002 en longitude, ce qui correspond 
environ 40 cm sur la position de la Lune. Une comparaiso 
de cette solution avec d’autres solutions récentes, en particul 
avec SALE (Henrard, 1979) doit étre publiée ultérieurement. | 
Nous avons également obtenu des dérivées de la solutios 
1900 par rapport aux constantes avec une précision biel 
moindre. Nous envisageons de procéder prochainement at 
calcul des dérivées de ELP2000 avec-une précision accrue. Ce 
dérivées sont nécessaires, en particulier, pour l’ajustement d 
ELP2000 sur d’autres constantes 2000. 
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mmary. We study the effect of the interaction between a super- 
uster — as an asymptotical non-empty background — and a 
uster with independent dynamics. Some general results are 
tained subject only to the assumption of perfect-fluid type 
atter with small kinetic energy content. 

These results are applied to develop a generalization of the 
assical Emden sphere. Vlasov theory is used to describe the 
atter dynamics. Some interesting features of the solution are 
sscribed and discussed. 


ey words: stellar systems — dynamics — cosmology — 
usters of galaxies 


Introduction 


rom planets to super-clusters the universe seems to be hier- 
‘chical. Here a question appears: how a structure — i.e. its 
ynamics — acts on a sub-structure? How are the dynamics of 
galaxy embedded in a cluster, a cluster embedded in a super- 
uster, altered? One feels that the more accentuated is the 
mtrast of density between both structures, the smaller the 
fluence of the second on the first will be. For instance a star — 
ensity ~1 gcm~® — is surely not altered by its presence in a 
obular cluster — density ~ 10~?*. However, the density of a 
uster of galaxies runs from ~10~?° to ~10~%9; thus at the 
ige it falls to values of the same order of that of the super- 
uster. It then seems necessary to take the dynamics of this 
local background” into account. 

The problem is also an interesting theoretical one. It can be 
mulated in this way: 

What is the effect of an asymptotical expanding (or con- 
acting) background — instead of the Minkowskian back- 
round — on a spherical stellar self-gravitating system? 

Noerdlinger and Petrosian (1971) have simulated the in- 
uence of such a background evolution on the time-evolution 
f a more concentrated configuration, while in a certain sense 
isenstaedt (1975a, b, 1977), and earlier Einstein himself (1945), 
uudied this problem. However, Eisenstaedt’s approach is 
ssentially geometrical — with no apparent dynamics (or 
xermodynamics) — and its main importance lies in the match- 
1g conditions between the system and its background (in his 
aper a Robertson-Walker universe). 


‘end offprint requests to: D. Gerbal 


In the present paper we study the influence of the background 
on a “‘quasi-stationary”’ — in the very simple sense defined in 
Sect. III — structure and its dynamics, reflected for instance in 
the density curve. No matching process is needed. 

The kinetic theory of gases — more precisely the Viasov 
theory — is applied to describe the interior dynamics. 

We demonstrate that when the kinetic energy content, in 
the rest-frame, of the matter (of the perfect fluid type) 
is small, then the corresponding metric is a weak field com- 
pared to a background one ~— of the Tolman type in the 
most general case. The domain of validity of such a metric is 
derived. 

Our study is limited to the isothermal case. We show 
that: 

i) In assuming such a spherical (in momentum-space) 
distribution function, the background metric reduces to the 
R.W. (Robertson-Walker) one. 

ii) With the quasi-stationary condition our relativistic 
treatment yields the Newtonian-like limit. 

Two classical models with perfect fluid are available in the 
literature: the Emden sphere (Zwicky, 1957) — an isothermal 
static gas sphere — and the King sphere (1966), in the frame of 
Newtonian theory, and similar models in relativistic theory 
(Zeldovitch and Podurets, 1965; Katz et al., 1975), all of them 
with empty background. 

The E.S. (Emden sphere) needs a shell to confine the gas 
which otherwise would evaporate to infinity and would give an 
infinite mass. The King sphere is characterized by an energy 
cut-off in the distribution function to solve ad hoc this same 
problem. In our study the non-empty background interacts 
with the cluster configuration and motion, and makes any shell 
unnecessary. It is shown that the system cannot be fully 
stationary. st 

As shown by Ehlers et al. (1968) an isotropic distribution 
function solution of the one-particle Liouville equation [point 
mass (m # 0) particles] leads either to a stationary solution or 
the R.W. one. Thus the use of Vlasov theory and perfect fluid 
type matter — which needs an isotropic distribution function — 
as first approximation leads necessarily also to an, approximate 
solution of the Einstein equations (see also Treverse and Vig- 
nato, 1976). This gives another constraint on the domain of 
validity of our solution. 

The main characteristics of our model are described and 
discussed at the end of the paper. 

The following notation is used: the signature is(+, —, —, —) 
greek indices run from 0 to 3; latin ones from | to 3. 
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II. Equations 


II.1, Metric and Domain of Validity 


The Vlasov approximation is given by the following system 
of equations: 
a) The Einstein field equation 


5a Wins = = Sys (1) 
where 7J,, is the energy-momentum tensor and 5S,, is the 
Einstein tensor. A, the cosmological constant, has been 
neglected. 
b) The one-particle Liouville equation 
Loy,67) = 9, (2) 
where ¥ is the distribution function. 
c). The closing equation for the 7, tensor 
y= Vig] m{ Fu,udo, (3) 
Q 


where m is the rest-mass of the microparticle — we take the 
monomass approximation — and wu" is its 4-velocity. 

To solve this system of Eqs. (1)-(3) we first proceed to 
restrict as much as possible the form of the metric, g,,, needed 
for our problem. 

Let us suppose the matter to be of the perfect fluid he k 

Tuy = (p + p)ituily — p8uv, where p and p are the pressure and 
the energy-density of the matter in the local frame at rest; 
and z” is the mean 4-velocity of the fluid. Non-relativistic 


residual velocities of microparticles, v « 1 (c = 1), in this 
kind of systems allow us to write p/p = O(v?). 

We choose a coordinate frame which is “ comoving” + 
a" = (@°, 0, 0, 0) (4) 
and where spatial hypersurfaces are orthogonal to i: 
oi = 0. (5) 


We now take the characteristic length scale of the system, 
S(t) 2 0, such that: 


|“V"A| = O(A/S-) (6) 


(where “‘V” means the gradient with respect to a physical 
distance) for magnitudes A space-dependent relative to the 
system. In particular we have: 


|S. V’p/p| = O(p/p) = Ov’). (7) 


Being interested in studying the system for distances of 
the order of magnitude of S., we must take into account, by 
Eas. (7), (4), and (5), the fact that the fluid line is nearly a time 
geodesic (for “‘V”’p/p = 0 it would be exactly a time geodesic). 
The g,, metric, correct to order v, is necessarily a perturbation 
of this order of a metric, G,,, whose fluid flows along time-like 
geodesics. Taking into account our coordinate system (4) and 
(5), Gu, is of the gaussian type (within an appropriate time 
coordinate definition): 


Whee Gy sa hwy) 


8 
Giydx'dx” = dt? + G;,(x', t)dx'dx’, 8) 


1 The fluid is supposed to be irrotational 


with 
hy) = Ov) E 
hiv) —>0 if Sew V”’p/p bard 0. 


used in relativistic models for clusters are only able to des 
them correctly (up to order v? of approximation) in a vé 


yield are very approximate. 
We now require g,, to be spherically symmetric: 


ds? = A%(r, t)dt? — Br, t)dr? — C%(r, t)dQ? 
in some spherical coordinate system (where dQ? = dé? 4 
sin? @dp?; r is not in general the physical radius) that me 
tains conditions (4) and (5). The most general form of , 


verifying both conditions (8) and (10) is the perturbation o a 
Tolman type metric: (D’ = 0D/ér; D = éD/ét) 


R'(r, t)\2 
T(r, £) ) 


— Rr, 1) + f(r, t))dQ? 


Ger ree ( 


x (14+ g(r, t))dr? 
with R and [I satisfying: 
(no R?)/noR? = —R’/R’ = R = —(mo + 42R°po)/R? 


Pol(po + Po) = Mo/No Po = 0 
T = sign (R’)(1 + R2 — 2mo/R)*!? 


for “‘some matter” of the perfect fluid type: 


= PoGuy ad 


[no(r, t) is the number density of particles and mo(r, t) =} 
Jo 4poR?R’dr]. It is easy to understand the meaning of 
G,, metric: the background dynamic is different from 
cluster one. Moreover its characteristic length scale, Sz, is i 
general much bigger than that of the cluster, S,. Thus one 
must expect S,‘‘V’’p/p to tend to vanish as r approaches th 
“edge” of the cluster, and g,, to become G,, according t 
(8). This is in agreement with the general reasoning given abo 
if we limit the validity of our solutions to dimensions Si 
(O(S,) 2 O(S.)) much smaller than S,, the characteristic 
length scale of the background, then this last structure is well 
described (to order v?) by using a gaussian type metric as G,y. 

Therefore, for r ranging from the “edge” of the cluster 
up to S,, the density and pressure of the background are given 
by po and po relative to the G,, metric. é 

We have: 

i) The g,, metric is in general asymptotically non-Min- 
kowskian (po # O in general) as was to be expected. 

ii) Our metric, g,y, is a perturbation of that, G,,, repre- 
senting the background, in spite of the fact that the ratio of 
their densities (and/or pressures), p/po (and/or p/po), can be 
very large. This is allowable subject to the limitations in (iii) 
below since the residual velocities of microparticles are taken 
to be non-relativistic. 

iii) Our solution will then be correct to order v? ina domain: 
a) limited in space to distances of the order of magnitude of 
Sr (Sc S Sz« Ss), and b) limited in general in time as well 
[see below (37)]. 


Ty = (Po ch Po) iluily 


aie 


aa 


We can restrict even more the form of the metric, g,,, by 
wing some restriction on the form of the distribution 
ttion, A We suppose F to be spherically symmetric in 
deity 7: 


= F(Or, tv? + I(r, t) + O(v')) 


dr\? d0\2 dp\? (14) 
ecrime(7) + R((Z) + sin? 0(7) )- 
(R’/T) a +R FF + sin =F 
er straightforward calculations and neglecting terms in 
ler v? greater than the first significant one, the Liouville 
jation (2) for a metric and a distribution function of the 
ms (11) and (14) yields the following equations: 


= 0, (15) 
) = 2R/R = 2(R’/T)/(R’'/T), (16) 
= Oh’; [= 0. (17) 
uations (15)-(17) give: 

mt) = S(f), (18) 
Bf) = S(@)R*(r), (19) 
ar) = I(r), (20) 
e Sh’; Meet yieil (1): (21) 


‘a change of coordinate system Eq. (16) gives to the g,, the 
y form: 


a _ _S*(t) 
p= C1 + Aly, t))dt? — 
x (1 + g(r, t))dr? — S2(t)r? + f(r, t))dQ? 
(k = 0, +1) (22) 


a perturbation of a R.W. metric. 

Note that from Eqs. (22) and (4) another consequence of 
‘ assumption on the form of ¥ is that the matter expands 
collapses) with a Newtonian velocity 5, = (S/S)rn, + O(v?), 
ere r, = S(t)r(1 + O(v?)) and ¢, = t(1 + O(v?)). 


2. Isothermal Case 


the preceding section we have supposed only small residual 
ocities. Observation of clusters shows that the velocities are 
ually non-relativistic. This fact allows us to consider New- 
ian models for clusters. Nevertheless, all Newtonian models 
\ilable in the literature, such as the E.S. and the Michie- 
ng sphere, are static models with zero density at infinity 
ere is no background with a different dynamic), i.e. in the 
ativistic treatment one would have g,, asymptotically 
nkowskian [and equivalently ($/S)r, = 0 in our case]. 

In this paper we are seeking a generalization of these 
ssical models by considering the existence of such non-empty 
>kgrounds. 

In particular we will consider here the generalization of the 
3. (isothermal gas sphere). The same treatment for the 
chie-King sphere would require a non-spherical (elliptical) 
tribution function (and non-perfect fluid) which would 
ike the calculations more complicated, and in any case the 


Note: as we are in the comoving coordinate system, terms 
th factors v' = u‘/u° cannot appear in % F must be isotropic 
v, #(r, t, v). By assuming F to be anisotropic we would be 
| to matter of non-perfect fluid type: py # Poy 
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fundamental results are likely to be already present in the 
isothermal case. 

For our purposes we take a particular form of the spherical 
distribution function (14), (18), and (21): the Maxwellian-like 
one: , 


2 
Fo HIER (-a5 6 + nC + O(v?)) 
s2 (23) 
kG, 1) = Sa fol); So = S(t = to). 


From (21) A(r, t) = (S2/S2)ho(r) + Ai(t); we have taken 
h(t) = 0 since we must have the asymptotical limit g,, — G,, 


for large r. « (0 < « = O(v~?)) and C are strict constants. The | 


effective temperature Terr, is then Tors oc S~? and does not 
depend on the geometrical radius r. We can say that the gas 
is “‘isothermal”’ in this sense — which does not mean that the 
gas evolves with Ter, constant. 


III. Solution for the Isothermal Case 


. 


We now take into account the fact that not only are the residual 
velocities small compared to ¢ but in general so are all velocities 
of the system, inside a limiting length® O(S.). We will say that 
the system is “quasi-stationary”. We have for r S r, [re is 
the geometrical radius relative to S.: S.(t) = S(t)r¢]: 


O(v) (r = r,) 


|A/“V"A| = O(S.AIA) {= a i bene 


where A is any magnitude space-dependent relative to the 
cluster. One finds as an immediate consequence of (24): 


|S.| = O(2). (25) 


Thus ($/S)r, = Sr is less than or equal to O(v) for radii up 
to O(S.), i.e. in the cluster the radial Newtonian velocity is 
Dn S Ov). 

But a second and very important consequence of (24) is 
to simplify greatly the Einstein equations (1). In keeping just 
v? order they read: 


Stxle' — po) = SA" — Gf — g)ir — (f= gir /S*, 126) 
Six(p — Po) = Sth’ + fir + (fF — g)/r?)/S?, (27) 
Stx(p — Po) = Sc((h" + f/2 + (A + 2f’ — g/2r)/S?. (28) 


By condition (6), Eqs. (26)-(28) are manifestly of order v?. 
Condition (24) has been used to neglect terms of order v® 
and v* coming from the time derivatives. (See also Appendix.) 

Equations (26)-(28) can be easily put in an equivalent form: 


S2y(p — po) = S2(h” + 2h'/r)/S? — 2n(t), (29) 
S2y(p — Po) = S2((h’ + f’)/r + Uf — g)/r?)/S?, (30) 
S2y(p — Po) = nt), + (31) 


where n(t) of order v? shall in fact vanish. Since po (and po) 
characterizes the background, asymptotically we‘must have 


3 If small velocities were found at even greater distances 
(|A/*V"A| < O(v) at r.) then at radii O(S.) one would not 
reach the backgrounds (see later). It would be necessary to 
take a bigger S. to study the outer region: in this case, one 
would have A > O(v?) for the inner region 


(24) 


oa 


i a tl Pe eee 
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DP = Po; then S2yp = S2ypo in all the cluster. The only possi- 
bility for obtaining this last equality is that at order v? we have 
S2yp = S2ypo = 0 (since po = 0). This is in fact the case. 

We take the first significant order of T,, in Eq. (3) for our 
distribution function F¥, (23): 


Sie S?2 
53 © exp (-« a Sah), 
0 (p/p = O(v?); p/p # 9), 


where Cy is a constant. The first significant order of p is dif- 
ferent from po and so it is adequate for Eq. (29). Moreover at 
the centre of the cluster p > po, so xpS¢ = = O(v?) — while by 
conditions (24) and (25) S2ypo = S. S, = O(v?) too. Hence 
we also find that S2yvp and S2ypo vanish at v? order as expected. 

Taking into account (32) and (33), the system of Eqs. 
~ (29)-(31) reduces to: 


SE Siz 
Sa x( Co S3 exp (-« a h) EO 
if Suede (35) 
where f has been chosen zero as a gauge condition. po(t) = 
Polto)(So/S)* at its first significant order in v since po = O at 
the same order.* 
Equation (34) reads: 


= as (32) 


> 
| 


(33) 


P 


) = S%(h" — 2n'/r)/S?, (34) 


SES ars 53 $$ p(0)|exp (-«% (h — h(r = 0, ))) we ute) 


p(0) 
p(0) = p(r = 0, t = tp). (36) 


The time dependence on both sides of (36) is different 
except in the stationary case, S. < O(v), or if h’ < O(v?), ice. 
where there is no cluster: our metric is that of the background, 
the R.W. one. In all other cases there is no exact solution. 
Nevertheless one can restrict the validity of the metric for a 
time interval, Az,, where the error is always less than O(v). 
We put: 


AS/So 


= S2(h" + 2h'/r)/S?; 


AQ + (S/S)ig(t — to) +...) 
AQ + (Sc/Sc)ig(t — to) + -.-) 
AQ + «); e S O(v) 
where A is a function of v? order. Thus in taking as the limit 
of validity for our metric At,, At,S./S. = O(v) [S- < S;,, and 
¥¢ = O(v) from Eqs. (24) and (25)], we can write® AS/So = A, 
neglecting just terms of smaller order than v°. 

We can then multiply the left hand side of Eq. (36) by S/So 


and take A(r, t) given by Eq. (23). We finally find the very 
simple (only radial-dependent) equation: 


xp(0)[exp (—cxb(r)) — polto)/p(0)] = Anwh(r)/S3 
wr) = (h — h(r = 0, t))S5/S? 

where A, means the Laplacian operator. With Eq. (35) they 
determine our solution. The initial conditions are p(0), «, 


Polto), (0) = 0, and %(0) = 0 (this last condition is to be taken 
in order to avoid the singularity for r = 0). 


ll 


(38) 


4 This is the known solution of the R.W. metric for dust 


matter 

° The time dependency of functions of v? order are not sig- 
nificant in our solution. They give differences of order v? (or 
following) inside the 4-volume of validity 


(37). 


The difference from the classical E.S. comes only from 
term po(fo)/p(0) in Eq. (38) (see Zwicky, 1957). In putti n 
empty background [po(fo) = 0] our solution recovers 
classical one. In the centre of the cluster [po(to)/p(O) « 1] 
solutions are almost equal; at the border of the cluster 
differ greatly. When A(r, fo) —> 0 Eq. (38) shows that p(r, 1 
Po(to) = p(0) exp («h(0, fo)) and we recover the backgrow 
was to be expected. [In the classical E.S. A(r) —0 
p(r) — 0.] 

Moreover, for large r Eq. (38) gives: 


Qa Xpo(to)aSs NA to)! = 0; { 
pirete) = pe( Mn eke: 23): , ¢ 


ce 


The positive sign in (39) involves an “imaginary” 
can be seen in the decreasing oscillating solution: 


exp (— ifr) 


screen 


exp oa 


(WU a) Ch B = (xpolto)aSs)"?. 


IV. Summary and Conclusions 


In this paper it has been shown that: : 
a) For a system with small residual velocities endowe 
with perfect fluid matter the metric can be written as a pe 
turbation of a background metric of the gaussian type i 
validity is discussed above). if 
As a consequence, Tolman type metric appears as a ba 
approximation formally valid only for dust matter or for 
very small range of distances. | 
b) This first point allows us to study spherical system 
embedded in superstructures, each possessing its ow 
‘“*dynamic”’ defining a different characteristic length scale. 

We use a Vlasov system of equations — collisions have bee 
neglected. On the basis of another very simple hypothesis — 
Maxwellian type distribution function — and small velocitie 
we obtain an equation which appears as a generalization ¢ 
the classical Emden equation. 

c) Two essential features of the solution are shown: 

i) The density limit (for large r) is not zero but equals th 
density of the background. This gives a more realistic solutio 
for the infinite mass problem of the E.S. than the confinin 
shell as usually used (Lynden-Bell, 1973). 

ii) A screen effect; this effect is difficult to understal 
simply. One can emphasize that the solution (41) shows a 
enhancement followed by a decreasing of the “potentia 
energy’? and subsequently a hole of density followed by 
secondary maximum. This configuration appears to “protect 
the internal system (with its own dynamic) from the surround- 
ing one and vice versa. 

In a following paper we study observational data pai 
ticularly in clusters of galaxies, in order to compare them wit 
the oscillating feature of the theoretical density curves. 


¥ 
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Appendix 


In Eqs. (26)-(28) all terms of the form Akr2, with A = O(v? 
have been omitted since they are of order v*. It has been show 
that 


xpoS2 = O(v?) = 382 — kS2/S?, | S2| = Ov’). 
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Summary. We report measurements of the absolute and relative 
line intensities obtained in five different positions in the inner 
20” of the peculiar spiral galaxy NGC 3310. The H0 regions are 
two to six times more luminous than an average giant Hi re- 
gion, of unusually low metal abundance, and may exhibit a very 
high Nitrogen to Oxygen abundance ratio. An East-West vs. 
North-South asymmetry apparent in the optical and radio con- 
tinuum is also reflected in the characteristic excitation of these 
Hu regions. Because of the incomplete nature of these observa- 
tions, further study of this peculiar and interesting system is sug- 
gested. 


' Key words: Hi regions — galaxies - NGC 3310 


I. Introduction 


NGC 3310 is listed by de Vaucouleurs et al. (1976) as an Sbc 
galaxy of luminosity class II. The peculiar optical morphology of 
this galaxy has been discussed by Walker and Chincarini (1967), 
while Humason et al. (1956) have noted the early composite 
spectral type of the galaxy and its strong emission lines. Van der 
Kruit (1976) has found that the kinematics in the interior of the 
galaxy require strong radial streaming motions and/or unusually 
strong density waves. 

Radio continuum maps (van der Kruit and de Bruyn, 1976; 
Seaquist and Bignell, 1977) show that NGC 3310 is a relatively 
strong radio source for a normal spiral galaxy, and that this radio 
emission comes from various knots and ridges which are coin- 
cident with giant Hu regions and spiral arms in the inner-most 
20” of the galaxy. Van der Kruit and de Bruyn also report ANS 
far-ultraviolet measurements of NGC 3310 that indicate an 
extremely high current rate of star formation. Furthermore, 
Balkowski (1973) lists this galaxy as being relatively rich in H1 
for its Hubble-type. 

Because of these various peculiarities, an investigation of the 
luminosities, excitations, metal abundances, etc. of the giant Hu 
regions in the inner part of the galaxy was deemed interesting. 
The observations presented here are of a preliminary and in- 
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Table 1. Fitted line intensities and uncertainties (in parenthe 
Units of 10714 erg cm~? s~4 


Line Nucleus N S E 
[Ou] 23727 19.6 25:2. 38.0 31.4 
(0.6) (0.5) (0.7) (0.3) 
[Nem] 23869 — — — 22 
(0.2) 
Ho — oe = 1.6 
(0.2) 
Hy — 25 4.5 635 | 
(0.2) (0.3) (0.2) 
[Om] 24363 a a — — 
Her 44471 — =— = = 
HB 4.5 7.5 11.7 14.6 
(0.3) (0.2) (0.3) (0.2) 
[Om] 25007 93 16.7 23.0 39:2 
(0.2) (0.2) (0.3) (0.4) 
Ha 35.0 
(0.7) 
[Nu] 16584 17.0 
(0.6) observations not available } 
[Su] 46717 5.3 a 
(0.5) 
[Su] 16731 ow) * 
(0.5) t 


complete nature. Nonetheless, they are of sufficient interest ta 
warrant publication at this time and to suggest that a detailed 
investigation of the Hu regions in this galaxy would be rewarding: 


II. Observations . 


The present observations were conducted as part of a survey of 
the nuclei of bright galaxies (Heckman, 1979a, b; Heckman et al.. 
1979). They were obtained with the Image Dissector Scanner on 
the 2.1 m telescope at the Kitt Peak National Observatory. A 
complete description of the general method of acquisition, cali- 
bration, and reduction of this data is contained in Heckman et 
al. (1979). Standard procedures were followed. The seeing was 
good (1—2”), and all observations were made at an airmass <1.5. 


v* 
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. 1. Blue IIDS spectra of the five positions observed. The wavelength scale refers to the observed values. The flux scale has not been 
usted for the effects of interstellar reddening, and is in units of erg cm~* s-' Hz~! (F,) 


Observations were made through a 6” circular diaphragm at 
positions: one centered on the semi-stellar nucleus and four 
sets from the nucleus of 6” in the cardinal directions. Spectra 
re obtained only in the blue (from 4~ 3500-5300 A) for the 
ir offsets, and in the blue and red for the nucleus. The blue 
i red intensity scales for the nucleus were tied together through 

~200A region of overlap in the two spectra. Integration 
es were 8 min in duration, except for the nuclear position 
ich was observed for 20 min in the blue and 15 min in the red. 
The blue spectra are displayed in Fig. 1, and the observed 
ces for the important emission lines are listed in Table 1 (the 
nuclear spectrum is displayed in Heckman et al., 1979). The 
olute fluxes may be uncertain by ~ 30%, but the relative fluxes 
the strong lines are known to far greater accuracy (as listed 
Table 1). 


Data Analysis 
Reddening Correction 


rrection of the absolute and relative intensities of the emission 
*s for the effects of interstellar reddening was done through 
asurements of the Balmer decrement. The measured ratios of 
various Balmer lines depend on the amount of reddening and 
equivalent widths of the stellar Balmer absorption lines in 
underlying continuum. We assume: 


1. All the Balmer absorption lines have roughly the same 
(unknown) equivalent widths. This is generally the case for early 
type stars (cf. Pritchet and van den Bergh, 1977). 

2. The reddening law in NGC 3310 is the same as the local 
Whitford law. 

3. The intrinsic Balmer line ratios are given by the Case B, 
pure recombination values for 7, ~10* K (Osterbrock, 1974). 

We then wish to solve for two unknowns, namely the optical 
depth due to dust at Hf (ty,) and the equivalent width of the 
Balmer absorption features (EQW). This can be done in principal 
through examination of two independent Balmer ratios (e.g. 
Ha/Hf, HB/Hy), since the two ratios will depend differently on 
Ty and EQW. We have applied this method to the HB+H6é 
series of emission lines for the E and W positions in NGC 3310, 
and have derived t,=1.0+0.5. For the nucleus and the N and 
S positions the signal-to-noise is low, and so we have just esti- 
mated EQW from the strength of the higher order Balmer ab- 
sorption lines (which are very little contaminated by emission). 
For these positions we find that when corrected for the effects of 
the stellar continuum, the Balmer emission line ratios are con- 
sistent with t4, ~~ 1.0. We will thus adopt 1,, = 1.0 as the correction 
appropriate for all five positions. Such a value is reasonable when 
compared to the derived extinction in other giant Hu regions 
(e.g. Smith, 1975). 

Application of the above reddening correction leads to the 
intensities listed in Table 2. Note that the Balmer lines have also 
been corrected for the effects of the stellar absorption lines. Anal- 
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Table 2. Line intensities corrected for reddening and stellar absorption lines (10-14 erg cm 


s +). Relative to HB=100 in parentheses 


2 


Line Nucleus N S 1) WwW 
[O m1] 43727 72 (267) 93 (372) 141 (403) 116 (264) 224 (284) 
[Ne 11] 2 3869 — — — 8 (18) 14 (18) 
Ho — — — 11 (25) 20 (25) 
Hy 13 (48) 12 (48) 16 (46) 21 (48) 37 (47) 
[O m] 44363 — — _ — 1.4 (1.8) 
He1 44471 _ — a oe 3 (4) 
Hp 27 (100) 25 (100) 35 (100) 44 (100) | 79 (100) 
{O m] 4 5007 24 (89) 44 (176) 61 (174) 104 (236) 211 (267) 
Ha 85 (310) 
[N 11] 26584 36 (133) : , 
[Su] 46717 11 (40) observations not available 
[Su] 16731 10 (38) 
Table 3. Miscellaneous properties 
Nucleus N N) E WwW 
Hf luminosity 6.8 103° 6.5 10°? 9.0 1089 Tet Oee DOAO 
(erg s~*) 
Log (Equivalent 219) 3.1 3:3 3.4 3.6 
number O 6 stars) 
Expected Optically 0.7 0.7 1.0 il ra) 


Thin Thermal Radio Flux 
(mJy =10°-?? Wm~? Hz~*) 


ogously, we have corrected the Hei A 4471 line for the underlying 
stellar absorption line, assuming that EQW, 447; ~ 0.2 EQWag in 
OB stars (Pritchet and van den Bergh, 1977). 


B. Luminosities and Related Properties 


Table 3 lists the Hf luminosities implied by the corrected Hf 
fluxes. We have assumed a distance of 15 Mpc for NGC 3310, 
based on its luminosity class and apparent magnitude. This dis- 
tance is reasonably close to the Hubble distance of ~20 Mpc, 
given by H)=S5. 

A comparison of these Hf luminosities to the data of Kenni- 
cutt (1978) indicates that the Hi regions in NGC 3310 are on 
the high luminosity tail of the population of giant Hm regions, 
and are about two to six times more luminous than average. 
These Hf luminosities imply the existence of the number of 06 
stars listed in Col. 2 of Table 3. The nature of the optical stellar 
continuum particularly on the nuclear position, suggests that a 
substantial cooler stellar population co-exists with the ionizing 
stars. This is not surprising in the nuclear region of an Sbe galaxy 
(e.g. Heckman, 1979a or Turnrose, 1976). 

Table 3 also lists the thermal radio continuum predicted in 
the optically thin case from the corrected Hf fluxes. These fluxes 
are consistent with the radio data discussed above. In particular, 
at our E and nuclear positions we find that the thermal radio flux 
would be lost in the non-thermal emission from sources B and C 
respectively in Seaquist and Bignell (1977). 


The predicted flux at our W position is a factor of ~3 belo 
the thermal flux measured by Seaquist and Bignell. This differen 
is reasonable since only about half of their source D was in tl 
IDS aperture at our W position. No radio spectral index info 
mation is available for the region covered by our N and S ape 
tures, so it is not clear what fraction of the radio continuum 
these positions might be thermal. At least the total radio flux 
at these positions are large enough to accommodate the predict 
thermal fluxes. 

Finally, it is interesting to note that the emission lines in tl 
E-W positions have equivalent widths that are two-three tim: 
larger than those in the N-S positions, and roughly ten tim 
larger than in the nucleus. This E-W vs. N-S symmetry is repeat 
in the optical and radio morphology, the kinematics, and tl 
characteristic excitation of the gas, as we shall describe belo} 


C. Physical Conditions and Elemental Abundances 


1. The Electron Temperature 


Only the spectrum in the W position is of high enough signal-t: 
noise to allow measurement of the [Om] J 4363 relative intensit 
In this position, the reddening corrected ratio of 44363 1 
AA 5007 +4959 gives T,=10,000+1000° K using the collisic 
strengths in Seaton (1975). The errors quoted correspond to 
measurement uncertainty of ~50°% in the relative 4 4363 inte 


and B. Balick: An Exploratory Investigation of the Near Nuclear Hu Regions in NGC 3310 103 


ONGC 3310 
NUCLEAR 


1.0 
-15 -10 -5 0 
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.2. The log ratios of the [Om] AA 5007+4959 to Hf and 
i] AA 6584+6548 to Ha fluxes for giant Hu regions from 
ith (1975). The position of the nucleus of NGC 3310 is also 
icated. The dashed line represents an empirical ‘‘eye fit” to 
data 


. This temperature is quite normal for a photoionized nebula, 
| there is no indication of the anomalous conditions or pro- 
ses seen in the nuclei of active galaxies. 

Its overall similarity in relative emission line strengths when 
npared to the W position suggests that the E position must 
ye a very similar electron temperature. The lack of a clean 
ection of A 4363 in this pectrum with poorer signal-to-noise 
a factor of two) is consistent with this hypothesis. The N, S, 
i nuclear positions are characterized by somewhat different 
ative intensities (see below), and the spectra are too noisy for 
eliable determination of the 4 4363 relative intensity. 


2lectron Density 


d spectra including the [Su] 4A 6717, 6731 density sensitive 
iblet were not obtained for the offset positions. The nuclear 
ctrum gives an [Sui] ratio of ~1 implying N,~10° cm~*, at 
st in the S* zone. Such a density is atypically high for extra- 
actic giant Hu regions (Smith, 1975), which have N, <several 
ndred cm™*. Whether all the giant Hm regions in the interior 
NGC 3310 are abnormally dense, or whether only the gas 
ncident with the semi-stellar nucleus has large N, is an inter- 
ng question that could be resolved by red spectra at the offset 
sitions. We favor the latter alternative, since emission line re- 
ns coincident with the nuclei of normal galaxies frequently 
re N,2 1000 cm~* (Heckman, 1979a, b). 


te 


3. Elemental Abundances 


Since estimation of the abundances of the heavy elements re- 
quires knowledge of the value of 7,, we have only analyzed the 
W position. We have used the model for S 10=NGC 5455 in 
M 101, published by Shields and Searle (1978) to convert our 
measured T, into a mean 7, for both the O*? and O* zones and 
to account for the effect of temperature fluctuations. 

Such an approach yields O/H! ~ —0.5+0.2 with the uncer- 
tainty arising from the uncertainty in 7, (A 4363 relative intensity). 
This oxygen abundance represents the sum of the O* and O** 
species as deduced from the |O 1] 2 3727/HB and [Om] AA 5007 
+4959/HB ratios respectively. We have ignored the contribution 
of O1 since it is generally present in negligible quantities in giant 
Hi regions. We have further assumed that N,<1000 cm~? in 
calculating the O* abundance, and so have ignored the effect of 
collisional de-excitation of the [Ou] 4 3727 lines. If, as in the 
nuclear position, VN, ~ 10° cm~, then true O* abundance would 
be somewhat higher (the exact factor depending on N,, since 
this is near the critical densities of the 4 3726 and A 3729 transi- 
tions). 

This effect is certain to be <0.2 dex, and so if N,=10° cm~3, 
O/Hs —0.35+0.20. It is then clear that the W position (and by 
inference, the E position) have rather low oxygen abundances. 
We are unable to directly estimate the abundances in the other 
positions, but they are unlikely to differ greatly since: 1. It is 
difficult to imagine why or how such a segregation of abundances 
should occur and 2. the spectra are not that dissimilar. In any 
event, Hm regions near the nuclei of luminous spiral galaxies are 


nearly always characterized by somewhat greater-than-solar metal _ 


abundances (e. g. Smith, 1975; Shields and Searle, 1978). Thus the 
low oxygen abundance at a projected distance from the nucleus 
of only ~0.5 kpc seems to be one more peculiarity of NGC 3310. 

Because we do not have a red spectrum at position W, we 
cannot estimate the nitrogen or sulfur abundances to see whether 
they are likewise low. The nitrogen abundance is especially inter- 
esting because of the N/O radial abundance gradients found in 
spiral galaxies (Smith, 1975; Shields and Searle, 1978). We plot 
in Fig. 2 the log of ratios of [Om] 4A 5007+4959/HB versus 
[Nu] AA 6584 + 6548/H« for giant Ht regions from Smith (1975). 
These ratios are useful because they are relatively insensitive to 
errors in the reddening correction. 

The peculiar position of the nucleus of NGC 3310 in this 
figure is apparent. The [Nu] lines are too strong by ~0.4 dex 
for the [O11] strength (or conversely the [O11] lines are at least 
0.5 dex too strong). Only three of the roughly forty Hi regions 
investigated by Smith deviate as strongly from the mean rela- 
tionship in Fig. 2, and one deviates in the opposite sense. 

The interpretation of the anomaly in the [Nu], [Om] relative 
line strengths is uncertain without knowing 7, in both the O** 
and N* zones and the ionization structure of the Hm region. 
The most straightforward interpretation would be that the N/O 
ratio is unusually large in the interior of NGC 3310. However, a 
new empirical method of estimating abundances without direct 
knowledge of 7, (Alloin et al., preprint) indicates that the N/O 
is quite normal in the nucleus of NGC 3310. Only more detailed 
spectrophotometry can resolve this point. 

Finally, given the uncertainties inherent in estimating the He 
abundance (e.g. Peimbert, 1975) the value we derive from our 
data for log (He/H) of —1+0.3 is unexceptional. 
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D. Spatial Symmetry 


Even a cursory examination of the spectra in Fig. 1 reveals the 
great similarity between the E and W positions and also between 
the N and S positions. The nuclear spectrum is yet different, and 
seems to lie further along the trend connecting the E-W to the 
N-S positions (relatively weaker [O m1] 2A 5007 +4959 compared 
to Hf and [Ou] A 3727). This trend and the EW—NS symmetry 
is reflected in the emission line equivalent widths which are 
largest in the EW and smallest in the nucleus (see above). Van der 
Kruit (1976) demonstrated that the EW positions are the site of 
unusual kinematics, which he interprets as resulting from radial 
streaming of material along the inner spiral arms and/or the 
presence of extremely strong density waves. 

Both the optical and radio continuum morphology also re- 
flect a E-W vs. NS structure, (Seaquist and Bignell, 1977; van der 
Kruit and de Bruyn, 1976). The spiral arms (which run NS) 
attach to the inner disk-like structure at or near the E-W positions, 
and the E-W positions both exhibit discrete radio sources, while 
the N-S do'not: How the connection of the spiral arms, unusual 
kinematics, the existence of radio emission, and the somewhat 
different excitation characterizing the E-W positions are related 
(if at all) is not clear. The striking EW and NS symmetries, how- 
ever, suggest that some sort of important global process has 
structured the inner part of the galaxy. 

Moreover, the formation of numerous massive stars, as sug- 
gested by the large nebular excitation, appears to have occurred 
in a region of low metal abundances. Two questions are raised: 
firstly, what is the origin of this relatively unprocessed gas near 
the nucleus, i.e. do there exist global circulation patterns in this 
galaxy which bring in metal-poor gas normally seen beyond 10 
kpe in most disk galaxies; and secondly, has the presence of 
metal-poor gas contributed to the formation of these massive 
stars (Hm regions of comparable excitation are generally — but 
not exclusively — found in low-metal environments such as Irr I 
and the outer parts of late-type disk dominated galaxies)? 

It is clear that this galaxy should be investigated more fully 
from the standpoint of this paper. Higher signal-to-noise spectra 


(in both the red and blue) of more Ht regions spanning a ar 
range in radial distance are needed to explore the poss i 
peculiarities described above. 
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amary. We propose that the wavelength-dependent, secon- 
y fluctuations of e Aurigae be ascribed to a dual origin: 
‘insic fluctuations of the primary, extinction by a selectively 
orbing material. The dual aspect of the fluctuations is 
ived from a discussion of the photometric data obtained 
ing and around the 1955-57 eclipse. The discussion in- 
des: an analysis of some Lick six-colour observations, one of 
m made by Kron in the course of the eclipse — a discussion 
the difficulties encountered by Gyldenkerne in the analysis 
he photometric coordinated data — a dual interpretation of 
sson-Leander’s correlation diagram. The conclusions are 
npared with the views of Huang and Wilson concerning the 
» structure and general aspect of the light curve. 


y words: « Aurigae — eclipsing binaries — circumstellar 
tter 


Introduction 


urigae is an eclipsing binary system in which the primary 
r, an FOlap supergiant, suffers eclipses every 27 yr from an 
eterminate object. During the phasé called totality, the 
snsity of the primary star is reduced to about half its value, 
10st independent of wavelength. The exact contour of the 
mary eclipse is masked by more or less periodic secondary 
iations. Light and radial velocity fluctuations have been 
ywn to occur outside eclipse as well, and were ascribed to the 
iability of the primary star. 

At the time of the 1955-57 eclipse, the secondary fluctuations 
re found to be wavelength-dependent, and the selectivity 
the variations was analysed, by Larsson-Leander and 
Idenkerne principally, from the point of view of intrinsic 
jations of the FOlap supergiant. 

However, as will be seen below, one observation made 
ing eclipse on the Lick six-colour system and not yet 
ilysed introduces the point of view of extinction. 

On the other hand, starting from theoretical models of the 
ary system, Huang and Wilson were led to account for the 
> structure of the light curve during totality in terms of 
inction by the eclipsing body. 

The intent of this paper is to try to better define the dual 
ect of the secondary fluctuations. 


2. The Selectivity of the Secondary Fluctuations Observed 
During the 1955-57 Eclipse, Analysed by Larsson-Leander and 
Gyldenkerne from the Point of View of Intrinsic Variation of the 
Primary 


2.1. The 1955-57 Eclipse — Main Photometric Results 


A few three-colour results, distributed throughout the total 
duration of eclipse, were given by Thiessen (1957). 

An extensive two-colour series of observations was carried 
out by Larsson-Leander (1958) and transformed to the (P, V) 
system. The observations cover the total phase, the egress 
branch, and the immediate post-eclipse interval. Later observa- 
tions (Larsson-Leander, 1961) cover a well out-of-eclipse 
interval. 

The two-colour observations of Gyldenkerne (1970) were 
started in the autumn of 1954 and were continued until some 
90 d before third contact, priority being given to the visual 
region. (Practically no colour-indices were measured by 
Gyldenkerne on the ingress branch.) 

Fredrick’s inside-eclipse observations cover mainly the 
end-phase of totality (the phase that was not observed by 
Gyldenkerne) and most of the egress branch. 

The observations of the Stockholm, Sophienholm, and 
Flower and Cook observatories were discussed and trans- 
formed to the (V, B — V) system by Gyldenkerne (1970). The 
few colour-indices measured on the ingress branch were not 
included in the coordinated data, and the ingress phase will not 
be discussed here. 

Figure 1 simply gives, for convenience’s sake, a schematic 
contour of the light curve of the 1955-57 eclipse according to 
Fig. 4 of Gyldenkerne (1970). But Figs. la and 1b of Gylden- 
kerne (1970), Fig. 1 of Larsson-Leander (1958), and also the 
composite light curve drawn by Kopylov and Kumaigorodskaya 
(1963) from the observations of Larsson-Leander (1958), 
Widorn (1959), Fredrick (1960), and Thiessen (1957), should 
rather be kept in mind in the following discussion. 


2.2. The Selectivity of the Secondary Fluctuations Analysed by 


Larsson-Leander and by Gyldenkerne P 


The selective nature of the secondary fluctuations was first 
noticed by Thiessen (1957) and considered as a means to 
correct the light curve for these fluctuations (to deduce a mean 
contour of the eclipse, corresponding to a mean colour). 
Larsson-Leander (1958) noted that the secondary variations 
were very pronounced during and around the 1955-57 eclipse, 
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Fig. 1. Schematic contour of the light-curve of the 1955-57 
eclipse, after Fig. 4 of Gyldenkerne (1970). At the top of the 
Figure, symbols 1, 2, M, 3, 4, indicate the dates of first and 
second contacts, mid-eclipse, third and fourth contacts, accord- 
ing to Gyldenkerne (1970). Three vertical dashes indicate: the 
deep minimum at JD 2435575, the following maximum and the 
position of Kron’s observation on the upper egress branch 


the light-fluctuations reaching an amplitude of 0™24 for a 
double feature observed during totality (deep minimum and 
following maximum indicated in Fig. 1). The following points 
were then mentioned: 

The average colour-index was found to be significantly 
larger during the total phase than during the out-of-eclipse 
interval. 

The depth of the eclipse was found as 0.73 and 0.79, when 
derived from the descending branch and from the ascending 
branch respectively. 

The correlation between the fluctuations of brightness and 
colour was studied from two (P, P — V) plots referring, one 
to the total phase, and the other to the immediate post-eclipse 
interval. Larsson-Leander found that both plots seemed to 
satisfy the same general correlation, but that the correlation 
could best be determined from the total phase, where the 
observations were far more numerous and the fluctuations 
considerably larger. 

On the strength of the preciseness of the correlation compu- 
ted from totality, he concluded that the light and colour 
fluctuations could well be ascribed to a unique cause and, since 
the cause should hold also for an out-of-eclipse interval, the 
explanation in terms of pulsation of the primary was proposed — 
the more so as the AP/A(P — V) ratio was found as about 3.0, 
in agreement with what is observed for Cepheids. 

These views were confirmed by Larsson-Leander (1961): 
the light and colour fluctuations observed during the well out- 
of-eclipse interval also seemed to obey the correlation computed 
from totality. 

Fredrick (1960) noted a downward slope of the total light 
curve, easily seen in the curves given by Huffer (1932), for the 
1928-30 eclipse, and by Larsson-Leander (1958), for the 
1955-57 eclipse. 

From the combined data derived from the total phase, 
Gyldenkerne found the AV/A(B — V) ratio to be 3.1. When 
trying to extend this ratio to out-of-eclipse intervals, he found 
it necessary to introduce a slight gradual change of the mean 


colour-index (of the order of 0.04). There are.even indica 
that the mean colour, B — V, might not be constant duri 
total range. ' ‘ 

On the other hand, Gyldenkerne compared the light 
that he obtained for the 1955-57 eclipse to the one deter 
by Giissow (1936) for the preceding eclipse (combined res 
Stebbins and Huffer and of Giissow for the 1928-30 ec 
A similarity between the two curves led him to think that }) 
secondary variations might be coupled, to some extent, wi) 
the primary variations. j 

On the whole, Gyldenkerne does not seem convinced tl} 
the pulsation hypothesis might account for the whole of 
fluctuations observed. He concludes that the physical interpre} 
tion of the results is not-clear. qi 

It may be noted also that there is some disagreement betwe, 
the ratio of light to colour variation determined by Larss¢ 
Leander and by Gyldenkerne from the total phase. The ral) 
computed by Larsson-Leander was AP/A(P — V) ~ 3, that} 
about AB/A(B — V) ~ 3 and AV/A(B — V) ~ 2, similar } 
what is observed for classical F-type Cepheids (cf. Fern| 
1967). Gyldenkerne however found this last ratio to be 3.14 

We will come back to the question in Sect. 6.6. 


3. e Aurigae and the Lick Six-Colour System 


3.1. The Six-Colour Observations of ¢ Aurigae 


The results are given in three papers: 1. Stebbins and Whitfor 
(1945) — one observation; 2. Stebbins and Kron (1956)—“‘ revise 
results”, three observations; 3. Kron (1958) — one observatiol 

Concerning the observations, Kron kindly supplied th 
following information: 

For the first two sets of results: “*...the exact dates of th 
observations are unknown...” 

For the last results: ‘‘...my observation was made on Fel 
18, 1957, and the data...are for the one night”’. 

Concerning results 1. and 2.: the observations referred to | 
the first paper were made during the five summers of 1940—4: 
that is midway between the 1928-30 and the 1955-57 eclipse 
The observations referred to in the second paper cover tw 
periods: 1945-47 and 1949-54. So results 1. and 2. refer 1 
observations made out of eclipse (Ist contact: 1955 July 6). 

Kron’s observation on the contrary was made during tk 
egress phase of the 1955-57 eclipse (4th contact: 1957 May 6 


3.2. Analysis of the Results. The Six-Colour Diagram 


The analysis of the results will be made using the six-colot 
diagram introduced by Canavaggia (1955). 

In Fig. 2, the three sets of colours of e Aur are superpose 
upon the six-branch diagram of 6 Cep. 

The 5 Cep diagram represents the continuous change « 
colour, mainly thermal, which accompanies pulsation. 

On the other hand, the interstellar reddening lines whic 
pass through the means of results 1. and 2. are also plotted i 
the Figure. More exactly: the J, V, U reddening lines a1 
plotted. The R, G, B lines do not need to be plotted becaus 
they practically coincide with the R, G, B branches of the § Ce 
diagram. 
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2. Three sets of six-colour observations of e Aurigae are 
yerposed upon a six-colour diagram of 5 Cep. The colours 
-in the Lick system, but referred to 5 Cep at minimum light. 
ey are plotted vertically against the B — Rindex. Concerning 
Aurigae: results 1. and 2. refer to e Aur outside eclipse, 
ults 3. to e Aur inside eclipse. Colours R, G, B are indicated 
small dots, colours J and V by large dots, colour U by 
sled dots. The six branches of the 6 Cep diagram represent 
- continuous change of colour undergone by the Cepheid, 
m maximum light (B — R = —0.52), to minimum light 
— R= 0). The colours are interpolated from those of 
bbins (1945). The interstellar reddening lines relative to 
ours, J, V, and U are plotted as three dashed lines passing 
ough the means of results 1. and 2. The R, G, B reddening 
es practically coincide with the R, G, B branches of the 
Cep diagram. The slope of the reddening lines are taken 
m Kron and Guetter (1976) 


The diagram will be used for two purposes: 

1. Starting from the mean of results 1. and 2., we will derive 
: interstellar reddening of e Aur relative to 5 Cep. This is not 
ential to our purpose, but may as well be done, since 
idening effects are discussed. It will be done in Sect. 3.3. 

2. Independent of this first operation, we will compare 
ults 3. to the mean of results 1. and 2., and find that e Aur 
ide eclipse seems to differ from e Aur outside eclipse by an 
ditional interstellar reddening. This will be done in Sect. 3.4. 

For this second purpose, only the results 1., 2., and 3. and 
> reddening lines are needed (the presence of the 5 Cep 
anches in the diagram serving only to show how the pulsa- 
n and the interstellar reddening effects differ from one 
other). 


}. The Interstellar Reddening of e Aurigae 


ymparing the colours of the F, G, K supergiants studied by 
on (1958) to those of classical Cepheids, Canavaggia and 
ianes (1964) have shown that the colours of the F-type Ib and 
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Ia supergiants can satisfactorily be fitted to those of 5 Cep 
(Stebbins, 1945) at an appropriate phase, by allowing for a 
difference of interstellar reddening between star and Cepheid. 
More precisely: when the fit is obtained for colours J, R, G, B, 
the residual difference observed for colour V does not exceed 
+0.05. In the case of colour U, much greater residual differ- 
ences, not readily explained by gravitational effects, are 
occasionally observed. 

In the present case, we compare e Aur outside eclipse (the 
mean of results 1. and 2., at B — R = —0.31) to the 6 Cep 
diagram. 

When e Aur outside eclipse is progressively de-reddened, the 
colours are displaced along the interstellar reddening lines 
(from right to left), that is: colours B, G, R slide along the 
B, G, R branches of the 6 Cep diagram, while colours J, V and 
U tend to join the J, V, and U branches from which they were 
moved away by the effect of interstellar reddening. 

The J reddening line intersects the extrapolated J branch of 
the 5 Cep diagram at about B — R = —0.60. That means that 
e Aur is more reddened than 5 Cep by about AE(B — R) = 
0.29, that is AE(B — V) ~ 0.19. Taking into account the 
interstellar reddening of 5 Cep itself, the interstellar colour- 
excess of « Aur would be about E(B — V) = 0.33, in good 
agreement with the value of 0.35, often derived from the 
intrinsic colours of a FOla supergiant as given by Johnson 
(1966). This is also in agreement with the value of 0.28, derived 
by Morris (1963) from Johnson (1958) and assumed by Van de 
Kamp (1978). 

When de-reddened by means of colours J, R, G, B, e Aur 
outside eclipse shows an excess of V of about 0™05 relative to 
5 Cep, and a large excess of U, which is discussed in Sect. 3.5. 


3.4. e Aurigae inside Eclipse. Kron’s Observation 


When « Aur outside eclipse (B — R = —0.31) is, this time, 
progressively reddened, the colours slide along the reddening 
lines (from left to right) and, at B — R = —0.20, they are found 
to coincide with the colours of results 3., this for all colours 
except colour U. (The U reddening line runs about 0715 above 
the U point of results 3).) 

Setting aside colour U: e Aur inside eclipse appears definitely 
as the same star as e Aur outside eclipse, affected by an addi- 
tional interstellar reddening of AE(B — R) = 0.11, that is 
AE(B — V) = 0.07. 

We take this as evidence that the secondary light and colour 
variations of e Aur sometimes reflect, rather than intrinsic 
changes of the primary star, extinction effects similar to 
interstellar reddening effects. 


3.5. On the Ultraviolet Flux of e Aurigae 


As was seen in Sects. 3.3. and 3.4., colour U of results 1. and 2. 
shows a large radiation excess as compared with results 3. and 
with the 6 Cep diagram. It also shows an excess of the order 
of 0™20, when compared with other early F type supergiants 
measured by Kron (1958), such as a Lep (FOIb)‘and v Aql 
(F2Ib), suitably de-reddened. This radiation excess exhibited 
by e Aur outside eclipse in the near ultraviolet is rather per- 
plexing. It does not seem to be a permanent feature. It is not 
corroborated by the medium-narrow-band photometric obser- 
vations of Johnson and Mitchell (1975) (Thirteen Colour 
Photometric System). 
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It may be noted also that the far ultraviolet flux of e Aur is 
not in excess either, relative to a Lep and v Aql, according to 
Thomson et al. (1978). (Results obtained by the S2/68 experi- 
ment aboard the TD-1 satellite, in four passbands centred at 
2740 A, 2565 A, 1965 A, and 1565 A.) The UV excess obtained 
by. Hack and Selvelli (1979) from observations made with the 
International Ultraviolet Explorer, refers to still shorter wave- 
lengths (A < 1650). 


4. Gyldenkerne’s Analysis and the Point of View of Extinction 


4.1. The Difficulties Encountered by Gyldenkerne in his Analysis 
of the Photometric Data 


We now investigate whether evidence for extinction effects can 
be derived from the difficulties encountered by Gyldenkerne in 
his interpretation of the secondary fluctuations as oscillations 
around means V and B — V values. 

At the beginning of his analysis, Gyldenkerne (1970) 
determined average values for the total phase and found: 
V = 3.767 and B — V = 0.575 (cf. Table 1, Col. 2 of this 
paper). 

For rather large pre-eclipse and post-eclipse intervals, he 
found: V = 3.002 and B — V = 0.555, in confirmation of the 
statement made by Larsson-Leander (1961), that the average 
colour is smaller out of eclipse than during eclipse by about 
0.02. 

Using observations from the total phase and the V and 
B-— V values of Table 1, Col. 2, Gyldenkerne derived a 
(AV, A(B — V)) relation which satisfies the ratio AV/A(B — V) 
= 3.1. For the intervals other than totality, he assumed this 
ratio to be valid throughout. 


The Post-eclipse Intervals 


Considering the rather large post-eclipse interval mentioned 
aboye, Gyldenkerne finds that the deviations from the mean 
values previously determined do not obey the AV/A(B — V) 
ratio. This he assumes to be due to uncertainties in the measure- 
ment of the B — V values. He then distinguishes three short 
post-eclipse intervals and determines for each of them the mean 
value V, and the B — V which must be associated to V in order 
to fit the AV/A(B — V) ratio. These three corrected B — V 
values decrease from 0.569, for the immediate post-eclipse 
interval, to 0.563 and 0.552. 

Similar considerations, applied to the large pre-eclipse 
interval, lead to similar results that will not-be discussed here. 


The Egress Branch 


Gyldenkerne notes that B — V, on the egress branch, varies 
but little around the rather large value of B — V = 0.580, 
except for an interval where it nearly reaches 0.600. After this, 
it decreases to 0.570, thus matching the immediate post-eclipse 
interval (0.569). No B — V values are given for the ingress 
branch. 


The Totality Phase 


Gyldenkerne then returns to the total phase and finds that 
even there things are not simple. 

There are indications that the mean colour may not be 
constant during totality (that B— V is bluer before mid- 
eclipse than after mid-eclipse). 


Table 1. 
1 2 f 3 

V 3.750 3.767 3.795 

B= ¥ 0565 0.575 0.580 


Col. 1. Mean of the most extreme V values obsery)). 
during the total phase, and corresponding B — V value — 

Col. 2. Average V and B — V values for the whole 
total phase 

Col. 3. Values corresponding to the end-phase of tota 


It would seem reasonable, argues Gyldenkerne, to adop 
V, instead of 3.767 (average magnitude for the total phase), til), 
somewhat smaller value V = 3.750, mean of the most ext en) 
V values observed during totality (the deep minimum 
JD 2435575 and the following maximum). But the cori 
sponding mean colour would then be 0.565, and this bluij, 
colour does not fit well with the rather large B — V value thi 
is observed at the beginning of the egress phase. On the o1 
hand if this rather large B — V value of 0.580 is assumed f 
the whole of the total phase, this would imply V = 3.795, 
low brightness, corresponding to an entirely unsymmetr 
intensity distribution. 


4.2. The Form of the Light Curve during Totality as Suggesti 
of an Extinction Effect P 


At this point of Gyldenkerne’s analysis, one may have a loc 
be distinguished: 

For about 300 d after second contact, the brightness and 
totality, where the V-curve is rather flat and at its lowest leve 
while the B — V indices are practically fixed at their redd 
during the egress phase. This does look much like oscillation. 

Now, the difficulties encountered by Gyldenkerne may 

The secondary fluctuations which are observed durin, 
totality could readily be accounted for as oscillations, if th 
oscillation would then correspond to the V and B— V a 
Table 1, Col. 1. / 
over the whole of the total phase, V and B — V are modifie 
in the sense of lower brightness and redder colour (Table 1 

These modified V and B — V however are not low enoug! 
nor red enough to fit the end-phase, for which the values o 

What we suggest, of course, is that what manifests itself it 
the end-phase of totality is an extinction effect, probably ‘du 
selectively absorbing material, accompanying with some dela’ 
the primary eclipse. 

Gyldenkerne concerning the relative light levels at second an 
third contacts (cf. Sect. 2.2) Having noted that, for both th 


at the form of the light curve during totality. Two phases al 

colour really fluctuate. But then comes the abe 

value. And moreover, as has been said, they remain red af 

presented as follows: 5 

total phase was limited to about its first 300 d. The centre 0 
When the colour-indices and V-magnitudes are average 

Gol. 2). 

Table 1, Col. 3 would be more appropriate. 

to the passage in front of the FOla star of an amount o 
This fagon de voir reminds one of the remark made b: 

1928-30 and the 1955-57 eclipse, the V-brightness is lower a 


Se %) 


id than at the beginning of totality, Gyldenkerne says: 
the effect in question is repeated from minimum to 
im, it would indicate that the secondary variation is to 
extent coupled with the primary variation”. 

What we suggest is precisely to take into consideration a 
n of secondary variation (a selective extinction) which is 
to be more or less coupled with the primary variation 
the neutral extinction). 


_ The Variation of B — V after Third Contact Tentatively 
vibed to Extinction Effects. Kron’s Observation 


has been said above, B — V on the egress branch varies 
le around 0.580, except for an interval, centred on about 
2435910, where it reaches 0.600. This increase of the colour- 
ex may be ascribed to a second wave of absorbing 
terial. 

After the momentary increase, B — V decreases, joining 
65 for the immediate post-eclipse interval, then 0.563 and 
ully 0.552 for the last post-eclipse interval considered by 
Idenkerne. 

Kron’s observation takes place at JD 2435888.5, near the 
mt where B — V reaches its maximum value of 0.600. The 
—- V value, at the date of the observation, is thus expected 
be 0.05 redder than it is at the last post-eclipse interval. This 
onsistent with the fact that Kron’s observation shows an 
jitional reddening of 0.07 in B — V, relative to out-of-eclipse 
servations (cf. Sect. 3.4). 

This argumentation, however, is not quite convincing: what 
eases after fourth contact, according to Gyldenkerne, is 
tan observed B — V but a corrected B — V (cf. Sect. 4.1). 
case extinction effects should interfere with the fluctuations 
the FOla star, the meaning ofthe corrected B — Vis perhaps 
t clear. 

The question of extinction during egress will be reexamined 
Sect. 6.5. 

More generally, the search for extinction effects will be 
‘en up, from a different point of view, in Sect. 6. 


The Point of View of Huang and Wilson. Extinction by the 
lipsing Body 


is not our intention to discuss the various models that have 
en proposed for the system e Aurigae. However, we cannot 
ore the cases where the models lead to an interpretation of 
> fine structure of the light curve, as happens in the works of 
ang and Wilson especially. 

Huang’s interpretation follows the trend initiated by 
‘uve in the middle of the century, which consists in looking 
evidence of matter around and between the components of a 
1ary. Huang interprets the light curve of e Aur as a function 
this matter. The main shape of the curve during the eclipse 
related to the structure of a semi-transparent disk that 
volves around the secondary component, while the fine 
ucture is related essentially to fluctuations of opacity 
curring inside the disk. In other words: they are considered 
iinly as extinction effects. 

Different aspects of this point of view have been developed 
' Huang in a number of papers (principally, Huang, 1965, 
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1973, 1974a, b), most of which imply a discussion of Wilson 
(1971). 

Wilson (1971) introduced the idea of a semi-transparent 
central opening in the disk that surrounds the secondary. The 
central hump which appears (according to Wilson) in the 1955— 
57 light curve (convexity of the light curve between 2nd and 3rd 
contacts, not observed during the 1928-30 eclipse) is ascribed 
to a change in the opacity of the central opening. The double 
feature which occurs in the total phase of the. 1955-57 eclipse 
quite near the expected time of conjunction (the dip at about 
JD 2435575 and the following maximum), is dissociated in two 
effects: the dip, considered as a drop of light not accompanied 
by a corresponding change of colour-index, is interpreted as 
the actual eclipse of the primary by the secondary (or by a dust 
cloud surrounding the secondary, if the latter happens to be a 
collapsed object), while the following maximum is connected 
with the region where the hump is culminating. Dips are 
expected to occur at the beginning and end of totality. The 
downward slope mentioned by Fredrick (1960) is discussed, in 
relation with the form and position of the disk. 

Huang (1974b) does not think it likely that the opacity of 
the central opening might have changed during the interval 
between the 1928-30 and 1955-57 eclipses, and he derives one 
single computed curve for both eclipses. The departure of the 
observed points from this curve (which is rather important for 
the 1928-30 eclipse) is ascribed to fluctuations in the density of 
the disk and maybe also to “streaming matter”’ (matter that 
does not belong to the disk). The clear-cut dip at about 
JD 2435575 is ascribed to extinction by an individual condensa- 
tion (eventual protostar, or transient phenomenon). 


6. The Correlation Diagram of Larsson-Leander as indicative of 
the Dual Aspect of the Secondary Fluctuations 


6.1. The Dual Aspect of the Correlation Diagram 


We consider here two figures of Larsson-Leander: the compo- 
site Fig. 2 of Larsson-Leander (1958) and Fig. 2 of Larsson- 
Leander (1961). These figures represent the relation between 
the brightness and colour fluctuations (P plotted against P — V) 
from observations covering three intervals: 

1. the totality phase, 

2. the immediate post-eclipse interval, 

3. a well out-of-eclipse interval. 

The plot relative to totality will be called the correlation 
diagram, as it is the one which was used by Larsson-Leander 
(1958) for computing the correlation lines. 

The distribution of points which is observed in cases 1., 2., 
and 3., and partly reproduced in Fig. 3, leads to the following 
comments: 

a) The points of the correlation diagram form two distinct 
groups — a blue, high-brightness group, schematically repre- 
sented, in the figure, by the envelope of the points, and a 
red, low-brightness group, represented by circled dots and 
dots. 

b) The blue group coincides more or less with the distribu- 
tion of points observed in cases 2, and 3., (when due allowance 
is made for a difference in P of about 0"73, which represents the 
depth of the neutral eclipse). The red group, on the contrary, 
has no counterpart in the two out-of-eclipse distributions. 
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4,10 


4.15 


4.25 


4.35 


Fig. 3. The figure refers to three (P, P — V) plots obtained by 
Larsson-Leander, 1. for the totality phase, 2. for two out-of- 
eclipse intervals. It principally represents the total plot (Lars- 
son-Leander’s correlation diagram) to which some points in the 
vicinity of 2nd and 3rd contacts have been added. For this 
total plot, the different symbols succeed to one another in time 
in the following way: first two triangles (JD 2435439-440, 
ingress points, just prior to 2nd contact, for Larsson-Leander, 
totality points for Gyldenkerne). Then, during an interval of 
about 280 d, nineteen blue, high-brightness points, schematically 
represented in the figure by their envelope (polygon of the blue 
points observed during totality). Then comes a 30 d interval of 
decreasing brightness and increasing colour, where eight 
circled dots succeed to one another, from JD 2435718 (upper 
circled dot) to JD 2435748 (lower circled dot). Then dots 
oscillate for a time in P — V with little change of brightness, 
until the two upper dots (JD 2435813-817, totality points for 
Gyldenkerne, egress points for Larsson-Leander) join up, in 
the figure, with the two triangles and the two first circled 
points. These dots are followed by three vertical dashes 
(JD 2435825-26-27), the three first egress points, according to 
Gyldenkerne. (An isolated point at JD 2435821 is not taken 
into account.) the Three crosses stand for observations coming 
from the dip at JD 2435575. 

On the other hand, the plus signs and squares refer to the 
two out-of-eclipse intervals. When a shift of 0™73 in brightness 
is accounted for, most of the out-of-eclipse points fall inside 
the polygon of the blue points. Those that do not are plotted 
in the figure (the plus signs referring to the immediate post- 
eclipse interval, and the two squares, to a well out-of- 
eclipse interval), and they are seen to fall in the vicinity of the 
polygon 


The implication seems to be clear: 

The blue fluctuations, those that occur in a similar 
inside and outside eclipse, should be ascribed to similar caus 
intrinsic fluctuations of the primary (or occasionally, m 
streaming matter in Huang’s language). 

For the red, low-brightness points only, a special ex 
tion is needed, which may well be, of course, extinction 
eclipsing body. 

In other words we propose that Larsson-Leander’s co 
tion diagram be dissociated into two parts, the upper part bi 
expected to reflect the intrinsic variability of the pri 
while the lower part should be ascribed to extinction b 
eclipsing body. 

It is, of course, very-remarkable that the two parts fi 
well with one another in the diagram. ; 


| 


What are the features of the total light curve which can. 
ascribed to extinction, according to the above discrimina 
process? 
The correlation diagram points to one and only one feat 
the low feature that marks the end-phase of totality. d 
The blue points in the diagram all come from the section 
the total phase anterior to JD 2435718. : 
(0) 


6.2. Features of the Total Light Curve that may be Ascrib 
Extinction 


The red points (circled dots and dots in our Fig. 3) alle 
from the end-phase of totality, from JD 2435718 to 
contact. 

Specially noteworthy is the 30d interval represented } 
Fig. 3 by eight circled dots: from JD 2435718 to JD 24357 
P and P — V increase together with AP/A(P — V) ~ 2. 
(AV/A(B — V) ~ 1.4). This looks like the starting up of. 
very selective absorption feature. We find here a confirmatio 
of the conclusion reached in Sect. 4.2. 

Apart from the end-phase feature, some low-brightne: 
points, observed by Larsson-Leander but not plotted in h 
correlation diagram, may be considered: 

The points coming from the dip at JD 2435575 were n¢ 
plotted in the diagram and were excluded from the derivatio 
of the (P, P — V) correlation because they were considere 
as dubious (sec z > 2). They are represented in Fig. 3 & 
three crosses. In this case, the selectivity of the extinctio 
does not appear clearly. The extinction may be more or r les 
neutral. 

A third small feature consists of four observations in tk 
vicinity of 2nd contact. These points were not plotted in tt 
diagram because they were thought to belong to the ingre: 
branch (just prior to 2nd contact). They are plotted in Fig. 
as two triangles (nightly mean values). This rather low-brigh 
ness feature may represent a minimum of the intrinsic fluctu: 
tions of the primary — a slight extinction feature — the slig! 
dip which is expected to occur at the beginning of totalit 
according to Wilson (1971) and Huang (1974b). 

Apart from these two or three features, the disk, from ot 
point of view, may be considered as rather homogeneous an 
neutral, the blue, high-brightness fluctuations observed durir 
totality being considered as the ordinary fluctuations of tl 
primary, seen across a mostly neutral, semi-transparent dis! 
which alters the brightness (hence the necessity of the shif 
without altering the colours. 


dint of view has, of course, several common points 
ang’s and Wilson’s interpretation of the total light 


A slight dip seems to occur at the beginning of totality. The 
at about JD = 2435575 is ascribed to more or less neutral 
ction by the eclipsing body. The large end-phase extinction 
ure might be ascribed to one of Huang’s density waves 
urring in the disk. However, it cannot readily be explained 
i simple, transient density wave: as well as being selective, it 
ns to repeat from eclipse to eclipse, and should be connected 
h the downward slope of the total light curve. Does the 
account for the downward slope, or does it simply 
tuate a more general trend of the curve? (It was said, in 
st. 6.2, that the feature started at JD 2435718, the time when 
ecomes conspicuous in the correlation diagram, but it might 
rt earlier.) 


. Contact Times and Amplitude of the Eclipse 


‘was noted by Larsson-Leander, maxima and minima of the 
ondary variations falling close to a contact time, would 
ect the derivation of the contact time and of the amplitude 
the eclipse. We examine here how the remark applies to the 
tivation of second and third contacts and to the difference 
tween the amplitudes derived by Larsson-Leander from the 
scending and the ascending branches (0.73 and 0.79 re- 
-ctively). 

We consider first the slight minimum observed in the 
inity of 2nd contact. Gyldenkerne’s contact time, assumed at 
} 2435430, precedes the minimum, while Larsson-Leander’s 
d contact, at JD 2435442, practically coincides with the two 
ints (JD 2435439-440) where the P brightness reaches its 
vest value (points represented, in Fig. 3, by the two triangles 
about P = 4.25, P — V = 0.465). 

Both interpretations are plausible. A remark, however, can 
made: as said in Sect. 6.2, the dip in the vicinity of 2nd 
ntact may represent, not a minimum of the secondary 
riations, but the small dip which is expected to occur at the 
ginning of totality, according to Wilson (1971) and Huang 
174b). In this case it would seem naturalto assume 2nd contact 
the bottom of the dip (at P ~ 4.25, Larsson-Leander’s 
erpretation). 

We consider now what happens in the neighbourhood of 
i contact. The large selective feature observed there appears 
Fig. 3 as a sort of loop that begins with the three upper 
cled dots and ends with the two upper dots at about P = 4.25, 
— V = 0.465. 

Gyldenkerne assumed 3rd contact at JD 2435824, that is 
er the two upper dots (JD 2435813-17) and just prior to the 
ee vertical dashes (JD 2435825-26-27) considered by him 

the three first egress points. The interpretation includes 
> whole of the loop in the total phase, that is: it excludes the 
»p from the derivation of the 3rd contact. 

Larsson-Leander, however, assumed 3rd contact at JD 
35800, as soon as the flat section, represented in Fig. 3 by 
ts that oscillate in P — V at about P = 4.32, comes to an 
d. The loop is thus fully included in the derivation of 3rd 
ntact. Light-level at 3rd contact is lower by 0.07 than it is at 
d contact, the phase of increasing light, from P ~ 4.32 to 
~ 4.25, being ascribed to egress. 
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On the other hand, it may be noted that the asymmetry of 
the light-levels (and also the difference between the amplitudes 
derived from the descending and ascending branches) could be 
made to disappear by assuming 3rd contact at about JD 
2435813-17, the dates of the two upper dots situated in Fig. 3 
in near vicinity of the triangles (at P ~ 4.25). A possible 
interpretation could be that, after the end-phase extinction has 
sufficiently subsided, a 3rd contact is observed, which is 
symmetrical, in light and colour, to 2nd contact. The coinci- 
dence of triangles and upper dots, however, may be fortuitous, 
and anyhow it does not solve the question. 

The question is not that a well defined 3rd contact should 
be freed from the effect of an occasional secondary minimum. 
The selective end-phase extinction feature and, more generally, 
the downward trend to the total light curve, may well be 
considered as secondary aspects of the principal, chiefly neutral, 
eclipse, but not as occasional features. Being part of the eclipse, 
there is no reason why they should be excluded from the 
derivation of 3rd contact. However, only a precise interpreta- 
tion of these asymmetrical phenomena (such as, maybe, the 
“tilted disk’’ of Wilson, 1971) can lead to an understanding of 
what exactly, in the case of the e Aur eclipsing system, should be 
considered as third “contact” and beginning of “‘egress”’. 


6.5. Extinction During Egress. Kron’s Observation 


We now consider how the egress branch links up with the 
total phase from the point of view of extinction. 

Succeeding to the upper dots and the three dashes discussed 
in the preceding section, the egress branch rises up for about 
50d, in the (P,P — V) diagram, with but little change in 
colour-index (P — V ~ 0.465). If the dual interpretation of 
the correlation diagram is accepted, P — V may be taken as 
about 0.44 for all the variations that reflect the intrinsic 
fluctuations of the primary (out-of-eclipse observations and 
polygon of the blue points). From this point of view, a mean 
P — V of about 0.465 suggests that, after the large extinction 
feature has more or less subsided, some remaining extinction 
still affects the lower part of the egress branch, from JD 2435825 
to JD 2435877. 

Then come: 

From JD 2435877 to JD 2435903, a 26d interval during 
which observations by Larsson-Leander are lacking. 

From JD 2435903 to JD 2435914, four observations, the 
four reddest points on the egress branch, with P — V = 0.485. 

Now, Kron’s observation takes place on JD 2435888.5, in 
the middle of the 26 d interval where observations are lacking. 
What happens during this interval, according to Fredrick’s 
results? 

From JD 2435877 to JD 2435900, four results are registered, 
the second one at JD 2435877.5, that is on the eve of Kron’s 
observation. For this observation, the V-brightness places 
itself well under the V-curve of the coordinated data (cf. Fig. 1b 
of Gyldenkerne, 1970). Three days later however, the effect 
has disappeared. 

One might think of a transient extinction which would 
account for both the observations of Fredrick and Kron. The 
interpretation, however, is not corroborated by Fredrick’s 
colour indices. Very red indices do appear in Fredrick’s 
results, but only a few days later (starting from JD 2435900), 
and at this time the V-brightness, instead of being lowered, is 
very high, so neither can these very red indices be readily 
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interpreted as extinction effects. However, despite the lack of 
correspondence between brightness and colour variations, 


-Fredrick’s results suggest that large and rapid fluctuations 


may occur in the interval considered. 

Moreover, the appearance of Larsson-Leander’s light curve 
(egress branch) does not exclude the possibility that a slight 
drop of brightness could occur during the 26 d interval where 
observations are lacking. (It may be noted that the reddest of 
the few observations made by Thiessen also takes place 
during this interval, at JD 2435898.) 

Whatever it may be of these suggestions, Kron’s observa- 
tion takes place at a time when the colour-index is decidedly 
redder than usual, and the interpretation of the results given 
in Sect. 3.4 is not unlikely. 

It would be interesting to know how the descending branch 
links up with the 2nd contact and the beginning of totality. 


- According to the results given by Huruhata and Kitamura 


(1958) and by Widorn (1959), the colour indices would be 
somewhat bluer, in the mean, during ingress than during 
egress. 


6.6. On the Ratio of Light to Colour Intrinsic Fluctuations of the 
Primary 


As was noted in Sect. 2.2, there is some disagreement between 
the ratios of light to colour variations computed by Larsson- 
Leander and Gyldenkerne, the AV/A(B — V) ratio (which was 
meant to apply to the intrinsic fluctuations of the primary) 
being determined as about 2 by Larsson-Leander and about 3 
by Gyldenkerne. 

Larsson-Leander and Gyldenkerne agreed that the ratio 
could best be determined from the total phase, where the varia- 
tions covered larger ranges. However, if these larger variations 
are partly due to selective extinction effects connected with the 
eclipse, the use of the total phase for analysing the variations 
of the primary becomes questionable. The ratio obtained may 
depend on what feature of the light and colour curves is taken 
into account. 

At the present time, because the two parts of the correlation 
diagram fit so well with one another, and because Larsson- 
Leander found that his two out-of-eclipse intervals seemed to 
obey the same ratio as that derived from the totality, this ratio 
[AP/A(P — V) ~ 3, AV/A(B.— V) ~ 2] can best be con- 
sidered as the ratio that prevailed during and around the 
1955-57 eclipse. 

Is this ratio characteristic of the primary, considered as a 
pulsating star? (cf. McLaughlin, 1934; Abt, 1957). This of 
course is another question. Only a precise analysis of the 
photometric observations that were carried out over large 
intervals of time since the 1955-57 eclipse (Stub, 1972; Albo, 
1977) will decide whether the irregular fluctuations of the 
primary can be said to obey a unique ratio, troubled only, 
maybe, by rapid fluctuations or interference of streaming 
matter. 


Conclusion 


One observation of e Aurigae made by Kron on the upper 
egress branch of the 1955-57 eclipse, shows an extinction effect 


- similar to an additional interstellar reddening effect of 0.07 in 
Bia 


Some of the difficulties encountered by Gyldenkerne it 
analysis of the secondary fluctuations, considered as oscilla ti 
around mean V and B — V walues, may be due to the effe 
variable amounts of selectively absorbing material. 

Our final conclusions follow from an analysis of 
(P, P — V) plots of Larsson-Leander, which refer: one of t 
to the total phase of the 1955-57 eclipse, and the other on 
two out-of-eclipse intervals. We propose that the total 
(Larsson-Leander’s correlation diagram) be dissociated i 
parts, the upper part being expected to reflect the variability) 
the primary, while the lower part should be accounted for} 
terms of extinction by the eclipsing body. oe | 

Extinction should thus be responsible for: | 

a) a large selective feature that occupies the end-p 
(about the last 90 days) of totality; 

b) the dip at about JD 2435575, a less selective, maybe 
or less neutral feature. 

The large end-phase feature seems to repeat from eclif 
to eclipse, in relation with the downward slope of the total lig 
curve. 

Some selective extinction persists during” tiene! whi 
partly accounts for Kron’s inside-eclipse observation. 
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Summary. Some evolved metallic A type stars have been observed 
photometrically to check them for pulsational stability. No short 
period variations have been found within o=0.003 to o=0.006 
mag. Further observations were performed in order to confirm 
long term variability in some of these stars. However, they also 
appeared to be constant within about o =0.002 to o=0.004 mag. 
along several days. These results allow a comparison between 
the constant evolved Am stars and the 6 Del stars which show 
both abundance anomalies and pulsational instability. Two new 
pulsating stars have been discovered as a result of this observa- 
tional program. 


Key words: metallic-line stars — pulsation — photometry 


1. Introduction 


Among the stars of the lower part of the Cepheid instability strip, 
the existence of stars with peculiar atmospheric abundances is 
well known: classical Am, mild Am, and 6 Del stars. In the same 
region more than 30% of the stars are pulsationally unstable: 
6 Scuti and AI Velorum stars. 

On the main sequence the exclusion between metallicism and 
pulsation has been established by Breger (1970) and later by 
Kurtz et al. (1976) — the only doubtful case could be the two 
pulsating mild Am discovered by Kurtz (1978) but the metallic 
character of these stars needs to be confirmed. Theoretically, this 
exclusion between pulsation and metallicism is qualitatively well 
explained by the diffusion theory (Baglin, 1972; 1976; Vauclair, 
1976, 1977): the disappearance of the ionjzation zone, due to 
the diffusion of helium, in a stable atmosphere (i.e. a slowly 
rotating star) prevents the driving of the instability. 

Off the main sequence, the situation is more complicated. The 
definition of the Am character seems less clear, meanly due to 
the imprecision of photometric classification criteria. Only de- 
tailed analysis can give unambiguous results, see for example 
Burkhart (1978). She concluded that 22 Boo and « Cnc, two 
evolved stars (luminosity class III), have abundance anomalies as 
strong as normal “dwarf” Am stars. There is another group of 
stars — the so-called 6 Del stars — with subgiant or giant luminosity 
and metallic line spectra similar to the Am stars, which are, ac- 
cording to Kurtz (1976), probably evolved Am stars. Among this 
group, some stars are also 6 Scuti pulsators. 
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Figure 1 shows a part of the instability strip for luminos} 
class IV and III, where some Am, 6 Del, and 6 Scuti stars q 
plotted. 

Recently, Valtier et al. (1979) and Cox et al. (1979) hava 
vestigated pulsational stability of stars with helium decreased 
diffusion. 

They found that envelopes affected by diffusion, which shi 
abundance anomalies and low helium content, could be pul 
tionally unstable under certain conditions. The location of | 
blue edge for these models is very sensitive to both model coi 
position and numerical computation, in the sense that the low) 
the helium content in the envelope, the redder the location of | 
edge. : 

An observing program has been undertaken in order to che’ 
the variability of evolved Am stars across the instability stri 
Our purpose is to locate, if it exists, the blue border of the regi¢ 
of coexistence between atmospheric abundance anomalies at 
pulsation for A stars. Thus, among the evolved A stars, confirm( 
to be Am by a detailed abundance analysis, the following sta 
have been observed: 22 Boo, HR 6611, HR 6784, 15 Vul, 214 Ps 
HR 178, and HR 1248. They all lie in the bluer part of the i 
stability strip (see Fig. 1). 


2. Photometry 


Observations were carried on with the equipment of the Institut 
de Astrofisica de Andalucia in the Spanish Sierra Nevada ; 
2609 m above sea level. We have used a photoelectric photomete 
equipped with an unrefrigerated EMI 6256 A photomultiplie 
attached to a 30 cm Cassegrain reflector telescope with the B filt 
of the Johnson system. These observations were performed i 
summer 1978. Each program star has been observed continuous! 
during two nights. If it remained constant over these two night: 
then a search for longer period variability was undertaken b 
the following procedure: along several nights five measuremen 
were performed; the average of these five measurements was the 
used to determine the constancy over long periods. Two con 
parison stars have been chosen for each program star. 

Table 1 gives the main characteristics of these program: stal 
and Table 2 the observing conditions. 


22 Boo 


HR 5343 and HR 5346 classified as F 0 V (Bertaud and Floque 
1967) and dF 4 (Bright Star Catalogue, Hoffleit, 1964) respec 
tively, have been used as comparison stars. Later, BD + 20°294$ 


3.94 3.92 3.90 
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Evolved Am Stars 


3.88 3.86 log Te 


. 1. Evolved zone (Mv from 0.4 to 2.2 mag) of the lower part of the Cepheid instability strip. Symbols indicate: (+) the 6 Scuti 
ts listed by Baglin et al. (1973), (©) the bright 6 Del stars listed by Kurtz (1978), (©) the Am and (0) Am: stars listed by Kurtz 
76). Full symbol indicates a constant star, crossed one indicates a variable (6 Scuti type) star. The luminosity classes are taken from 
en (1963). The dashed line indicates the suggested blue border (see text) 


> 5 star, was taken as a new comparison because HR 5343 
s discovered to be a short period variable (Costa et al., 1979). 
Boo itself was constant during the observation time indicated 
able 2. During a time basis of 87 d this star remained constant 
orightness. Over the 30 nights when it was observed, the stan- 
‘d deviation was 0.004 mag. Winzer (1974) indicates that 22 Boo 
ld be variable with a period of either 16* or 1 and an ampli- 
le of 0.01 mag. But he suggested that this variability should 
considered as doubtful due to a large differential extinction. 
is variability, if it exists, is under the detection threshold of 


- present equipment. 


. 6611 


is star is known to be an eclipsing and spectroscopic binary 
tem (Zissell, 1972). HR 6589 and HR 6594 (spectral types 
V and dF 1, respectively) have been chosen as comparison 
rs. HR 6611 turned out to be variable, due to its binary cha- 
er, from night to night, but it remained pulsationally constant 
> Table 2). 


_ 


HR 6748 


We have used BD + 14°3463 and BD +13°3540 as comparison 
stars; both are A 0 stars. This star remained constant over short 
time scales during the nights indicated in Table 2. Furthermore, 
no variation has been observed on 5 nights of observations spread 
over 15d, standard deviation being 7=0.002 mag. 


15 Vul 


We have taken HR 7656 and HR 7601 (spectral types B STV and 
A OIII, respectively) as comparison stars. At first we chose HR 
7731=21 Vul as a comparison star which turned out to be 
variable. Both period (~0*23) and luminosity (dc, greater than 
0.28 mag) indicate that 21 Vul could be an interesting 6 Scuti 
star (see Garrido and Saez, 1979). During the nights indicated in 
Table 2, 15 Vul was constant. However, more observations have 
been performed in order to confirm the variations claimed by 
Metik (1974) and the 14° period found by Kuvshinov et al. (1976). 
Over a time basis of 81 d containing 46 nights of observations, 
we have not been able to find the above mentioned period. On 
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Table 1. Physical parameters of the program stars. Absolute 
magnitude, Mv and effective temperature, © (5040/T,), are from 
Philip et al. (1976). Sources of spectral types are from: 

1. Burkhart (1978) 

2. Cowley et al. (1969) 

3. Faraggiana and Vant’t Veer (1971) 


Source 


Table 2. Stars investigated for short period variability. Standard 
deviation is measured over the night indicated. Mean magnitude 
difference is the difference of magnitude between the program 
star and its first comparison indicated in the text 


Mean magnitude 
difference (A>) 


-1,145 


Hours of 
observation 


Standard | 
deviation (0) 


2443642 
0,005 
. 0.004 
0,003 
0.008 
0,004 
0.006 
0.005 
0.004 
0.004 
0.006 
0.005 
0,005 
0.005 
0.004 


the other hand, the variations indicated by Metik (1974) can be 
due to the variations of 21 Vul used by him as a comparison star. 

Spectrophotometric scanner observations of Bohm-Vitense 
and Johnson (1978) show evidence of variability for 15 Vul, but 
the long time elapsed between the observations of Baschek and 
Oke (1965), taken as a reference, and those of the former authors 
is larger than our time basis. Then, if the variability of 15 Vul 
derived from spectrophotometric scanner observations is real, 
the period must be longer than about 70 d, 


21 Pse 


This star, classified by Cowley (1968) as a “‘very mild’ Am, does 
not show short period variations. HR 9042 and HR 8984 of 
spectral types A0 and A7V, respectively, were taken as com- 


parison stars. We performed observations on 16 nights spread 


over 43 d. The star remained constant (c =0.005 mag). 


HR 178 and HR 1248 


\ 


Both stars have been tested only for short period variabili 
variations have been found during the nights indicated in Tab 
BD +22°113 and BD +24°115 were the comparison stars for 
178 whereas BD + 64°424 and BD + 65°381 are those for HR 1 


3. Conclusions 


We have tested for variability a sample of evolved Am or Am: ste 
Long period variations were found in HR 6611 which is knoy 
to be an eclipsing binary. Our observations indicate that 22 Bi 
does not show long period variations and the periods indicat] 
by Winzer (1974) mustbe considered as very doubtful. On t| 
other hand, 15 Vul remained constant along the baseline time 
71 d, the 14° period claimed by Kuvshinov et al. (1976) doew D 
receive any support from our photometry. 

Among the sample, no short period variables have been foun) 
So one can conclude that metallicism and pulsation are exclusi 
properties in the evolved region of the instability strip occupii 
by these stars as it is the case on the main sequence. This rest 
could suggest that the blue border of the region of coexisten 
between pulsational instability and atmospheric abundanc 
anomalies, if it exists, is redder than the region of the studied sta’ 
A tentative blue limit for this border is shown as a dashed line. 
Fig. 1. A quick inspection of this figure shows that general 
variable 6 Del stars lie on the red side of this line. Howev« 
three objects do not fit this scheme: 14 Aur, 59 Ori, and 90 Vi 

Two explanations could take into account these exception 

Some residual helium in envelopes of these stars could expla 
their pulsation in this part of the diagram as the calculations 
Valtier et al. (1979) and Cox et al. (1979) showed that the locatic 
of the blue border for the instability is hardly dependent of 
helium contents. 

Another possibility could be erroneous classifications for the 
objects: the 6 Del character of 14 Aur is not clearly proved | 
Kurtz’s analysis; 59 Ori is a spectroscopic binary and one cor 
ponent could be an Am and the other a 6 Scuti as in 32 V 
(Kurtz et al., 1976) and 90 Vel seems to have a controvers! 
classification. More observations need to be performed in ord 
to confirm definitely these results. In this framework we a 
presently engaged in an extensive program to look for she 
period variability among evolved A and Am stars. 
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Summary. A new numerical method for three-dimensional 
protostellar hydrodynamics is presented. Its compatibility with 
existing numerical codes is demonstrated by test calculations in 
two dimensions (axial symmetry). Shortcomings and advantages 
of the method are discussed. The compactness of the present 
code is emphasized: many interesting three-dimensional 
calculations can be performed on a medium-size computer 
(300 K bytes of central storage). Several tests of the stability of 
rotating interstellar clouds against non-axisymmetric perturba- 
tions are reported. In three cases fragmentation leading to the 
formation of a binary system is observed. Some general 
conclusions concerning the stability of rotating clouds are 
drawn. 


Key words: protostellar clouds — fragmentation — hydro- 
dynamics 


I. Introduction 


In recent years significant evidence for the rotation of dense 
interstellar clouds has been found (Linke and Wannier, 1974; 
Phillips et al., 1975; Millmann, 1977; Loren, 1977; Martin and 
Barrett, 1978; Crutcher et al., 1978). Rotational velocities have 
been measured which lead to enormously high values of specific 
angular momentum, i.e. angular momentum per unit mass. 
When compared to that which can be stored in an upper-main 
sequence star, the specific angular momentum of an interstellar 
cloud seems to be too high by a factor of 10°-10". One possible 
solution of this dilemma is provided by the very nature of the 
double globule B163—B163 SW (Martin and Barrett, 1978), the 
components of which appear to revolve around the common 
centre of mass. The orbital angular momentum as well as the 
spin angular momenta of the system are antiparallel to that of 
the galaxy, and the system itself seems to have originated by 
contraction and fragmentation of a huge interstellar cloud 
rotating according to the laws of galactic differential rotation. 
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The hypothetical primary cloud would have had a spe 
angular momentum, /, of about 10?4cm?s~+. The orl 
angular momentum of the globule gives approximately the s 
value, whereas the / connected with the spin angular mom 
of the components is lower by a factor of 100. Thus one - 
speculate that after two or three further contractions 

fragmentations the spin angular momenta of the fragm 
might be brought down to main sequence values. Even be 
the double globule was observed, the repeated contraction 
fragmentation hypothesis had been attracting a consider 
interest amongst theoreticians. The pioneering two-dir 
sional hydrodynamical calculations by Larson (1972) sho 
that rotating and collapsing clouds tend to form ring: 
structures. Larson and several subsequent authors (Black 
Bodenheimer, 1976; Nakazawa et al., 1976; Bodenheimer, 1 
found those rings to be unstable in two dimensions, wher 
instability in two dimensions we mean self-contraction of 
ring, which, at a certain phase of the dynamical evolutio 
the cloud begins to collapse onto itself, maintaining its < 
symmetry. Dense ring-like structures were believed to be hi 
unstable to non-axisymmetric perturbations and as such 
were supposed to play the main role in the repeated contrac 
and fragmentation hypothesis. This was confirmed by Cook 
Harlow (1978) and by Norman and Wilson (1978), who 1 
three-dimensional hydrodynamical codes to investigate 

turbed rings. The whole pattern of repeated contraction, 

formation and fragmentation was subsequently mode 
though with many simplifying assumptions, by Bodenhei 
(1978). He showed that four to six fragmentations \ 
sufficient for the creation of slowly rotating protostellar obj 
lying close to the Hayashi limit on the H-R diagram, und 
wide range of assumptions concerning the initial conditi 
the efficiency of mass transfer from the ring into the fragm 
and the percentage of angular momentum which is store 
spin motion of the fragments. In some cases the ang 
momentum distributions among components of multiple n 
sequence stars were successfully recovered. 

Recently, however, the very nature of the ring phenome 
has been questioned. Bodenheimer and Tscharnuter (1! 
published two-dimensional calculations according to Ww 
rings were merely pressure waves running through the cl 
No tendency towards their self-collapse was found. Tok 
(1978) was able to provide a physical (analytical) argument 
the existence of these “‘ pressure wave’’-type rings. On the o 
hand rings were not found at all by Kamiya (1977), nor it 
earlier work by Tscharnuter (1975). This short, but stor 
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ty of rings and two-dimensional hydrodynamical calcula- 
shows clearly that protostellar hydrodynamics is still in 
rly stage of its development. No far-reaching conclusions 
uld be drawn from results that have not been confirmed by 
ependent calculations. Since the calculations of Bodenhei- 
r and Tscharnuter (hereafter referred to as BT) were 
formed with the help of two completely different codes, we 
| that their conclusions can be trusted with a high degree of 
fidence. 

In the present paper we report also further evidence in 
port of BT’s picture of protostellar rings. Coupled with 
se of BT, our results show clearly that at least some rotating 
srstellar clouds do not evolve into self-gravitating rings. 
lis statement, however, cannot be generalized without 
litional numerical experiment.) The ultimate fate of the 
uds which do not have a well pronounced ring is, of course, 
lear. On the basis of existing 3-D calculations we are 
_ able to say anything about their stability against non- 
symmetric perturbations. The aim of the present paper 
‘o investigate the development of such perturbations and 
estimate the ability of a cloud without self-gravitating 
gs to create independently spinning subcondensations. 


‘Numerical Method 


rt code is essentially based on a three-dimensional extension 
the method developed by Fricke et al. (1976) and Tschar- 
fer and Winkler (1979) for modelling axisymmetric hydro- 
vamical configurations. Both codes use spherical polar 
dinates and operate on functions expanded into eigen- 
ictions of the angular part of the Laplace operator, i.e. into 
zendre polynomials P; in the axisymmetric case and spherical 
‘monics Y;" in general, where 


ir, 8, 6) = PP(cos 6AP(r) cos mp + BY(r) sin md), 
UES Ty AP AO al ee 8) 


hough every continuous function of (r, 6, 6) can be expanded 
terms of the Y;"’s, the method can be applied only to hydro- 
aamical configurations which retain a certain degree of 
nmetry during their evolution. These restrictions are intro- 
sed not only by the expansion, but also by the coordinate 
tem itself. Let us suppose that our function F is continuous 
i differentiable. Then, although its cartesian derivatives 
/Ox, 8F /éy, OF /@z exist everywhere, the 6- and ¢-components 
its gradient, expressed in spherical coordinates, and given by 


10F oF OF OF 
=-— => — 6 —_ i ae 
a = 59 = 9, 008 2 cos o+ a cos 6 sind B; sin 0 
: ; (2) 
1 OF oF 


: oF 
F= rsin 6 op = —5, sing a) By 8 # 

: not defined on the axis. Of course, (2) is valid, if the origins 
both coordinate systems coincide, ¢ is counted counter- 
ckwise from the x—z plane and @ from the positive direction 
the z-axis. Having chosen spherical coordinates ,we have to 
trict ourselves to those cases in which @F/éx = @F/éy = 0 
the axis (where F stands for the gravitational potential and 
‘the pressure throughout the evolution); or, in other words, 
those cases in which, for each value of z, F(x, y, z), treated 
a function of x and y only, has either an extremum or a 


a 
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saddle point at x = y = 0. From the physical point of view, 
we cannot allow matter to flow through the axis. Provided that 


the rotational axis was well defined in the initial model, this - 


seems to be a fully justified restriction. 
If our eigenfunctions are normalized, the general form of 
expansions is given by 


F(r 0, ¢) = a i Pi'\(cos 6)(A7(r) cos md + Bi'(r) sin md), 


(3) 
where 
2n 2 
Ar(r) = J Jf F(r, 8, d)Pr(cos 8) cos md sin Odbdd 
0 Oo 
and (4) 


Qn x 
Br(r) = J J F(r, 0, 4)Pi(cos 8) sin m6 sin 0dédd. 


Differentiating (3) with respect to @ we have 


Bi 2 fae 


Pee ap (AT(r) cos md + Bi(r) sin md). (5) 


The derivative dP7"/d@ can be expressed as a linear combination 
of two other associated Legendre polynomials: 
a = 41 + m\(l — m + 1)PP-+ — Pf*), 

= 1. Lea 


If we put P/** = 0, (6) remains valid also for m = 1. Among 
associated Legendre polynomials only those with m = 0 do 
not vanish on the axis, and thus the only sources of undefined 
gradients are the polynomials with m = 1: 


dP} Jae 
9 7 ME + DIP: — Pi) 4 0 for 0:==. 0 om Gime (7) 
Therefore it is clear that harmonics of the type 

Yi = Pi(cos @)(Ai(r) cos md + Bi(r) sin m¢) (8) 


should be excluded from the expansions. One can easily see 
that this is sufficient to obtain expansions whose derivatives 
are regular on the axis, where the only nonvanishing com- 
ponent of the gradient is the radial one. Thus, the basic form 
of expansion for a scalar function used in our code is 


Ft. 6, 4) = yi C(r)PP(cos 8) + x e P?*(cos 8) 
-(AT(r) cos mf + BT(r) sin md). (9) 


It is very well known that molecular clouds remain isothermal 
during the first stages of their collapse. The temperature of a 
cloud begins to rise only after infrared radiation emitted by 
dust grains is trapped, which usually takes place at densities of 
about 10-43 gcm~%. Since we stop our calculations long 
before this value is reached, we may safely use an isothermal 
equation of state. The basic set of equations to be solved is then 
ép 


a re V(pr) = 


dv 1 
p04 che) Relies a lal (10) 


V2® = 4nGp 


k 
P = — pT = tp, 
aH? const p 
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where all the variables have their usual meaning and O stands 


for the vector of viscous forces. We introduce 


In p = natural logarithm of the density, 


: kT \112 
c = the velocity of sound = const = (=) (11) 
aes 
u = radial velocity 
» = r6 = 6-component of the velocity 
and 
j =r? sin? Od = angular momentum per unit mass 
and change (10) into its final form: 
dln p élnp 12 
i Ge = ge) PES pm heats = = (wsin 8) 
v dln p 1 a j ae élnp 
“ap 100 r2sin? 086 or? sin? 6 a6 ™ ad 
ou ou =v Ou J ou sv WP 
hg ee He) on pap r2sin? 686 r  r?sin? 6 
rah) dln p ou 
te 2 i biked 
ry ee ep er 5g + Or 
ee a OL J ov 
— Uu — — ——_— ee — 
at ro OP eh FOG P= Gini Oees (12) 
4 1°00 c?dlnp Ov 
6 = i) 
, re sin® 9" + 5 OG 20 wag 1 
aj a va i & .2@ ln p 
—+ (WU — Ue) — + - wee + c? ——~ 
ot ( sx) Or. sp. 00) r? sin? 0 a6 * ad ad 
ai 
= Oe 5g + Qgr sin 0 


1 @ (r ~) a 1 ao (sin 0 =) 1 620 
2 r? sin 0 00 20) + 72 sin? 6 ad? 


= 4rG exp (In p) 


Ugr(r) is here the arbitrarily assigned velocity of grid points 
r,.--,’y, and O,, — the angular velocity of the reference 
frame. Q,, and ug, enable us, although in a limited way, to 
adjust our reference frame to the momentary distribution of 
matter. Q,, Qo, and Qy», the components of the viscous force, 
are evaluated according to the tensor artificial viscosity method 
of Tscharnuter and Winkler (1979). 

As was done in all previous calculations, we assumed 
symmetry with respect to the equatorial plane, i.e. to the plane 
6 = 90°. This and still other requirements lead to the expansion 
displayed in Fig. 1. We found it necessary, to introduce three 
different expansions: for scalar functions In p and ® and for u 
(Fig. 1a), for v (Fig. 1b), and for 7 (Fig. 1c). In all diagrams 
hatched areas represent harmonics, which should be removed 
from the expansions if we want to maintain the symmetry with 
respect to the, equator (in the case of v symmetry turns of 
course into asymmetry). Cross-hatched areas in Fig. 1a contain 
forbidden harmonics with m = 1, in Fig. 1b and c harmonics 
which are forbidden because they do not vanish on the axis. 
For spherically symmetric configurations (one-dimensional 
calculations) only Y$ should be used, as indicated by “1” in 
in Fig. 1a (v andj are then equal to 0). According to Fricke et al. 
(1976), proper expansions for two-dimensional calculations 
(axisymmetric configurations) should contain harmonics in- 
dicated by “2” in Fig. 1a and b. In order not to introduce 


Be 
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Fig. la-c. pacie of spherical harmonics Y;" used 
expansions of In p, ®, and u (a), v (b), and / (c). Harmor 
represented by empty areas do not exist; for further expla 
tions see text 


¢-dependent terms in the expansion for v in the 2-D cé 
suitable harmonics from Fig. 1b should be taken as “ nake 
associated Legendre polynomials, i.e. without sin ¢ and co: 
Because 


— = — P;, ( 


such an expansion provides a very close relation between 2 
and @-components of potential and pressure gradients in (1 
In their method Fricke et al. used w = r sin 0¢ as a depend 
variable. BT found, however, that the choice of this particu 
variable caused artificial transport of the angular moment 
outwards and introduced significant distortions in the qual 
tive picture of the collapse. Log d, which was found to be 1 
from those drawbacks and which was used in one of B 
codes is inappropriate for our purposes, since in three-dim 
sional calculations negative angular velocities may be expect 
Test calculations in two dimensions showed the usefulness « 
defined by (11). With j as a dependent variable, the ri 
rotation with uniform angular velocity © is described by 


j = Or? sin? 6 = Or2P3. ( 


Thus, in two-dimensional calculations we decided to expar 
into associated Legendre polynomials with m = 2 (as indica 
by “*2” in Fig. 1c), and not to use the column m = 1 (dot 
areas in Fig. lc). As one can easily check, the expansi 
adopted above do not lead to any accelerations that would 
vanish on the axis in 6- and ¢-direction. Even @v/@@ wh 
might cause troubles according to (7), appears in the equat 
of motion only when multiplied by v itself, and the wh 
term is regular. Our further strategy in developing thi 
dimensional expansions was to maintain this regularity anc 
keep as close a resemblance, as possible, between the velo 
components and corresponding derivatives of the press 


Lie 


e potential. Harmonics, which were finally used in the 
ions, are indicated by “3” in Fig. 1. The axisymmetric 
tof the expansions is left unchanged, and therefore the 
monics with m = 1 (Fig. 1b) and m = 2 (Fig. 1c) appear 
te: with and without ¢-dependent terms. Furthermore, 
ependent harmonics in the expansion for v are taken with 
(m + 1)¢ and sin (m + 1)¢ instead of cos m¢ and sin md 
must be stressed that despite these shifts they remain a 
plete set of functions). Basically, one has a free choice: 
lording to (6) the @-derivatives of the mth column can be 
resented by column m + 1 as wellasm — 1. However, if one 
erates on expansions that are cut off at a given value of /, the 
vantages of using m— 1th column are obvious: more 
rmonics are available, and each harmonic appearing in the 
yansions for In p and ® (with the exception of Y@, of course) 
s its counterpart in expansions for v and j. The final form of 
| three-dimensional expansions can be represented by 


r, 9, 4, t) = vi DF S2"PI'(cos 8) 
; -(OP(r, t) cos md + OP, t) sin md) 
ofr, 8, , t) = oa ws S"PI"(cos 6) 
-(pT'(r, t) cos mp + pr'(r, t) sin md) 

8,4, 1) = 3S BPP (cos 6) 

-(ul(r, t) cos mp + a(r, t) sin md) 
6,4, t) = bs Ee DPH(cos ®) + 5, s"PMcos 6) 

-(vP(r, t) cos (m + 1)h + BP(r, t) sin (m + 1)4)| 


(15) 


9, ,t) = 3 , [7 t)P?(cos 6) + ce 5i™PT(cos A) 
-(iM(r, t) cos md + j7(r, t) sin md), 


DISTANCE FROM AXIS [10'®cm] 


. 2a and b. Test calculations in two dimensions: meridional c 
isity and velocity fields produced by one of the codes of Bod 
. Both snapshots are taken 2.55 10° yr after the collapse began 
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where 6", 52", and 6!” are equal to | for the / — mcombinations 
indicated by “*3” in Fig. la, b, and c respectively and to 0 for 
other combinations. In the calculations reported here L = 8 
was used, which gave us 25 r-dependent functions in the 
expansions for ®, In p, and u, and 24 functions in the expansions 
for v and j. Our ability to resolve compact fragments of the 
cloud was comparable to that of Norman and Wilson, and in 
some cases the density contrast of over three orders of magni- 
tude in the equatorialy and over six orders of magnitude in the 
meridional plane was reached. 

Our code is a fully explicit one, i.e. the values of a time- 
dependent variable at the beginning (t”) and at the end (t**?) 
of the time step are connected by the first-order formula 


a 


FG***) = fC) += sak ath), (16) 


where the time derivative is evaluated at r*. It is therefore 
sensitive to restrictions coming from the well-known Courant 
condition, although in our case the conventional Courant 
condition applies only to the r-direction and the time step is 
limited essentially by the distances between grid pointsr;.1 — ry, 
j = 0,..., N. Of course, what we advance in time are not the 
functions ®, In p, u, v, and j, but the coefficients ®7, ®? and 
so on. Having; for example, (@u/ét)|,« from the first equation of 
motion, we find the time corrections for the coefficients uf’ from 


2n nN 
Au? = (t**+ — t*) [ cos m¢ f P?(cos 6) sin 6d6d¢, (17) 
6 6 Of |tk 


. and for the coefficients a? from 


2n Laas 
Aap = (t**+1 — t*) [ sin md f an Pi'(cos 6) sin @d0dd. (18) 
0 0 
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ross-section through axisymmetric cloud with lines of constant 
enheimer and Tscharnuter (1979) (a) and by the present code 
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Fig. 3. Test calculations in two dimensions: the rur 
the central density of an axisymmetric cloud descri 
in the text according to two codes of BT (solid ling 
and 2) and to the present code (3). Dotted line: calc 
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In the same way the corrections for vf", of, j7”, ji”, pr, and pr are 
obtained from the remaining two equations of motion and from 
the continuity equation respectively. The integration over ¢ is 
performed numerically by means of fast Fourier transforms, 
and the integration over 0 by means of Gauss quadratures (in 


SR ert 


y axis 
Zz axis 


y axis 
Zz axis 


tions done with the present code and with full th 
~ dimensional expansions 


the calculations reported here quadratures of 24th and 3 
order were used). The symmetry with respect to the equ 
made it sufficient to compute the integral from 0 to 7/2 « 
0, instead of from 0 to z as in (17) and (18). 

The expansion of ® allows us to split the Poisson equati 
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Ys Fig. 4a—d. Unperturbed two-dimensional models on which three-dimensional sequences were based: a, b — at an age of 13 ini 


free-fall times (7.2 10° yr) on 2-D sequence, c, d— at an age of about 100 initial free-fall times, when final hydrostatic equilibr 


was reached. a, c — cross-sections in the equatorial plane; b, d— 


cross-sections in the meridional plane 
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‘set of equations in which the coefficients ®7 and Of are 
letely separated. In fact, for L = 8 we dealt with 25 
ations of the type: 


1 m 
= ) = Sd + 1) 


2n n 
= J cos md f 47Ge'™’PT(cos 6) sin Odd 
i) 


(19) 
7 adm 
Ele 2e) — te ner 


Qn x 
= f sin md J 4nGe™’PT(cos 6) sin ddd, 


ach of them only one coefficient appeared. Equations (19) 
e solved together with the boundary conditions 


: 
=— 0) at r=0 


(20) 
ed =o 


— at r=R. 
rine OFrext 


t= Doxt, 


; here the outer boundary of the cloud, ®,,; is the solution of 
sson equation for r < Rand ®,,, is the solution forr > R 
a matter-free space). In the equations of motion the so- 
ed constant volume outer boundary condition was used, i.e. 
‘matter was not allowed to flow across the surface r = R. 
Among the existing three-dimensional hydrodynamical 
les ours is probably the most compact. The version used in 
) 


1.0 


y axis 


2.0 


« [10'S cm) 


0.0 
xaxis 


the calculations reported have required only 300 K bytes of 
central storage on an IBM 360/91, whereas the code of Boden- 
heimer and Tohline (Bodenheimer, 1978) needed more than 
2M bytes on the same computer. For our code with L = 8, 
ng = 15, and ng = 32 grid points were used for the integrations 
in 6 and 4, respectively. n, = 40 radial grid points were used. 
This corresponds roughly to the grid resolution when com- 
paring to other 3-D codes. On the other hand, the comparison 
of CP time used for one three-dimensional sequence is less 
favourable for us: our code is about five times slower than that 
of Bodenheimer and Tohline. We feel, however, that much of the 
time could be saved if the numerics were properly optimized. 
In two dimensions (much shorter expansions, no integration 
over ¢) our code is about two times faster than the code of 
Bodenheimer and Tohline, but this difference could be attri- 
buted to the fact that in contrast to their approach we do not 
solve the energy equation. In closing this section we point out 
that the present code is the only one which can be run on 
medium-size computers. For higher resolution than L = 8 the 
storage and time requirements increase roughly as L? and 
linearly with the number of radial grid points. 


Ill. Test Calculations in Two and Three Dimensions 


As the history of numerical hydrodynamics clearly shows (see 
also BT for a short review), no hydrodynamical code can be 
trusted until its results are confirmed by completely independent 
calculations (for example, such an agreement between two 
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. 5 a-d. Model from Fig. 4a, b with 20% 4¢-mode density pertubation (a), and its subsequent three-dimensional evolution 
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different codes in BT helped to understand the controversial 
mechanism of ring formation). Keeping this in mind we decided 
to report here the tests of our program in order not only to 
show its compatibility with established BT standards, but also to 
give further support to the standards themselves. Whereas in BT 
only two different numerical codes produced very similar results, 
now there are three such codes and we can be sure that our 
models are not significantly contaminated by numerical effects. 
In the first test we repeated the two-dimensional calculations 
of BT using the same initial conditions and expansions given 
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by “2” in Fig. 1: we followed the evolution of an in 
uniform and rigidly rotating spherical cloud through 10} 
free-fall times (about 6 10° yr). The parameters of the i 
model were i 


total mass M = 1 Mo 
density po = 1.38 10-7® gcm~? 
temperature To 10 °K = const. 


molecular weight » = 2.37 
angular velocity Qo 
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Fig. 6 a-f. Model from Fig. 4a, b with 20% 2¢-mode density perturbation (a), and its subsequent three-dimensional evolutic 
(b-e). Figures a—e are cross-sections in the equatorial plane; Fig, f is a cross-section in a plane which crosses points A—A in Fig. 
and is perpendicular to the equator 
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jualitatively, we reached full agreement with BT. In 
ar, the ring-shaped density wave was excited in the same 

‘by a rebound of the gas along the rotational axis) and 
le same epoch (about 2 initial free-fall times), and it never 
ved any tendency to collapse onto itself. Also, the contour 
is, which display constant density lines and velocity vectors 
he meridional plane of the cloud (Fig. 2) look very similar 
yur calculations to those of BT. The run of the central 
sity, which, according to BT, can be most easily affected by 
nerical peculiarities of a given code, is shown in Fig. 3. 
iin, we do not violate the borders set by BT. We stress after 
_that although Fig. 3 seems to look rather discouraging, the 
gest discrepancies between the three codes are confined to 
very centre of the cloud, which contains only a negligible 
punt of the total mass. The same calculations were repeated 
h full three-dimensional expansions (indicated by “3” in 
. 1). Up to 4 initial free-fall times (about 2.3 10° yr) no 
erence was found (dotted curve in Fig. 3); later on, the 
ud began to lose the axial symmetry due to unphysical 
itation of higher harmonics. Finally, we tried to repeat the 
culations reported by Narita and Nakazawa (1978), who 
owed the collapse and fragmentation of an ellipsoidal cloud 
h the initial density distribution given by 
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where po and e are constants and R is the radius of the rigid 
outer boundary of the cloud. Instead of collapsing, however, 
our cloud began to expand along the y-axis (9 = 90°, d = 90°, 
or ¢ = 270°) immediately after the calculations had been 
started. The reason for which the cloud described by (21) has 
to expand becomes obvious when one differentiates (21) and 
finds the limit 


dp r r\2]-1/2 
arlo=o-n2  P° R2 [ * (z) yok po (22) 


Since the cloud is isothermal, the pressure gradient is simply 
proportional to ép/ér and goes to infinity at the outer boundary 
of the cloud for ¢ = 90° and ¢ = 270°. In order to obtain the 
collapse, one needs then an infinite gravitation. The only 
explanation we see is that in the calculations of Narita and 
Nakazawa this steep pressure gradient was smoothed by a very 
coarse grid structure in the outer regions of the cloud and thus 
the initial density distribution used was actually somewhat 
different from that given by (21). 


IV. Calculations in Three Dimensions 


The three-dimensional calculations we report here are limited 
to stability tests of axisymmetric hydrodynamical configura- 
tions. We ran a two-dimensional sequence with initial pa- 
rameters given in Sect. III up to the moment when perfect 
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3. 7. Model from Fig. 4a, b with 40% 2¢-mode density perturbation (a), and its subsequent three-dimensional evolution (b, c). 
gures a-c are cross-sections in the equatorial plane; Fig. d is a cross-section in a plane which crosses points A—A in Fig. ¢ and 
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hydrostatic equilibrium was achieved (velocities in the merid- 
ional plane less than 10-12cms~+). The age of the model 
was then equal to about 6 107° yr (it is very difficult to give a 
more accurate value, since close to the hydrostatic equilibrium 
the time step approaches infinity). 

Of course it was impossible to go that far in time with an 
explicit code, and for the final stages of the hydrodynamic 
evolution (beyond 13 initial free-fall times, or 7.2 10° yr) an 
improved version of the implicit code of Fricke et al. (1976) was 
used (Tscharnuter and Winkler, 1979). At an age of 7.2 10° yr 
the cloud consists of a thick disk with recognizable, but very 
diffuse ring-like structure and with typical velocities less than 
0.1 c (the velocity of sound), and of two polar low-density 
regions where the matter moves almost parallel to the rota- 
tional axis with typical velocities of about 0.5—0.8 c (Fig. 4a, b). 
The shock fronts, which were present in the earlier stages of 
evolution, do not exist any longer. The subsequent evolution 
up to the stage of hydrostatic equilibrium proceeds very peace- 
fully; the disk and the ring become more and more compact, 
and the polar density minima deeper. We finally attain the 
configuration shown in Fig. 4c, d. As one can see in Fig. 4c, 
the angular velocity distribution has a maximum close to the 
density maximum in the disk (such a maximum is not present in 
Fig. 4a). Although the ring of the final model is quite strongly 
pronounced, it has nothing in common with self-collapsing 
rings reported in earlier works (see Sect. I for references); it 
resembles rather equilibrium rings found by some authors 
(Eriguchi, 1978) in differentially rotating polytropes. As usual 
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in two-dimensional calculations, the angular moment 
assumed to be locally conserved. : 
Perturbations imposed on the models from Fig. 4 (her 
referred to as “‘Model 1” and “‘ Model 2”) had the for it 
p = po(l + A sin? 6 cos md), : 
where po is the density of the unperturbed model, A is 
amplitude (ranging from 0.1 to 0.4), m is a positive inte; 
m = 2(‘“long-wavelength”, or “‘2¢-mode”) and m = 4 (“sk 
wavelength”, or ‘‘4¢-mode”’) were used. Only density J 
turbations were investigated. The results of the tests are she 
in Figs. 5-9 which display various cross-sections of the cl 
with lines of constant density and with velocity fields. M 
often (with the exception of Figs. 6f and 7d) the cross-seet 
in the equatorial (x—y)-plane is used. Below we give a b 
description of the behaviour of various perturbations. 


Model 1 


a) 20% 4¢-mode (A = 0.2, m = 4); Fig. 5. The density cont 
in the equatorial plane of the perturbed model (=the r. 
Pmax/Pmin) is not greater than 3. The ring is broken into f 
blobs (5a), which quickly coalesce (5b), reappear for a sk 
period (5c) and dissolve again (5d). If we do not take rotatic 
displacements into account, models 5b and 5d are essenti 
the same. The cloud oscillates with a small amplitude betw 
extreme configurations 5b and Sc. 

b) 20% 2¢-mode (A = 0.2, m = 2); Fig. 6. The den 
contrast in the equatorial plane is the same as before, howe 
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Fig. 8 a-d. Model from Fig. 4c, d with 20% 4¢-mode density perturbation (a), and its subsequent three-dimensional evolu 


(b-d). All figures are cross-sections in the equatorial plane 
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s. 9 a-f. Model from Fig. 4c, d with 10% 2¢-mode density perturbation (a), and its subsequent three-dimensional evolution 


f). All figures are cross-sections in the equatorial plane 


: mass of the densest region is increased. The response of the 
ud to this perturbation is qualitatively the same as in (a), 
_ it oscillates between extreme configurations 6d and, 
»bably, 6b. Figures 6c and 6¢ are essentially the same, but 
e can see in Fig. 6f that the expansion of the blobs from 6d is 
t finished. The extreme configuration with the lowest density 
ist therefore lie somewhat closer to 6b. 

c) 40% 2¢-mode (A = 0.4, m = 2); Fig. 7. The density 
ntrast as well as the mass of the densest regions, are increased. 
is time the perturbation grows continuously, though rather 
why. After 2.4 10° yr (Fig. 7c) we have already two well- 
fined and independently-spinning bodies, which still accrete 
iss (7d). Their spin vectors are parallel to the angular 


~ 


momentum vector of the cloud. The mass of a separate blob 
(enclosed by the surface log p = —16.5) is roughly equal to 3% 
of the solar mass; the mass within an accretion region may be 
twice as big. A crude estimate of the orbital period of the 
blobs gives a value of 210° yr, about 2 times less than the 
corresponding Kepler period. Clearly, the system is still far 
from the final equilibrium state. The specific angular momentum 
of each blob at this time is the order j ~ 107° cm? s~?. 


Model 2 


a) 20% 4¢-mode(A = 0.2, m = 4); Fig. 8. The density contrast 
in the perturbed ring does not exceed 4 (8a). The cloud restores 
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the axial symmetry in its outer parts almost completely after 
about 5 10* yr. Inhomogeneities in the center disappear more 
slowly and a slight tendency for the perturbed ring to oscillate 
can be observed (8c, d). 
b) 20% 2¢-mode (A = 0.2, m = 2); without illustrations. 
The cloud forms two orbiting bodies which are already well- 
» defined at an age of 2.8 10* yr. 
c) 10% 2¢-mode (A = 0.1, m = 2); Fig..9. The initial 
model (9a) is almost axisymmetric; only the centre of the 
cloud is slightly distorted. Despite these unfavourable initial 
conditions two separate centres of attraction form without any 
oscillations, though they need twice as much time, as in case 
(b) to achieve approximately the same state (9f). Only the flat 
and dense part of the cloud is affected; in particular the density 
- distribution in the polar region remains completely unchanged. 
Axial symmetry is always retained in outer parts of the clouds 

“(r > 4.510'®© cm). The mass of the single blob in Fig. 8 is 
equal to about 4% of the solar mass; but the accretion process 
seems far from baine finished. The orbital period of the blob 
is about 10° yr, which is roughly equal to 60% of the corre- 
sponding Kepler period. Again, the specific angular momentum 
of each blob is of the order j ~ 107° cm? s~?. 

As we see, Model 1 is much more stable against non-axisym- 
metric perturbations than Model 2. A possible explanation can 
be found in the fact that the ratio a = Ej,/E, of thermal 
energy to gravitational potential energy decreases slightly from 
ce = 0.27 (Model 1) to « = 0.25 (Model 2), whereas the ratio 
B = E,o:/Epo. Of rotational energy to gravitational energy 
increases only slightly from B = 0.32 to B = 0.33. The “‘turbu- 
lent” velocities of vu S 0.1 c in the disk of Model 1 will 
contribute only slightly (if at all) to its stability because the 
ratioA = E,u,/Epot of turbulent energy to gravitational potential 
energy is only A = 0.002. 

Judging from the general outlook of two-dimensional 
models we can expect that their stability properties resemble 
those of Model 1 for a very long period of time and that the 
cloud becomes unstable only shortly before settling into 
hydrostatic equilibrium. In a short summary we can say, that: 

I. Angular momentum problems can be resolved by 
repeated contraction and fragmentation mechanism even if 
self-collapsing rings do not form in interstellar clouds. 

Il. Long-wavelength perturbations are more unstable 
(basically, it is what one could expect on the basis of Jeans 
criterion, although it does not apply to rotating, non-uniform 
media). 

Ill. There are clouds, which for very long (in terms of 
initial free-fall times) periods remain stable against non- 
axisymmetric perturbations, and, evolving very peacefully, 
create favourable conditions for sedimentation of interstellar 
dust — as it was foreseen by Biermann and Michel (1978). 


Finally, we should like to emphasize that these results (in 
contrast to earlier 3-D calculations) refer to the non-axisym- 


metric instability of rotating equilibrium or near-equilibri 
configurations. It should be noted that Boss and Bodenhei 
(1979) have found that fragmentation could occur in colla 
clouds (rather than equilibrium ones) for initial d 
perturbations of 50% or more. Rézyczka et al. (1979) he 
furthermore found that subsonic velocity perturbations 
clouds which are highly Jeans unstable (# = 0.02, B = 
can lead to fragmentation without first evolving into an e 
librium configuration. We saerer Ore feel that it is feasible 
both “equilibrium” and “non-equilibrium” fragmentat 
may play important roles in the evolution of interstellar clog 
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mary. Direct measurements of vertical granular velocity 
uations in spatially resolved spectrograms and the methods 
heir correction for the influence of atmospheric and in- 
mental smearing are critically discussed. An independent 
ection of the observations by Canfield and Mehltretter 
3) and by Keil and Canfield (1978) is reported. We obtain 
ttical granular velocity component (without the oscillations) 
.8—1.2 km s~* (rms), which is very weakly dependent on 
ht. 

[hese values are larger than the theoretical predictions by 
on and Musman (1977) and constitute the main component 
ocal “‘macroturbulent’’ broadening of unresolved line 
iles. 


words: solar armosphere — macroturbulence — granular 
cities 


ntroduction 


determination of granular velocities from spatially 
lved spectrograms is a difficult task mainly because the 
adation due to the instrument and the Earth’s atmosphere 
sry large even under optimum observing conditions, and 
use of the superimposed velocity components of the 
lation and supergranular motions. _ 
[To obtain the true velocities, large corrections of the 
rved velocities are needed. Because of the large differences 
yeen two previous analyses, we will rediscuss these here. 
Jn the one hand, there are the analyses by Canfield and 
ltretter (1973) (hereafter referred to as CM) of an extremely 
resolved spectrogram taken by Evans at Sacramento Peak 
ervatory. They assumed a gaussian spread function (and a 
sian modulation transfer function) and determined its 
h by trial and error comparison of their corrected intensity 
uation power spectra with the observed power spectrum 
eighton (1963). CM obtain an average — neglecting at first 
variation with height — of slightly more than 0.5 km s~?. 
n a new interpretation of the data given by CM, Canfield 
6) has separated the oscillatory velocity component, and 
ins above A = 300km a vertical granular velocity of 
2 km s~* (rms). 
Yn the other hand, four spectrograms taken during a 
ial eclipse, with the limb of the Moon on the slit of the 
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spectrograph, have been analysed, and the MTF (Modulation 
transfer function) determined directly from the measured lunar 
limb cutoff profile, by Durrant et al. (1978) (hereafter referred 
to as DMNRS). Since the seeing conditions were not optimal, 
the magnitude of correction is fairly large. The rms-velocities 
deduced from these observations are larger by a factor 2 than 
CM and by a factor of 4 than Canfield (1976) above h = 300 km. 
Recently Keil and Canfield (1978) have also observed the 
velocity field in the photosphere. 

Since the vertical velocities as a function of height deduced 
by Canfield (1976) agree well with those of the dynamical 
model by Nelson and Musman (1977), while the higher values 
of DMNRS contradict this model, it is of interest to rediscuss 
in detail and critically the reduction procedures used by the 
authors in question. 


2. The Correction of the Directly Observed Data 


In Fig. 1 various correction functions S(k) are shown, where 
S(k) is the square of the MTF and represents the correction 
of the observed spectrum per wavenumber. 


Povs(k) = P(k)S(k). 


2 Ss « 
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Fig. 1. Correction function S(k) for power spectra (square of 
the MTF): a “gaussian” functions with o = 200 (used by CM), 
250, 300 km; b correction function $°™(k), used in this paper 
for restoring the observations of Canfield and Mehltretter 
(1973); ¢ correction function adopted by Keil (1977) 
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Table 1. Intensity fluctuations (rms) in the continuum 


o=0 o = 200km 250 km 300 km DM 


0.068 0.082 0.095 0.116 0.136 


The correction curves — measured by Deubner and Mattig 
(1975) and by DMNRS from the observed lunar limb profile, 
not shown here but similar in shape to the curves ““‘DM” and 
“Keil” in Fig. 1 — are markedly different from a gaussian 
and the assumption of a gaussian restoring function by CM is 
questionable. Furthermore, their fit to Leighton’s (1963) 
intensity power spectrum yielding o = 200 km for the gaussian 
width is not compatible with newer, generally higher values of 
the granular contrast A//J. Recent measurements show that 
the intensity fluctuations are probably much higher than 0.1 
(rms) — see e.g. Keil (1977) and Wittmann and Mebhltretter 
(1978), Table 1. In addition, the newly determined power 
spectra of the brightness fluctuations differ markedly from that 
given by Leighton. There is good reason to believe, therefore, 
that the correction by CM is too small, and that it is appropriate 
to correct their original data with a better MTF. Therefore, we 
have derived a new MTF, by comparing the power spectrum of 
the brightness fluctuations with that of Deubner and Mattig 
(1975) which has an rms contrast of 0.115 at 4 6070 A (Schmidt 
et al., 1979). The corresponding rms contrast at the wavelength 
5170 A (CM) is then 0.136 rather than the value of 0.082 of 
CM. 
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Fig. 2. The rms velocity fluctuation (granulation and oscilla- 
tion) as a function of height in the photosphere: CM, Canfield 
and Mehltretter (1973) for various values of CM-DM as above, 
but corrected with the S?“(k) of Fig. 1; DMNRS, Durrant 
et al. (1979); Ke-Ca-DM, Keil and Canfield (1978), newly 
corrected 


The corresponding new correction function S>™ is sho 
in Fig. 1. The difference with the gaussian functions is oby 
We have also included in Fig. 1 the correction function 
Keil (1977), obtained by comparing Sacramento Peak wh 
light observations with those of Deubner and Mattig (19) 
This function and S?™(k) are similar in shape. - 

Using the function S™(k) given in Fig. 1, we have corree 
the original power spectra of velocity and intensity fluctua 
observed by CM, and calculated the corresponding r aS 
integration from k = 0 to k = 10 Mm7~?. The results fo} 
velocity fluctuation rms are given in Fig. 2, for the contin 
intensity fluctuation rms in Table 1. As can be seen from 
the velocity rms are markedly larger, using the S?™(k), than 
a “‘gaussian”’ spread. function with o = 200 km, as in C} 

The rms velocity fluctuations (0.7—1.3 km s~+) are in 
good agreement with earlier determinations by Mehlt 
(1971) and Reiling (1971) in which the influence of seeing” 
been estimated. Correction of the velocity fluctuations obser 
by CM using the MTF by Keil (1977) yields data which an 
slightly different (Av < 0.03 km s~?). 

The effective heights of formation of the lines given in Fi 
have been taken from Canfield (1976). With a different grad 
of velocity, the response function changes somewhat, chang 
the effective height. Since the absolute values of the veloci 
are uncertain to a much larger degree, we have not recalcula 
the effective heights, the more since a comparison of - 
heights given by CM and Canfield (1976) reveals only min 
differences between the velocity response and the ordin 
contribution functions at larger heights. 

As can be seen from Fig. 2, also, the velocities given 
DMNRS agree, within the error limits, with the newly redu 
data from CM. 

A recent analysis by Keil and Canfield (1978) assumes t 
all correction methods used so far — including ours used abo. 
results in an overestimation of power in the higher wavenum 
range. They adopt, therefore, a much simpler method 
correction which in our opinion is oversimplified because it d 
not take into account the variability of the correction fac 
with wavenumber. 

In order to include their observations into the frameworl 
our analysis, we have tried to correct their observed data i 
way compatible with ours. 

In the range of heights A < 400 km, the uncorrected ; 
velocities by Keil and Canfield are smaller than those by C 
Since the detailed power spectra were not published by ] 
and Canfield (1978), a straightforward correction is 
possible. 

Therefore, we have deduced, using the data published 
CM a correction factor 1/8 = {{¢ Peorr(k)dk/ [> Povs(k)dk 
as a function of height A of formation of the line. The : 
velocities, corrected by means of this factor, should represe: 
lower limit of the true values for h < 400 km. 


3. Separation of Oscillatory and Granular Velocity Compon¢ 


So far we have discussed the total observed velocities; we r 
turn to the separation of the granular and oscillatory c« 
ponents of these values. Without a more or less plausibl 
priori assumption, such a separation is not possible unles 
time series of data is available. Since this is not the case, 
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3. Velocity fluctuation as a function of height, granular and oscillatory components; Canfield and Mehltretter (1973) corrected 
1 gaussian function (o = 0, 200, 250, 300 km). CM-DM, above data, newly corrected; DMNRS, Durrant et al. (1979) 


follow Mehltretter (1971), Mattig and Schlebbe (1974), and 
DMNRS and interpret in the power spectra the amount of 
power at k < ky as “oscillatory”, at k > ko as ‘“‘granular”’; 
choosing ky = 2.4 Mm~? — or a characteristic wavelength of 
3’6. This separation results in the rms velocity components given 
in Figs. 3a and b, where we have assumed that the components 
are statistically indepedent so that the rms velocities add 
quadratically. 

The granular component vVgran (rms) decreases with height, 
Vose (rms) increases slightly with height. The granular compon- 
ent so derived is much larger than the values given by CM, Keil 
and Canfield (1978) and Nelson and Musman (1977). 


4. Conclusions 


If the non-gaussian “seeing”? correction function for the 
observed data by CM is derived from a comparison of their 
brightness fluctuation power spectrum with that determined 
in more recent observations, much higher values of the rms 
velocity fluctuations result, which are in good agreement with 
the results of DMNRS. 

Separation of the oscillatory velocity component ‘leaves 
granular velocities much higher than those given by Canfield 
(1976) and Keil and Canfield (1978), and which do no longer 
agree with the model by Nelson and Musman (1977) for 
granular flow: the vertical granular velocity decreases much 
more slowly with height and, even near the temperature 
minimum, is non-zero. Assuming an exponential ‘law for the 
CkmJ decrease of velocity, viz. 

_ 4. Total vertical velocity fluctuation as a function of i 

tht: SQ 4, derived from spatially resolved observations; Bete Bal) exp (—h/ 27) 
“, “macro” velocity observed in spatially integrated we obtain v,,(0) = 1.50 kms~? and H = 550 km as the most 
>trograms plausible values of the constants. 
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Finally, we compare the observed vertical velocities with 
those derived from line contours in spatially unresolved 
spectra (‘‘macroturbulence”’). Beckers and Canfield (1975) have 
summarized all relevant observations of the total “‘turbulent”’ 
velocity component &(h) = V 2 v(rms)(h) and the ‘micro- 
turbulent’? component &,,(A). 

Following Canfield (1976), we find the macroturbulent 
component &y(h) from 

m(h) = €(h) — Enh), 
given in Fig. 4, with an assumed error of +0.1 kms~+. The 
corrected resolved velocities of Fig. 2 are also shown in Fig. 4. 

Their comparison reveals a good agreement within error 
margins of about 20%. In a recent paper, Holweger et al. (1978) 
obtain a “macro” velocity of 1.1 kms~+ which is nearly 
independent of height in the layers 50km < fh < 250 km, in 
good agreement with our results. 

We conclude from this result that in the recent observations 
of velocity fluctuations, if properly corrected for atmospheric 
seeing, all “‘macro” velocities are spatially resolved, and that 
no essential contribution originates in elements of the size 
100-1000 km which have escaped direct measurement. This 
implies that there is no “‘ qausi continuous turbulent” spectrum 
of velocities in the photosphere, and that the velocity field is 
indeed separated in “‘macro” and “‘micro”’ components. 
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mary. We study the interaction of a thin Keplerian accre- 
disk with the magnetosphere of a rotating neutron star. 
ur model the neutron star’s axis of rotation is perpendicular 
nd the magnetic dipole axis parallel to the disk plane. In 
a configuration the disk can penetrate diamagnetically 
the magnetosphere. The velocity difference between the 
material and the magnetosphere leads to a Kelvin- 
nholtz instability of the interface. This instability can grow 
irge amplitudes only within a narrow ring around the 
tation radius. It can give rise to turbulent diffusion of the 
material into the magnetosphere. Part of this material will 
onto the neutron star, the rest will be flung out of the 
m. This can lead to an approximate balance between 
ing and acceleration of the neutron star. Application of 
model to the pulsating X-ray source Her X-1 gives a 
ral explanation of the observed temporal variation of the 
e period. 


words: accretion disk — magnetic neutron stars — pul- 
ig X-ray source 


troduction 


ularly pulsating X-ray sources may well be rotating 
ron stars with a strong magnetic field which circle around 
compact companions. The accretion of gas flowing over 
1 the companion star provides the energy source for the 
ys, and the rotation of the magnetized neutron star is the 
k-mechanism for the regular pulses. 
This picture is strongly supported by the measurement of a 
tral line of the regularly pulsating X-ray source Her X-1 
Kenziorra et al. (1977), which can be interpreted as a 
otron line implying a magnetic field strength of B= 
12 G near the surface. Such strong fields can exist on the 
ace of neutron stars, but not on white dwarfs. 
The observed time variation of the pulse periods should 
be considered: In Fig. 1 the periods of the regularly 
ating X-ray sources Her X-1 and Cen X-3 are plotted 
nst time. A significant decrease of the period is evident. 
; has to be combined with estimates of the mass flow rate 
1 the X-ray luminosity. Then the interesting conclusions 
be drawn that the angular momentum transfer from the 
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accreting material can produce the observed speed-up for a 
neutron star, but not for a white dwarf. The Keplerian angular 
momentum at the stellar radius would also be too small, and so 
it must be the neutron star’s magnetic field which transmits 
angular momentum from the accreting matter to the star. 

The region where the star’s magnetic field begins to domi- 
nate the incoming gas flow is of great importance in deter- 
mining the rotational state of the neutron star, as well as the 
accretion pattern. Therefore a description of the angular 
momentum transfer mechanism between the incoming gas and 
the stellar magnetic field is necessary. 

It should be noted that the models, recently discussed 
(Arons and Lea, 1976; Lamb and Elsner, 1976), of spherically 
symmetric accretion by a nonrotating neutron star do not cover 
this important aspect of the accretion problem. 

In this paper we want to explore some further aspects of a 
model proposed by Bo6rner et al. (1973), where angular mo- 
mentum effects are taken into account. We start out from the - 
following picture: the accreting matter has angular momentum 
large enough to form a disk of gas around the neutron star. 
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Fig. 1. Observed pulse period vs. time for Her X-1 (Joss et al., 
1977) and Cen X-3 (Fabbiano and Schreier, 1976) 
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The star’s rotation axis is taken to be perpendicular to the 
plane of the disk, and the star’s magnetic field axis is in the 
plane of the disk. We think that such a simple geometrical 
configuration is best suited to study the angular momentum 
transfer. 


2. The Inner Edge of the Disk 


The disk around the neutron star behaves like diamagnetic 
material in the star’s magnetic field: currents on the disk’s 
surface will be induced, which shield the disk material from 
the magnetic fields. 

Because of the high electrical conductivity of the disk, we 
can assume that in a good approximation the neutron star’s 
magnetic fields do not penetrate the disk; that the diamagnetic 
disk squeezes in between the field lines, which bend out of the 
way a bit. The magnetic dipole field of the neutron star thus 
does not change its shape under disk accretion (see Fig. 2). 
There is also, in this case, no flux swept up and pushed into 
a magnetospheric cavity, as in the case of spherically symmetric 
accretion. 

This would seem like a very special configuration, whereas 
the general case with a dipole axis not in the disk plane is not 
covered. We want to suggest that in the general case the 
following picture applies, at least for small inclinations of the 
dipole out of the plane of the disk: the magnetosphere is still 
open, the disk is parallel to the far-away field lines. Further 


Roieerr 


Fig. 2. Model of the magnetosphere-disk configuration. The 
upper part shows the side view of the magnetic dipole field, the 


lower part gives the projection of the field lines when the dipole 
is seen end-on. 


Estimates of the energy of such a configuration show it 
energetically favourable compared to a configuration wher 
disk indents into the magnetosphere. iH 

The shape of the disk, and its existence as a stablela 
figuration are determined by the properties of angular mom 
tum transport inside [cf. e.g. Pringle and Rees (1972)]. Bér} 
et al. (1973) have described a specific model for the viscoi) 
in an almost Keplerian disk, which depended upon magni} 
fields being carried in with the accreting plasma. For | 
moment we want to avoid the additional complications of 
interaction of a frozen-in magnetic field of the disk with 
neutron star’s dipole field, and therefore assume that there 
no magnetic field in the disk. (Effects of a disk field will hk 
to be discussed later:) 

For the vertical structure of the disk (z-direction) we assu 
hydrostatic equilibrium: ; 


dp _ | 
dz ra P& , 
with 

_ GMz 
& pare! 


where p is the gas pressure, p the mass density, M the mass of 

neutron star, and G the Gravitational constant. Ly 
We integrate (1) for a disk which is isothermal in’ i 

z-direction, i.e. p = pRT, with T(r), and obtain 


¢ 
, 


P(r, Zz) ae Pr, 0) exp (—z?/H7?), i 


where the scale height H is given by 


Here, c, is the velocity of sound and V,, the Keplerian veloc 

This hydrostatic equilibrium in the z-direction is maintait 
as long as there are no disturbances with timescales sh 
compared to tr, = H/c,. 

Where the disk (here, as stated above, taken with 
magnetic fields) meets the neutron star’s magnetic field, t 
outer boundary in the z-direction (z = +d, say) is determit 
by pressure equilibrium p, = pz: i.e. 


5. 


P(r, z = +d) = plr,z = 0) exp (—d?/H?) = 


/ 


Then the inner edge of the disk, ry, will be defined by 


B*(ry) 
8r 


The undisturbed disk by itself would continually move 
towards the neutron star: the mass transport by viscosity 
the disk would accumulate matter at the equilibrium radius 
increasing the pressure there, such that a new equilibri 
radius ry < ry was established. Finally, the disk wo 
extend to the surface of the neutron star, and the mat 
would accrete in a ring. This would contradict the observat 
of regular X-ray pulses. Therefore, efficient mechanis 
which mix magnetic field lines and disk matter, or br 
particles from the disk onto the field lines, are necessary. 
very plausible explanation for these pulses is that they | 
produced by hot spots at the magnetic poles of the star, wh 


PArm z = 0) = 


he pressure equilibrium as described in Eqs. (5) and (6) 
ually more complicated, because for a dipole field with 
etic moment p there is a dependence on the azimuthal 

» between dipole axis and reference point 


cos sing , 
mt + Fi, (7) 
ro 


* 
* 


p? 
»P) = re (ll + 3 cos? 9g). (8) 
7 


is, between pole (p = 0) and equator (p = 7/2), on a 
stant radius, the pressure varies by a factor of 4. In order 
maintain pressure equilibrium for all angles at one specific 
jus, the disk has to adjust its vertical structure to the 
ing pressure. Any effect of the magnetic pressure variation 
‘be most noticeable near ry, because there even at the 
tre of the disk its structure is strongly influenced by the 
iside magnetic pressure. Whether such an effect can produce 
trong mixing of disk material and magnetic field has not yet 
sn investigated in detail. We want to remark only that the 
sct is probably less important for larger velocity differences 
tween disk and magnetic field, since then any outside 
ssure variation tends to be smoothed out by the ram pressure 
the disk material, which is larger than the gas pressure in the 
k. For velocity differences less than the sound velocity in the 
k, the pressure variation together with the equilibrium 
adition (Eq. 6) may be important for a possible instability 
the boundary. As we shall.see below there is a strong 
tability in this region for other reasons, to which the pressure 
tiation may just add one more. 

Tt will become clear in the following that the normal Ohmic 
fusion of particles across the field lines cannot lead to a 
stantial accretion rate. Borner et al. (1973) have pointed 
t that the Kepler disk may corotate with the magnetic field 
ar the inner edge of the disk, and that this layer will be 
dject to a Rayleigh-Taylor instability. The question of the 
mation of such a corotating layer has not been discussed, 
wever, and also the angular momentum transport has not 
en described in detail. 

We want to discuss here one specific mechanism which mixes 
k matter with the magnetic field. Our starting point is the 
servation that the disk’s boundary in the z-direction is 
bject to an instability, induced by the velocity difference 
tween the corotating magnetic field (V, = Qr) and the 
plerian disk (V, = (GM/r)*”). 


Instability of the Boundary 


the radius of corotation the matter inside the Keplerian disk 
tates with the same velocity as the magnetosphere of the 
utron star, therefore 


: .. Q?r2 
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ugh our field of vision. The question is, therefore, or 
aterial in the disk can be guided by the magnetic 
et GM\1I3 
hat it accretes at the poles. re = (Ss) : (9) 


But away from r, the plasma of the disk moves relative to the 
magnetosphere with a velocity 


= lee bas (10) 


AV = (“= 

ie 
This difference velocity will give rise to a Kelvin-Helmholtz 
instability. The analysis of the instability which will occur at 
the interface between disk and the actual magnetosphere is an 
extremely complex problem. In this paper we shall therefore 
try to extend the results obtained for simpler geometries to 
our accretion disk. 

As a first step we shall study the stability of a plane inter- 
face (defined by z = 0) between two identical gases both having 
density p and velocity of sound c,. We shall further assume a 
planar flow (instead of cylindrical symmetry) and take the 
difference velocity constant and in the x-direction, Av = 
(v, 0, 0). 

We investigate the stability of this system against per- 
turbations of the form 


E = Eo exp [i(wt + kx + kyy) — xz). (11) 


Now with k = (k2 + k?)"? and kAv = kv cos¢ one obtains 
the following dispersion relation (Blake, 1972): 


(w — kv cos $)? ie w? 
(k2c2 — (w — ku cos $)?)!?_ (kc? — w?)/? 


Defining a Mach number by -@ = (v/c,) cos¢ and writing 
wl/ke, = y + 4/2 then leads to 


Cec) ey 


(12) 


Toa | ae) ve wr) 
The solutions of this equation are given by y = 0 and 
M2 1/2 
p24. E + sat wy) : (14) 


For 4 > M, = 2V2 all solutions are real, which means that 
in this case the system is stable. For W < .@, one of the above 
solutions leads to exponentially growing (i.e. unstable) pertur- 
bations. For small values of 4 one finds approximately 


w = tkv cos d(1 — i). (15) 


The perturbations associated with this model satisfy the 
condition |é| —- 0 for |z| —- 0 and thus are physically realistic. 
From v cos ¢ < 2V2 ¢, the growth rate y(= —Jmw) in Eq. (15) 
is also limited by 


y < V2 key. (16) 


From Eq. (15) one would conclude that the fastest growing 
modes are the ones with the shortest wavelength. This, however, 
is only true as long as the perturbations can be treated linearly. 
If nonlinear effects are taken into account one finds that the 
amplitudes are usually limited by a < 27/k (Ong and Roderick, 
1972), therefore the longest wavelengths will eventually reach 
the largest amplitudes. Since the vertical density changes in the 
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disk occurs over one scale height H we shall make the assump- 
tion 
Ke ~~ 1/H 
which will lead to 
_ Cs 
2 —. 
H 
Let us now return to the disk configuration. First we note that 


there exists a ring around the radius of corotation where 
|Av| < c, holds. This ring is given by |r — r-| < 6 with 


O/rs = ¥e5/OQre. 


ysv 


In this part of the disk all kK-modes can grow exponentially. 
But as one moves away from this ring one has very soon 
|Av| > cs. In these regions only the waves with cos¢ « 1 or 
k approximately perpendicular to Ay can grow. Since Av is in 
the p-direction, k has to be predominantly in the r-direction. 
These waves will move rapidly through regions of varying field 
orientation and, depending on their direction, the magnetic 
fields can have a highly stabilizing effect. 

Therefore, we shall now discuss the influence of the magne- 
tic field on the Kelvin-Helmholtz instability, We shall again 
make strong simplifications by investigating a configuration in 
which a nonmagnetic plasma (density p;) streams past. a 
homogeneously magnetized plasma with density pz. According 
to Hasegawa (1975, p, 126) the instability will only occur for 


(kAy)? > (kv,)? (17) 
with v, = B/(47p2)!/. From kAvy S ke, and k ~ k, one thus 
obtains 

2 
B: Shc? 
4irp2 


(18) 


Since the interface is given by pressure equilibrium (i.e. B?/87 = 
pics) and since around the magnetic poles B? ~ B? holds, we 
find the following approximate relation near the poles: 


B? 
tw 22 62. 
4mrp2 P2 


(19) 


In general, one has p; > p2 and therefore B?/4mp2 « c2, which 
means that the region around the poles will be very efficiently 
stabilized. Depending on the ratio ps/pi, the regions near the 
magnetic equator can be unstable. But the rotating disk material 
will be in unstable regions only over times of the order of 


mr 
Ate x. (20) 
Therefore the instabilities can only grow by a factor exp (yAr) 


with 


(21) 


Since away from the region of corotation we have Av = v, we 
find yAt Ss 1. We thus conclude that the supersonic part of the 
disk will be stabilized. 

On the other hand, in the subsonic regime around the 
radius of corotation, kAv < ke, holds for all k-modes. There- 
fore all these modes are unstable. Because one has 


yAt 2 “2 > Ils 


these instabilities can grow until they are limited by no 
effects. The modes for which (17) is violated will be sup 
but all the others are unaffected by the magnetic field ( 
modes with k | vy). 7! 
This very crude investigation indicates that a narrow 
around the radius of corotation will be unstable whereas th 
of the disk is stabilized by the interplay between the supe 
flow and the fields in the magnetosphere. In order to | 
prove the existence of such an instability one would have 
an analysis which takes the cylindrical geometry, the variai) 
of Av with r, and the change of the field orientation sin) 
taneously into account. We shall postpone this complicé 
stability analysis to a later time. 
Does the instability lead to turbulence? We have to le 
that question open, although in the following we will make} 


number of the flow must be quite large: Using for the k 
matic viscosity v a formula given by Linhardt (1961) 


i v2 V mp (kT)®!2 
Ota eo RN 


Vv 


we find for the Reynolds number R, = /v/v (taking 1 ~ | | 
10%.em, v Sc; & 107 ems 1, T = 10° Kise cm” *) #) 


R, = 10°. ¥ 


In view of this high Reynolds number, combined with | 
instability of the boundary, it does not seem unreasonable 
assume that at least a boundary layer is turbulent. 

On the other hand we do not expect supersonic turbulen 
shock waves, and other similarly exciting phenomena, becat 
the instability is confined to subsonic shear flow and mo 
more or less along with the disk material. 


4, Turbulent Diffusion into the Magnetosphere 


The velocity difference Av between disk matter and magne’ 
sphere is less than the sound velocity c, only within an inter 
re —- 8 Sr Sr- + 6 around the radius of corotation re. 7 
instability of the disk boundary is confined to this narr 
region. Since at the interface between disk and magnetosph 
the gas pressure equals the magnetic pressure, we can, for 
nately, conclude that for Av < c, the magnetic field can cont 
the motion of the gas, i.e. also remove angular moment 
efficiently. 

The region where the velocity difference is smaller tt 
the sound velocity is given by 


ro- OS5r5rn+58 


with ¢ 


i) 


Cs 
3 Or, 


which amounts to 10®cm for T = 10° K. Now, if the ent 
mass flow of 1017 gs~1 is supplied by diffusion in the regi 
between r, — 6 and r,, one has to require diffusion velocit 
of the order of 3 10° cms~?. 

Let us now study the structure of the diffusion layer. 
the inner :part, say at z = Zo (see Fig. 3), the gas has a hi 
density which makes it hard for the magnetic field to take 


6 = 


Voy 


K-68 +8 


3. Geometry of the diffusion region, z = Zo is the magneto- 
*re-disk boundary 


angular momentum of the gas and therefore the radial 
xcity, v,, will be small in this region. As the density decreases 
larger depths, z, this radial velocity will increase. We 
ote by v,(z) the velocity of the material leaving the diffusion 
on, assume that the diffusion layer extends over an interval 
‘S z S 2, and take as the simplest possible functional form 


oz) 


z-2z 
F) = cs aS 


with Az = z, — Zp. (24) 


take a density structure in the layer which depends only 
z, we obtain the following equations for the density, p, and 
diffusion velocity, u (D being the coefficient of diffusion): 


dinp 
D a? (25) 

8 + pu,(z) = 0; (26) 
id combining the two equations leads to 
| eee 2) 
oes 5 (27) 
hen Eq. (27) can be written in dimensionless form 
= Aw? — BE (28) 
ith 

u ts By 

Cs é Az > (29) 

c,Az Be 
ein B= > (30) 


quation (24) gives a velocity field which is subsonic everywhere 
id has v, = c, at the inner edge. Since the outflow is driven by 
iS pressure, v, S c, should always hold. But one could also 
onsider flow fields with 


2 = Zo 


Az 


his will lead again to Eq. (28), but Az has to be replaced by 
z/a, and D by D/a. If « is taken much smaller than unity, 
ven the diffusion coefficient would have to be extremely large. 
or this reason we have restrained our discussion to the case 
= 1. The mass flow requirement together with c, = 107 cms~* 


= AC, and «<1. 
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Table 1. Results from model calculations for the diffusion into 
the magnetosphere 


A B D(cm? s~1) Az (cm) pv,/ pols 
50 0.2 a: 10*° 2aeats 0.18 
100 0.7 Tiel One aeelOs 0.043 
150 bag 1 Fa a Deke 0.021 
200 PS 1.4 1014 2.8 10° 0.0106 


gives us the boundary condition w(0) = 3 10-%. We have 
solved Eq. (28) numerically for various values of A and B. The 
density structure of the layer was then calculated from 


eS 
p(é) = p(0) exp ( — j Awdé’). G1) 


The range of possible combinations of the parameters A and B 
can be narrowed down by imposing conditions on velocity and 
density at the inner boundary of the layer, i.e. at z = z, or 
€= 1. We take the following conditions: w(1) = 0, and 
p(1) <« p(0). This then leads to A 2 50, and B 2 0.2. We have 
calculated models for different values of A. The results are 
shown in Table 1. The last column gives the average density of 
the outflow, a quantity which is of prime interest for our 
accretion models. Since there is approximate symmetry with 
respect to r,, we expect roughly the same amount of matter 
flowing into the magnetosphere in the inner region (r, — 6 S 
r < r,) as in the outer region (r, S r S r. + 5). These models 
require diffusion coefficients of 4 10'° cm? s~ to 10%! cm? s~?. 
The actual diffusion coefficient is, of course, determined by the 
physics of the transition region between disk and magneto- 
sphere, but we are, at present, not able to calculate this quantity. 
We want, however, to point out that diffusion coefficients of 
the order of 10‘! cm s~? are only possible in a turbulent layer. 
Classical diffusion gives values which are many orders smaller — 
classical ohmic diffusion gives D = 10° cm? s~?. Let us estimate 
the turbulent diffusion by setting 


D = Loyurv; 


where the turbulent velocity is given by vir» = cs, and Lisa 
characteristic size of turbulent elements. D = 10° cm? s~! can 
be achieved with 7 = 0.1 and L = 10° cm (0.1 scale height). 
Since, in the calculations, the whole diffusion layer has only a 
size of approximately 10° cm, we conclude that, even in the case 
of turbulent diffusion, D cannot become much larger than 101? 
cma sic) 


5. Flow in the Magnetosphere 


The turbulent diffusion discussed in the last paragraph brings 
disk matter into the magnetosphere. It will enter the magnetic 
region in the form of blobs. Since the coefficierdt for ohmic 
diffusion is extremely small (D = 10% cm*s~?), these blobs 
will essentially behave like diamagnetic material. 

The question now arises how such a blob moves through the 
magnetosphere. In Fig. 4 we have drawn schematically such a 
plasma blob. We have pressure equilibrium between the plasma 


oh 
4 
! 
: 


Fig. 4. Diamagnetic blob in an inhomogeneous magnetic field 


and the magnetic field at the interface. The gas inside the blob 
will then move according to 


Vp, (32) 


where the pressure along the surface is given by p = B?/8z. 

Now if B, > B, there will exist a pressure gradient in the 
y-direction (cf. Fig. 4). But at xo and xo we have B = 0. Hence 
the steepest pressure gradients point everywhere towards x, and 
xo. The fluid element will flow towards and elongate along the 
x-axis, i.e. it will follow the field lines. The so-called ‘*melon- 
seed effect’? (Schliiter, 1965) can only operate if the palsma 
really is a melon seed (i.e. has strong cohesive forces). 

Therefore, the diamagnetic fluid elements also follow the 
field lines. As they move towards the neutron star, they 
become more and more elongated and thinner, so that eventually 
ohmic diffusion will be effective in bringing the individual 
particles onto the field lines. Such a flow along the unperturbed 
magnetic field can only occur if the field is strong enough to 
take up all the excess angular momentum of the gas. If the 
density of the kinetic energy of the plasma becomes comparable 
to, or larger than the magnetic energy density, then the mass 
motion will wind up the magnetic field. This then would 
reduce the rate of accretion considerably. 

We shall therefore now discuss the radial variation of the 
kinetic energy density. Inside the rigidly rotating magneto- 
sphere the radial acceleration is given by 


dv, GM 
ai O?r — 72? (33) 
which gives 
2 
v2 = ve + arr? (x? - 3 — 3), (34) 


where x = r/r,. Since vo < c, and c, « Qr., we have almost 
everywhere 


D 1/2 
v, & Ore( 2 + mit 3) p - (35) 
With the gas streaming along the dipole field we also have 


purr? = prvore. (36) 


The velocity difference between rigid rotation and Kepler 
motion is given by 


1 
v= Ore x - —). (37 
A x ? 
From Egs. (35) through (37) we obtain for the kinetic energy 
density 
(«- 75) 
a = 
Vv :) 
4p(Av)? = tprv9Qr, VETERE (38) 
(x arose 3) xe 


Table 2. Comparison between kinetic energy density ( i 
material moving through the magnetosphere and energy d 
of the dipole field (£,,) 


x E;,/Eo E,,/Eo 

0.1 2260 10° 

0.2 195 1.56 10° 
0.3 44.4 1.37 10° 
0.4 14.8 224 

0.5 5.98 64 

0.6 2.64 21 

0.7 124 8.5 

0.8 0.528 3.81 

0.9 0482 ™ 1.88 
0.95 0.076 1.36 
1.05 0.056 0.74 

Vel 0.096 0.56 

iN 0.146 0.33 

1.3 0.170 0.21 

1.4 0.178 0.13 


15 0.182 0.09 


For our model we took the following assumptions: 


B 
Pole a De = Eo 


and 
Or, = 100'c;. 
Therefore we finally arrive at the equation 


WING 4 
(x i Va) = 50 P10 


ESR Ex). @ 


eae (2 = A = ‘ee ne 
The magnetic energy density is given by 


E,A(x) = Eox7®. 


$p(Av)? = 50 


The quantities E(x) and E,,(x) are shown in Table 2. 

If one takes for pivo the average values of pv, given. 
Table 1, one finds for A = 50 that the magnetic energy 
dominating only inside the region 0.9 < x < 1.1. We conclu 
from this that diffusion coefficients of ~410'°cm?s 
(corresponding to A = 50) cannot lead to the accretion 1 
quired. For A = 100, on the other hand, the magnetic ener, 
dominates the kinetic energy everywhere between the neutr 
star and the radius of corotation, thus accretion can occur f 
all D = 7 10'° cm? s7?. 

The part of the material which diffuses into the magnet 
sphere outside the radius of corotation will be accelerat 
radially outward. At some distance, xeq, the kinetic ener 
equals the magnetic energy and beyond that point the mater 
will leave the magnetosphere. 


6. Consequences for Disk Accretion 


Within the’ small distance 8 inside or outside of the corotati 
radius r, the same physical conditions prevail. Thus the moc 
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yg 
= Mow: 


mass flow outside of r, brakes the rotation of the neutron 

because the material in the magnetic field is brought into 

® tation and therefore gains angular momentum from the 
netic field. One finds 


ke = Mout 2r2(x2q al) (41) 


loss has to be compared with the gain from material 
onto the neutron star 


= M,,2r?. (42) 


2 observations of Her X-1 show a net average acceleration 
/P = —3 10° yr~*. The accreleration of a neutron star 
My, moment of inertia J = 0.75 10*° gcm?, from the 
sfer of the Keplerian angular momentum at r, (P = 1.24s, 
= 10*7 gs~*) would correspond to AP/P = —1.2 10-4 yr=}. 
is clearly shows that Her X-1 has almost achieved a strict 
ance between braking and acceleration: 


acc 8 Joraxe)/SJvraxe =3 Phe Diet 


we assume Mi, = M,y, and take x-, = 1.42 (corresponding 
D = 1.2 10' cm? s~*) the net acceleration of the system 
ll agree with the observed decrease of the period. 
In 1972 there have also been observed, with Her X-1 short 
1 period increases and decreases, superimposed on the small 
erage acceleration (Giaconni, 1975): one has found, e.g. 
/P =-—510-°© per 6 months. Within the terms of our 
odel these fluctuations could be explained by small fluctua- 
ns in the mass flow through the disk. Since Mou; will stay the 
, any additional mass 6M will flow inside r,, and transfer 
angular momentum 5MOr? to the neutron star. From 


A 
MOQr? = IAQ = 0.75 10*° > Q, (43) 


M = 1.2 10?° g, which distributed over half a year is a small 
dditional mass flow rate M = 10*® gs~?. Similarly a small 
ecrease in the mass flow rate of this order (10% of the average 
ate) will lead to a deceleration of similar magnitude. 


The X-ray source Cen X-3 can probably also be explained 
by a model of this type. Its period, however, is 4.84, so the 
magnetic field at the corotation radius will be weaker by a 
factor of 16 than the field in the source Her X-1, if surface field 
strength and mass of the neutron star are the same. The param- 
eters may, of course, be adapted to the case of Cen X-3, and 
one amusing coincidence should be noted: if we take the mass 
of Cen X-3 to be 1 Mo, but assume a weaker magnetic field at 
r,-, such that the outward flowing mass just reaches escape 
velocity at r./r. = 1.26, and then separates from the field lines, 
then (8Jaco — SJbraxe) = (2 — (1.26)”)8Jaco = 0.48Jace. This 
leads to an average period decrease of AP/P = —3 10~¢ yr~?, 
which exactly corresponds to the observed value (Fabbiano 
and Schreier, 1976). 
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Summary. Three molecular clouds (S 140, IC 1396, RCrA) are 
mapped in two colours in the wavelength range 70-200 «m with 
a 4/5 resolution. Although peak far infrared emission is 
observed in the three sources at the location of the CO peak, 
an extended component is detected in S 140, with a significant 
contribution extending 20’ away from S 140 IR. The total infra- 
red luminosity of the whole cloud appears to be an order of 
magnitude higher than the luminosity of the central core. A very 
luminous embedded object (ZL = 10° Lo) may account for the 
near infrared photometry of S 140 IR and for the total lumino- 
sity of the cloud. We deduce the radial variation of the dust 
colour temperature and compare it to the gas kinetic tempera- 
ture, and discuss the various heating processes. At the cloud 
edge, these two temperatures appear to be very close, despite 
the fact that collisional equilibrium is far from being achieved. 


Key words: infrared — interstellar clouds — protostars 


1. Introduction 


The mapping of dense neutral clouds in the far infrared is 
in its infancy because of the low dust temperatures within 
them. 

The clouds mainly studied to date are Sgr A and Sgr B2 in 
the Galactic Centre (Harvey et al., 1976, 1977; Gatley et al., 
1977, 1978; Rieke, 1978), the Orion molecular cloud (Werner 
et al., 1976) and the p Ophiuchi cloud (Fazio et al., 1976). 
Apart from the latter, being an isolated neutral cloud, the other 
sources are complex associations of a molecular cloud and an 
extended Hm region; in such a configuration the distinction 
between the two entities in the far infrared is observationally 
difficult to determine. 

S 140 appears from recent observations (Rouan et al., 1977; 
Harvey et al., 1978; Tokunaga et al., 1978) to be a case where 
the molecular cloud can be well separated from any neighbour 
Hi region and where the peak molecular emission does not 
correspond to any significant emission in the radio continuum. 

Ryter and Puget (1977) have pointed out the spatial 
extension of the far infrared emission from such clouds. This 
extended component is often underestimated or even ignored; 
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indeed far infrared mapping techniques wipe out the lai 
scale gradients to favour structures of a size comparable to { 
beam size. Setting up the baseline requires a map extendi 
far off the source. Yet these extended envelopes generally shi 
up in CO maps where the on-off technique is easier to apply. 

We present here observations dealing with three molecu 
clouds, originally detected through their CO emission: S 1 
(Blair et al., 1975; Blair et al., 1978, hereafter BEVP, 197 
IC 1396 (Loren et al., 1975) and RCrA (Loren, 1975). Our mi 
results deal with the S 140 cloud. We detect an extend 
component over 20 arc min in extension, superimposed on 1 
compact source previously observed. The contribution of t 
envelope to the total luminosity is quite large, and significan 
changes the overall interpretation of the cloud energy balan 


2. Experimental Set-up 


The observations were carried out with the airborne infra1 
telescope described by Vanhabost et al. (1977), flown on boa 
the NASA CV-990 during the Spacelab simulation missi 
ASSESS 2, in May 1977 (Wegmann et al., 1978), and a sub 
quent mission flown from France on the Caravelle in Ar 
1978. 

The telescope features a 32 cm primary and a wobbli 
secondary. The infrared photometer is equipped with a Li 
bolometer and four Reststrahlen filters (Wijnbergen et ; 
1972): band CB (31-38 »m), band KCI (47-67 um), band - 
(72-94 wm), band TIT (114-196 4m). The diaphragm size us 
here is 4/5 in diameter, as is the beam throw. The telescope 
scanned on the sky through a command pattern generated by 
mini computer. The undemodulated signal is stored 1 
laboratory analysis, demodulation and filtering. A Bessel fil 
with flat delay is used for minimum signal distortion, and 
followed by a standard signal averager. A TV tape is al 
available for accurate restoration of the scan position. 

The flight altitude varied from 10 to 10.7 km, with a gen 
ally stable and low tropopause at 10 km level. The instrume 
transmission is accurately determined through the use of 
internal blackbody. Atmospheric transmission is derived in t 
following way: a spectral hygrometer provided by Kuhn (197 
routinely measures the overhead water vapour content. T 
actual transmission along the line-of-sight is then comput 
with a multilayer atmospheric model (Marten et al., 1977) 
the four filter bands. As a further check, the same procedt 


os. 
en applied to Saturn and Venus and shown to be satis- 
ry (Courtin et al., 1979). By comparing our Venus data 
the recalibrated values published by Wright (1976) we 
late the maximum systematic calibration error which may 
ot our measurements to be 10%. 
fhe system impulse response is measured by scanning the 
et Saturn whose diffracted image is almost pointlike with 
to the beam size. For scans extending away from the 
a zero baseline is safely assumed, and the differential 
may be integrated. Figure 1 shows the measured system 
ise response after integration, as compared with the 
ical response computed for perfect beam throw and ideal 
essing. We will apply the same integration scheme to 
ended sources, provided a true baseline may be properly 
ermined. We shall see below that this condition is rather 
‘cult to fulfil practically. 
The rms noise is obtained by taking the difference between 
d and even numbered scans. Any presumed signal amounting 
less than So is systematically rejected. 


The S 140 Molecular Cloud 


(. Available Data 
} 


dense cloud is clearly distinct from the nearby H ui region, 
d shows up as a dark cloud on the Palomar plate. It is 
yunded on the SW by an Ha emission rim which is excited 
‘ the star HD 211880. The spectroscopic distance of this 
ar is 910 pe (Crampton and Fisher, 1974) which we shall 
lopt also for the distance to the cloud. 

A bright near infrared source, S 140 IR, has been detected 


A. (1950) = 2217742 — Decl. (1950) = 63°03’45” 


/ Blair and Vanden Bout (1974), and observed again at 2.2, 10, 
id 20m by BEVP (1978). The near infrared (1-20 um) 
minosity of S 140 IR in a 32” beam amounts to 3 10° Lo. 
ecent observations at 21 cm (Falgarone, 1978) show the 
sence of a compact H 1 region having a size of about 15” 
id almost coincident with the position of S 140 IR. The 
easured flux at 21 cm is 12 + 2 mJy. 
_ The spectrum of S 140 IR is maximum beyond 5 »m with a 
rong silicate absorption at 9.5 4m. It somewhat resembles 
e BN object spectrum in Orion, with a similarity which 
‘tends to the far infrared (Harvey et al., 1978). The '?CO and 
CO antenna temperature maxima again coincide with the 
me region (BEVP, 1978) where other molecules such as C*°O, 
2CO, and HCN are also detected. 
_ Hence the position of S 140 IR coincides with the densest 
ad hottest part of the cloud. Finally an H2O maser (Morris and 
napp, 1976) and carbon recombination lines (Knapp et al., 
976) have been observed at this location. 

Low resolution observations by Rouan et al. (1977) in the 
infrared estimate the total luminosity in a 6/3 beam to be 
10* L,.*, while Harvey et al. (1978) give 2 10* L. ina 37” beam 


Note: The over high value given in Rouan et al. (1977) for the 
alactic diffuse emission is not the consequence of a calibration 
‘ror, but of an underestimation of the granular structure of 
iis emission. Hence the S 140 results hold 
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Fig. 1. The profile of Saturn after integration of the differential 
signal (average of six scans, 90s total observing time) — 
Diaphragm 4/5 — Band 31-38 um. The dashed curve is the 
theoretical profile for a pointlike source assuming a perfect 
beam switching and the same filtering process 


and tentatively assign this value to the luminosity of the central 
object. In both cases the observations are restricted to the 
immediate vicinity of S 140 IR, the outer regions of the cloud 
not having been explored. Tokunaga et al. (1978) measured the 
far infrared spectrum of the central 1’ and confirm a similar 
luminosity for this central area. 

A search for Brackett-« emission at the S 140 IR location 
has been made by BEVP (1978) and repeated by Hall (1978). 
Both authors give the Br-« upper limit as 5% of the continuum 
at 4 wm. 

Applying speckle interferometry techniques (Sibille et al., 
1979), an upper limit of 074 has been obtained at 4.8 um 
for the diameter of § 140 IR (Chelli, 1979). With multiplex 
imaging techniques, an upper limit of 0/6 is obtained by 
Bensammar and de Batz (1978) for the 2.2 ~m diameter. 

All these observations give a good insight into the structure 
of S 140 IR, but, as pointed out by Tokunaga’s analysis (1978), 
do not provide a satisfactory relationship between the low 
temperature cloud and the central object. ' 

The cloud has been mapped for weak near infrared sources: 
six objects were found by BEVP (1978) (the coordinates given 
by these authors are not within their mapped area at 2.2 xm). 
Beichman et al. (1978) have mapped the cloud at 10, 20, and 
25 »m and find an additional source at these wavelengths with 
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an estimated 7-25 um luminosity significantly weaker than SW direction. Three lines are scanned in TII, centred 6 
Gi 10° Lo. CO maximum, but only one line is available in KI, wit 
hi end of the line located on this maximum. The positionii 
the scan is better than +1’. 
The maximum peak-to-peak intensities, measured 
Figure 2 shows the position of our scans made in the KI central line are: 
(72-94 xm) and TII (114-196 um) bands, superimposed on the 


12COQ map of the cloud. The scan amplitude is 30’ in the NE— //(114-196 wm) = (2.4 + 0.2) 10-° W cm“? sterad=* 
I( 72-94 pm) = (5.4 + 0.2) 10-® W cm~? sterad-?. 


‘oe ee Ge Figures 3a and 3b give the integrated profiles in both b 
op 4 along the central lines. On the two other lines scanned in T 
only an upper limit can be given: a 


3.2. Current Observations 


20 


16 
Scan 1: 7(114-196 wm) S (8 + 3) 10°° Wem-? sterad =m 


Scan 3: 1(114-196 wm) S (12 + 4) 10-° Wcm~? sterad-= 4 


12 In what follows we use the central source S 140 IR as % 
origin for the variable r along these scans. We observe that 
KI profile which reaches the 10 °K CO-isophote in the east 
direction levels to zero-gradient 25’ away from S 140 IR. T 
is not the case for the TII profile, which only extends 15’ a 
from the centre. These profiles are not deconvolved and | y 
expect the abrupt border of the cloud at the SW end of the scé 
to somewhat affect the value of the fluxes at the peak on tl 
integrated profiles. | 
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3.3. Analysis of the Data 
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3.3.1. The Temperature Distribution 
a) Dust Temperature as Derived from Observations. Follo i 
Ryter and Puget (1977) the ratio of dust emission in the t\ 
bands (72-94 »m) and (114-196 um) is a sensitive indicator 
S 140 the physical temperature of the grains. Figure 4 gives this rat 
Tx (CO) R(T, n) for various emissivity laws A~" in the far infrared. V 
-12 Pee ea fe |) a Re therefore attempt to derive an average grain temperature 7 

20 16 12 8 4 0 -4 from the ratio of the observed fluxes at a given point along t! 
scan: 


Z| 


Fig. 2. Position of our scans in the bands KI (72-94 um) and 
TII (114-196 wm) superimposed on the T#(CO) map from R(T#, n) = Iafh, 

BEVP (1978). The offsets are in minutes of arc with respect to 

the position with 1950 coordinates of R.A. = 22817428 and where the subscripts 1 and 2 refer respectively to the ban 
Decl. = + 63°03’45”. The plus sign indicates the position of (114-196 um) and (72-94 um) 

S 140 IR 
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Fig. 3. Profiles of the S 140 cloud along the middle scan, in 20 30 40 50 60 


both bands, after integration of the differential signal (average Fig. 4. The ratio of the fluxes in the bands 72-94 ym and 11. 
over four scans) — Diaphragm 4/5 — Position OreferstoS140IR 196m as.a function of grain temperature assuming varioi 
i and the offsets are in minutes of arc along the scan grain emissivity laws: A~?, A~+5, A~? beyond 50 um 
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r (are min) 


0 
(S140 IR) NE 


x, 5. Curves a, b, c: Distribution of the dust radiative 
nperature measurements with the following assumptions for 
> grain emissivity law A~” and the plateau level A/,/J,: (a), 
ee Ole iD), w— 2, ALT, = 0:2: (); n= 2, 
x/I, = 0.5. Error bars are of +2 °K. Curve (d): Distribution 
the gas kinetic temperature 7 deduced from BEVP measure- 
nts (1978) 


Averaging along the line-of-sight makes Tf smaller than 
s local temperature 7,(r) in a spherically symmetrical cloud. 
gure 3 shows the existence of 72-94 wm emission for r 2 15’ 
lich implies 114-196 um emission beyond the end of the 
rresponding scan. We shall assume the presence of a uniform 
ateau of small intensity AJ,, with AJ, < i, extending at 
ist up to r = 24’, where the emission in band 2 goes to zero. 
le zero gradient of this plateau is not detected for r < 15’. 

Without this assumption. the derived temperature 77 (r) 
yuld continuously increase with r, a behaviour without 
ysical meaning. The assumption of a uniform plateau is an 
bitrary but convenient one; the exact value of this zero or 
most zero-gradient would not affect our conclusions. 

Figure 5 gives T(r) in the following cases: 


=-2; (Ah/h)q=o) = 0.2 
(AL /L)cr = 0) = 0.5 
= -1; (AL/L)c =0) =) 0.2 


id the gas average line-of-sight kinetic temperature 7#(r) 
duced from **CO measurements (BEVP, 1978). 

We deduce the total infrared intensity Jj, along the scan by 
ing 
: = horocoum = ATF, ) (hh + 1), 
here « is computed using the Planck function weighted by the 
propriate emissivity law. To estimate Ji, for the total cloud, 
> attribute to each point outside the scan a value of Tf 


duced from Fig. 5 for the corresponding 7;* measured by 
EVP (1978). The infrared luminosities are given in Table 1. 
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Table 1. Luminosity of the S 140 cloud vs. AJ,/J, 


AL/, Luminosity Luminosity Luminosity 
Ly (scan) Ly, (total Ly ina 63 
cloud) beam centred 
‘on S 140 IR* 
n=-—2 0.2 23109 Bs - 510° Lo IGE 
oid 0.5 210° Lo 410° Lo Tes LO™ 
adopted case 
n=-1 0.2 S109 Loe ho 10°Le 1.4 1a 


2 Value to be compared with Ly,(6/3) = 5 10* Lo as measured 
by Rouan et al. (1977) 


The total cloud luminosity Lyi, is consistent with but 
significantly larger than the value previously derived by Rouan 
et al. (1977) for the central 6/3, or the value derived by Harvey 
et al. (1978) for the central 30”. We safely assume the brightest 
source S 140 IR to be the main heat source for the cloud and 
ignore external UV heating. 


6) Comparison with Available Models. Rouan (1979) computes 
a model of a cloud heated by a central source of luminosity Ly 
and gives the grain temperature 7, versus radial distance. We 
plot in Fig. 6 the resulting 7,(r) assuming no significant 
emission beyond the ionization front to the SW. The curve (a) 
corresponds to Ly = 410° Lo, Ay = 20,n = 2(forA = 50 um), 
but is fairly insensitive to this choice. 

Since the line-of-sight near r = 0 integrates contributions 
with a wide temperature dispersion, 7 has little meaning and 
we only discuss the Tj curve for r = 5’; averaging along the 
line-of-sight in an optically thin spherically symmetric geometry 
will decrease the temperature T7}(r) with respect to the local 
value T,(r). 

It is impossible to find any agreement between Tf and Ty, 
when r > 5’ for n smaller than 2. Moreover a plateau such as 
AJ,/I, = 0.3 appears necessary to obtain a decreasing T# away 
from S 140 IR, and we shall keep below, the curve T#(AJ,/J, = 
0.5). 

We first note that T# — T¥ < 15 °K forr > 5’. This small 
difference already suspected by BEVP (1978) is confirmed. In 
order to evaluate the density within the cloud we use N(?°CO) 
column densities given by BEVP (1978) and assume a line-of- 
sight length L = 5 pc, corresponding to a roughly spherical 
mass distribution. This gives (Dickman, 1978) 


n(H) = 2n(Hz2) = 10° a) 


tO om T 

As already pointed out by BEVP (1978), the collisional 
equilibrium between gas and dust at such densities is not 
fulfilled. Goldreich and Kwan’s (1974) model needs some 
extrapolation but indicates JT, > 100 °K for Tx = 20 °K. The 
curves 7*(r) and T(r) definitely imply another heating process 
for the gas, unless most of the matter is clumped into higher 
density blobs of a size small compared with 0.3 pct In order to 
study the possible gas heating rate due to cosmic rays and Hz 
formation, we shall use the model of Clavel et al. (1978). We 
derive from it, in Fig. 6, the gas temperature assuming (i) a 
radial velocity gradient dV/dr = 1 kms~* pc~?; (ii) a zero 
visual optical depth 7, at r = 24’, increasing linearly inward; 
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Fig. 6. Temperature structure of the cloud S 140 outside the 
cloud core (r = 4’): (a), theoretical distribution of grain 
temperature 7,(r) from Rouan’s model (see text for adopted 
parameters); (b), distribution of T3(r) from our measurements 
(curve c of Fig. 5) (the grey area accounts for the uncertain- 
ties); (c), distribution of the gas kinetic temperature, T(r) 
(BEVP, 1978); (d, e, f), Clavel et al.’s model (1978), cloud with 
external heating only; (d), Gas temperature with chemical 
heating Tox; (€), gas temperature without chemical heating; 
(f), grain temperature. Theoretical curves have been convolved 
with the beam profile 


(iii) a negligible coupling between gas and grain. Two cases are 
presented, without and with chemical heating (exothermic 
chemical reactions from molecules in the cloud). 


c) The Gas-Grain Equilibrium. We observe three different 
regions in Fig. 6: 

(i) For r < 4’, no conclusion can be drawn because of the 
line-of-sight averaging. 

(ii) For r 2 15’, the curves for Tz and T# agree reasonably 
well; the grain temperature is set by the radiative transfer from 
the central source: even at the edge position on the cloud the 
grain temperature is significantly above the value it would have 
with a pure external heating (bottom curve in Fig. 6, derived 
from Clavel et al., 1978). The curve 7 and the computed gas 
temperature Toy with chemical heating agree well. The chemical 
heating improves the agreement, unless the grains significantly 
heat the gas: this is ruled out by the small temperature difference 
Tz — Tx and the density. We conclude therefore that in this 
boundary region of the cloud, two independent mechanisms 


set T, and Tx: the approximate temperature equality doe; 
mean a collisional equilibrium between gas and dust. Farthe 
Tx could even be higher than 74. ; 

(iii) For 4’ < r < 15’ we first observe that again Tz = 
the grain temperature is controlled by the central sol 
Secondly, Tx rises inward, a fact not predicted by Clave 
model. It is tempting to attribute this rise to the coupling Wi 
dust. Given the curve Tcx for the gas temperature without di 
heating, we need only attribute to this latter coupling f 
energy excess Tx — Tou. The discrepancy with Goldrek 
prediction is greatly reduced, and an extra coupling factor su 
as HO molecules may not be necessary (Scoville and Ki 
1976), although detailed computations involving both hi 
dust and Clavel’s mechanisms remain to be done. Becau 
the high sensitivity of the function (Tx — Ta) vs. n(H) t 
accomodation coefficient, a modification of this factor 
Goldreich’s, model should also be considered. 


3.3.2. The Cloud Boundary Region 
We have demonstrated the extension of infrared emission 
the far edge of the cloud. Yet our longer wavelength o1 
extends to 196 um. It is important to decide whether very c 
dust (Tz S$ 15 °K) is still present at the outer edges in significa 
amount. To do so, we estimate by two different ways the dt 
column densities at r = 8’, 15’, and 20’. 

i) We derive the optical depth <17>¥2-04,m from the ra 
of the observed intensity to the Planck function at the estima 
colour temperature 7}; given the narrowness of the band, tf 
procedure is essentially independent of the Qa», waveleng 
dependence. . 

ii) We derive the same quantity from the **CO colun 
density by: 


<™72-94um = oe £Qavs? m(H) 10° N(*8CO) 
4 ap 


where we use: 
N(A) = 2 N(H2) = 10° N(?°CO) 


ap = 10-2 

<Qapvs> =9410 a 
a=0.1l ym 
p=2+05gcem 3 


and the N(#2CO) given in BEVP (1978) along the scan. Table 
summarizes the results. 

One expects <7>/<7>* 21 since the +*%CO emissi 
accounts for all the dust along the line-of-sight, even t 
coldest one. In fact this ratio seems to be less than unit 


(Dickman, 1978) 


Table 2. Average far infrared optical depth versus radi 
distance in S 140 


r 8’ 15’ 20° 
2.2 pe 4.1 pe 5.5 pe 
Ti(K) 34 +2 26.2 18 +4 
Crp Weceame (1.5 2) 102) (LOrE DN) Omer es 
NC?8CO) 20+ 5 Ores Mies 
(105° Gms) 
Tyagotum . (J. 2:9) 107" “(16° 1.3) 102 eee 


<1>/<1>* 0.3 to 1.4 0.1 to 0.5 les) 
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| may reflect a systematic underestimation of <Qays>/ap. 
rs that a very small fraction of dust along the line-of- 
‘is colder than 14 °K even at the NE cloud boundary, if 
as-to-dust ratio ap remains constant outward. 


. The Cloud Heating Balance ; 

jave shown above that the dust colour temperature 7 is 
ynably consistent with a model where a single source heats 
whole cloud. As pointed out in Sect. 3.1 other infrared 
ces have been detected within the cloud but none with the 
isity of S 140 IR. 

We therefore assume the luminosity of S 140 IR to be com- 
‘ble to the cloud luminosity and adopt for it: 


je ian 2£°410° Lo 


‘is an order of magnitude higher than the luminosity 
uced from the far infrared emission of the cloud’s central 
. Indeed Tokunaga et al. (1978) do not succeed in fitting 
near infrared photometry of S 140 IR with a central 
ree having Ly = 2 10* Lo. 

We assume a foreground extinction A, in front of a central 
sct for which we choose a single 07 star with 4 10° Lo. A set 
tars with the same total luminosity would be equivalent. 
Table 3 shows that a foreground extinction A, = 22.5 
duces no infrared excess over that expected from the star at 
- 1.23 wm, and a gradually increasing emission at longer 
yelengths. Since N(#°CO) = 47 101° cm~? at the position of 
40 IR, we deduce at this location A, = 22 + 10 within a 
seam across the whole cloud. Since increasing density is 
ected near the condensation, it is reasonable to assume 
= 22 from the source outward. The excess infrared flux can 
attributed to heated dust surrounding the central object; 
a given mean angular diameter 6(A) a corresponding surface 
shtness is obtained. From Chelli et al. (1979) we take 
8 zm) < 074, and derive a blackbody temperature larger 
n 340 °K. Nevertheless, a better fit of the spectrum would 
»btained for 0 ~ 0”1 and T ~ 500 °K. A detailed model for 
emission awaits a final value of (A), but it already appears 


jle 3. The central core of S 140 IR 
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that the S 140 IR source could indeed be similar to the accreting 
stars modelled by Bedijn et al. (1978) and observed at high 
spatial resolution by Foy et al. (1979), a similarity already 
pointed out by BEVP (1978) on the basis of the 520 4m 
spectrum. 

The model suggested by Table 3 is indeed very crude, since 
it assumes no significant emission from the ‘‘cocoon” below 
2 «m, and thus implies the absence of hot dust in the inner parts 
of the core. A complete radiative treatment following Bedijn 
et al. (1978) is obviously needed. 


4. The Molecular Cloud Within IC 1396 


4.1. Available Data 


Molecules have been detected by Loren et al. (1975) in a 
heavily obscured part of the large cometary nebula in IC 1396. 
The whole region is excited by a system of O and B stars: 
HD 206267 and the early type cluster Trumpler 37. The 
estimated distance is 705 pc (Becker and Fenkart, 1971). 

The molecular cloud appears as a circular region, roughly 
5’ in diameter, centred on: R.A. (1950) = 21535™168, Decl. 
(1950) = +57°17’27”, and extending to the SW in a “‘comet- 
tail” shape. 17CO and 1°CO emission has been mapped by 
Loren et al. (1975). The CO isophotes peak towards the centre 
of the dark region with T¥ = 24.5 °K. At this position other 
molecules such as CS, SO, and HCN are detected. HCN 
indicates high densities for this region (10* to 10° cm~°), 

Radio continuum observations give fluxes of 0.45 Jy at 
11 cm and 0.42 Jy at 6 cm in regions respectively 4/5 and 3/5 in 
extension (Baars and Wendker, 1976), coinciding with the CO 
emission. The Hm region responsible for these fluxes could 
have its own excitation centre, different from the star HD 206267 
exciting the bright rim at the eastern edge of the cloud. 

From visible spectra of the eastern ionization front, 
Schmidt (1974) deduces electronic temperatures between 
6800 and 8400 °K. 


J. K L M 
1.23 pm 2.22 um 3.45 pm 4.6 pm 

asured Flux* (Jy) 0.10 4.26 20.4 78.0 
re residual {Ay = 15 —27.9 -1.1 29.0 112.8 
ission (Jy) {a = 22.5 0.4 5.43 40.14 138.1 
r star flux* vy = 30 196.4 159 54.8 168.9 
re surface brightness b,63° 
m~? um~? arc s?) 0.13 0.56 172 3:33 
= 22.5 (adopted value) 
= 074 b, (W m-? um-*) 0.84 3.5 10.8 20.8 

B, (340 K) ~0 0.04 3.61 18.4 
= O0"1 5b,(Wm-?pm-*) 13:5 56 172 333 

B, (500 K) ~0 16.3 183 349 , 
Blair et al. (1978) 


6, is the diameter at wavelength A, assuming spherical symmetry 
Upper limit of the diameter measured at 4.85 zm by Chelli et al. (1979) 
Star flux computed for an O7 star (Cruz Gonzalés et al., 1974), M, = —5.5. Reddening 


ived from Van de Hulst curve No. 15 (1949) 


; 
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4.2. Current Observations and Analysis 


We have mapped the cloud in the far infrared along three 
SW-NE scans, 15’ in amplitude, with a 4/5 beam, thus covering 
an area of 13/5 x 15’ centred on R.A. (1950) = 21°35™105, 
Decl. (1950) = +57°15’30". 

On the middle scan a source is detected above 5c in both 
bands KI and TII at: 


R.A. (1950) = 21235™16® + 8° 
Decl. (1950) = + 57°17’30” + 2’ 


The source appears smaller than 4’ with peak-to-peak fluxes: 


I(72-94 um) = (2.7 + 0.3) 10-° W cm~? sterad~+ 
7(114-196 pm) = (1.1 + 0.2) 10-9 W cm~? sterad=+ 


- With the same assumptions as above (A~? grain emissivity law) 


we deduce: T7# = (18 + 1) °K. 

Assuming a distance of 705 pc we derive a total cloud 
infrared luminosity L = 5 10° Lo. 

Interpreted in terms of a central heating source this would 
correspond to a B1 or B2 main-sequence star. The H m region 
is centred on our far infrared source and needs such an exciting 
star (Baars and Wendker, 1976). 

We derive from Rouan’s model, as in Sect. 3.3.1, a value 
Tar) for L = 510° Lo, n= 2, Ay = 15, corresponding to 
n(H) ~ 10* cm~® in the central core of diameter 2/6. This gives 
<T.(r)> = 26°K and a colour temperature for the central 
5’ of 32 °K. 

This is somewhat above our measured value of T#*: the 
discrepancy could be explained by a denser core, as indicated 
by the excitation of HCN at the peak. 


5. The Corona Austrina Molecular Cloud 


5.1. Available Data 


The Corona Austrina dark cloud is extended over almost 
1° x 1°, well above the galactic plane (1j, = —18°) and at an 
estimated distance of 150 pc. Numerous young objects, such 
as T-Tauri stars ..., have been detected in the vicinity of the 
cloud (Knacke et al., 1973: Glass and Penston, 1975; Vrba and 
Strom, 1976; Strom et al., 1973), and their presence leads 
to the assumption that star formation has recently taken 
place. 

12CO and 1°CO mapping extending over ne x 1°5 is given 
by Loren (1979). The maximum in '2CO emission (Tf = 
25 °K) is shifted with respect to the star RCrA. Six other 
relative maxima have been pointed out with Tf#(CO) at least 
equal to 20 °K. 

Other molecules such as C18O, CS, HCN, and HCO? are 
detected at the position of the RCrA star. 

Two compact H i regions have been detected at 11cm in 
the direction of RCrA with measured fluxes of 15 + 3 and 
8 + 3 mJy (Brown and Zuckermann, 1975). They are not 
associated with any visible or near infrared source. 

The gamma ray flux beyond 100 MeV allows Black and 
Fazio (1973) to deduce a mass of 2.6 10° Mo for the whole 
cloud. 


5.2. Current Observations 


We obtain in both bands E-W scans 20’ long, centred 0 
CO maximum (7 = 25 °K): A source appears at this 
location, superimposed on large emission gradients at the s& 
edges. The central source is clearly a part of a much me 
extended structure. The measured peak-to-peak brightness) 
are: 


1(72-94 um) = 3.2 10-° W cm~? sterad=? 
1(114-196 pm) = 1.8 10-9 W cm~? sterad =? 


at a detection level of 8c. 
With ‘similar assumptions as above for the grains, 
T# =~ 37 + 2°K, and a total luminosity Liz = 140 Lo fo 
central region, 4’5 in diameter. The analysis carried out 
for S 140, if applicable here, shows that this value canni 
simply assigned to the luminosity of the heating source be 
of the wide cloud extension. 


6. Conclusion 


We have observed in the far infrared, with an airborne 
scope, three molecular clouds known to be fairly free of 
continuum emission, in order to study their radiative balat 
and grain temperature equilibrium. ; 

Through a careful calibration of the beam structure u 
a planet, we integrate differential maps to restore the sol 
profile. In this process, we underline the importance of w 
spatial gradients. This limitation, quite common in far infr 
observations, is especially critical for the mapping of exten: 
cold clouds. 

For the S 140 cloud, our observations clearly show a 
extension at least 20’ away from the cloud hot central regi 
This confirms the evidence of CO measurements, which a 
show a large cloud extension. To interpret properly the “f 
infrared observations we are forced to assume an undetect 
almost zero-gradient contribution to the infrared flux. 
assumption is not arbitrary but reasonably consistent with 
optical depths in 4*CO and in the far infrared. ; 

The total cloud luminosity is derived, and shown 
significantly exceed the luminosity of the nucleus around S 1 
IR. This important conclusion, which is essentially independer 
of the amplitude of the zero-gradient contribution, leads us t 
increase the total luminosity of the ultimate heating sources 
if one considers a single object to be heating the whol 
cloud. 

We do not specify the exact nature of this embedde 
source, but at least show that the near infrared photometry 
S 140 IR is not inconsistent with the proposed luminosity. 

We derive the dust colour temperature as a function 
radial distance from the source, and, through a proper grai 
model, propose its interpretation in terms of a physical grai 
temperature. This grain temperature may then be compared t 
the observed gas kinetic temperature on the one hand, and t 
different heating models for gas and dust on the other. Despit 
residual uncertainties due to integrating along the line-of-sigt 
through various parts of the clouds, it appears that: 

(i) Gas and dust have temperatures almost identical an 
close to 14 °K at the cloud edge, despite a density much too lo 
to account for any collisional equilibrium. This is understoo 


te 
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ombination of significant chemical heating for the gas 
ladiative heating from the central source for the dust. Such 
udo-equilibrium situation would be especially favourable 
iolecular formation processes, since this cloud edge region 
iso exposed to the external UV field (Allamandola 
., 1979) and grains may be later heated inside the cloud 
h the diffusion process pointed out by Harrison 
» 

ii) Within the cloud, the difference between gas and dust 
atures increases. Although the chemical heating reduces 
for energy transfer from dust to gas through collisions, 
perature difference may still be larger than permitted in 
llisional model of Goldreich and Kwan (1974), although 
iled calculations remain to be done. Whether this tempera- 
can be accounted for by a simple change in Goldreich’s 
1 or requires an extra-coupling agent as suggested by 
(1978) is not presently clear. 

e total cloud luminosities can be safely asserted for 
and IC 1396, but not for the RCrA cloud which, being 
, 1s more extended. In the two former cases, it would be 
ting to identify the observed cloud as the parent formation 
y of the more massive embedded source, following the 
iency”’ curve given by Yorke (1977). 
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. Recent laboratory measurements have allowed us to 
y the line profiles due to methane absorptions near 1.1 p in 
spectrum of Jupiter by considering not only the strong lines 
e 3¥, band but also many other lines of weaker intensities. 
files of more than 40 lines of CH, within the same spectral 
al are analyzed in a high-resolution interferometric spectrum 
upiter recorded by Connes and Maillard in 1974. The absorp- 
by the dipole band of hydrogen in the same spectral region 
into account. 

‘Scattering models with one and two clouds are investigated. 
sed on line shape considerations, we find that, for all models 
idied, the radiation at 1.1 4 comes essentially from pressure 
els higher than 1.5 atm and that a large number of scattering 
tticles quite high in the atmosphere (P~0.2 atm) is required. 
¢ C/H ratios derived are of the order of (1.5+0.7) 107, cor- 
ponding to 3.2+1.5 times the solar value given by Lambert 
178). 


y words: Jupiter — planetary atmospheres — scattering 
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ie manifolds of the R-branch of the 3v3 band of CH, in spectra 
Jupiter have been used since 1969 (see reviews of Ridgway et 
, 1976 and Wallace and Hunten, 1978) for estimates of CH, 
undance and atmospheric pressures and temperatures. It is, 
tually, the only spectral range in the near infrared from which 
ch measurements could be made. 

The analyses made with the assumption that some reflecting 
el exists in the atmosphere gave rather consistent results in the 
ase that an effective pressure and a rotational temperature could 
defined. Bergstralh, in 1973, did not obtain a much better 
reement when he used scattering models instead of a reflecting 
fer model to interpret center-to-limb variations of the equivalent 
dths of the manifolds of the R-branch of the 3 y; band recorded 
photographic plates as well as with a photoelectric scanner. 
jter on, in a jovian interferometric spectrum recorded in 1974 
der higher resolution by Connes and Maillard (limit of resolu- 
m: 0.09 cm~*), several indications of the inadequacy of the 
_M to explain the experimental line profiles were observed: 
e R6 and R7 manifolds had narrower line widths than the 
0 and R 1 lines, and there was some filling in of the strongest 
anifolds like R 2 and R 3 (de Bergh et al., 1976). In addition, 
> “interlopers’’ between the R-manifolds clearly corresponded 
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to higher CH, abundances than the R-manifolds of the 3v, band 
(Combes et al., 1977). 

In 1976 a set of high resolution laboratory spectra of CH,-CH, 
and CH,—H, at room temperature and at low temperatures was 
recorded with a Fourier Transform Spectrometer at Meudon 
(Maillard and de Bergh, 1977). Combes and Encrenaz (1979) 
selected in the Connes and Maillard spectrum of 1974 near 1.1 » 
some isolated lines of the “interlopers’”’ which did not seem to 
vary in intensity with temperature and showed that ‘‘apparent 
abundances” in the RLM hypothesis deduced from line depth 
measurements of lines of different intensities increased regularly 
as the line intensities decreased, and that this ‘‘law of variation” 
could be extrapolated to the weaker absorptions in the visible 
range, although the error bars are quite large in the visible. 

An analysis of the whole spectral region around 1.1 in the 
interferometric laboratory spectra recorded at Meudon has been 
made recently (Pierre et al., 1979) and most of the observed lines 
in the laboratory spectra have been assigned rotationally. Intensity 
and line broadening measurements have been done in parallel 
(de Bergh et al., 1979). It has, therefore, become possible to use 
many other line profiles near 1.1 p, in addition to the R-manifolds 
of the 3v, band, to determine atmospheric parameters in the 
jovian planets. Widely different CH, line intensities allow the 
planetary atmosphere to be probed over a large vertical extent. 

In this paper, we use these new laboratory results to interpret 
the Jupiter interferometric spectrum recorded in 1974 by Connes 
and Maillard. The analysis is made by computing synthetic line 
profiles corresponding to various types of scattering models and 
comparing them with the observed profiles, using the H, pressure- 
induced absorption to fix the range in pressures at the top of the 
lower cloud deck. As the lines are pressure-broadened, we obtain 
CH, abundances and atmospheric pressures simultaneously. 

The main results are, first, that, for all models considered, 
there is need for scattering particles rather high in the atmosphere 
(~ 0.2 atm), at least at the time where the observations were made. 
There is also indication that, in any case, almost all the radiation 
at 1.1 41 cannot come from very deep in the atmosphere (P<1.5 
atm). For all models, CH, concentrations of: (2.6+1.2) 1073 
were obtained, which correspond to C/H ratios 3.2+1.5 times 
the solar ratio of Lambert (1978). 


I. The Data 


1, Planetary Spectrum 


The jovian spectrum analyzed here was recorded at Mt Palomar 
in 1974 by Connes and Maillard. Experimental details have been 
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Fig. 2. Apparent CH, abundance as a function of the line intensity 
(at 150° K) for the lines observed in the spectrum of Jupiter near 
1.1 ». The lines are assumed to be Lorentzian. In order to obtain 
good fits with the observed profiles, the line widths of the synthetic 
spectra had to be varied from 0.11 cm~' for the strongest lines 
to 0.05 cm™! for the weakest lines 


given elsewhere (de Bergh et al., 1976). With an instrumental 
resolution of 0.05 cm~', a signal-to-noise ratio (S/2o) near 1.1 p 
of 30 was obtained in 1 h and 30 min. The Doppler broadening 
is relatively small as the slit was only 4” wide. The slit was kept 
centered along the central meridian by using an image rotator 
for guiding. The height of the slit was 20”, which means that 
tropical belts and zones were included. The seing was approxi- 
mately 2” and was taken into account when computing synthetic 
spectra. A Moon spectrum was used for calibration, as explained 
in de Bergh et al. (1976). 


2. Laboratory Data 


More than 40 lines of methane were used in this analysis. They 
include lines of the R-branch of the 33 band, lines of the two 
other vibration bands identified by Pierre et al. (1979) and a few 
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weak isolated lines. The intensities were measured on a (¢ 
spectrum at 50 Torr pressure (de Bergh et al., 1979). Thos 
the R-branch of the 3¥, band agree well with Bergstralh | 
Margolis (1971) intensities up to R=4. For R2S, de Bergh e 
(1979) obtain larger intensities. To take into account the w 
lines present in the wings of the studied lines, we applied sc 
corrections to the intensities measured by de Bergh et al. (19 
indeed, under the jovian atmospheric conditions, these li 
which are extremely weak in a 50 Torr and 64m path ler 
laboratory spectrum, affect significantly the CH, line prof 
In some cases we added lines in the wings of our synthetic 
profiles, in other cases we only increased globally the intensi 
of the studied lines. The adequacy of these corrections © 
checked by comparing synthetic spectra with laboratory spe 
at various pressures and abundances. It is very important to t 
properly into account all these minor absorption lines which 
Jupiter, are strongly reinforced. 

We verified that the frequency shifts due to pressure obser 
in laboratory spectra of CH,-H, mixtures (Maillard and 
Bergh, 1977) could not affect the line profiles in the jovian in 
ferometric spectrum analyzed here. 

The broadening coefficients were found to be the same 
all lines of the studied range (de Bergh et al., 1979). We use 
this analysis the CH,-H, broadening coefficient that Vara 
et al. (1973) obtained for the 2v, band. There is, however, ind 
tion, from the Maillard and de Bergh (1977) laboratory spe 
that the dependence on temperature is stronger for the 3; be 
But the effect of this difference on our results is not very import: 
It would result only in a slight change in the cloud pressures 
obtain (by less than 20%). 

The H, laboratory data used in the present analysis are 
same as in de Bergh et al. (1974). 


II. Inadequacy of the Reflecting Layer Model 


In the previous analysis of the R-branch of the 3y; band in 
same Jupiter spectrum (de Bergh et al., 1976) it was found 1 
the reflecting layer model led to a CH, abundance of ya=110- 
m.am. (with 7 =2.1), a rotational temperature of 175+10° K. 
an effective pressure of 0.9 atm. With the revised intensitie: 
the R-branch of the 3v; band we have obtained (see Part I), 


v find that a rotational temperature closer to 150° K is more 
ropriate. 

Sut, if we compare the spectrum of Jupiter with a laboratory 
etrum of CH, which gives a good fit for the R-branch manifolds 
he 3v, band, we see that the weaker CH, lines present in the 

pense are much stronger in the spectrum of Jupiter than in 

ratory spectrum (see Fig. 1). We show in Fig. 2 what we 
ain i in terms of apparent abundance from fitting the experi- 
line profiles near 1.1 1 with lorentzian profiles. We find 
, first, it is necessary to increase the CH, abundance as the 
ntensities decreased (as had already been observed by Combes 
nerenaz, 1979), and, second, that the line widths themselves 
€ to be decreased with decreasing intensities in order to obtain 
d fits (from about 0.11 cm~! for the strongest lines to about 
5cm~* for the weakest lines). When intensities at 150° K are 
d, there is no clear dependence on the J values. 
wed scattering model of the Jupiter atmosphere should there- 
> produce this type of behaviour which was established by 
dying 42 line profiles near 1.1 p. 
It is interesting to note that the simplest scattering model 
tropic homogeneousscattering model-H.S.M.) produceseffects 
he right direction, as shown on Fig. 3. Avery good agreement 
ween observed and synthetic profiles is obtained for a temper- 
re of 150° K and a pressure of 0.5 atm. The cores of all the 
nanifolds of the 3y, band fit much better with a H.S.M. than 
4 the R.L.M. But, such an atmospheric model is unrealistic. 


‘The Atmospheric Parameters 

Fases 

¢ temperature profile we used is an average temperature profile 
en from Gautier et al. (1979) who deduced thermal profiles 
Jupiter by inverting far infrared spectral measurements. We 
umed that the temperature at the tropopause is 110+10° K 
| that the pressure at the tropopause level is 0.2+0.1 atm. 
The CH,/H, concentration was kept constant in the atmo- 
ere, but the eventuality of a depletion of CH, high in the 
10sphere was also considered. 

The value of the ratio [H,]/([H,+He] used in this paper is 
8 (see., e.g., Orton, 1975a, b and Gautier et al., 1977). 

: a 


——-— HSM (Isotropic) 


151 


in RS" 


Fig. 3. Comparison between selected 
line profiles in the spectrum of Jupiter 


abil and synthetic spectra computed for 
isotropic HSM with P=0.5 atm, 
om’ T=150° K, a CH, specific amount of 
28 m-am and @,.=0.99 
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2. Particles 


The scattering particles can be characterized by three parameters: 
the phase function, the scattering continuum albedo, and the 
altitude distribution. 


a) Phase function 


No direct measurement has been made near 1.1 which would 
allow us to know which phase function is appropriate for the 
33 region. The phase function has to be extrapolated from mea- 
surements in the visible. Morozhenko and Yanovitskii (1973) 
[M. and Y., by abbrevation] have made polarization measure- 
ments, in the range 0.373—-0.800 p, for the disk of Jupiter and at 
its center. They assumed that the particles were spherical and 
deduced, using the Mie theory, a refractive index of about 1.36 
and a size distribution: 


In? 
0.6 


with a mean radius m% ~ 0.19 p. Such characteristics obtained with 
the Mie theory allow us the determination of the phase function 
at any wavelength. Figure 4 shows the phase function at 1.1 p 
computed with the M. and Y. (1973) parameters. 

Recently, Tomasko et al. (1978) [T. et al., by abbrevation] 
determined phase functions for the cloud particles from pho- 
tometric observations of Pioneer 10 at various phase angles. The 
phase functions can be expressed by an Henyey-Greenstein form 
at two terms: 


P(O)=fP(g,, )+U—f) P(g2, 9), 


where 
P(g, 0)=(1—g’)/(1+g7 —2g cos 0)”, 


6 is the scattering angle and g is the anisotropy parameter: 
’ 


n(r)="2 exp (- 


+1 
g=<cos 0 =; J P(8) cos Od(cos 8). 
i 


The coefficients f,, g,, and g, vary with the spectral range, but 
these variations are small between 0.390-0.500 p and 0.595— 
0.720 p. Additional small variations are also seen between the 
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Fig. 4. The two phase functions used in this paper: Morozhenko 
and Yanovitskii (1973) at 1.1 1 and Tomasko et al. (1978) for the 
SEB, in the red; the phase function corresponding to the haze 
proposed by Tomasko et al. (1978) is also shown in the figure 


STrZ and the SEB,,. The coefficients for the SEB, are, in the red, 
f, =0.938, g,=0.80, and g,=—0.65; the corresponding phase 
function is shown in Fig. 4. 

The anisotropy parameters of the M. and Y. (1973) phase 
function and of the T. et al. (1978) phase function have very 
similar values, respectively 0.74 and 0.71; nevertheless, the line 
profiles may be quite different, as will be shown further. 

In fact, it is not possible to decide which phase function may 
be the most appropriate here. The characteristics of the particles 
determined by M. and Y. (1973) may be inappropriate (see 
Kawabata and Hansen, 1975 and Kawabata and Hansen, 1976) 
while the T. et al. (1978) phase function corresponds to measure- 
ments in the visible of center-to-limb variations which may be 
very sensitive to horizontal inhomogeneities. 

However, we have noticed that, for the incident and emergent 
conditions corresponding to the spectrum of Jupiter analyzed 
here, the line profile computed for the M. and Y. (1973) phase 
function is always deeper than, and that computed for the T. 
et al. (1978) phase function is always shallower than the profile 
corresponding to isotropic scattering, if the absorption coefficient 
is properly scaled to match the regions of weak absorptions. As a 
consequence, we carried out the computations for each of the 
two phase functions and assumed that we could reasonably ex- 
clude the atmospheric conditions for which no agreement could 
be obtained for both phase functions. 


b) Continuum Scattering Albedo 


Few reflectivity measurements of Jupiter have been made 1 
1.1 p, and those of Pilcher et al. (1973) must be used with | 
(see Pilcher and Kunkle, 1976). By extrapolating correction} 
the visible, Wallace and Smith (1977) estimated that the ref 
tivity varies between 0.67 and 0.76, depending on the region 
the disk considered. These values agree reasonably well ¥ 
recent measurements of Woodman et al. (1979). We used her 
continuum albedo @,.=0.995 for the M. and Y. (1973) ph 
function and a continuum albedo @,=0.99 for the functiot 
T. et al. (1978); the reflectivities are in very close agreement. 
the conditions of the observed spectrum (0.719 and 0.722, resp 
tively). These reflectivities correspond to a total absence of gase 
absorption, i.e. absence of absorption due to both methane’s 
hydrogen. 

We will see in the. not part that the continuum albedo 
be less important in the study of line profiles than the ph 
function. 

We note here that this reflectivity would be decreased by 
presence of a haze above the cloud, with the characteristics s 
gested by Tomasko et al. (1978); the anisotropy factor of 
Henyey-Greenstein function would be g ~ 0.75 (Fig. 4), the alb 
@,~ 0.95 and the optical thickness t,< 0.5. The reflectivity wo 
then be less than 12% smaller than in the absence of the h 
(for our observational conditions). 


c) Altitude Distribution 


The altitude of the top of the visible clouds in Jupiter is 
controversial. Estimates range from pressures of 0.2—0.3 
(Wallace and Smith, 1977) to pressures of 0.4—0.7 atm (Sato : 
Hansen, 1979). 

As we have already mentioned, Tomasko et al. (1978) sugg 
above these clouds, a haze of optical thickness between 0.1 ; 
0.5. West (1979) obtains an optical thickness of 3/8. This hi 
which plays an important role in center-to-limb variations, 
much less influence on line profiles at the center of the disk 
Jupiter. Indeed, in the extreme case of a haze of optical thick1 
0.5 (the other characteristics being those of Tomasko et al., 19 
the intensity ratios /,/I, differ by less than 0.025 from the inten 
ratios computed with no haze (for our observational conditio 

So, without rejecting the possibility that such a haze may 
present, we will neglect its influence on the computed line prof 
at the center of the disk of Jupiter. 


IV. The Method 


Because of the various uncertainties and the numerous paré 
eters which play a role in the computation of the synthetic profi 
the analysis made here was limited to the most simple vertic: 
inhomogeneous scattering models. 

The first models considered here were ones with a single el 
for which there is absorption above and within. The methoc 
successive orders of scattering (see, e.g., Lenoble, 1977) was u 
with a 24-point Gaussian quadrature. For the scattering albe 
considered, an optical thickness of 50 was considered as be 
infinite (the differences in reflectivity between t=50 and t= 
being less than 0.1%). This total optical thickness was divi 
into 65 layers of optical thicknesses ranging between 0.1 an 

The second set of models consisted of two-cloud models 
which absorption occurs above the first cloud and between 
two clouds. The method of spherical harmonics (or P, appr 


area ya . 
riez and C. de Bergh: Methane Line Profiles near 1.1 


Tomasko et al (1978) 
G,=0.995 x=0.72 | 


G, =0.99 
B, = 0.98 


x=1 


x=1.44 


Morozhenko and 
Yanovitskii (1973) 
G, =0:995 x=0:55 


o° 10? 107’ 1 10 

. 5. Intensity ratios [(@,)/J(@,) as a function of the absorption 
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fficient was scaled so that the regions of weak absorptions 
tch 


tion) was extended to those models using a computing program 
tten by Devaux (1977) for two layers. 

In both cases, thirty Fourier terms were used in the azimuthal 
ansion for the phase function of Tomasko et al., sixteen were 
ficient for the Morozhenko and Yanovitskii phase function. 
The clear atmosphere was divided into layers of 0.1 atm. 
sause of the influence of weak pressures on the line centers, 
vas. necessary to use Voigt profiles. We used Young’s (1965) 
igt program as a subroutine in our computer program. 

For each model, we wanted to study constraints deduced from 
dipole band of hydrogen on one hand, and constraints deduced 
m the methane lines on the other hand. The last constraints being 
ch more complex, we first made a preliminary study of the 
jous parameters used in line profiles computations. 

Our approach is as follows: as seen in Part II, a homogeneous 
ecting layer model (R.L.M.) adjusted for a line of given 
ngth overestimates absorption for stronger lines and under- 
mates absorption for weaker lines ; this, clearly, must be related 
scattering effects. A direct attempt to fit synthetic to observed 
ctra for various cloud models is a tremendous work, so the 
liminary study was limited to three lines: a ‘“‘strong”’ one, an 
termediate” one and a “‘weak"’ one with intensities of 10~? 
~! (m-atm)~!, 3 1073 cm™! (m-atm)™! and 1073 cm™! (m- 
1)"' at 150° K, respectively. From Fig. 2, we see that the 
termediate” line would fit experimental data in the R.L.M. 
a total CH, abundance na of ~110 m-atm and a Lorentz 
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half-width of ~0.08 cm~'; the corresponding profile is called 
“‘pseudo-experimental”’. For this preliminary study, we fit, for 
each cloud model, the synthetic profile of the “intermediate”’ line 
with this ‘“‘pseudo-experimental’’ profile. It is then possible to 
adjust the various parameters in order that synthetic profiles of 
a “strong” line and a “‘weak”’ line be less deep and more deep, 
respectively, than the synthetic profiles corresponding to the 
R.L.M. 

In order to take into account the variation of line intensities 
with temperature, profiles are shown, in Parts V and VI, for 
rotational numbers J/=2 and J=6, for both the “strong” and the 
“weak”? lines (the average of the profiles corresponding to J=2 
and J=6 is used for fitting the “intermediate” line). The line 
profiles have been truncated for frequencies located at less than 
0.05 cm™~! from the line centers, in order to be able to neglect, in 
this first step, instrumental convolution which strongly affects 
the line centers. 

Absorption by hydrogen was always included in our com- 
putations. However, for more clarity, we have shown, in most 
cases, the relative intensities /(CH,+H,)//(H;). 

This preliminary study simplifies considerably the search for 
the best agreements between synthetic profiles and the whole 
portion of the planetary spectrum. We consider as acceptable a 
model which gives a synthetic profile compatible with the signal- 
to-noise ratio not for each line but, on the average, for the whole 
spectral range (see Fig. 17). 


V. One-cloud Models (OCM) 


The reflecting scattering models (RSM) are, among the one cloud 
models, the ones which have been studied the most extensively 
for the atmosphere of Jupiter (see, e.g., Cochran, 1977; Wallace 
and Smith, 1977; Sato and Hansen, 1979; West, 1979). They 
have pure gas above the pressure P, and an homogeneous cloud 
(i.e. a uniform mixture of cloud particles and gas molecules) 
beneath that level. The extreme cases correspond to negligible 
absorption above the cloud (P, ~0) for the homogeneous cloud 
model (HCM) and negligible absorption in the cloud for the re- 
flecting layer model (RLM). However, these models are not the 
only OCM that should be considered since the scattering particles 
have a scale height which is generally different from that of the 
absorbing gas. Such models have been called dispersed cloud 
models (DCM) by Sato and Hansen (1979). 

Below, we see the influence of the main parameters, as discussed 
in Part IV, for the one-cloud models. 


1. Influence of the Characteristics of the Scattering Particles 


The relative influences of the phase function and continuum 
albedo of the particles are illustrated in Fig. 5 for the simple 
homogeneous scattering model (HSM) in which the absorption 
coefficient is independent of depth in the atmosphere. The re- 
flected intensities /(@,)/](@,) can then be computed as a function 
of 


where @, and @, are the single scattering albedos at the frequency 
v and in the continuum, respectively, ¢ and k, are the scattering 
and absorption coefficients of the particles, and k, is the absorp- 
tion coefficient at frequency v for the absorbing gas. 

If, for a family of computed profiles, we properly scale the 
absorption coefficient so that the regions of weak absorption 
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Fig. 6. Maximum and minimum values of the specific abundance 
of hydrogen deduced from the dipole absorption band in the 
case of the RSM. P, is the pressure at the cloud top. For the M. 
and Y. phase function, the continuum albedo is @,=0.995. For 


the T. et al. phase function, @,=0.99 
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Fig. 8. This figure illustrates the influence of the pressure at the 
cloud top for the RSM. The profiles were computed for the T. 
et al. (1978) phase function. The specific abundance of methane 
and the C/H ratio were adjusted as for Fig. 7. For P, =0, M=23.5 
m-am, and C/H=1.9 10-3. For P, =0.2 atm, M=11 m-am, and 
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Fig. 7. This figure illustrates the influence of the phase funct 
for the HCM. The profiles correspond to lines with inte 
equal to 107? and 107 cm! (m-am) “! at 150° K for two 
ent values of the quantum number J. The specific abunda € 
methane and the C/H ratio are adjusted so that the abso: ot 
due to the dipole band of hydrogen and the depth of an “‘ir 
mediate” line of intensity 310~?cm~!(m-am)~! at 150 
matched the observations. The profile drawn for the M. anc 
phase function corresponds to @,=0.995, M=9 m-am and C 
=1.210~°. The profile drawn for the T. et al. phase funct 
corresponds to @,=0.99, M=23.5 m-am, and C/H=1.9 10 
: 
match in intensity, we see that the continuum albedo has a re 
tively weak influence on the intensity profiles (Fig. 5). The ma 
mum differences between the profile corresponding to ®,=0 
and the profile corresponding to ®, =0.98 (or 0.995) for the sa 
phase function (Tomasko et al., 1978) corresponding to refi 
tivities of 0.722 and 0.594 (or 0.834) are four times smaller th 
the maximum differences between profiles corresponding t« 
same reflectivity but two different phase functions. The calcu 
tions illustrated in Fig. 5 confirm that the similarity relations 
Hansen (1969) are not valid for the strong absorptions and th 
backscattering plays a significant role. 

For the two different phase functions (M. and Y., 1973 a 
T. et al., 1978) we therefore obtain different specific abundan 
of hydrogen corresponding to a same lowering of the continw 
level by the wing of the hydrogen dipole absorption. The extre 
values allowed for the specific abundances of hydrogen are sho 
in Fig. 6 for the case of the RSM. 

The shape of the line profiles is also very sensitive to ' 
scattering diagram of the particles, as shown in Fig. 7 for | 
HCM. Profiles of a “strong” and a ““weak”’ line have been co 
puted for the two phase functions of M. and Y. (1973) and 
et al. (1978). The value of the specific abundance of hydroger 
the most probable value determined from the dipole band; | 
value of the specific abundance of methane has been adjusted 
that the depths of “intermediate” synthetic and pseudo-exps 
mental lines (not shown in the figure) coincide as defined in Part] 

For the two phase functions, the required effect on the |: 
centers is indeed obtained; i.e. the “‘strong”’ lines are less de 
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9. This figure illustrates the influence of the photon mean 
path between scattering by the cloud particles for the RSM. 
profiles were computed for the T. et al. (1978) phase function. 
pressure at the cloud top is P, =0.5 atm. The values for o~! 
oton mean free path) are the maximum and minimum values 
mpatible with the dipole absorption of hydrogen at P=1 atm. 
specific abundance of methane is adjusted as for Fig. 7. 

ro '=1.4km at P=1atm, we have M=3.5m-am, and 
=0.96 1073. 
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3. 10. This figure illustrates the influence of the gas-to-cloud 
rticles scale-height ratio. The profiles were computed for the 
et al. (1978) phase function. The specific abundance of methane 
d the C/H ratio are adjusted as for Fig. 7. For Hg/Hp=1, we 
ve M=23.5 m-am and C/H=1.9 1073. For Hg/Hp=2, we 
ve M=7 m-am, and C/H=0.9 107? 
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than for the RLM and the “weak” lines are deeper than for the 
RLM [compare line profiles for HCM in Fig. 7 with line profiles 
for RLM (P,=1.4 atm) in Fig. 8]. However, for a HCM corre- 
sponding to the T. et al. (1978) phase function, this effect is too 
strong as the wings of the lines become much too broad. 


2. Influence of the Pressure at the Top of the Cloud 


It is obvious that, the higher the pressure at the cloud top the 
closer the line profiles are to those corresponding to the RLM. 
Figure 8 illustrates that this pressure must be low if the depths 
of the lines are to have a behaviour notably different from that 
given by the RLM. Indeed, the profiles shown in Fig. 8 are con- 
strained to the same absorption by the dipole band of H, and to 
an identical depth for the “intermediate” pseudo-experimental 
line in order that we can study the departures of the profiles of 
“strong” and “weak” lines obtained for new models from the 
profiles corresponding to the RLM. For the T. et al. (1978) phase 
function, the profiles corresponding to a RSM with a pressure 
at the cloud top of only 0.2 atm are located approximately midway 
between the profiles for HCM (P,=0) and RLM (P, =1.4 atm) 
shown on Fig. 8. A similar result is obtained for the phase func- 
tion of M. and Y. (1973). Although not shown in Fig. 8 we find 
that profiles corresponding to a pressure of 0.5 atm at the top 
of the cloud would be about midway between profiles for 0.2 atm 
and profiles for 1.4 atm. This preliminary approach already sug- 
gests that we may be led to eliminate models with pressures at 
the cloud top close to 0.5 atm which would correspond to a cloud 
of NH, as suggested by thermodynamic considerations (Weiden- 
schilling and Lewis, 1973). 


3. Influence of the Photon Mean Free Path 


An objection which could be brought is that we constrain our 


models to match the absorption by the dipole 2-0 band which . 


leads to hydrogen specific abundances less than those deduced 
from the H, 4—0 S(1) line (Sato and Hansen, 1979). We will come 
back to this disagreement in Part VI, but here we only look at 
the influence of the value of the specific abundance of hydrogen 
on the methane profiles. 

The higher the H, specific abundance, the larger the photon 
mean free path is between scatterings by the cloud particles 
(which means that the photons will come from higher pressure 
atmospheric levels). It is well known that, in the simple RLM, 
for a line of given depth, the higher the pressure of formation, 
the broader the wings. This effect still exists when scattering is 
considered as shown in Fig. 9 for a RSM with a pressure of 0.5 
atm at the cloud top. The photon mean free paths used are deduced 
directly from the extreme values of the H, specific abundance 
obtained from the dipole band (Fig. 6). 

We have seen previously that, for a RSM, an agreement be- 
tween experimental and synthetic CH, line depths could be 
obtained only if the pressure at the cloud top was low. In these 
conditions, profiles computed by using the most probable H, 
specific abundances deduced from the dipole absorption have 
wings which are stronger than for the RLM (see Fig. 8). How- 
ever, we have found that synthetic profiles corresponding to the 
RLM in Fig. 8 have line wings already sufficiently broad com- 
pared to those of the experimental profiles. So, the best agreements 
will not be obtained for large values of the photon mean free 
path but, rather, for small values of this path. 

Alternatively, if the wings of the synthetic CH, lines are too 
broad, we can try to obtain a good fit to the planetary spectrum 
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Table 1. Model parameters obtained 


One-cloud models 


(Q.C.M.) (T.C.M.) 
RSM DCM (Hg=2 Hp)* 
CH, amount above the 
top cloud (m—am) 0-25 (0) 540 
Pressure P, (atm) 0—0.20 (0) 0.05—0.35 
Optical thickness t, 0-9) 00 0.5—4 
CH, specific abundance 12-21° 6-13 at P=1 atm (0) 
(m-am) : 
CH, amount between 
the clouds (m—am) -- -— 60-150 
Pressure P, (atm) -- — 1.1-1.5° 
C/H (0.9-2.2) 1073 (0.8-1.4) 1073 (0.82.0) 1073 


Possible only with the Tomasko et al. phase function 
b 


the phase function of Morozhenko and Yanovitski 


© With the phase function of Tomasko et al.; for the Morozhenko and Yanovitskii phase 


function: t, ~ 1-6 and P, slightly weaker (~ 10%) 


by assuming that the continuum level has been effectively lowered, 
for a large part, by these wings. Then, the photon mean free path 
is decreased, as the percentage of absorption due to H,j is de- 
creased. 

However, we found that values of the H, specific abundance 
weaker than the values we had selected (see Fig. 6) had to be 
excluded-as they would have produced CH, profiles much more 
resolved than the observed ones. 


4. Influence of the Ratio Between Gas and Particle Scale Height 


DCM models where the scale height of the particles is smaller 
than the scale height of the ambient gas, corresponding to a cloud 
which becomes thinner as the pressure decreases, were also con- 
sidered. 

We have chosen a scale height ratio Hg/Hp equal to 2, as 

Suggested by the good agreement obtained with the simple HSM 
(Part II). Indeed, for the line wings, the HSM model is very com- 
parable to a DCM model with Hg/Hp=2, since the absorption 
coefficient varies as the product MP (M: specific abundance; 
P: pressure); this product is constant for this DCM if the temper- 
ature profile is isothermal. 

At the line centers, however, the absorption coefficient does 
not vary as the product MP; this explains the fact that the line 
depths are deeper (less deep) for the strong lines (weak lines) with 
the chosen DCM, compared to the HSM. 

The good agreement with the observational spectrum obtained 
with a HSM (Fig. 3) corresponds to the case of isotropic scatter- 
ing. A synthetic spectrum computed for a HSM with the M. and 
Y. phase function has line depths which are not in such good 
agreement (the synthetic “‘strong”’ lines are slightly too strong). 
With a DCM with Hg/Hp=2, instead of a HSM, this disagree- 
ment is even stronger. Thus, a DCM can be considered only if 
the phase function corresponds to strong back scattering, such 
as the one of T. et al. (1978). 

The strong sensitivity of the line profiles to the ratio of the 
scale heights is shown in Fig. 10 where the DCM with Hg=2 Hp 


With the Tomasko et al. phase function; these values have to be multiplied by about 0.6 for 


Two-cloud model 


is compared to the HCM with Hg=Hp. By comparing Fi 
and 10, we can see that the DCM with Hg=2 Hp is much clo 
to the RSM (with P,=0.2 atm) than to the HCM; this e 
could be expected as the DCM and the RSM both correspon 
a decrease, with decreasing pressure, of the number of partic! 
compared to the number of gas molecules (in a continuous w 
for the DCM, and discontinuous way for the RSM). 


5. Conclusion 


We have looked for an acceptable range of the different para! 
eters rather than for the best possible agreement between synthe 
and observational spectra. The preliminary study of the vario 
parameters has provided useful insights into their influence. T 
values we have obtained for the different parameters are given 
Table 1. With the two phase functions used for the RSM 
have obtained ranges of C/H ratios which are of the same orc 
of magnitude. The pressures and the total CH, abundances abo 
the cloud top are slightly lower for the M. and Y. (1973) phe 
function than for the T. et al. (1978) phase function; in all casi 
they are in the range: 0—0.2 atm and 0—0.25 m.atm., respective 
On the contrary, the specific abundance of methane does depe 
strongly on those characteristics and is somewhat less significai 

In the case of the DCM, a scale height ratio Hg/Hp as lar 
as 2 is not compatible with the phase function of M. and Y. (197: 
it cannot be much larger than 2 for the T. et al. phase functic 
We see that, with this last phase function, the model correspon 
ing to Hg/Hp=2 and the RSM give approximately the sai 
specific amount at a pressure of about 0.5 atm, which correspon 
to the effective pressure of the simple HSM. The range of t 
C/H ratio compatible with the DCM is almost included with 
the acceptable limits for the RSM. 

In summary, a model with only one cloud (OCM) is sufficie 
to explain the shape of the line profiles near 1.1 p. It require: 
pressure at the top of the cloud which is very low: P, $0.2 att 
the ratio of the scale heights gas-particles cannot be very lars 
Hg/Hp S2; the C/H ratio is of the order of: 0.8 10~3-2.2 10° 


¥ tp. =. t 
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ich is between 1.7 and 4.7 times the solar ratio. An example of 
- agreement between the observational and synthetic spectra 
llustrated in Fig. 11. 


. Two-cloud Models (TCM) 


sed on thermodynamic considerations (Lewis, 1969), Danielson 
i Tomasko (1969) have introduced a two-cloud model; the 
per cloud was composed of NH; ice and the lower semi-infinite 
ud was composed of NH,SH overlying an HO ice cloud. 
The most realistic two-cloud model is that for which absorp- 
n occurs both inside the clouds and in the clear atmosphere. 
ch a model has, as extreme cases, a TCM with a first cloud 
initely thin and a RSM with a first cloud infinitely deep. How- 
r, analyses of scattering models based on center-to-limb vari- 
ons in methane absorptions give results not very different be- 
sen these two extreme models, for isotropic scattering (Wallace 
1 Smith, 1977) as well as for anisotropic scattering (Clements, 
14; West, 1979). We decided, therefore, to study only TCM in 
ich the cloud layers are very dense, so that absorption is negli- 
le there. 


Influence of the Characteristics of the Scattering Particles 


zure 12 illustrates the influence of the phase function on the 
ximum and minimum values of the pressure at the top of the 
ver cloud which are compatible with the dipole absorption of 
drogen. This figure corresponds to P,=0.5 atm. For lower 
ues of the pressure P, , the values of P, would be slightly higher; 
‘higher values of P,, the curves tend to be horizontal lines 
responding to the extreme cases (where P,=P,) which are 
uivalent to RLM. 

The M. and Y. (1973) phase function allows lower values of 
> pressure P, than does the T. et al. (1978) phase function. 
ywever, they have very similar effects if one considers as a 
rameter the proportion of photons reflected in the continuum 
ectly by the first cloud instead of the optical depth t, of the 
st cloud. For the conditions of incidence and emergence corre- 
onding to the spectrum of Jupiter, the optical thicknesses 
= 1, 2, 4 for the phase function of T. et al. (1978) correspond 
*n to optical thicknesses of about 2.3, 3.5, 6 respectively, for 
> phase function of M. and Y. (1973). 
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Fig. 11. Comparison between selected 
line profiles in the spectrum of Jupiter 
cart 4 and synthetic spectra computed for 
ple RSM with P, =0.1 atm, C/H=1.4 1073 
9115 9085 
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Yanovitskii (1973) 


Optical thickness 14 
0.0 
0 2 4 6 8 
Fig. 12. Maximum and minimum values of the pressure at the 
top of the second cloud deduced from the dipole absorption band 
of hydrogen in the case of the TCM. The pressure P, of the first 
cloud, of optical thickness 1, , selected for this figure is 0.5 atm 


If we consider a set of models with different phase functions 
such that the first cloud reflects the same amount of light in the 
continuum, we obtain very nearly identical methane,line profiles, 
especially if we constrain the pressure P, to the same lowering of 
the continuum level by the dipole band of hydrogen. 

We have also found that the value of the continuum albedo 
@, is even less critical than the form of the phase function in the 
study of the line profiles. 
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Fig. 13. This figure illustrates the influence of the optical thick- 
ness of the top cloud for the TCM. The profiles were computed 
for the T. et al. (1978) phase function. The pressure at the top of 
the first cloud is P, =0.4 atm. The pressure at the top of the second 
cloud and the C/H ratio were adjusted as for Fig. 7. For t, =0, 
we have P,=1.4 atm, and C/H=0.6 10°°. 

For t, =4, we have P, =1.7 atm, and C/H=1.3 10°. 

For t,=8, we have P, =3.4 atm, and C/H=2.1 1073 


2. Influence of the Optical Thickness of the Top Cloud 


When the optical thickness of the first cloud is increased from 
zero to infinity, the model changes from one RLM with a pressure 
P, at the cloud top to another RLM with a pressure P, at the 
cloud top; in these limiting cases, both models are incompatible 
with the observed hydrogen dipole absorption for pressures of 
the cloud less than 1.1 atm. 

So, it is not surprising that the computed intensity at a given 
frequency goes through an extreme when the optical thickness 
varies. Figure 13 illustrates this variation for line profiles, in the 
case where the pressure at the top of the first cloud is P, =0.4 atm. 
This variation would be even more severe if the pressure P, were 
lower. The value of the pressure P, at the top of the second cloud 
is adjusted in each case so that it is compatible with the dipole 
band absorption. The concentration of CH, is determined by 
fitting a synthetic profile to the ‘“‘intermediate’’ pseudo-experi- 
mental line profile. . 

On the average, the depths of “‘strong’’ lines are minima for 
an optical thickness t, ~2, whereas the wings of lines and the 
depths of “weak’’ lines, which both correspond to relatively weak 
absorptions, are the strongest for t,~4~—5 [these values corre- 
spond to the phase function of T. et al. (1978); for the phase 
function of M. and Y. (1973) they would be of the order of 3-4 
and 6-7, respectively]. 

As we attempt to obtain strong lines less deep but not broader 
than in the case of the RLM, an optical thickness of the order 
of 2 is more favorable. 

Furthermore, the highest optical depths are less acceptable 
because, for high optical depths, the line centers are formed al- 
most solely in the clear atmosphere located above the first cloud 
corresponding to temperatures lower than 150° K for the most 
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Fig. 14. This figure illustrates the influence of the pressure of ' 
top cloud for the TCM. The optical thickness of the first clo 
is t;=2 for the phase function of T. et al. (1978). The press’ 
at the top of the second cloud and the C/H ratio were adjus 
as for Fig. 7. 

For P,=0.2 atm, we have P, =1.4 atm, and C/H=1.3 1073. © 
For P,=0.5 atm, we have P, =1.4 atm, and C/H=0.8 10° 
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part. In this temperature regime, there would be a strong depet 
ence on quantum number, as shown in Fig. 13, but such a | 
pendence is not observed in the planetary spectrum (Fig. 2). 


3. Influence of the Pressure of the Top Cloud 


As in the case of the RSM, we find that, in the case of the TC 
the line profiles are strongly sensitive to the pressure at the top 
the first cloud; this effect is shown in Fig. 14. Here also, o 
models with low values of pressure at the cloud top are consist 
with the observations. Extremely low values correspond, 
course, to cases where the optical depth of the first cloud is su 
ciently low. Incidentally, a rather standard model for the Jupi 
atmosphere corresponding to P,~0.5 atm and P,~2 atm ( 
Combes and Encrenaz, 1979) does not give a satisfactory agr 
ment with the observations analyzed here. 


4. Influence of the Pressure at the Top of the Lower Cloud 


The values of pressures at the top of the lower cloud deduc 
from the (2—0) dipole band of hydrogen (Fig. 12) are sligh 
lower than those deduced from the H, 4—0 S(1) line (Sato a 
Hansen, 1979; West, 1979). However, as for the OCM, the b 
agreement with the jovian spectrum is obtained not for the m 
imum values of the H, abundance compatible with the dp 
band but, rather, for the minimum values. 

Figure 14 when compared with Fig. 15 is a good illustrati 
of this deduction. We see that either a decrease in the pressure 
of the first cloud, or an increase in the pressure P, at the top 
the second cloud produces a broadening of the wings and vat 
tions of the line depths which are in the same sense. We a 
observe that, for the same increase in width of the wings, ' 
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4 This figure illustrates the influence of the pressure of the 
- cloud for the TCM. The selected P, pressures correspond 
ts permitted by the dipole absorption of hydrogen, if the 

» cloud has an optical thickness t, equal to 2 (Tomasko et al., 
18) and is located at 0.5 atm. The C/H ratio was adjusted so 

the depth of the “intermediate”’ line matched the observations, 

Fig. 7. 

t P,=1.1 atm, we have C/H=0.9 10-. 
r P,=2.0 atm, we have C/H=0.7 10-? 
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16. Schematic representation of a TCM and a TCM-RLM. 
s the fraction of the observed part of the planetary disk which 
with a cloud located at pressure P, 
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Reponding variation of line depth is much less important if 
e wing broadening is due to a variation of P, than if it is due 
4 variation of P,. In fitting our models to the observations, 
¢ line depths will depend mostly on the pressure P, while the 
ngs are fitted by an appropriate value of the pressure P;. 
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5. Conclusion 


The values obtained for the various parameters compatible with’ 
the observations are given in Table 1. Again, the pressure at the 
level of the first cloud is very low; 0.35 atm seems to be an extreme 
upper limit. 

The possibility of the presence of a relatively thin cloud with 
an optical thickness t, of the order of 0.5 cannot be excluded 
a priori. This cloud should not be confused with the haze sug- 
gested by Tomasko et al. (1978); indeed, for the incident and 
emergent conditions corresponding to the observations, a cloud 
of optical thickness t, =0.5 would have a reflectivity of 0.08, 
whereas a haze with the characteristics given in Part III would 
have a reflectivity five times weaker. 

With the exception of the values of optical thickness, our 
results obtained with the T. et al. (1978) and M. and Y. (1973) 
phase functions are very comparable. The first cloud is at a pres- 
sure of the order of 0.05—0.35 atm, and the second cloud at a 
pressure of 1.0-1.5 atm. The C/H ratios range from 0.8 107? to 
2 1074. They are very similar to the ratios obtained for the OCM. 
These results tend to indicate that a more complicated two-cloud 
model for which absorption occurs within both clouds as well as 
in the clear part of the atmosphere, would give very comparable 
limits for the C/H ratio. A CH, abundance of 40 m—atm above 
the visible cloud seems to be, here also, an extreme upper limit. 

An example of the agreement between the spectrum of Jupiter 
in the whole spectral region and a synthetic spectrum is shown 
in Fig. 17. 


VII. The Influence of Horizontal Inhomogeneities 


As the measurements correspond to an average over belts and 
zones, we need to ask what is the meaning of the pressure P, for 
horizontally inhomogeneous models, and how would the C/H 
ratio be affected. 

It is not worthwhile to study all the cases possible within the 
framework of the OCM or TCM, but, to understand how the 
inhomogeneous nature affects our results, we treated a simple 
case consisting of a TCM-RLM combination for two horizontally 
stratified regions, viz. a belt and a zone. Starting with a basic 
TCM consisting ofa thin cloud overlying a dense cloud, we assume 
that the thin cloud covers only a fraction / of the region observed 
by the interferometer. Figure 16 compares this (TC-RL)M to 
the TCM studied previously. 

For the same pressure P, and for the same methane concen- 
tration, the (TC-RL) M would have the same absorption-scatter- 
ing processes as the TCM above the altitude of the top cloud if 
the reflectivity in the continuum of the top cloud of the (TC-RL)M 
is 1/f times higher than that of the TCM; in other words, the 
optical thickness of the top cloud must be more than 1/f times 
for the (TC-RL)M than for the equivalent TCM. 

Between the top cloud and the dense cloud, multiple scattering 
occurs for the fraction f of the region considered, whereas the 
fraction (1-f) is reflected only once. For the line profiles to be the 
same, the pressure P,' of the dense cloud of the (TC-RL)M must 
be therefore slightly larger than the pressure P, of the equivalent 
TCM. This adjustment of P, depends on the frequency dependent 
attenuation of radiation between the two clouds. However, strong 
absorptions are not very sensitive to this adjustment as the re- 
flected photons come essentially from the top cloud. Consequently 
we have found that for the (TC-RL)M and the TCM, 1. if the 
optical thickness t; is selected such that the reflectivity of the top 
cloud is 1/f times greater than for a homogeneous distributed top 
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ie Same amount of weak absorption in the dipole H, band, 
the line profiles are very nearly identical if the pressure P, 
the methane concentration are the same. 

This line of reasoning also applies to a (TC-TC)M, a (RS- 
M, and so on ... but it could be only a qualitative approach 
the rigorous Posipntations are very complex (see Appleby 
Irvine, 1975). We rather consider the OCM or TCM as aver- 
models which allow us to probe the absorption and scattering 
sses in the jovian atmosphere. The main results given in 
t VIIJ would not be fundamentally revised if all the vertical 
{horizontal inhomogeneities are taken into account. 


(I. Discussion 
Pi the large uncertainties in our knowledge of the atmosphere 
Jupiter at the present time we have limited the study to the 
aplest vertically inhomogeneous models and to the influence 
e inajor parameters. As for the parameters we did not dis- 
ss in detail, we see that, for instance, a temperature profile 
ar the tropopause warmer than the average profile we have 
ed would i improve often the agreement between synthetic and 
sservational profiles and, especially, for lines R 0 or R 1 whose 
agths are very strongly dependent on temperature. However, 
e uncertainties, in laboratory and observational data are still too 
ye to allow us to test the temperature profile. We have also 
ind that, by severely decreasing the amount of methane in the 
per atmospheric layers in our models, the eventual dissociation 
CH, by U.V. near the tropopause would not produce any 
gnificant improvement of the agreement between synthetic and 
bserved profiles. 
_ Within the limitations of these uncertainties we are able to 
w a number of conclusions about the vertical structure in the 
ovian atmosphere. First, we find that, on the average, lines must 
formed relatively high in the atmosphere. With the simple 
M, pressures of formation of the order of 0.5-1 atm are re- 
; the simple HSM gives good agreement with the observa- 
s for the whole spectral range with an effective pressure of 
atm. The quantitative study of vertically inhomogeneous 
dels and, also, the qualitative study of horizontally inhomo- 
jeous models confirm that an important fraction of radiation 
nore than 10% in all cases) must be reflected at very high levels 
the atmosphere, around 0.1—0.3 atm. A large fraction of re- 
ected light at this high level implies the presence of a cloud near 
popause forallorpart of the observed region of the planet. 
ie present of a haze cannot be excluded but it, alone, is insuffi- 
ent to explain such a large fraction of reflected light at altitudes 
ar 0.2 atm. 
Secondly, these low pressures of formation require large 
ethane concentrations corresponding to a C/H ratio of ~(1.5 
-0.7) 10~* or 3.2+1.5 times the solar ratio of Lambert (1978). 
_ Although the results deduced from our models imply the 
resence of a cloud at pressures lower than those generally ex- 
ected for ammonia condensation, they do not, in our opinion, 
lude the existence of an ammonia cloud. Indeed the OCM can 
¢ considered as a simplified model corresponding to a succession 
f cloud layers which may or may not overlap; one of these 
ayers may very well correspond to a region of ammonia crystals 
ut it would not be the only cloud layer. In the TCM, the two 
louds which play an important role are located at altitudes higher 
nd lower, respectively, than would be expected for a NH, ice 
loud; however, one can exclude neither the presence of a thin 
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NH, cloud at a pressure close to 0.5 atm which would have a 
secondary effect on the methane and hydrogen line formation, 
nor that of a more important NH, cloud extending high in the 
atmosphere where the pressure is very low. 

Since our observations correspond to a portion along the 
central meridian of the jovian disk, our results can be considered 
as an average over probable horizontal pole-to-pole inhomoge- 
neities. In contrast, results deduced from a study of center-to- 
limb variations can be much more affected by these horizontal 
inhomogeneities, as even the lightest haze affects the center-to- 
limb variations (see, e.g., Sato and Hansen, 1979). 

Previous analyses of the jovian atmospheric structure have 
been based primarily on center-to-limb variations. With the 
horizontally homogeneous TCM and RSM, Cochran (1977) finds 
abundances very different from those of Clements (1974) and of 
Wallace and Smith (1977). Although these last authors find cloud 
pressures in good agreement with our results, their computations 
were carried out for isotropic scattering and a comparison cannot 
be reliably made. The most comparable results are those of West 
(1979) who uses, like us, a phase function derived from the T. 
et al. (1978) measurements. West obtains the best agreement with 
his measurements at 6190 A, 7250 A, and 8900 A for an optical 
thickness of the first cloud: t; ~2,a CH, abundance of ~23 m-am 
above the first cloud (of which ~ 5 m-am are above a light haze) 
and an abundance of ~ 90 m-am between the two clouds. If we take 
the same optical thickness t, ~2, which is the center of our range 
of preferred values. we obtain very similar abundances, 24+6m-am 
and 92+14 m-am, respectively. Nevertheless, when we compare 
our pressures with his, the agreement is not so good. West gives 
a pressure for the first cloud of ~0.55 atm, compared to our 
estimate of 0.26+ 0.08 atm, and a pressure at the top of the second 
cloud of ~2.7 atm, compared to our value of 1.3+ 0.2 atm. How- 
ever, his pressures are not based on simultaneously obtained 
spectra because the methane bands he used are not sensitive to 
pressure; rather his pressures were obtained from a totally in- 
dependent measurement, the equivalent width of the 4-0 S(1) 
line of hydrogen. 

Simultaneous measurements are important since, as Hunt and 
Bergstralh (1977) have pointed out, there are significant temporal 
variations in the hydrogen quadrupole lines in the atmosphere 
of Jupiter. Furthermore, a spectrum of the R 5 manifold obtained 
recently by de Bergh (unpublished) at Mc Donald Observatory 
indicates that variations in the CH, absorptions may also be 
significant. 

Rigorously, analyses of the jovian atmosphere should be 
based not only on simultaneous spectra, but should also utilize 
spectra of the same wavelength range. However, this last require- 
ment may be less important than simultaneous observations as 
the phase function deduced from Pioneer 10 for the blue and the 
red are not very different (Tomasko et al., 1978). Furthermore, 
the good agreement between results such as ours for the near 
infrared and West’s results for the visible seems to reinforce this 
hypothesis, unless the coincidence is purely fortuitous. 
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al 


. Spectrograms of the variable star 48 Librae, taken 
¢ last expected minimum, have been studied looking for 
1¢ irregularities concerning the shell line profiles. 

A search for periodic variations of higher frequency than the 
in one, almost 10 yr, is undertaken. 

é 


y words: 48 Librae — Be stars — radial velocity — line profiles 
a 


oe 


a 


g star 48 Librae is a B 3 main sequence rapidly rotating 
r imbedded in a large shell of density variable with time. 
1935 the radial velocity has been oscillating with a 
iod close to 10 yr and an amplitude of about 100kms~'. 
ese variations have been studied by Struve (1943), Underhill 
5 |, 1966), Faraggiana (1969), Geuverink (1970), Delplace et 
(1976), Aydin et al. (1978) and have been interpreted as due 
eriodic ejection of material from the underlying star, followed 
gravitational infall. The period and amplitude have been in- 
asing during the last cycles. In the present work radial velocity 
a are analysed to search for other frequencies that might ac- 
int for this effect. On the other hand, changes have been ob- 
ved in the shape and intensity of the shell lines related to the 
ial velocity variations (Underhill, 1954, 1966; Geuverink, 
10; Faraggiana, 1971; Aydin et al., 1978). 

The lack of quantitative spectral measurements in the 1962- 
17 interval, where the minimum of radial velocity occurred 
than two years later than predicted, led us to the 1965-1966 


spectrograms listed in Table 1, on loan from Dr. Herman, 
been studied in the region 3600 A-4600 A. They all have a 
‘sion of 9.7A mm™'. Only those marked with an asterisk 
be used for quantitative analyses, because of the lack of 
ibration plates for the others. The spectra were traced with 
Loebl microphotometer and reduced from density to 
ity through the calibration curve. 


: 
e Line Profiles 


} é 

comparison between the shell line profiles along the years 
12-1967 shows that the asymmetries and central depth of strong 
tallic lines increase from 1962 to 1964 (Faraggiana, 1971) and 
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; Fig. 1. Relative intensity values /,//. versus AA(A) 


Table 1. The list of the plates studied; all from Haute Provence 
Observatory 


W 1473 22 May 1962 

W 2292 22 June 1964 

W 2635 24 February 1965 (*) 
W 2647 26 February 1965 (*) 
W 3025 5 March 1966 (*) 
W 3398 28 February 1967 


then decrease as we approach 1967; however, the maximum depth 
for the absorption cores of earlier Balmer lines is reached in 1967 
(1968 for the H, line). Thus a delay of about three years emerges 
between the first Balmer members and the metallic lines, which 
can be explained considering some stratification in the shell. 
Figures 1 and 2 show the relative intensities of H, and Feu 
3452 A, and H, lines. ; 

The equivalent widths were measured for 125 shell lines in 
the 1965 plates and for 91 in the 1966 plate. The mean of the 
ratios between shell’s equivalent width values of all measured 
lines for each element in former years, are compared with the 
results obtained by previous authors (see Table 2). Mean values 
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Table 2. Mean ratios between equivalent widths, for different shell elements. N is the number of shell 
lines measured for each element. Column 1 and 2 are from Underhill (1954), column 3 corresponds 


to our results and column 4 correspond to Geuverink’s 


Element W, (1951) N W,, (1953) N 
W, (1950) W,,(1950) 

Sill falS 2 0.92 2 
Nit 1.67 3 1.93 3 
Crit 1.31 10 0.98 10 
Fer 1.24 34 $17 34 
Vil 1.01 6 1.78 6 
Till 1.26 22 0.94 22 
Cail (H) 1213 0.44 
Ca(K) 1922 
Fei P17, 3 ted 3 
Mg! 1.67 3 1.67 3 
al 1.05 0.99 
H; 1.00 0.77 
ish 0.84 0.36 
Hg-13 
FAy4 525 
I, _ 200 
len UMa 

150 

100 

50 


Fig. 2. Relative intensity values I,/J,7UMa versus 4A(A). The 
nUMa star was used as reference, because the 48 Librae H, 
profile was difficult to study in this region, and nUMa being a 
rapidly rotating B 3 V star, it may be like the underlying star of 
48 Librae 


of the 1966/1965 equivalent width ratios for Sin, Cru, Fem and 
Balmer lines with a quantum number greater than n=14, are 
very similar, but they increase for Niland lower Balmer members 
and the lowest value is reached with Tin. 

Curves of growth were drawn for 26 Feu shell lines in 1965 
and for 18 such lines in 1966 (see Fig. 3). The resulting excitation 
temperature is T,,,, =9300+ 200 K in 1965 and T,,,=9200+300 K 
in 1966. 


W, (1967) 


W, (1966) N 

W, (1965) W, (1957) 
0.69 4 

1.00 3 

0.66 12 

0.67 32 

0.88 1 

0.53 15 

0.83 

0.82 pas 
0.60 By sa 
077—- Ag 

1.15 

0.98 

0.98 1.75 
0.89 2.06 
0.72 


These values, in the same range as those obtained in previ 
years (Underhill, 1954; Geuverink, 1970), do not offer any ind 
tion of an anomalous behaviour. The general weakening tr 
shown by strong metallic lines from 1964 to 1967 is respons 
for the displacement between curves on the vertical axis. 


General V, Behaviour and Secondary Effects 


Using the results obtained by previous authors, we have trie 
fit by the least squares method several functions to the ra 
velocity data of the different shell elements. 

As was already noted (Faraggiana, 1971), the radial velo 
curve shows, apart from the 10 yr period, another kind of cy 
behaviour: during the first outburst, close to 1936, a great 
persion in the radial velocities is easily visible (correspondin; 
a strong stratification in the shell); then, from 1939 to 1952, tk 
is a similar variation for all shell elements; finally, since 1‘ 
the dispersion is large again, the period and amplitude increa: 
continuously. The study was restricted to the last interval, 1 
to 1976, most of the irregularities being found along these ye 

A sinusoidal function of period and amplitude linearly vari 
with time was fitted to the radial velocity data as follows: 


f(t)=P+(A1+A2) sin (22 (W14+W21t)+F). 


The fitting parameters for the three shell elements stuc 
are listed in Table 3. They show a main period of about 8. 
and a mean increase in it of 0.42 yr period ~?. It is also showr 
increase in the amplitude A 2, which is smaller as we go towé 
the outer part of the shell; the amplitude is larger for Tim t 
for H; by a factor twenty. 

An harmonic spectral analysis has been made by mean: 
the Fast Fourier Transform (Cooley-Tukey algorithm), for tk 
shell elements, Feu, Tim, and H (H; line), searching for peric 
variations in the shell. From the radial velocity data obtainec 
previous authors, the tabulated functions V,(t) and (Vg(t+ 
—Vp(t)) have been formed with a time interval At=0.2 yr, 
using an interpolation process. The later one has been studiec 
order to take into account Merrill’s assumption (1935) wh 


el eee 


Log X 


. 3. Curves of growth for Feu shell lines. The dots refer to 
5 values and crosses to 1966. log X¥=log X)+4 log X. Where 
zz, refers to the chosen scaling wavelength. A log X¥=log 
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0.33 
0.22 
0.11 
0.00 
0.29 0.57 0.86 
FREQUENCY 


. 4. Relative power p;= P,/ y P, versus frequency (yr~'). 
i=i 


e dotted line refers to H,;, the dashed line to Feu and the 
itinuous line to Tim. Arrows point to main peaks. The mean 
ise level is 0.002 
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Table 3. Fitting parameters for Tin, Fem, and H;; oc,_, is the 
standard deviation of the sample. A 1, A 2, and P are expressed 


inkms~!; W1 in yr‘ and W 2 in 10° yr~? 


Til Fell H; 
On=1 13.3 12.8 7.3 
Al 17.3 27.8 Sis) 
A2 19) 12 0.09 
Jig —27.3 —26.4 —21.5 
FE — 0.34 — 0.44 — 0.39 
W 1 0.114 0.115 0.115 
W2 — 63.0 — 60.0 — 64.0 


states: “the shape of lines seems to be more directly related to 
the acceleration than to velocity”. 

The relative power spectra of the acceleration [Vg(t+ At) 
—Vx(t)] are plotted in Fig. 4. All three shell elements show a 
main peak close to 9.7 yr and two smaller ones, which raise near 
3.3 and 2.0 yr. These later periods might contribute to some of 
the variations found in other shell’s parameters. 

The same analysis was applied: first, on the residual velocity, 
say, [Va(t) measured — Vr (t)eitea) With the only remarkable differ- 
ence, within errors, of the absence of the main period; later on, 
on the fitted functions, where only the main period was present. 


Discussion 


From the present study it can be stated that: 

1. the behaviour of the asymmetries and core-intensity of 
strong shell lines point to some kind of instability close to 1964 
in the shell, 

2. the harmonic spectral analyses of the acceleration and 
radial velocity tabulated functions, might give an indication of 
weaker variations superimposed on the 9.6 yr main one, which 
would be responsible of some of the observed peculiarities along 
the last periods. The reliability of these weaker variations will 
depend on the amount of new data closely spaced available in 
the future to avoid the perturbations that an interpolation process 
can introduce. 
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Summary. Non-LTE transfer is relevant to the formation of 


spectral lines in low density media. The photons undergo 


multiple scatterings with changes in frequency and direction. 
They have a very small probability e of being destroyed and can 
travel a distance, very large compared to the mean free-path 
at line centre, which fixes the characteristic scale of the radiation 
field. 

This paper is concerned with scaling laws for partial fre- 
quency redistribution, i.e. the way characteristic lengths and 
frequencies depend on e when e— 0 in the case where the 
frequencies of in and outgoing photons are partially correlated. 
The scaling laws for the four basic processes R; to Ryy intro- 


_duced by Hummer are extracted from an asymptotic analysis 


of the integral equation of transfer similar to the approach to 
the asymptotics of complete redistribution developed in Frisch 
and Frisch (1977). 

For pure Doppler broadening (R;), combined natural, 
collisional and Doppler broadening (Ry) and resonance 
broadening of subordinate lines (Rry) the large scale behaviour 
is non-diffusive as for complete redistribution, namely the 
asymptotic equation for the source function after rescaling 
optical depths and frequencies is a singular integral equation, 
whereas for combined natural and Doppler broadening (Ry) 
it is diffusive both in space and frequency, i.e. the rescaled 
source function satisfies a space and frequency diffusion 
equation. In all cases the angular redistribution is irrelevant as 
far as scaling laws are concerned and the asymptotic equations 
depend on less variables than the starting equations; this may 
considerably reduce the amount of numerical work for small e. 

The e-dependent scaling laws of Ry are used to assert that 
the mean number of scatterings <N> to escape a purely scatter- 
ing slab (ec = 0) of large optical thickness 79 varies like 7. 

It is shown that the Ryy redistribution problem in the limit 
é—>0 can be written as a linear combination of complete 
redistribution in the core and coherent scattering in the wings; 
this simple form should make numerical work with Ryy more 
tractable. 

A critical discussion is presented of various approximations 
used in the astrophysical literature. 


Key words: radiative transfer — line formation — frequency 
redistribution _ 


_* Permanent address: Centre National de la Recherche 


Scientifique, Observatoire de Nice, Nice, France 


1. Introduction 


The role of non-coherent scattering with partial freque 
redistribution (PR) for the interpretation of strong spec 
lines was already stressed by Spitzer (1944). Over the] 
decade there has been a growing awareness of the importa 
of PR and a great deal of numerical work which is reviewe¢ 
Hummer (1969), Milkey (1976) and also Mihalas (1978). Th 
have, however, been only few attempts to tackle such proble 
analytically (Unno, 1955; Field, 1959; Harrington, 1973; Ivan 
and Shneivais, 1976; Van Trigt, 1976). This is not surprisi 
since PR problems, contrary to complete redistribution (CR 
can never be reduced to simple integral equations of ¢t 
Wiener-Hopf type (Ivanov, 1973). Moreover, it can be argu 
that analytic work in radiative transfer is much less needed the 
in the past because numerical solutions are available. Concer 
ing this point, we must distinguish between exact solutions @ 
asymptotic analysis. Exact solutions could be useful to 
numerical methods, but anyhow there is little hope in obtainit 
such solutions, except in very special cases. Turning to asym 
totic analysis, we emphasize that one aspect of non-LT 
transfer which can motivate analytic work is the existence of 
small parameter, the probability of collisional destruction’ 
As a consequence there exist two very distinct length-scales, 
mean free-path at line centre (small scale) and the thermaliz 
tion length (large scale). If one is interested only in the lar, 
scale properties of the radiation field, maybe one can avo 
putting the full radiative transfer equations on the compute 
This is precisely what can be achieved in kinetic theory whe 
one performs a Chapman-Enskog expansion to derive hydri 
dynamic equations valid at scales much larger than the mez 
free-path (Uhlenbeck and Ford, 1963). Another example can | 
taken from the theory of radiative transfer itself. When there 
only coherent scattering the large scale behaviour of tl 
radiation field is given by a diffusion equation. 

For non-coherent scattering the large scale behaviour 
generally not diffusive because of the possibility of exceeding 
long flights for the wings photons. This problem was invest 
gated in previous papers on CR by various asymptotic tec! 
niques (Frisch and Frisch, 1977, henceforth denoted Paper II 
Frisch and Froeschlé, 1977; Bell et al., 1978, henceforth denote 
BFF 78). It was shown that for « — 0 the leading term in ¢ 
asymptotic expansion of the source function satisfies a singul: 
integral equation (instead of a diffusion equation in the c 
herent case). In performing this asymptotic expansion it 
necessary to rescale optical depths by a factor h(e); this fact 


ee pe 


s a clean definition for what is usually termed the 
nalization length. 

is our purpose in this paper to extend this asymptotic 
‘sis to PR and particularly to extract scaling laws: i.e., the 
‘characteristic lengths and frequencies depend on e for 
0. We shall see that, depending on the scattering process, 
arge scale behaviour can be either diffusive or of the same 
diffusive kind as in CR. 

ine 

ect. 2 we introduce the basic transfer equations for PR. In 
§. 3 to 6, which may be read independently, we discuss the 
‘fundamental processes examined by Hummer (1962): pure 
pler broadening (R;) in Sect. 3; combined Doppler, natural 
‘collisional broadening (Ry) in Sect. 4; resonance broaden- 
of subordinate lines (Ryy) in Sect. 5; combined natural and 
ppler broadening (Ry) in Sect. 6. Each of these Sections 
tains a brief introduction. In Sect. 7 we summarize our main 
ilts and discuss the implications for astrophysical calcula- 
1S, particularly the validity of various approximations which 
e been used to simplify numerical calculations. 


The Radiative Transfer Model 


consider a two-level atom in a static stratified medium. With 
able assumptions (Hummer, 1969) the equation of transfer 
the specific intensity J of radiation may be written 


F - _(x)1 + efx) BC) 


+(U-e8) tf dx’ f - Rx, n; x’,nM(r,x’,n) (2.1) 


sre z is the inward normal to the medium, 7 the mean optical 
th measured along the z-axis, x the frequency in Doppler 
th units with x = Oatline centre and n (n? = 1) the direction 
ropagation of photons; we make the usual convention that 
< 0 when photons are moving towards decreasing optical 
ths; B is the thermal source function and ¢(x) the line 
file. The redistribution function R is the joint probability of 
orbing a photon (x’, n’) and emitting a photon (x, n). The 
file is an even function of frequency normalized to unity. 
: redistribution is symmetric about line centre. It satisfies the 
malization condition 
‘yj +a 
= oF dx’ R(x, n; x’, n’) = d(x). (2.2) 
recall in Table 1 the atomic structure of the four basic 
tering processes R; to Ryy. The reader is referred to Hummer 
§2) or Mihalas (1978) for a discussion on the properties of 
redistribution functions. 
Regrouping the source terms in the equation of transfer we 
oduce the source function 


x, n) = eB(r) + (1 — oe 


R(x, n; x’, n’) 


ee diek 


ee, WF). 
(2.3) 


er V. The Asymptotics of Partial Redistribution 167 


Table 1. The scattering processes R; to R,y in the atom’s frame 


sharp levels 


coherent scattering 


upper level naturally 
broadened 


coherent scattering 


upper level naturally 
and collisionally broadened 


non-coherent scattering 


both levels naturally 
broadened 


Unless otherwise stated integration over frequencies is from 
—o to +. Solving the equation of transfer for the intensity 
we obtain an integral equation for the source function 


S(7, x, n) = eB(r) 
dn’ 72 R(x, n; x’, n’) 


a ated asda Werner 
HA tA rks (7’ — 7)] $’dr’ 
- S(7’, x’, n’) exp lecral (xa) 
d yt R oat , 
#0 ~e) fdr fe | a 
- S(7’, x’, n’) exp es? te (2.4) 


where 7, 7> are the limits of the medium. The notation 


=x); $= G(x) (2.5) 


will be used throughout the paper. In the full-space case 
(7, = —@ and TJ; = +) the integral Eq. (2.4) is of the con- 
volution type. Analytical work can be simplified by working 
with the Fourier Transform (F.T.) of the source function, 


+o 


Stk, x, n) = J exp (—ikr)S(r, x, n)dr, 


o 


" (2.6) 


which satisfies 


S(k, x, n) = eB(k) + (1 — &) so 


4 
DR, nix’ nH) $(x’) at. 
-f dx nr? eee Ox’) — ik-n’ Stk, x*,n ) (2.7) 


where 


k = zk. (2.8) 


Berane De ring te 
ee e 
a 


NS 


ae 


i 


«RO; ed fa 


f Rx; x’) dx’ = (x). 


ee er 


168 


Bk) is the F.T. of the thermal source. Note that (2.7) is diagonal 
in & but not in x and n. We shall also make use of the angle- 
averaged redistribution function 


dn’ 
= fA Ra, nxn) 
a ORG. n; x’, n’) = J GRO m3 x’, 0’) (2.9) 


which satisfies 


(2.10) 


3. Pure Doppler Broadening: R; 


We consider here the case of an atom with two sharp levels (see 
Table 1). The line is infinitely sharp in the atom’s frame and 
the absorption profile is a 6-function. In the laboratory frame 


_ it is broadened by Doppler effect and the absorption profile is 


a Gaussian. R; is an idealized case which hardly applies to any 
real line since one or both levels in the transition are always 
broadened by radiation damping and/or collisions. The main 
interest of studying R; is that it allows to examine the effects of 
pure Doppler redistribution by a Maxwellian velocity field. 
Some asymptotic problems: with R; have already been 
studied in the literature. Field (1959) has given exact analytical 
solutions for the time dependence of a space and angle inde- 
pendent radiation field with pure Doppler broadening. The same 
time-dependent problem but with complete frequency redistri- 
bution (CR) was considered by Ivanov (1967) who found that 
the leading term in the asymptotic solutions for long times is 
identical for both kinds of redistribution. More recently, lvanov 
and Shneivais (1976) have investigated the effects of multiple 


' Ry scatterings and have shown that CR is recovered when the 


number of scatterings experienced by the photons go to infinity. 
The above papers are concerned with pure redistribution 
effects and all of them make use of the simplified angle-averaged 


‘form of the redistribution function. The asymptotic problem 


which interests us, where redistribution effects are coupled to 
the spatial transport of photons, has never been investigated 
analytically. There has been, however, a number of numerical 
studies with the exact form of R; or its angle-averaged version 
(Hearn, 1963, 1964; Hummer, 1969; Cannon and Vardavas, 
1974; Mihalas et al., 1976; Vardavas, 1976a); they all show that 


for very small values of e(~10~*), the R; source functions are 


very close to CR source functions at large optical depths. 


_ Analytical and numerical works suggest thus that R; behaves 


like CR in the limit e—» 0 or more precisely that the leading 
term in an asymptotic expansion of the source function valid at 
large optical depths is identical for R; and CR. It is this remark 
which has suggested to us a method of approach to R;. The idea 


- is to perform a perturbation expansion of the R; source function 


around the CR source function in the limit e— 0. The method 
will be explained in the next sub-section. 

For CR, as shown in Paper III, scaling laws are identical in 
the full and half-space cases. It is interesting to examine if this 
property holds also for R;. Technically the half-space case is 
somewhat more complicated than the full-space case because 
the problem cannot be diagonalized by Fourier Transformation 


and requires handling the integral equation of transfer in the 


original t-space. When working in 7-space the full-space case is 
recovered from the half-space one by letting the boundary at 
tT = 0 go to —o. We have therefore set up the perturbation 


* 


expansion in the half-space case with the optical dept 
space variable. This allows us to investigate simultaneousl 
full and half-space cases. wn | 


3.1. General Outline of the Perturbation Method 


The problem is to find the leading term in the asymptoj 
expansion of the source function S(7, x, n) in the limit e- 
Keeping in mind the likeness with CR we introduce a_ 
source function 


S(7) = ie f dx d(x) SC, x, n) 


which depends only on optical depth and write 
S(z, x, n) = S(r) +Si(7, %, n). 


Equation (3.2) is the defining relation for S;(7, x, n), hencefot 
called the fluctuation. The problem now is to find the leadii 
terms of S and S;. A coupled set of equations for S and Sy) c 
be obtained from the integral equation for S(7, x, n) which ‘ 
write with condensed notations. 


S(t, x, n) = eB(r) + (1 — )L(S) 6) 


where ¥ is a linear integral operator. Averaging (3.3) as in G. 
we obtain Ss 
S(t) = eB(r) + (1 — )A(S) + (1 — J) L(Si) G. 


where -Z is also a linear integral operator. Subtracting mi 
(3.4) from (3.3) we obtain 


= (1 — (¥ — LYS) + (t - 04 — AG 
3 

For the purpose of the asymptotic analysis we recast (3.4) int 

form 


Sit, x, n) 


5G) — Bir) = e321 — e(&(S) — S) + 2 10 — Se 


(3 


The idea of the perturbation method is to assume that in t 
limit e —> 0. the terms with S, in the rhs of (3.5) and (3.6) are 
higher order than the terms with S and then to check , 
validity of this assumption. 

The first step is to assume that the leading term of S is giv 
by 


S(t) — B(r) = e-*(1 — e(F(S) — S). he 


Equations (3.7) is simply the CR integral equation. This 
easily checked upon using the normalization of the redistrit 
tion function. The asymptotic properties of CR have alrea 
been investigated in Paper III. In performing the asympto 
analysis it is necessary to introduce a rescaled optical depth 


+ = 1/h(e). G3 


The scaling factor h(e) is determined by the condition that 1 
rhs of (3.7) has a finite limit when e — 0. 
We assume then that the leading term of S, is given by 


S,(r, x, n) = (1 — e(F — L/S). GB 


Since the fluctuation S, is frequency dependent, it will 
necessary to rescale not only the optical depth by a fact 
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out that it is not the frequency itself but the profile 4 
ch needs rescaling. We introduce thus 


(3.10) 


{angular variable n needs no rescaling. 

Finally, upon using the leading term of S; given by (3.9) we 
brmine to leading order the terms with S, in the equations 
Sand S, and check that in the limit e — 0 they are of higher 
er than the terms with S. 

We shall show that in the limit e — 0, the leading term of 
| x, n) is identical to that of S, which implies that R; and CR 
ie the same scaling laws. 


| Leading Terms of the Mean Source Function and of its 
(ctuation 


S@) denote the leading term in the asymptotic expansion of 
»mean source function S. We know from Paper III that after 
ims optical depths by the factor 


wee e— (In. 2)- 1? (3.11) 


r) satisfies a singular integral equation. In the half-space case 
§ equation may be written 
20 — 57) 
— 7) 

ere B() is the rescaled thermal source. P stands for Cauchy 
incipal part. Numerical solution of (3.12) are given in Frisch 
d Froeschlé (1977) for various choices of the thermal source. 
#) vanishes for ¢ —- 0 like 7"/? and goes to B(~) for 7 —> ©. 
‘The determination of the leading term of the fluctuation S, 
juires an asymptotic expansion of the operator “. We show 
Appendix B that we need for this analysis the asymptotic 
m of R,(x, n; x’, n’) for |x| and |x’| — o with |x|/|x’| = 1. 
om Hummer (1962) we have 


Bs; x0) eee) [- “ss 


t) - Bz) = Pi di’ — site (3.12) 


(x? + x’? — 2xx’ cos ”| 
(3.13) 


y is the angle between n and n’ and g(n, n’) the angular 
function. We have plotted in Fig. 1; for x = x’ = 2 and 
ropic scattering, R(x, n; x’, n’) as function of y. It shows a 
narrow peak around y = 0, (i.e. n= n’) and becomes 
ite at y = 0. The shape of the curve is very similar to that of 
inction, the likelihood increasing with increasing value of 
frequency x. R,(x,n;x’,n’) becomes also infinite at the 
point y = 7; however all the normalization is contained 
peak around y = 0. The peak around forward scatterings 
= 0) may be interpreted in terms of the physics of the 
ttering process. We have, for isotropic scattering, 


mn; x’, n’) = f d(x’ — n’-v)S(x — nev — x’ + n’-v)P(v)dv. 


sin? y 


cause of the first 5-function and the choice of a Gaussian for 
¥), most absorptions at a large frequency x’ will come from 

with velocities |v] larger than x’, but by a small amount 
ly, and from photons with directions n’ such that n’-v = x’. 
r a given |v| approximately equal to x’, these photons will lie 
a cone of axis v with a very small angle of aperture. Now 
am of On second 8-function, contributions to the emission 


he, 


Tt R,( xn,xin') x=x'=2 ] 


is as w 

20 40 

Fig. 1. The angular dependence of the redistribution function 
for pure Doppler broadening (R,) with isotropic scattering in 
the atom’s frame and absorption and emission frequencies x 
and x’ equal to 2; abscissa: angle y between n’ and n, directions 
On incoming and outgoing photons; ordinate: R(x, n; x’, n’). 
Frequencies are in Doppler width units 


at the frequency x = x’ will come from photons with directions 
nsuch that n-v = n’-v. Absorbed and emitted photons will thus 
lie on the same cone which for x = x’ large will be very narrow; 
consequently the angle y between their directions n and n’ will 
be very small and this explains why we have R; almost zero 
everywhere, except around n = n’. 

The asymptotic expansion of R,(x, n; x’, n’) is carried out in 
Appendix A. We show that for isotropic and dipolar scattering 
when |x| and |x’| — 


Rix; in; x’, n’) & R(x; x')5(u + w’), (3.15) 


where R,;5(x; x’) is the asymptotic form of the angle-averaged 

redistribution function; the — sign (resp. +) is for x and x’ of 

the same signs (resp. opposite signs). For isotropic scattering 
[eee 


Ras(x; x’) ae eis 


3.16 
2a xX ( ) 


X= max (|x|, |x'|): 
For dipolar scattering Ras is also given by (3.16) but with an 
extra factor 3/2. 

In terms of the rescaled variables 7 and ¢ the leading term 
of the fluctuation may be written 


1 1 


S(#, d, n) = <i 
© S(z’) — S(#)1 — exp [-|7 — 71G/lx)) 
5 Pe Se cl 2 EM hae LLL 
Viggen ” — a@le) 


1 — E,(7¢/|n|) 
~ SG 
Lanes alae 74/\u| ee 


where P stands for Cauchy Principal part and E2 is the second 
integroexponential. We note that $,(7, ¢, n) is even with respect 
to p. 

The consistency of the perturbation analysis is examined in 
Appendix C. We discuss now the implications of (3.17). 


(3.17) 
‘ 


i | 
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3.3. Discussion 


A first remark is in order. The full-space case is recovered from 
the half-space one by letting the boundary at r = 0 go to —2# 
The leading term $(7) of the mean source function S(z) satisfies 
thus the infinite space version of the singular integral equation 
(3.12) (see Eq. 2.8 of Paper III) and the leading term of the 
fluctuation is given by the infinite space version of (3.17), 
obtained by keeping only the integral term in which the 
integration over optical depth is now from — to +00. 

The major result in (3.17) is that the leading term of the 
fluctuation S, goes to zero like 1/(—In e) when e — 0. In the 
limit e — 0 we have thus 


Si(z, $, n) = S(#). (3.18) 


‘In other terms R; behaves asymptotically like CR with Doppler 


profile. 

For the completeness of our analysis we have taken into 
account the changes in direction at each scattering. We would 
have obtained the same scaling laws if we had replaced in the 
starting equations the redistribution function by its angle- 
averaged version; the amount of analytical work would have 
been smaller but in counterpart we would not have been able 
to bring out the angular dependence of the fluctuation. The 
angular dependence of the redistribution function, whether it 
comes from the Doppler shifts or is built in the angular phase 
function g(n, n’), is thus irrelevant to the asymptotic analysis for 
e— 0. 

For small but finite « the R,; source function departs from 
CR since the fluctuation S$, has then a finite value. We shall use 
now (3.17) to investigate the frequency and optical depth 
dependence of the R; source function at finite «. We first look 
at the frequency dependence at fixed optical depth 7. When 
b> oo (frequencies going to zero) we may neglect the integro- 
exponential and the exponential term (except in an interval 
A#’ centred on 7’, the thickness of which goes to zero like 6-* 
when ¢ —> 00). Upon using (3.12) we find for full and half-space 


doa. (3.19) 


SiG, ¢, n) = (—In oe [S(#) — B(#)]; 


The departure from CR decreases thus towards the center of the 
line like 6-1. When ¢ — 0 (frequencies going to infinity), the 
integral in (3.17) goes to a finite limit and so will the fluctuation 
in full-space. The half-space case is more interesting. Using 
the asymptotic expansion of E2 for 7d —>.0, we see that when 
d — 0 the second term in (3.17), which takes care of the losses 
of photons through the boundary, diverges logarithmically 
giving 

ae it ab 
5.4, 6, n) ~ —(—Ine) 15¢a)( —In ab 


The range of validity of (3.20) is (1/h(e)) « d <« (1/7). We must 
have $ > 1/A(e) since (3.17) has been obtained by expanding 
(-In (d/h(e)) in terms of In A(e) (see Appendix B). Note that 
(3.20) is not in contradiction with the fact that S(7, x, n) is 
uniformly bounded by sup {B(z)} (Avrett and Hummer, 1965; 
Hummer, 1969).* From (3.20) we infer that for finite e and 7¢ « 
1 the R; source function decreases with increasing frequency. 


(3.20) 


This is precisely what numerical calculations show (H 
1969; Vardavas, 1976a). The reason for this behavior 
after rescaling optical depths and frequencies the integré if, 


R(x; x’) 
arom 


which is essentially the probability that a photon absorbed a 
frequency x and position 7 escapes the medium, behave 
leading order like (—In e)~! (—In 7¢) when 74 « 1. Thu 
fixed optical depth the larger the frequency of the abso b 
photon the more likely it is to escape the medium. Note that 
CR this escape probability does not depend on the frequency 
the absorbed photon. a 

We consider now the optical depth dependence of the sol 
function at fixed frequeney. When 7 —> ©, the leading term 


exp (— T4(x’)) dx’, 


provided §(7) has a finite limit when 7-> 
function tends thus to leading order to the CR source fun 
When 7->0 (half-space case) we recover (3.20); since 
vanishes like 71/2 when 7 -—- 0, the fluctuation will also | 
zero in this limit. One should note here that the asym 
expansion of the R; source function performed in this sect 
valid at optical depths of order of the thermalization 1 
only. In the half-space case there is a surface boundary la 
which another asymptotic expansion holds. B 

The results given up to now concern only the interior soul 
function at wing frequencies. The interior source function 
core frequencies may be investigated by rescaling optical d 
only; this amounts to letting the monochromatic optical 
th = Th(e) go to infinity when e —> 0. Equation (B-10) s 
that in this limit the fluctuation S; goes to zero like exp (—7/ 
We recover thus a result well established by numerical calcu 
tions (Hummer, 1969), namely that far from the surface the 
source function is isotropic and frequency independent in’ 
core of the line when « is small. This core region exten 
approximately up to wing frequencies such that td ~ a 
if ~ 1/h(e). We can thus define a “thermalization” frequer 

= ¢-1(1/A(e)) ~ (—In e)!?. For frequencies smaller th 
Xe ite R; source function is flat and isotropic as the thern 
source B. é 

The main result of this section is that R; has the same lar 
scale behaviour as CR with Doppler profile. We can try 
interpret this result in physical terms. It is sufficient to consi 
the angle-averaged redistribution for isotropic scattering. Fo 
large value of the frequency x’ of the absorbed photon, t 
function R(x; x’) is constant for |x| S |x’| and decrea: 
exponentially like exp (— x?)/x for |x| 2 |x’| (see for instar 
Fig. 5.1. in Jefferies, 1968); the exponential behaviour at lar 
frequencies simply reflects the Gaussian velocity distribution 
the atoms. When a photon is absorbed with a large frequer 
x’ it will most likely be reemitted with a frequency x such tl 
|x| S |x’|; after one or at most a few scatterings the photon ¥ 
be in the core of the line where it can experience a very lai 
number of scatterings before it is reemitted in the wings 
destroyed. The physical picture is thus essentially the same) 
for CR. 


1 For instance the leading term in the expansion of sin 


when e — 0 is ey, which for fixed e may take infinite values wh 
yoo tholigh |sin ey| S 1 
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idened by radiation and collision damping in the limit where 
lsions are so frequent that there is complete redistribution 
)) in the atom’s frame (see Table 1). In the atom’s frame the 


file is 
(4.1) 


ire a is the total width (radiative plus collisional) of the upper 
J. The redistribution function in the observer’s frame is 


,n; x’, n’) = g(n,n’) f dvP(v)¢(x — n-v)f(x’ — n’-y). (4.2) 


y the asymptotic form of R(x, n; x’, n’) at large frequencies 
elevant for our asymptotic analysis. We note that when a 
entzian is folded in with a Gaussian the asymptotic behav- 
- of the convolution product is also of the Lorentzian type. 
se the velocity distribution of the atoms is assumed Gaussian 
¢ is Lorentzian, the asymptotic form of R(x, n; x’, n’) at 
e frequencies is simply 


(x, n; x’, n’) ~ g(n, n’)bas(x)as(x’) (4.3) 
re 

a 
= ay (4.4) 


lation (4.3) shows that asymptotically Ry: becomes identical 
R. The reason, is that at large frequencies most absorptions 
ur in the wings of nearly stationary atoms. We have thus 
1 Rin the same large scale behaviour as with CR with Lorentz 
file. One can convince oneself of this result by applying to 
the perturbation method developed in the preceding section. 
thermalization length is is 


~ ae~? (4.5) 
the thermalization frequency 
- ae~, (4.6) 


leading term in the asymptotic expansion of the Ry source 
stion when e— 0 satisfies the Lorentzian version of the 
ular equation (3.12) which reads 


~. 287)-SG), SG 
)- He) = eS ae a 


(4.7) 


re 7 = 7/h(e) with A(e) given by (4.5). 

The departures from CR for small but finite values of e can 
nvestigated as in the preceding section by looking at the 
ling term of the fluctuation S,. Inserting (4.3), (4.5) and the 
entzian version of the Jacobian j(¢) into (B.10) we see that 
leading term of the fluctuation S, is in general of order e; for 
ropic scattering (g(n, n’) = 1) it is of higher order. There- 
: CR will always be a very good approximation to Ri at 
e optical depths. Previous numerical calculations (Finn, 
7; Vardavas, 1976b) have also indicated the validity of this 
roximation. 


tesonance Broadening of Subordinate Lines: Ryy 


‘scattering process described by Rry is a transition from a 
rally broadened lower state to a naturally broadened upper 


state followed by. radiative decay to the lower state. It is 
appropriate to the scattering in subordinate lines. Little work 
has been done up to now on Ryy (see however Woolley and 
Stibbs, 1953). Firstly, there were until recently two conflicting 
expressions for the Ryy redistribution function in the literature. 
Omont et al. (1972) settled the problem showing that the exact 
result is that of Weisskopf and Woolley quoted in Woolley and 
Stibbs (1953) and Mihalas (1978). Secondly, there are still some 
unresolved problems concerning the coupling to transitions 
from the lower levels and the inclusion of collisional broadening. 
Here we assume a simple two-level atom model described in 
Sect. 2. This approximation is certainly adequate for an 
exploratory work on the consequences of Ryy scattering. We 
shall consider only the full-space case and assume isotropic 
scattering in the atom’s frame. 

In the atom’s frame the redistribution function may be 
written 


try(Xi x’) = PE: co h(x )h(x’) + ————- ard rage! — x’\[P(x’) 
b 

+ HG) + 2x FOS gsr’ = 2) Py 

where 
a a+b b 1 
11 Seeger pra oser parse: Hae oF (5.2) 
and 
eon. J 

ay at C2 


The parameters a and 6 are the widths of the upper and lower 
levels and ¢ is the absorption profile. We have plotted in Fig. 2 
the reduced redistribution function r(x; x’)/d(x’) as function of 
x for x’ = 3. When the frequencies x and x’ are much larger 
than a and 5b this distribution shows two well separated peaks 
with Lorentzian behaviour, one at x = O about the line centre 
and the other one at x = x’. As explained by Woolley and 
Stibbs (1953) or Mihalas (1978) the peak at x = 0 corresponds 
to transitions from the middle of the lower level, to the middle 
of the upper level followed by reemission/to any arbitrary sub- 
state of the lower level; the peak at x = x’ corresponds to 
transitions from the middle of the lower level to any arbitrary 
sub-state of the upper level followed by reemission to middle of 


ty (x, x') / pix’) 


Fig. 2. The static redistribution function for mesonance 
broadening of subordinate lines (Rry) with an absorption 
frequency x’ much larger than the widths a and 6 of the upper 
and lower levels; x’ = 3; a= b= 0.1; abscissa: emission 
frequency x; ordinate: ryy(x, x’)/¢(x’). Frequencies are in 
Doppler width units. 
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the lower level. The probabilities of these occurrences, which 
are given by the areas under the two peaks, are approximately 
a/(a + 6) for the coherent emission and 6/(a + 5) for the 
emission around the central frequency (Woolley and Stibbs, 
1953). 

Making use of these remarks we have rewritten the redistri- 
bution function in the form 


5 HOR) + 5 H(z) — &) 


+ $(x)®(x, x’). (5.4) 


The first term takes care of the peak around the central fre- 
quency, the second one of the peak at x = x’ replaced by a 
6-function; the last term, given in (E.1), contains all the other 
contributions in particular the difference between the Lorentzian 
peak at x = x’ and the 6-function. Through this rewriting we 
have decomposed r;zy into a complete redistribution (CR) term, 
a coherent scattering (CS) term and a “correction”’ term. If we 
integrate (5.4) over x and x’ and use the normalization of 
r(x; x’) we obtain 


hyv(x; x’) = 


J @(x, x)dx’ = 0 (5.5) 
and 
J d(x) (x, x‘)dx = 0. (5.6) 


All the normalization of the redistribution function is thus 
contained in the two first terms. The question is: will the 
correction term ¢(x) @(x, x’) contribute to the leading term in 
the asymptotic expansion of the source fucntion when e — 0? 


5.1. A Simplified Version of the Transfer Equation at Large 
Frequencies 


To investigate the asymptotic behaviour of the source function 
we need only the asymptotic forms of the profile and of the 
redistribution function at large frequencies. For frequencies 
going to infinity the redistribution function r(x; x’) has a 
Lorentzian behaviour which will not be affected by the convolu- 
tion with the Gaussian velocity distribution. The same is true 
of the profile ¢. As a matter of fact we have a situation quite 
similar to Ry: most absorptions at large frequencies are in the 
wings of nearly stationary atoms. For the purpose of the 
asymptotic analysis we may thus replace in the equation for the 
source function the redistribution function and the profile 
by their static version. Since we shall be working in full-space 
it will be more convenient to handle the Fourier Transform 
(F.T.) of the integral equation for the source function. Our 
starting equation for the asymptotic analysis is thus (2.7) with 
rry(x; x’) in place of R(x, n; x’, n’). Note that in the limit of 
large frequencies the Rry source function becomes isotropic 
provided the angular scattering is isotropic in the atom’s frame. 


5.2. An Equivalent Complete Redistribution Problem 


Upon using the decomposition of ry given in (5.4) we can recast 
the F.T. of the integral equation for the source function in the 
form 


S(k, x) = eB(k) + (1 — 2) 
b / 
| J Sk, x Ak, $)p’dx’ + ae S(k, Ak, 4) 


+ fdx'@x, x)Sk, x)A(K, | (5.7) 


where ; 
eM ia 
ate = an PEO n’)?’ 


(see F.5). The first term in the bracket of (5.7) correspon 
CR, the second one to CS and the third one is the “correct; 
term. 

The idea now is to regroup in G. 7) the two terms in whit 


in the rhs. We introduce thus the auxiliary function 


a a 

Se ey = Se x)/1 ~ d= 3-"— Ak, #). 
The function © describes the emission of photons aroun 
central frequency. Its integral over all space and freque 
(weighted by the profile) is a fraction b/(a + 5) of the taj” 
number of emitted photons up to terms of order e. Insert) 
(5.9) into (5.7) we obtain 


2X(k, x) = eB(k) + UI —.e) 5 2 ps Uk, x’) Dk, $')b’dx’ 


+ (1 — 2) f (x, x)E(k, x’) Dik, $) dx’ .) , 
where 


Dk, ¢) = A(k, et -(i- gars . 


5 Ak, | = P| 


We note now that for the large frequencies relevant to |) 
asymptotic analysis, the first integral in (5.10) behaves essential 
like the CR term in (5.7). This suggests to approach the asynj . 
totic properties of Ryy by perturbation around CR just as He 
with Ry. 

The perturbation method is carried out in Appendix F. \_ 
show that the function = obeys the same scaling laws as ()_ 
with Lorentz profile, namely that after rescaling optical dep} 
with A(e) ~ e~ 2, the leading term of X(k, x) depends only or 
and satisfies the F.T. of the singular integral Eq. (4.7). i 


5.3. Discussion 


The main result of this Section, namely that Ryy has the saiy 
scaling laws as CR, can be given a physical interpretation. | 
each scattering a wing photon has a probability a/(a + 5) to 
reemitted at the same frequency and a probability b/(a + b) 
be reemitted in the core of the line; for a and b of the same or« 
these probabilities will be both almost equal to 1/2. Howev 
once a wing photon has been reemitted in the core it will st 
around the central frequency and suffer a large number | 
scatterings before it is destroyed or reemitted into the win| 
Now the chances that a wing photon stays in the wings are ve . 
small since at each scattering the probability that the phot| 

stays in the wing is 1/2. The physical picture is thus essentia 
the same as if there was pure CR with no coherent wi 
reemission. The coherent component of the emission influen¢ 
only the frequency dependence of the Ryy source function. 
leading term S(k, %) of the Ryy source function is given in ter! 


of the leading term &(k) of E(k) and of the rescaled varial 
& = dh(e) and k = kh(e) by 


(5.1] 


ery. | ’ vel TES 3 “ 
bys ja - | 


‘ 


yen a = 0, i.e. when there is no coherent wing scattering, we 
‘over a frequency independent source function. 


the Rry source function in the original t-space. With the two- 
jeam approximation (« = +1) this calculation can be 
tried out analytically. After some algebra we obtain 

} 


! Me 1 +), ~ “i 
VED = 3) +55 J Be exp (— 17 — *Pydar” (5.13) 


jhere y = (a/(a + b))*!2. When in (5.13) we keep 7 fixed and 
‘¢ go to infinity (frequencies go to zero) we obtain 


b+a 
b > 
\quations (5.14) holds at monochromatic optical depths 7¢(= 


i /5) larger than unity. The frequency profile of the Ryy source 
inction at opitcal depth of the order of the thermalization 


[%2) = 3) (5.14) 


| In the half-space case the integral equation of transfer is not 
iif the convolution type. Its Fourier Transform is therefore not 
\iagonal in k and we cannot easily write a transfer equation 
; vith the coherent wing emission eliminated as we did in the 
‘ull-space case. The half-space problem is thus much more 
lifficult than the full-space one and must be handled directly in 
‘space; it requires in particular inversing the Green’s function 
of the Milne problem. Without performing a detailed asymp- 
- jlotic analysis one can nevertheless conjecture that the thermali- 
‘ation length, if it exists, will be the same as in the full-space 
pase. We have already seen that this is true for CR, R; and Ryy. 
(The reason is that if the thermal source still shows variations at 
distances from the boundary larger than the thermalization 
‘length, the half-space problem will be indistinguishable from a 


full-space one. 


6. Doppler and Natural Broadening of Resonance Lines: Ry 


‘The physical picture for Ry is a line with an infinitely sharp 


wer level and an upper level broadened by radiative decay 
y (see Table 1). In the atom’s frame the absorption profile is 
Lorentzian and the scattering is completely coherent. This 
e of scattering is relevant to the formation of resonance lines 
media with low enough densities so that the excited atomic 
els are not perturbed by collisions during their life time. A 
cal example is the scattering of Ly« in optically thick 
ebulae, such as HI or H 0 regions. 

The problem of the Ry redistribution has already been given 
much attention (for references see Hummer, 1969; Milkey, 
I 176) and it is well known that in the damping wings the 
ttuation is much more like coherent scattering (CS) than 
omplete redistribution (CR). Indeed because of the Lorentzian 
ape of the profile, photons with large frequencies will be 
bsorbed mostly in the wings of slowly moving atoms (same 
ion as with Ry; and Ryy) and therefore reemitted with 
early the same frequency. The frequency shifts at each 
cattering are of the order of the width of the velocity distribu- 
ion function, i.e. of the order of one Doppler width. Thus 
ontrary to CR, photons with large frequencies are trapped in 
wings where they are reemitted almost coherently. 

One knows that for CS the random walk of the photons in 
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physical space (t-space) becomes a diffusion process (of finite 
variance) in the limit e — 0. Now for Ry the situation is more 
complicated since wing photons are shifted on the average by 
one Doppler width at each scattering. It has already been shown - 
by Osterbrock (1962) that the random walk of the photons in 
frequency space is a diffusion process. The. problem which 
interests us here is the combined random walk in space and 
frequency when e — 0 and one of the questions we would like 
to answer is whether the random walk in physical space is also a 
diffusion process as for CS. Monte-Carlo simulations by Auer 
(1968) and Avery and House (1968) are strongly in favour of a 
diffusive behaviour for Ry, both in physical and frequency 
space. This idea is also supported by an approximate analytical 
calculation of Harrington (1973) which yields a diffusion 
equation in the space and frequency variables for the Rj source 
function in the limit of large optical depths and frequencies (see 
also Basko, 1978). One can also argue that since the frequency 
shifts are only of the order of one Doppler width at each scatter- 
ing, regardless of the frequency of the absorbed photon, the 
mean free-path between scatterings will be almost constant and 
the random walk will also be of the diffusive type as for CS. 

The above remarks have led us to approach the asymptotic 
properties of Ry; in the limit e —> 0 with an expansion technique 
which generalizes the method developed in Paper III for CS. 
In Sect. 6.1 we establish scaling laws and an asymptotic equation 
for the source function with the angle averaged version of the 
redistribution function. We show in Sect. 6.2 that the same 
results would be obtained with the full angle-dependent 
redistribution function. 


6.1. Diffusion Equations for the Ry Souree Function 


We consider the infinite space case. Upon using the normaliza- 
tion of the angle-averaged redistribution (2.10), we can recast 
the integral equation for the source function in the form 


e[S(7, x) — B(r)]¢ = (1 - 5 fax’ R(x; ot [S(7’, x’) 


— S(r, x)JEx(|r — 7/|66'dr’ 


where £, is the first integro-exponential function. The exact 
form of R(x; x’) is given in Hummer (1962). For the purpose of 
the asymptotic analysis we need only its asymptotic form for 
large x and x’. From Adams et al. (1971) we have 


(6.1) 


Rix) = GGix— x'|) (6.2) 


ee ee 
mx + x’)? 
where a is the width of the upper level of the transition and 
G(z) = ierfce(z) = f erfe(t)dr. (6.3) 
12| 
The function G(z) goes to zero like exp (—z?”)/z? for z > 0, We 
have plotted in Fig. 3, R(x; x’) as given by (6.2) for x’ = 5; it is 
peaked at x = x’ and the width at half-maximum is approxi- 


mately two Doppler widths. 
We introduce now in (6.1) the rescaled variables 


T= T/h(e) ang x/x(e); 
when e-+0 


h(e), xe) > © 4 
(6.4) 


1 
= Ru(es x’) = ierfe (5 ee. xi) [5 ri x)| -2- a width of tie 


upper level. 
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x 1a Ry(x,x') 


Fig.3. The angle-averaged redistribution function for combined 
Doppler and natural broadening of a resonance line (Ry) when 
the absorption frequency x’ is a few times larger than the 
Doppler width; x’ = 5; frequencies are in Doppler width units; 
abscissa: emission frequency x; ordinate: 


and replace S(r, x) by its leading term S(7, x). To simplify 
notations we abbreviate h(e) and y(e) by / and x. 

A remark now is in order. In the rescaled variable X the 
profile ¢(¥y) has a characteristic scale of variation which goes 
to zero like y~ 1 when e — 0. To perform the asymptotic analysis 
we replace in lhs of (6.1) ¢(¥y) by 5x). This approximation, 
suggested by Harrington (1973), preserves the normalization 
of the profile and thus of the thermal source «4B. Since we 
are interested in describing the transport and scattering of 
wing photons, in the rhs of (6.1) we replace the profile $(<’y) 
and the redistribution function by their asymptotic versions; 
the normalization of the redistribution function has already 
been taken into account when writing (6.1). 

We introduce now the variables 


=’ —7; Va ha Xs, (6.5) 
and Taylor expand 
h ¥ 


around 7 and X to second order in ¢/h and y/y. We expand also 
$(%’x) and R(Xx, X’x) but to first order only. One may check, 
once the scaling factors A and y are determined, that higher 
order terms need not be considered. A Taylor expansion of the 
source function is possible only because the redistribution 
function R(x; x’) decreases like a Gaussian when |x — x’| > ©, 
or in other terms because for any positive integers « and B we 
have 


J dx’ — x)*R(x; x’) 


-f (a — t)fexp (—|7’ — 7|)6’dr’ < «0. (6.7) 
We obtain.after some algebra 
SIS, ) — B@)] =e} 
x° 7k? 1S aa See 
B a 308 | els Pay (3) 


At fixed 7 and %, this equation has a finite limit when e—>} 
x(e) ~ a and h(e) ~ e7}. 


By incorporating constant’ once of unity in the definitio} 
h(e) and x(e) we obtain the asymptotic equation 


ii eas | nea as 
&(&)[SG, %) — B@)) = 2 —= oe igs (= - 55): 


1/3, — 3 


which is a diffusion equation in the space and freque) 
variables. We note that the term with the first order derival 
a5/0X comes from the asymmetry of R(x; x’) with respect 
x = x’. As pointed out by Osterbrock (1962) and Adams (14 
the factor — 1/% is the mean shift per scattering and photons 
more likely to have their frequency shifted towards the ee 
of the line than away from it. 
The change of variable ¢ = X°/3 in (6.10) yields 
2 26 ; 
ast, a) - Bay x SS + S8 6 
which is of the same form as x (13) of Harrington (19 
Harrington’s equation becomes thus exact in the limit e -> ( 
optical depths of order e~1 and frequencies of order at!®e~ 
In Fourier space the solution of (6.11) may be written 


Sk, ay B(k)exp (-IAlle) 6 
1 + 2|k| 
where k = kh(e) = ke~*. Equation (6.12) tells us that 


7 ~ e 1 the source function becomes of order of the ther: 
source, allowing to interpret A(e) as a thermalization length 
shows also that in this optical depth range the source funct 
has a flat frequency profile for frequencies such that 6 « k 
i.e. for frequencies smaller than y(e); we can thus interpret - 
as a “thermalization” frequency. 

In the derivation of the thermalization scales we h 
replaced ¢(Xy) by y~10(%) for y—» 0. This is equivalent 
saying that photons are created and destroyed (i.e. absor 
without subsequent reemission) only in the core of the 
and that in the wings they suffer only pure scattering. ~ 
diffusion equations (6.10) or (6.11) describe thus the spatial ; 
frequency dependence of a radiation field where all photons 
created in the core of the line, scattered there a large numbe 
times, subsequently reemitted into the wings where they < 
scatter many times before returning to the core of the line wk 
they will be either destroyed or scattered back into the wir 
ultimately they will be destroyed in the line core. 

The diffusion equation (6.10) does not describe the rand 
walk of photons created in the wings themselves. These phot 
build up a radiation field which can be investigated by replac: 
in the lhs of (6.1), ¢(%x) by its asymptotic value a/(mx? 
Proceeding then as above we arrive at 


7,2) — Be) x «1S, 
OG, 4) — BG) Se lia gt 3aF? | 4a2e ee 
(6. 
This equation has a finite limit when e — 0 iff 
h(e) ~ a~te- 9/2 and yx(e) ~ e-1/?. (6. 


Incorporating all constants of order unity in the scaling fact 
we obtain a new asymptotic diffusion equation 
as i 2. | 


Se 2) _ Brz\y~ 74 2 pire walt rote s 
SG, 2) — BO) = oa + \ age — 2 ag 6 


> 2 


irae: 

describes the behaviour of the radiation field at spatial 
squency scales much larger than the thermalization scales 
scaling law y(e) ~ e~?/? is characteristic of photons 
i have spent all their life, i.e. have been scattered N ~ e~* 
in the wings suffering a rms frequency shift of order unity 
scattering. 


ea h scattering the frequency of wing photons changes by an 
ount Ax ~ 1 (in Doppler width units) whatever the frequency 
e absorbed photon. The corresponding change in the pro- 
e, Ad/¢, goes to zero like x~* when x —> «© and so does the 
1 five change in the mean free-path between scatterings. One 
covers thus in this limit a situation similar to CS. Hummer 
969) has shown, with a perturbation analysis around CS, that 
1¢ Ry source function goes indeed to the CS source function 
limit x — «©. This result can be recovered from (6.15) by 
erturbing around CS as Hummer did. Suppose that we choose 
$rescaled thermal source (7); the solution of the CS scattering 


: exp (—|7|/?). (6.16) 
le approximate now the Ry source function by (6.16) and 
mpare in (6.15) frequency and space diffusion terms. We find 
at their ratio goes to zero like €-2 when X —> ©. This indicates 
hat frequency diffusion becomes negligible compared to spatial 
ion in the limit of frequencies x > e~1/? and optical depths 
der a~e~*/?. We note here that this CS limit cannot be 
overed from the asymptotic equation (6.10) which describes 
ndom walk of photons emitted in the core of the line and 
s returning there to be destroyed. 


The Finite Space Case 


S(r, x) — B(x) 
q 1 +7/2 R ; 

| =(1- e) 5 f ax’ ls [S(7’, x’) — S(r, x)] 
+ R(x, x\E(|7’ — 1|¢¢’dr’ — (1 — 2)S(r, x) 

 f dx'R(x; x E,|(-5 . r)¢'| : E,|(-3 “ r)¢']}. 
(6.17) 
le now rescale optical depths and frequencies as in (6.9) or 
14), When the thickness of the slab scales itself with e in such 
ray that 
= T/h(e) ~ O(1), (6.18) 
17) has a finite limit when e —- 0 which is given by (6.10) or 
).15). It is easily checked that under condition (6.18) the second 
rm in the rhs of (6.17) goes to zero when e —> 0 and that in the 
rst term the lower and upper bounds of the 7’-integration go 
. + infinity. Thus for Ry scattering, the infinite medium and 
> interior region of a bounded medium are described by the 


asymptotic equation. The reason for this result lies of 
in the diffusive nature of Ru. 
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6.2.3. Isotropization of the Source Function 


We consider now briefly the transfer problem with the angle 


dependent redistribution function R(x, n; x’, n’). From Hummer | 


(1962) we have 


g(n, n’) 


Ry(x, n; x’, n’) = : 
7 Sin y 


Xo NST = 7 oes 
2sin5 cos 5 2 cos 5 
(6.19) 


where y is the angle between n and n’ and H the Voigt function. 
We have seen in Sect. (6.1) that the random walk described by 
the angle-averaged redistribution function is of the diffusive 
type because integrals of the type (6.7) are finite. The frequency 
dependence of R(x, n; x’ n’) is essentially the same as that of 
R(x; x’). Therefore integrals of the type (6.7) with R(x, n; x’ n’) 
in place of R(x, x’) will also be finite. Henceforth the random 
walk described by R(x, n; x’, n’) will become of the diffusive 
type in the limit e--- 0. After suitable rescaling of frequencies 
and optical depths the leading term in the asymptotic expansion 
of S(7, x, n) will become independent of the angular variable n 
and satisfy a diffusion equation. For isotropic scattering this 
equation will be (6.10) or (6.15), according to the scales which 
are considered. For anisotropic scattering it will differ by 
numerical coefficients (which can always be incorporated in the 
scaling factors). 

A physical argument for the isotropization of the rescaled 
source function is that photons suffer a very large number of 
scatterinys in the wings.* For photons created in the line core 
we can estimate this number to be of order y*(e) ~ e~7/%. At 
each scattering the direction of the photon undergoes a random 
change essentially independent of « and frequency. When the 
number of scatterings goes to infinity, the direction of the 
photon changes by many times 27 and the photon loses all 
memory of its initial direction. 


6.3. Scaling Laws for Conservative Scattering 


A problem which has been discussed at length in the literature 
is that of the mean number of scatterings <N> to escape a purely 
scattering atmosphere, say a H t1 region, witha very large optical 
depth 7o. The initial motivation (Osterbrock, 1962) was to find 
the number of Lya photons destroyed by the two-photon 
continuum emission before they could escape the nebula. 
Monte-Carlo simulations by Auer (1968) and Avery and House 
(1968) show that <N> diverges less rapidly than 73, characteristic 
of CS, but more rapidly than 7*/?, characteristic of CR with 
Lorentz profile. Adams (1972), through numerical solutions of 
the transfer equation, and Harrington (1973), through an 
approximate analytical solution of his diffusion equation, give 


<N> ~ To. (6.20) 


Other scaling laws are of interest for conservative scattering. 
For instance when 7p is very large, the emergent profile is almost 


2 Note that for redistribution processes of the CR type only 
core photons suffer a very large number of scatterings. Wing 
photons are reemitted back into the core after a number of 
scatterings of order unity. For a given finite e there will always 
be frequencies at which the field is anisotropic. 
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zero in the core of the line and shows a big hump in the far 
wings [see Adams (1972) for instance J. Adams and Harrington 
have shown that the frequency x, of this hump obeys 


Xe ~ (aTo)*"°. (6.21) 


Recently, Hummer and Kusnasz (1979) have corroborated these 
scaling laws with accurate numerical solutions of the transfer 
equation. Adams (1972) has proposed a physical interpretation 
of them. We show now that (6.20) and (6.21) can be deduced 
from the scaling laws relevant to non-conservative scattering 
(e # 0). 

The mean number of scatterings, <N>, with the definition 
of Hummer (1964), takes into account the scatterings of photons 
everywhere in the line, in particular in the core. Our starting 
point must thus be the scaling laws (6.9) for photons created 
in the core of the line and scattered both in the core and in the 
’ wings. We then identify the thermalization length A(e) with the 
thickness 7) of the slab, i.e. assimilate the escape of photons 
from the slab with the conversion back to thermal energy after 
<N> ~ e7~?} scatterings. Upon using the scaling law A(e) ~ e~ 1 
for expressing ¢ in terms of A(e) we obtain (6.20). 

We can now establish a scaling law for the mean number of 
scatterings N, which photons experience in the wings. The 
diffusion in frequency over a range y(e) is due entirely to the 
scattering of wing photons. Since their random walk is of the 
diffusive type with steps order of unity we have 


Nw ~ x2(e). (6.22) 


If we want now to express WN, in terms of 79, we can use (6.9) as 
well as (6.14) since both scaling laws account for the scatterings 
of wing photons. Identifying again A(e) with to, we obtain 


Nw ~ (a70)?!°. (6.23) 


_ Equation (6.23) shows that the main contribution to the mean 
number of scatterings comes from the scatterings of core 
photons. Note that with (6.14), which does not take care of the 
scatterings of core photons, N,, turns out to be the total number 
of scatterings before destruction (i.e. N. ~ 71). 

We turn now to (6.21). From (6.9) as well as from (6.14) we 
have 


2 
h(e) ~ x(e) xo. (6.24) 
After <N> ~ «71 scatterings photons have diffused over a 
“range order of y(e) together with travelling a typical distance 
h(e). Thus if as above we identify A(e) with 70, the frequency 
x(e) is to be identified with the characteristic frequency of 
- escape xX,; (6.24) leads then immediately to (6.21). Equation 
(6.24) tells us that the mean distance travelled by wing photons 
with frequency y(e) is of the order of the mean free-path between 
scatterings, 1/(y(«)), times the square root of the mean number 
of wing scatterings N,. This interpretation is the non-con- 
servative version of Adams’s (1972) explanation for (6.21). 


7. Summary and Discussion 


We have investigated in this paper the large scale behaviour of 
non-coherent radiative transfer with partial frequency redistri- 
bution. An asymptotic analysis of the integral equation for the 


These scaling laws describe the way characteristic lengths q 
frequencies depend on e. Wé have taken fully into account | 
angular dependence of the redistribution functions. The scal} 
laws for Ry, Rix and Rry were obtained essentially by a pertury 
tion analysis around complete redistribution (CR) in which j 
source function is written as the sum of a mean value} 
independent of the frequency and of the angular variable, an} 
fluctuation S,, frequency and angle dependent. For Ry: we ha 
used an expansion technique suggested by the close relati 
between Ry and coherent scatterings (CS). We summarize n 
our main results (see the discussions of Sects. 3 to 6 for ad 
tional details) and discuss then some implications for numefi 
methods currently used-in the astrophysical literature. , 


7.1. Summary 


The main result is that R; (pure Doppler broadening), f 
(combined natural, collisional and Doppler broadening) a 
Ryy (resonance broadening of subordinate lines) have the sai 
non-diffusive large scale behaviour as CR, whereas Ry (co 
bined natural and Doppler broadening of resonance lines) I 
a diffusive behaviour both in space and frequency. Notice tl 
in all four cases the angle dependent redistribution functic 
R(x, n; x’, n’) can be replaced by their angle-averaged versic 
R(x; x’) as far as asymptotics are concerned. Let us see n 
more precisely what this means in terms of the large sc 
behaviour of the source function. 

For R;, Ru; and Ry;z, discussed in Sects. 3, 4, and 5, char 
teristic lengths, i.e. thermalization lengths, and characteri: 
frequencies are the same as in the CR case (see Table 2). In 
three cases the scaling factor on the monochromatic opti 
depth 7¢ is of order unity as for CR: this allows to interpret 
characteristic frequency as the frequency of photons which 
an optical depth unity over a thermalization length. In the c 
of Ry and Ry, the leading term in the asymptotic expansion 
the source function, in short the rescaled source functi 
depends only on optical depth and satisfies exactly the sa 
singular integral equation as the CR source function [see (3. 
and (4.7)]. The case of Ryy is somewhat more complicated. 
é — 0 the redistribution may be replaced by a linear combi 
tion of CR in the core of the line and CS in the wings. 7 
characteristic scales are fixed by the CR component of 
emission. In the full-space case one can recast the equation 
the source function into an equation of the CR type for 
auxiliary function = which behaves asymptotically like a | 
source function and satisfies the singular integral equat 
(4.7). The Ryy source function itself, which can be easily obtaii 
by quadrature from %, is made frequency dependent by 
coherent wing emission [see (5.13)]. 

For Ry, the rescaled source function becomes isotropic in 
limit « — 0 and satisfies a diffusion equation in the space ; 
frequency variables (6.10). For very large frequencies ( 
quency/thermal Doppler frequency > «~1/?), frequency | 
fusion becomes negligible compared to spatial diffusion and 
behaves then like CS. The drastically different behavi 
between R;, and the other scattering processes is quite clea 
we look at the scaling factor on the monochromatic opt 
depth 7¢ (see Table 2). For processes of the CR type this fac 
is of order unity and the asymptotic equation for the rescz 


CR: 


Doppler Ry 
cli length (eV —Ine)-2 eV —Ine)~2 
Biation frequency V—Ine V—Ine 

ing factor on mono- 1 1 
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l= complete redistribution; C.S. = coherent scattering; S.I.E. = singular integral equation; D.E. 


ation. 


ree function is an integral equation. For Ry it goes to 
y as e~*/> when e — 0 and the asymptotic equation is a 
tial differential, i.e. local, equation. What makes the basic 
erence between R,; and the other three scattering processes, 
tin the former case integrals of the form (6.7) are finite 
| consequently the random walk of the photons is of finite 
iance, whereas in the latter cases the variance in infinite. 
Ve discuss now the frequency and angular dependences of 
_R;, Ri and Rry source functions for small but finite e at 
1 depths of the order of the thermalization length. In all 
Ce cases the source function profiles are almost flat (indepen- 
2 frequency), like the thermal source B, from the centre 
line up to wing frequencies such that 7¢(x) ~ 1, i.e. up 
uencies of the order of the thermalization frequency x,. 
: en rh < 1 the source functions become frequency dependent 
deviate from CR. For R; and Ry, these departures, which 
given by the rescaled fluctuations S, (leading term of the 
uation S,), are of order (—In e)~? and ¢« respectively. In the 
of Ry the departure from CR is of order unity and the 
function stays frequency dependent even in the limit 
0 (Sect. 5.3). 
we have performed our asymptotic analysis with the 
>-dependent redistribution functions we have also obtained 
e information on the angular dependence of the source 
ction at large optical depths and frequencies of the order of 
thermalization frequency. Ror R;, whatever the angular 
tering in the atom’s frame, the rescaled fluctuation is angle 
endent because wing photons are preferentially scattered 
wards (Sect. 3.2). For Ry and Ryy absorption at large 
uencies occur mainly in the wings of nearly stationary 
ms: the source function will thus reflect directly the angular 
tering in the atom’s frame. 
As far as the formation of resonance lines is concerned we 
ve considered only the two limits of extremely low and 
mely high densities; in the first case the scattering may be 
d by Ry and in the second one by Ry. Actually as 
wn by Omont et al. (1972) the general form of the redistribu- 
function for a resonance line is 


xm; x’, n’) = yRu(x, n; x’, n’) + (1 — y)Rin(x, n; x’, n’) 
(7.1) 


y goes to 1 in the limit of low densities and to 0 in the 
~ 


= diffusion 


limit of high densities. For stellar atmospheres y is typically of 
the order of 0.9 (Milkey and Mihalas, 1973). If we let e go to 
zero and simultaneously y go to one, which is what happens 
when the density goes to zero, we recover Ry, and the thermaliza- 
tion length is of order e~?. Now suppose that we let e go to 
zero keeping y strictly smaller than One. We recover a situation 
which is quite similar to Ryy with a complete redistribution term 
at line centre and an almost coherent emission in the wings; the 
thermalization length is in this case of order e~?. 


7.2. Impiications for Numerical Solutions. 


First we consider some approximated forms of the redistribu- 
tion functions which have been frequently used in the astro- 
physical literature. If one approximates R; and Ry; by CR, the 
relative errors in the source function at large optical depths are 
of order (—Ine)~* and e, respectively. This justifies, as 
introduced by Finn (1967), to simply replace Ry; by CR. 

For Ry, far from boundaries, we saw that the angle- 
dependent redistribution function may be replaced by its angle- 
average version. Numerical calculations by Milkey et al. (1975) 
and Vardavas (1976a) have indicated already the validity of this 
approximation at small e. 

To simplify numerical work with Ry Jefferies and White 
(1960) have introduced an approximation, subsequently revised 
by Kneer (1975), which reads 


Ru(x, x) = (A — E(x) h(x) A(x’) + E(x) bO8(X — x’) (7.2) 


where &(x) is roughly zero at line centre and unity beyond a 
couple of Doppler widths. The essential feature of this approxi- 
mation is that scattering in the wings is treated as coherent. 
However we have seen in Sect. 6.2 that Ry reduces to CS, i.e. 
frequency diffusion becomes negligible compared to spatial 
diffusion, only in the limit of frequencies much larger than 
e-/2_ Note also that if used to determine the radiation field 
inside a nebula, (7.2) would lead to incorrect scaling laws (see 
also Milkey, 1976). 

It is more difficult to discuss the validity of (7.2) as far as the 
calculation of emergent profiles from stellar atmospheres is 
concerned. Because collisions reshuffie the upper level of the 
transition, the redistribution function is not described by Ry 
but by (7.1). The approximation (7.2) makes the reemission of 
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wing photons look very similar to Ryy redistribution with a 
coherent reemission term at the absorption frequency and a CR 
term in the line core. We have noted above that (7.1) reminds 
strongly of Rry redistribution. The major effect of (7.2) is to 
increase this trend. Accurate calculations of line profiles 
certainly require the exact Rn redistribution, but for preliminary 
analysis, such as done by Canfield and Cram (1977) for the 
Mg I resonance line at 2852 A, the approximation (7.2) appears 
adequate. 

Finally, in the case of Riy, the asymptotic analysis suggests 
that at large optical depths one can replace the redistribution 
function in the observer’s frame by the redistribution function 
in the atom’s frame and use the simplified form 


b 2 a 
— $6) + Se 


b(x)d(x — x’) (7.3) 


Ry(x, x’) = 


which is a linear combination of CR in the core of the line and 


CS in the wings; in (7.3) a and b are the widths of the upper and 
lower levels of the transition and ¢ a Lorentzian of parameter 
(a + b) [see (5.2)]. 

Our asymptotic analysis allows also some remarks on 
existing methods of solution of the integral equation of transfer. 
To avoid solving the transfer problem with the angle and 
frequency dependent redistribution function, iterative method 
with CR as zeroth-order solution have been developed by 
various authors. The “iterative source function” method 
introduced by Avrett and Hummer (1965) and the “redistribu- 
tion perturbation technique’ (RPT) developed by Cannon et al. 
(1975) are of this type. Such techniques seem well adapted for 
redistribution processes of the CR type such as Ry, Ry; and Ryy. 
But for Ry, which has large scale properties drastically different 
from those of CR, this method may fail to converge, especially 
when ¢ is very small. The RPT method has been applied by 
Cannon et al. with apparent success to transfer with Ry. It 
should however be noted that, first a moderately small value of 
e has been used (107 *) and second that the method has not been 
tested with the exact form of Ry but with the approximation 
(7.2) which does not lead to diffusive behaviour. 

By way of conclusion we would like to stress that partial 
frequency redistribution, often thought to be a formidable 
problem with all the variables taken into account, actually 
simplifies drastically for small ¢ (away from boundaries and 
provided the thermal source function does not vary too rapidly). 
Indeed for all four scattering processes the source function after 
rescaling optical depths and frequencies depends on less 
variables than the original source functions: in all cases the 
angular variable disappears from the transfer problem and 
moreover for R;, Ry: and Ry the transfer problem reduces to a 
CR problem with only optical depth as independent variable. 
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Appendix A: The Asymptotic Form of R; (x, n; x’, n’) 


As explained in Sect. 3.2 the angle dependent redistribution 
function is sharply peaked around forward scatterings when 


frequencies of incoming and outgoing photons go to in 
the same way (see also Fig. 1). This suggests that the 
form of the redistribution function is a 6-function with 


and |x’| — 00 with |x|/|x’| = 1 of the integral 
d 7 
A(x, x’, n) = f a R(x, n; x’, n’)f(n’) 


where f(n) is a bounded test function. We examine first the q 
x and x’ of the same sign, say both positive. 3 

Following Hummer’s (1962) derivation of the angle-avera|} 
version of R; we recast (A.1) in the form 


exp (— x?) t dis *° g(cos y) 


bye Ue ray ee orthoses 7 


Ax, x3 1) = 
exp (—f2)[I + odd term in r]f(v) 


In terms of the variable t we have 


: t 
cosy = = — siny= 
a4 Lor 


mille 


where X = max (x, x’) and x = min (x, x’). It turns out that] 
direction n’ need not be explicit in terms of 4 and t. We consi 
now the limit e — 0 or equivalently h(e) — 00. From (B.13) 
have 

x = [In A(e)}!? 
and 

We note now that the major contribution to the integral (A 
is for ¢t values of order unity. Letting A(e) —- © in (A.3) leads 
n 2 n. (A 


Inserting now (A.6) into (A.2) and integrating over #% and f 
obtain to leading order in the limit A(e) — oo 


pe cea 


Cosi Tie: 


“ese a (A 


x 2V a 


For isotropic scattering g(1) = | and for dipole scatter 
g(1) = 3/2. Upon using (3.16) we can rewrite (A.7) for bi 
isotropic and dipolar scattering in the form : 
A(x, x’, n) = Ras(x; x’) f(m) (A 


where Ras is the asymptotic form of the angle-averas 
redistribution function. 

For x and x’ of opposite signs the analogue of (A.6) 
n’ ~ —n. Hence the asymptotic form of R;(x, n; x’, n’) for 
and |x’| co with |x|||x’| = 1 given in (3.15). 


Appendix B: Leading Terms of the Mean Source Function and 
its Fluctuation 


It is necessary for the purpose of the asymptotic analysis to 1 
as in BFF 78 the profile ¢ as independent variable. We introdt 


S(7, g, n) = 4[S(z, x, n) at S(7, —X, n)] (B 
and the Jacobian function 


id) = |2¢dx/dd]. B 
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sufficient to consider x positive since the intensity and 
; function are symmetric with respect to line centre 
sd at x = 0. To preserve normalization we must have 


Y $ = Jf d(x)dx = 1 (B.3) 
re A = (0). For Doppler profile 


i= (-In $va)-2?, (B.4) 


/ mean value of the new source function S(r, ¢, n) is defined 


Pons 


b= [Pf agidse, 4, m. (B.5) 


introduce 

#+z-n. (B.6) 
usual is positive for photons moving towards decreasing r. 
a stratified atmosphere the radiation field is azimuthally 
tropic; we could make use of this symmetry to choose p as 


gular variable; it is more convenient however to keep n. In 
ms of the variables ¢ and 7 the scattering operator & may be 


Sheds . AG! dr’ | a AD Re, > ¢’,n’) 
-S(7’, $’, n’) exp ie ich ‘i ear 


‘ 
f ; -S(7’, ’,n’) oe ee) or sa 
i (B.7) 


b, n; 9’, n’) = $[R(x, n; x’,n’) + R(x,n;-|x’|,n’)]. — (B.8) 


ading Term of the Mean Source Function 


assume that the leading term in the expansion for the mean 
fee function S$ is given by (3.7). This assumption will be 
ified in Appendix C. Averaging (B.7) as in (B.5), using the 
malization of R(x,n;x’,n’) and replacing S(7,¢,n) by 
) we obtain after integration over azimuthal angles 


8) = [5 afore | S(7) (exp —[r" = =f Z). 


(B.9) 


‘Tecognize in (B.9) the scattering operator for CR. The 
‘totic properties of CR have been investigated in Paper 
ie main results are recalled in Sect. 3.2. 


. Leading Term of the Fluctuation S, 


as: that the leading term of S, is given by (3.9). This 
umption is justified in Appendix C by showing that the 
ond term in (3.5) is of higher order than the first one. The 
lor (1 — e) which goes to unity when e —> 0 can be omitted. 


source function we make use of the normalization of the kernel 
to write the integral equation with the kernel K,(7 — 7’) 
operating on the difference [S(7’) — S(r)] (see Eq. 2.1 of Paper 
III). One can then replace Ki(7 — 7’) by its asymptotic form 
proportional to (rt — 7’)~?, within a logarithmic correction, and 
obtain a finite limit for the source function when e— 0. A 
similar algebraic transformation must be performed to deter- 
mine the leading term of the fluctuation S,. Upon using the 
normalization of the redistribution function we can recast the 
equation for the leading term of S, in the form’ 


Sign = I Te | ae EE Re, 5 $’,n’) 
+ f 150’) — Steylexp | - (r’ - “ 
+ LF w AP Ra : $/,m) 


{i [S(r’) — S(7)] exp [-c — 7’) | ve 


~ Siryexp (=7 )\ - tau fav16 
{7 [S(r’) — S(x)] exp (- hf pe a “ 
Stryexp (--£)} (B.10) 


We introduce now in (B.10) the rescaled variables 7 = 1/A(e) 
and ¢ = ¢h(e) and let h(e) go to infinity at fixed 7 and ¢. 

The major problem is to find the asymptotic form of the 
redistribution function 


abe n; sas n’) 


in the limit e —- 0. We first express x and x’ in terms of 4, ¢’ and 
e. For Doppler profile we have 


x= + (-In Va ae te 


Expanding (B.12) in terms of A(e) we obtain to leading order 


feel es? xe nite) 
We show in Appendix A that in the limit |x| and |x’| — © with 
|x|/|x’| & 1, the asymptotic form of R;(x, n; x’, n’) is given by 
(3.15). Upon using (3.15), (3.16) and (B.8) we obtain to leading 
order 
¢ ¢ ‘ _1_ min, $) 
4 


icy ™ ie") = 4i@dn hey? 


(B.11) 


(B.12) 


(B.13) 


[Sm + n’) + d(n — n’)]. 
(B.14) 


We replace now S(r) and the Jacobian j(¢) by their leading 
terms S(7) and (In A(e))~?/? respectively. We note that the 
dependence on the angular variable n’ is only through p’ = 
—z-n’ and that for an arbitrary function /(|’|) one has 


- c -[3(a + w’) + 8a — n)1S(u'1) = flu) (B.15) 


*>0 
‘<0 
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Keeping only the dominant term we obtain in the limit A(e) — 0 


12 .,min@, ¢) 
Suz, $1 SH) “i Sata 
-| { 59 - Sexe (= 17" = 4 o\ ee 
¢ 
— SF) exp hese (B.16) 


Only the two first terms in (B.10) contribute to (B.16); the third 
term is of order 1/[A(e)(In h(e))'!?] and goes to zero faster than 
1/In A(e) when e — 0. The integration in the variable 7’ can be 
performed explicitly and leads to (3.17). 


Appendix C: Consistency of the Perturbation Analysis for Ry 


The problem is to check that in the equations for S, and S, 
written symbolically in (3.5) and (3.6), the second terms, 
(Y — L)(S,) and e~1L(S,) respectively, are of higher order 
than the first ones. 

We first consider “(S,). To perform the asymptotic analysis 


of L(S,) it is necessary to have the CR integral operator acting 
on the difference [S,(7’, $’, n’) — Si(7, $’, n’)]. Making use of 
the property that the fluctuation S, is of zero mean value we 
can write Y(S,) in the form 


As) = fF om’) — Silz, $4,n)] 


vee [-« i) rd ‘ A 47 9 
[F150 89) - Sur $09) 
-exp | - (7 — 1) ei Se 


— Su, $', w) exp (= £)] (C.1) 
We introduce now in (C.1) the rescaled variables 7 and d. 
Making use of the evenness of $1(7, 4, n) with respect to p (see 
Sect. 3.2) we obtain to leading order in the limit « > 0 


L(S;) = e apo A2(7)] (C.2) 
where : 
(7) = D2 fod Le J 18’, $’, 0’) 
Y ae Wage 

4G, #, mL exp (—17 - 7 ak dg (C3) 
and 
Aa) = | sau | Wat eB unexe (-#5) (C.4) 
We have introduced an ‘‘undimensional”’ fluctuation 
5,(7, 6, n) = (—In e)§,(7, 4, n) (C.5) 


to have A, and Az of order unity. 


We consider now ¥(S)). It is not necessary this 
transform (B.7). Proceeding along the same lines, and r 
use of the asymptotic form. of Ry we obtain to leading ord 
the limit e —> 0 


L(§,) = (—In e)~2A(, f, n) 


where 
= al ile ming. $9 
46 0 |u| 0 ‘ 
~s ~ $’ ~~ Ts 
-exp (-17 = t| Fy) iGo 8 ||). 


Equations (C.2) and (C.6) show immediately that the se 
terms in (3.5) and (3.6) are of higher order than the first 
To be sure that (C.2) and (C.6) are of the order in e expli 
shown, we must check that the multiple integrals A,(7), 4 
and A(z, d, #) are finite. This verification is given in Appeét 
D. } 


Appendix D: Convergence of some Integrals for the R; case 3 


The problem is to check that the multiple integrals A,(7), A 
and A(7,¢4, ~) introduced in Appendix C are finite. We $ 
make use of the asymptotic behaviour of 5; (or equivalently 
for ¢ and 7 going to zero and infinity discussed in Sect. 3.3. 
simplify notations we shall omit tildes. 
D.1. Convergence of the Integral A2(7) 


When ¢—> © the function S$; varies like 6-1 and when ¢- 
it varies like (—In d). Hence the integral A.(r) is finite. 


D.2. Convergence of the Integral A,(r) 


We introduce the integral over the variable ¢’: 
Q(7, 7’, pw) = S [si(7’, ¢’, B) si(7, ’, #)] 
-exp (= [7 = | f) say eG 


and consider its asymptotic behaviour for 7’ -> «0 and r’ — 
This will then allow us to examine the convergence of 
integral over optical depth. There is no convergence prob 
for the integration in the angular variable; for simplicity 
may choose p = |. 
D.2.1. Behaviour of Q in the Limit 7’ — oo 
We introduce the variable 
is SN (I 
We have the estimate 

“) 


1 eo 
= J u exp (- 
alr, =; H) || (I 


[lease 


In the limit 7’ — 00 we may neglect 7/7’ compared to one. F1 
the discussion in Sect. 3.3 we deduce 


Isi(z, $, | S M| “In (S ) | fi 


|O(7, 7’, 4)| S 


(D.5) 
uy Behaviour of Q in the Limit 7’ — 0 
make now the change of variable 
na — r\¢’. (D.6) 
have the estimate 
a --< ,, 
if »MI Ss j du oF (7 > |r’ = z|’ ) | 
{ 
* . 
/ me si(7, ae ) } (D.7) 


the limit 7’ 0 we may neglect r’ compared to 7. Upon 


ng (D.4) we obtain for 7’ —~ 0 at fixed 7 and » 
7 (D.8) 


T, 7’, #)| = M”|\(—In 7’)| 


re M” is a positive constant. Upon using (D.5) and (D.8) we 
a7 straightforwardly 


(D.9) 


3 ser renie of the Integral A(r, >, 1) 


> note that with respect to the integration in the variable - 
e} ail mAG7T): Le. 


javes asymptotically for ¢’ — 0 and ¢’ — - like the kernel 
(C.3). The convergence of A(z, ¢, 1) follows thus immediately 
that of A(z). 


E: A Rewriting of the R,y Redistribution Function 


the purpose of the asymptotic analysis we have decomposed 
into a complete redistribution term around the central 
quency, a coherent scattering term and a “‘correction” term 
oted @(x, x’). Subtracting (5.4) from (5.1) we obtain 
Peay = ol. — x] 


x, x’) = Hx, x’) + — (E.1) 


ab a 
Sema? Fab 7? 


| + a ppl + a + BHP INC — x(x). (E2) 


i functions Wand 4, defined in (5.2) and (5.3), are normalized 
unity. To determine the leading term of the Ry source 
action we need the leading term of integrals of the form 


(E.3) 


B(x, x’) f(x\dx’ 
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where f(x) is a given bounded function (the integration over 
frequencies is from —® to +). Upon using the normalization 
of ¥ and Eq. (E.1) we may rewrite (E.3) as 


f Cx, x YWfxdx’ = J Dx, x f(xdx’ + ar f Vix —ix9 
Th’) — fx)dx’. 


We introduce now the rescaled frequency * = x/y(e) [See 
(F.9)]. From (E.2), (5.2), and (5.3) we obtain to leading order 
in the limit e ~ 0 


(E.4) 


Neo 2ab XfIX’x(6)] — X FLEX] Ip 

JC x Nord = I Pl ga 
(E.5) 
The integral in (E.6) is convergent for X’ > 0 and %’ — 0; the 


contribution from xX’ x X will be finite if, say, fis twice con- 
tinuously differentiable. 


Appendix F: Perturbation Around Complete Redistribution for 
Ry 


We proceed exactly along the lines of Sect. 3.1. We introduce 
the mean value X(k) of &(k, x) and its fluctuation ©,(k, x) 
defined as in (3.1) and (3.2). The equation for © is 


X(k) = eB+ (1 — e)= 2 5 


Py ae ts 2 a 
-f Dik, $)¢'dx’ + (1 - ) — 
-f Dalk, x) Dk, $)¢’dx’. 


D(k, ¢) is defined in (5.11). The correction term does not enter 
in (F.1) because of (5.6). The equation for %, is 


(F.1) 


Dik, x) = (1 — ©)2(k) f C(x, x’) Dk, d)dx’ + (1 — 2) 


-f C(x, x JEi(k, x) Dk, dx’. (F.2) 


F.1. Leading Term of E(k) 


We assume that the leading term of = is given by (F.1) where we 
have dropped the term with ©;. We use the profile ¢ as indepen- 
dent frequency variable and introduce the rescaled quantities 

k=khe), $= $h(e), (F.3) 


where the factor A(e) is still to be determined. We denote by 
2(k) the leading term of E(k). We obtain 


6 aa sk 1/2 ® oh Abas 
2(k) — Bk) = —e7* = eau pat — Atk, $)] 
a q( -1 
[75 4n9] ra 
where 
4 bint Fay : 
Atk, $) = F tan (3). (F.5) 


The integral in (F.4) is finite since the integrand varies like 
$-*/2 for 6—> 0 and like $-°!? for 6 > ©. We note that we 
would also have obtained (F.4) if we had neglected the terms of 
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order ¢ in (5.9) and (5.11). The rhs of (F.4) has a finite limit 
when e — 0 if 


h(e) ~ (a + be ?. (F.6) 


We recognize in (F.6) the thermalization length for CR with 
Lorentz profile. Making in (F.4) the change of variable u = ¢/k 
we obtain 

Bi} 


——5 (F.7) 
1 a Crh 


X(k) = 
where C is a constant of order unity which can always be 
incorporated in the scaling factor. Eq. (F.7) is the Fourier 
Transform of the singular integral equation (4.7). It holds for k 
of order unity, i.e. k of order e?. 


_ F.2, Leading Term of the Fluctuation 4 


We assume now that the leading term of 2 is given by 
Ex(k, x) = Uk) f F(x, x) Dik, dx’ (F.8) 


where the operator @(x, x’) is defined in (E.1). It turns out that 
the asymptotic analysis of (F.8) is more easy if we keep the 
frequency as independent variable. This alternate choice of the 
variable which labels the photons is possible because the 
asymptotic form of the profile is a power law in frequency: 
rescaling the profile amounts to rescale frequencies. Introducing 
in (F.8) the rescaled frequency 

X% = x/y(e) with yx(e) ~ [A]? ~ €7?, (F.9) 
the rescaled variables d and & and using the asymptotic form of 
€(&x(e), X’x(e)) for e — 0 determined in Appendix E we obtain 
to leading order in the limit « — 0 


~ pe 2ab dx’ 
x(k, %) ~ e ———— armnes X(k)P f v@— x) 
[eD(k, $) — x DE, $)] (F.10) 
where P stands for Cauchy Principal Part and 
Dek, $) = 4k, H[1 - 2 46,8] (F.11) 


Dk, d) is a bounded function indefinitely differentiable; this 
suffices to insure that the integral in (F.10) is finite (see Appendix 
E) and 2, effectively of order «. We have thus in the limit e — 0 


X(k, x) x XA). (F.12) 


The function = has the large scale behaviour of a CR source 
function with Lorentz profile. 


F.3. Consistency of the Analysis 


We must now check that in (F.1) the term with ©, is of order 
higher than e and that in (F.2) the term with 2, divided by e 
goes to zero when e — 0. Upon using the asymptotic form of 
€(x, x’) given in Appendix E and (F.10) we obtain in the limit 
e—0 


[fO(x, x)Ea(k, x’) D(k, $’)dx’| < ©2M, (F.13) 


and 
Pal Xx(k, x’) Dk, $')b’dx’| < eMe 


where M, and Mz are positive constants. Equations (F. 
(F.14) prove the validity of the asymptotic analysis. 
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Summary. Atmospheric parameters are derived for the very 
cool DA white dwarf G128-7 (Gr283). The best fit to the models 
yields Ter = 5800 °K, [M/H] S —4,¢ = nye/ntot S 0.2, log g = 
8.5 + 0.2. Thus G128-7 apparently has a hydrogen rich and 
extremely metal poor atmosphere, similar to hotter DA stars. 
The deduced high surface gravity is a consequence of the 
shallow Ha« central depth measured with two different spectro- 
photometric systems. Great sensitivity of this profile for log g = 
8.0 is found because of the implied formation of molecular 
hydrogen and its effects on the temperature stratification; at 
higher Terr, the molecule formation is unimportant and the 
H-lines show little gravity dependence. 

The dominance of non-DA spectral types for a sample of 
nearby, well observed white dwarfs with 13.0 S M, S 14.9 
(i.e. 5000 S Tears S 8000 °K) leads us to conclude that the 3:1 
ratio in favor of hydrogen atmospheres for hot white dwarfs 
is not preserved as the stars cool; this is evidence that convec- 
tive mixing of the outer hydrogen layer has occurred for some 
but not all stars. Results of recent theoretical investigations 
suggest that the surviving cool DA stars have larger initial 
hydrogen layer masses (21071° Mo.) or higher than normal 
stellar masses. The latter possibility would be consistent with 
our inference for a higher than normal surface gravity in 
G128-7. 


Key words: white dwarf stars — stellar abundances — line 
profiles 


I. Introduction 


Only a few DA white dwarfs are known with Tors S 6000 °K. 
In fact, the Balmer lines at such low temperatures are so weak 
that they are likely to be detected only in the brightest, best- 
observed cases. Likewise, the studies of the cool DA stars 
have lagged considerably the detailed investigations of the 
atmospheric and stellar parameters of hotter DA stars. 
G128-7 was one of the earliest discoveries of a DA star near 
the low temperature limit for Balmer line detection. It was 
classified DAs,wk (sharp, weak H lines) by Greenstein (1970), 
who listed it as Gr 283. Later, lower resolution multichannel 
observations (Greenstein, 1976) failed to detect the weak H 
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lines found photographically; instead, a possible Ca 1 feat 
was reported and Greenstein assigned a DF spectral classifi 
tion. The reality of the weak Balmer lines was affirmed 
image dissector scanner (IDS) observations with the Lick 3 
reported in Liebert et al. (1975). The greater strength of | 
relative to higher Balmer lines shown by the, IDS scans und 
scored the difficulty with identifying cool stars with hydrog 
in their atmospheres, since most survey work has been de 
at bluer wavelengths (or low resolution). It is likely thereft 
that some cool hydrogen-atmosphere white dwarfs have be 
incorrectly given non-DA spectral classifications, thus diste 
ing the relative numbers of cool DA and non-DA degenera 
(e.g. Sion and Liebert, 1977). We examine this issue furtl 
in Sect. IV. An important case-in-point is the bright South 
Hemisphere star BPM 4729, first classified DC by Bell a 
Rodgers (1964) and peculiar by Wegner (1975). Very recent 
Wickramasinghe and Bessell (1979), using excellent A, 
3.9-m spectrophotometry, found the object to show only vi 
weak Balmer lines — a very cool DA star! These auth 
derived a temperature of 5500°K for BPM 4729 and fou 
5000 °K to be the practical detection limit for Balmer lines i 
very well-observed star. 


II. Basic Data and Model Procedures 


As discussed in the Introduction, a variety of observatio 
data are available for model atmosphere fitting of G128 
we summarize the relevant data in Table 1. Broad inter 
colors derived from the Lick IDS and Steward Reticon sc: 
are not expected to be comparable in accuracy to the broadbs 
photoelectric and multichannel photometry. The IDS d 
were a composite of four separate short observations, th 
covering the Ha region; the Reticon observation is a sir 
scan obtained for the purpose of confirming the IDS obser 
tional profile. The Ha line has an equivalent width of 5.5 
0.5 A; HB measures ~1 A near the noise level of the IDS di 
Only one IDS observation covered the Can H & K regi 
and the response of the IDS system is poor below 4000 
Thus, while there is no evidence for Ca lI in this data, we 
not take this as strong evidence against the reality of Gre 
stein’s (1976) H & K detection. Rather, the possible existe 
of weak Cam is used to calculate the maximum Ca/H ab 
dance in:G128-7. In any case, the spectrophotometry sho\ 
no evidence for Ca 1, Hy or any features other than He and | 
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bi. Basic photometric and astrometric data for G128-7 


roadband photometry 
| Eggen (1968) 
| V = 15.55, (B — V) = +0.67,(U — B) = —0.16 
) Routly (1972) 
| V = 15.52, (B — V) = +0.61, (U — B) = —0.10 
} C. Dahn in Liebert et al. (1979a) 
V = 15.51, (B — V) = +0.64, (V — Deu = +0.66 
Multichannel colors — Greenstein (1976) 
{u — b) = 0.74, (6 — v) + 0.51, (g — r) = 0.53, 
(g — i) = 0.60, (r — i) = 0.07 
ipectrophotometric scans 
) IDS data covering AA3800-7000 at 8 A resolution — Lie- 
bert, Angel and Landstreet (1975) 
)) Steward intensified Reticon scan at 5 A resolution cover- 
_ ing AAS600-7500 — this paper. 
Parallax results ‘ 
i) USNO — Routly (1972) 
| Ie: = 07049 + 0.005, M, = 13.97 + 0.22 
>) Yerkes — Van Altena and Vilkki (1973) 
TI,,, = 0043 + 0.009, M, = 13.71 + 0.61 


For the numerical calculations we used the code described 
Wehrse (1975), modified in the following respects: 
1. The program now permits the construction of convective 
blanketed models within the framework of the mixing- 
gth theory. The temperature correction algorithm is the 
1e as that used previously for the line-free models. In order 
facilitate the investigation of the composition dependence, 
matrix formalism for the evaluation of Vaa (Wehrse, 1977a) 
; employed. Py 
2. For monochromatic optical depths 7, > 10 the mean 
snsity was set equal to one-third of the derivative of B, 
ich is evaluated by the derivature of a Lagrangian interpola- 
n polynomial of degree 2. These approximations introduce 
Significant error, but make the program much faster since 
ny time-consuming computations of integral exponential- 
tions can be avoided. 
3. The hydrogen lines La to L7 and Ha to H18 were taken 
9 account in the entire iteration process. In addition the 
ong metal lines— Na 1D; Mg 1A 3829, A 3832, A 3838, A 5167, 
172, A 5183; Ca1 A 4226; Ca H and K; Fe1A 3734, A 3758, 
763 — were included in order to provide a check of the 
ibility of metals. 
4. In the calculation of the La to LS and He to Hé lines, 
th Stark and resonance broadening are included such that 
he core the Stark profile (Edmonds et al., 1967) was em- 
whereas in the wings a Voigt profile was taken to be 
m Of yres (Cayrel and Traving, 1960) and yy.4.waais for He- 
ms as perturbers (Unsdld, 1955). The transition from one 
file to the other was made at A2,, for which the absorption 
ficients for Stark and resonance + v.d.Waals broadening 
equal. Wickramasinghe and Bessel! (1979) emphasized the 
minant role of self or resonance broadening of neutral 
drogen for Ha and Hf in BPM 4729. The importance of self 
adening for the H-line strengths of cool DA stars was first 
cussed by Weidemann (1963). Wehrse (1977b) noted that 
» resonance broadening is the principal cause of the steep 
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Fig. 1. Two sets of observational spectrophotometry are com- 
pared with several theoretical profiles of the Ha line in G128-7. 
The solid dots are ~8 A resolution Lick IDS data from Liebert, 
Angel and Landstreet (1975); the open circles are Steward 
Reticon data smoothed to ~8A resolution. The figure key 
identifies the respective model profiles, which have been filtered 
with an 8A gaussian function to represent the instrumental 
resolution of the IDS data 


Balmer decrements in such cool DA stars, since the damping 
constants are proportional to the transition probabilities. 

5. For comparison with the observations, the theoretical 
Ha profiles were folded with a Gaussian profile of 8 A half- 
width in order to simulate the IDS instrumental broadening. 
The Steward Reticon observation at ~5 A resolution was also 
folded with this function for comparison (Fig. 1). 

6. The spacing of the frequency points was 10A in the 
ultraviolet and visible spectral regions. For wavelengths at 
which only a small fraction of the flux emerges, the spacing 
was increased up to 1000A in the far infrared. Three addi- 
tional wavelength points were added for each spectral line. 
Two were added at wavelengths one halfwidth at Toont = 0.1 
either side of the line center, and a point was added at the 
wavelength of the line center + 0.1 A. The 0.1 A shift was 
introduced in order to avoid complications for hydrogen lines 
lacking a central component; for these, the assumption of ‘pure 
Stark broadening yields a line absorption coefficient of zero 
exactly at the center. 


III. The Theoretical Fit for G218-7 


a) The Temperature and Metal Abundance 


The effective temperature of G128-7 is effectively constrained 
by the multichannel energy distribution. For a metal-poor star, 
it was evident that Te, < 6000 °K from the grid of hydrogen- 
rich models computed by Wehrse (1977b). The upper limit to 
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the metals (assuming solar metal ratios) for a marginally- 
detected Ca 11 line is about [M/H] = —4. The remaining un- 
certainty in [M/H] below this upper limit has little effect on 
the emergent energy distribution, since there is very little 
blanketing and the H~ continuous opacity is supplied by 
electrons from hydrogen. 


b) The Helium Abundance and Surface Gravity 


The energy distribution is not very sensitive to modest changes 
in the helium abundance and surface gravity. Likewise, it has 
normally been difficult to obtain useful constraints on ¢ = 
Nye/Mto, and log g from the profiles of hydrogen lines for cool 
white dwarfs (e.g. Shipman, 1972; Hintzen and Strittmatter, 
1975). There is not much gravity dependence because both 
the line opacity and the continuum (H~) opacity depend 
linearly on myn. Likewise, the significant presence of neutral 
helium as an inert and essentially transparent gas can only be 
determined by indirect effects, i.e. by the caused increase in 
pressure at a given optical depth. However, the effects of 
increasing e on the P, 7, 7 stratification and on the profile of 
Balmer lines are generally modest and similar to the effects 
of increasing log g. 

Fortunately, the calculations indicate that G128-7 has a 
low enough temperature that (1) convection begins at modest 
optical depth in the atmosphere, and (2) significant Hz. mole- 
cule formation may occur in the atmosphere. 

These circumstances provide greater sensitivity in the Ha 
profile to e and log g in the following way: A consequence of 
H, formation in the convective part of the atmosphere is a 
lowering of the adiabatic gradient, and hence of the true 
gradient. Both may be reduced drastically from the normal 
monoatomic gas values near 0.4 to as low as 0.13 (for these 
calculations). However, as hydrogen is replaced by helium 
(increasing e), the contribution of Hz to the entropy decreases 
and the gradients are increased towards 0.4. However, an in- 
crease in the surface gravity forces more Hz formation and 
now works oppositely to an increase in e«. Furthermore, the 
effect on the atmospheric structure is so great that the slope 
of the energy distribution — particularly the red colors — is 
also affected. 

Combining the effects on (1) the red continuum and (2) 
the line profile — particularly the central depth — of Ha, we 
were able to make a unique determination of log g, e and Tor. 
Figure 1 shows the emergent theoretical profiles for a number 
of gravities and helium abundances compared with the ob- 
served (IDS and Reticon) profile. The theoretical profiles to 
e = 0.1 and log g = 8.0 or 7.5 do not differ much due to the 
compensating increase of line and continuum opacities (dis- 
cussed previously) and little molecule formation. For log g = 
8.5, however, substantial H. formation flattens the temperature 
gradient and the central depth of the line decreases signifi- 
cantly (reaching a closer fit with the observations). 

The shallower Ha central depth can also be achieved by a 
drastic increase in e. For log g = 8.0, the observed profile was 
fitted for « = 0.8 (from interpolation between models with 
e = 0.5 and 0.9). However, this drastic increase in helium can 
be ruled out by the colors, e.g. we would have discrepancies 
of 0.06 mag in (U — B) and 0.09 mag in (g — i). In addition, 
no energy distribution fit for any Tz, can be achieved for this e. 
A number of additional models were calculated in which we 
tried different combinations of log g and e. Since line blanket- 


ing is unimportant, we took into account only He to Hé 
the 14 strongest metal lines, the latter serving as a check] 
the metal abundance had been sufficiently reduced. 


c) The Best Fitting Model: Constraints and Uncertainties’ | 


We obtained a best fit for the following parameters: 
Terr = 5800 + 200 °K 
logig, =23i55-2 Or 
e502 


[M/H]‘< —4 iy | 
The constraint in favor of the high surface gravity thus oo 
primarily from theobserved central Ha depth. In order t 
this (small) depth, without invoking such high e values” 
the energy distribution can no longer be fit, the gravity 1 
be =8.3. While the shallow Ha central depth thus pre 
that Hz molecule formation is important in G128-7, the md 
energy distribution in the infrared predicts only a small ef| 
at JHK colors due to the Hz dipole opacity; likewise | 
models of Mould and Liebert (1978) predicted no import 
infrared effects from He for Terr = 5000 and log g ~ 8.0. | 

One reservation regarding the theoretical accuracy of 
Ha line profile should be stated: The theory for self-broader 
of hydrogen (see Wickramasinghe and Bessell, 1979) ; 
neutral helium collisional broadening (in the case of higl 
may be somewhat uncertain at these high gas pressures. 
fact the observational data (Fig. 1) may suggest a sn 
asymmetry between the two wings. st 


d) Comparison with Other Results 


Shipman (1977) fitted multichannel energy distribution 
several cool DA stars to pure hydrogen atmosphere mod 
obtaining Ter, = 5690°K for G128-7. This is in reasona 
agreement with our suggested 7.;;. We note also that Wi 
ramasinghe and Bessell (1978) estimated a temperature 
~5500°K for BPM 4729, a star for which they measure: 
weaker Ha line than our result for G128-7. They also dedui 
for this star an upper limit to the metals of [M/H] < —4. 

Shipman used his slightly lower temperature in conjunct 
with the stellar parallax measurements (Table 1) to deduc 
surface gravity significantly below 8.0. However, the unc 
tainty of such a small parallax II < 0’05 does not preclt 
the modestly lower luminosity required by our higher surf 
gravity. 


IV. G128-7 and the Evolutionary Role of Cool DA Stars 


a) Implications of the Atmospheric Parameters of G128-7 


The conclusions in Sect. III confirm that G128-7 is b 
hydrogen-rich and extremely metal poor. In these proper 
it is generally similar to hotter DA stars, even the very | 
DA star HZ43 (Auer and Shipman, 1977; Wesselius 
Koester, 1978; Malina et al., 1979) for which tighter abundai 
constraints have recently been obtained. 

The surface gravity we have derived, however, appears 
be significantly larger than the means for hotter DA st 
recently found by Koester et al. (1979) and Shipman (197 


r quote <log g> = = 7.926 or 8.092, depending on 
th BG rats or Tiig calibrations of Vega are 
Moreover, they found that the dispersion in log g is 
maller than the +0.15 Weidemann (1971) originally 
ed from Graham’s Strémgren colors. These results would 
‘only a very small probability of a single DA star having 
= 8.5. Wehrse (1975) previously found a somewhat 
er <log g> = 8.3 for a small sample of cooler DA stars. 
Mn is attributed by Koester et al. to Wehrse’s use 
= —2, rather than a value as low as —4. Bessell 
| dee (1978) suggest that a systematic apparent 
ease in logg for cool DA stars might result if instead 
helium-to-hydrogen ratio were increased due to mixing. 
argument applies to the result presented here for 
-7. More importantly, Bessell and Wickramasinghe 
2d a much larger dispersion for all DA surface gravities 
0.4), from southern Strémgren photometry and Greenstein 
( el colors. However, Koester et al. and Weidemann 
dispute this assessment, attributing it to (1) systematic 
‘in the Australian Strémgren system, and (2) the use of 
n matic Greenstein magnitudes from Greenstein (1976) 
her than the full sets of multichannel data in transforming 
er-interval Strémgren filter functions. In any case we 
Ist conclude that, if our fit to G128-7 is correct, this star 
surface gravity significantly higher than the mean for 
DA white dwarfs. 


Relative Numbers of Cool DA Stars 


1 the difficulties and selection effects inhibiting the 
ctroscopic identification of cool, hydrogen-atmosphere 
dwarfs were mentioned. Indeed, the growing numbers 
irly cool DA stars and the case histories of the two bright, 
Observed stars BPM4729 and G128-7 indicate that cool 
tars are not rare among white dwarfs. The evolutionary 
al the cool DA’s could be made more clear, however, if 
could estimate their relative numbers. For hotter white 
fs — i.e. specifically for M, = 11.75 — Sion and Liebert’s 


R.A. Dec. 0 

0-46-31 +509 0.239 

4-26-00 +5853 0.176 

4-35-24 —8 53 0.107 

: 5-52-40 —409 0.156 

5-53-57 +522 0.124 

7-38-00 -1717 0.142 

4729 = L97-12 7-52-48 —67 38 0.173 
11-42-54 — 6434 0.206 

23-59-36 —43 25 0.122 


are given for epoch 1950.0 


(3) Spectral type from Wickramasinghe and Bessell (1977) 
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-(1977) accounting of the spectroscopic sample showed the 


DA’s to outnumber DB’s and DO’s by 106 to 36 or very 
nearly 3:1. If such a ratio held for cool degenerates, it would 
suggest that the hydrogen atmospheres generally survive intact 
as the stars cool, notwithstanding the formation of deep 
convective envelopes. 

Despite the difficulties with the total spectroscopic sample, 
it is possible to examine a small, well-observed sample of cool 
stars to test whether the DA/non-DA ratio changes. We sug- 
gest consideration of the known stars within 10 pe of the Sun 
having 13.0 < M, < 14.9. This list is given in Table 2. The 
bright limit corresponds to T.;, ~ 8000 °K (very roughly, since 
Ter: differs for helium and hydrogen atmospheres at a given 
M,). While M, = +13 is an arbitrary choice, the nearest 
excluded objects are ~ 0.8 mag more luminous in M,.. The low 
luminosity limit corresponds to the approximate 5000 “K tem- 
perature limit for Balmer line detection; the lowest luminosity 
included stars are DA. We omit the cooler DK stars LP658-2 
and. Wolf 489 with M, > +15, though if these have helium 
atmospheres their optical/infrared colors actually fit Tag 2 
5000 °K according to Mould and Liebert (1978). We have 
omitted Procyon B from consideration, since it (1) is in a close 
binary, (2) has an unknown spectral type, and (3) has a very 
uncertain luminosity near M, ~ +13. Likewise, the polarized 
DC star G195-19 with M, ~ +13.86 is not considered be- 
cause its magnetic field is probably strong enough to have 
obliterated any Balmer features (e.g. Angel, 1977). However, 
the weaker magnetic DA star G99-47 is included. 

The sample yields 5 stars with non-DA types, and only 
3 DA’s. It is important to note that all five non-DA’s may be 
regarded as well-observed, certain to have helium dominated 
atmospheres. In particular, one of the authors has verified 
that vMa2, Stein 2051B, L745-46A and also Wolf 489 and 
LP658-2 show no detectable He — though only the last two 
(omitted) stars have such a low temperature that this is crucial. 
Likewise, the C2 stars have published spectral tracings showing 
a lack of Balmer lines and CH bands. Thus, if we regard this 
group as a random sample, they may be tested against the 


a 
ile 2. White dwarfs within 10 pc and having 13.0 < M, < 14.9 


M, V Spectral Ref. 
Type 
14.26 12.37 DG : 
13.68 12.45 DC 1 
14.10 13.77 G 2 
15.42 14.45 DK 1 
14.59 14.12 DAP 1 
13.77 13.01 DF 1 
45:2: 14.09 DAs is 
13.10 11.50 C, 3,4 
13.48 13.05 DAs 1 


(1) Data taken from the McCook and Sion (1977) catalogue or Liebert et al. (1979a) 
New parallax and photometry from Dahn in Liebert et al. (1979a) 


Spectral type from Bell (1962) and Wickramasinghe and Bessell (1977) 
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hypothesis that the cool white dwarfs maintain the same 3:1 
ratio in favor of hydrogen-dominated atmospheres that Sion 
and Liebert found for the large sample of hot stars. 

We present, therefore, an exercise in the probability of a 
discrete random variable. The binomial distribution 


n! 


Ree) = Pd m!(n — m)! 


may be used to evaluate the probability of finding m = 5 (or 
more) helium atmospheres degenerates out of a random sample 
of m = 8 cool stars. The assumed probability that any given 
star is non-DA according to the test hypothesis is p = 4, with 
q = 1 — p = 3. It is elementary to compute that P(8, 5) = 
0.023 and that the sum P(8, 5) + P(8, 6) + P(8, 7) + P(8, 8) 
is only 0.027. It is to be noted that our arbitrary decisions to 
(1) include the “special case” magnetic DA star G99-47 and 
(2) exclude LP658-2 and Wolf 489 could be favorable to the 
relative numbers of cool DA stars. We conclude that it is 
highly improbable that the hypothesis is correct for all cool 
stars in this M, range: The result provides evidence that some, 
but not all DA stars, evolve into helium atmosphere objects 
as they cool to ~ 6000 °K. 

We could of course have included other known well- 
observed white dwarfs at larger distances to increase the size 
of the sample. Even at modestly greater distances than 10 pc, 
however, there are also stars with less certain spectral types 
and absolute magnitudes. A systematic Ha spectroscopic 
survey and additional color measurements for known cool 
white dwarfs would be helpful in verifying our statistical con- 
clusion from the 10 pc sample and in determining the ratio 
of hydrogen-to-helium atmospheres among the cooler stars. 


c) The Consequences of Mixing for Cool DA Stars 


Several authors (Koester, 1976; Vauclair and Reisse, 1977; 
D’Antona and Mazzitelli, 1979) have investigated in detail the 
possibility of convective mixing of an outer hydrogen layer 
into an underlying helium envelope. It was generally found 
that the developing convection in the underlying helium layer 
is unstable to penetrate the u-barrier between the layers and 
hence unable to mix. Thus the mixing cannot occur in DA 
stars as hot as the DB temperatures, but must await the develop- 
ment of convection in the outer hydrogen layer at temperatures 
below ~ 11,000 °K. This conclusion now seems generally con- 
sistent with the empirical results. However, we wish to con- 
sider further the circumstances under which mixing occurs 
above Ter; ~ 6000 °K. ~ 

It is clear from the investigations cited above that the Tor; 
for hydrogen layer mixing depends primarily on two param- 
eters — the outer hydrogen layer mass My and the total stellar 
mass M,.:. At very low values of My (S10~1® Mo) the layer 
mass may be too small for hydrogen convection to develop 
effectively at all. While the star is predicted to remain strati- 
fied, the outer hydrogen layer becomes transparent at cool 
temperatures so that the inferred abundance would be helium- 
rich or mixed at best. The situation of greater relevance here 
are higher initial values 210~1° Mo. For Mict & 0.75-0.8 Mo 
both Koester (1976) and Vauclair and Reisse (1977) indicate 
that the hydrogen convection will not penetrate the u-boundary 
and mix the envelope until rather low temperatures (Tor: ~ 
7000 °K) are reached. The exact Ts, values were regarded as 


uncertain due to difficulties in treating the hydrogen i 
convection and the equation of state, particularly for the ed 
envelopes. D’Antona and Mazzitelli (1979) showed that 4 
penetration occurs at still lower Tor; for larger values of 
and it appears that My, as large as 10-*-10~* Mg is possi 
from general evolution calculations — see also Vila and Sif 
(1976). The three papers also indicate that an increase in M 
(and hence log g) may also postpone or prevent the mixin : 
see especially Fig. 3 of D’Antona and Mazzitelli. i) 
The theoretical work on convective mixing in cooling ¥ 
dwarfs suggests that those cool DA stars surviving 
(unmixed) hydrogen atmospheres likely have larger 
(2107?° Mo) layers and/or larger M,., than those stars w 
are converted into cool helium atmosphere cases. Thus 
possibility that G128-7~has an abnormally high total 
and surface gravity is consistent with its being one of 
surviving cool DA stars. ! 
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Summary. Following a previous study (Collin-Souffrin et al., 
1979) we investigate the relative intensities of the visible and 
UV lines of the intense Fe 1 spectrum of type 1 Seyfert galaxies 
and quasars. A 9-level atom is used in the computation of the 
line intensities and relatively accurate collision strengths are 
computed as we devote particular attention to the collisional 
excitation mechanism. We confirm that the excitation mechan- 
ism is collisional: we show that, in addition to the drawbacks 
mentioned in Paper I, if the excitation was radiative, the line 
intensities would be too small compared to the observations. 
We find that relative intensities of the Fe m lines and of the 
Mg u 2798 line are well accounted for by an emission region 
with 107° < nm, S 101? and 7500 S T,. S 10,000 °K. The op- 
tical thickness in the UV lines of Fe 1 is large (~ 10°). 

We examine also other low excitation lines and show that 
Ha is likely to be emitted at least partly by the same Feu 
region, while La, Siu, O1, should be emitted by a hotter region 
and Ca mr by a colder one. 

The Few region is ionized by collisions from level 2 of 
hydrogen which is populated by the trapped La photons 
(71, ~ 10°). 

We discuss the geometry of this Fem region, and find 
typical dimensions of R ~ 107°cm, and H (thickness) ~ 
1014-1016 cm. 

Finally we examine the significance of this region and con- 
clude that it is likely to be the outer part of an extended accre- 
tion disk completely shielded from the UV and X radiation of 
the central object. We discuss the reality of the photoionized 
models and, although we are not able to give a definite answer 
to this problem, we suggest that the collisional models could 
perhaps account for all the broad lines in quasars and Seyfert 1 
galaxies. 


Key words: Seyfert galaxies — quasars — line spectrum — 
accretion disk 


Introduction 


In a previous paper (Collin-Souffrin et al., 1979; hereafter 
called Paper I) we discussed the formation mechanism of the 
Fe u lines in the broad line emission regions of type 1 Seyfert 
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galaxies and quasars. We pointed out that in the generally ag 
mitted photoionized models associated with the continuui 
fluorescence as line excitation mechanism, two big drawbacl 
exist: first, the lines should appear in absorption when thi 
line of sight of the continuum source crosses the Fe 1 emittir 
region; second, iron ions should be nearly all in the Fe* 
state, owing to the large rate of photoionization from excite 
levels of the Fen ions (unless an opposite mechanism ¢ 
recombination — for instance, charge exchange with neutr: 
hydrogen — is acting). These two results both disagree with 1 : 
observations. 

In this paper, we concentrate on the relative intensities « 
the visible and the UV Fe 11 lines computed with a 9-level ator 
and with relatively accurate collision strengths as we devo 
particular attention to the collisional excitation mechanisn 
The computational method, geometry and parameters are th 
same as used (and explained in detail) in Paper I. We als 
consider the lines emitted by some other ions which are preset 
in the same region: such as Mg 1, Can, Ha, and La. Then ¥ 
discuss the collisional or radiative ionization process in ft 
models, and finally suggest that the Fe 11 region may be th 
signature of an extended accretion disk. 

At first, let us define the meaning of four important col 
cepts which are used in the following pages: 

collisionally excited gas means that excitation of the lin 
is due to collisions; ( 

purely collisional gas means that both excitation of the lin 
and ionization of the elements are due to collisions. 

photoionized model means a model in which heating of tl 
gas and ionization of the hydrogen atoms are primarily pr 
duced by radiation. In the transition zone of a photoionize 
model, however, some lines may be excited and some ions mé 
be ionized by collisions. 

purely radiative case describes a photoionized model wit 
radiative excitation of the lines. ; 


I. Fe 0 Lines 


I.1. Atomic Data 


Figure 1 shows the 9 levels chosen to approximate the Fe 
ion. This 9-level atom allows the computation of the mo 
intense observed visible lines. Transition probabilities A,, ar 
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llision strengths Q,, are displayed in Table 1 which gives 
30 the names of the multiplets and the mean wavelengths of 
e transitions. References for A,,, added to those of Paper I 
e: Kurucz and Peytremann (1973) for the permitted transi- 
ms, Smith and Wiese (1973) for the forbidden ones.’ The 
llisional strengths have been computed according to a semi- 
ussical method established by Seaton (1962), extended to 
sitive ions by Burgess (1964), and translated in codes by 
autrier and Sahal at Meudon Observatory. For the forbidden 
insitions, the line strengths are deduced from the electric 
adrupolar transition probabilities A, given by Garstang 
962); collisions with protons as well as electrons have been 
nsidered. The results are obtained within an accuracy better 
an a factor 3 to 5. This accuracy is sufficient for our pur- 
se, since observed line intensities are badly determined. 
owever a lot of strongly forbidden transitions have no avail- 
le A,, and the Q,, of these transitions cannot be determined 
though they might not be negligible. For these unknown 
llision strengths, we have adopted a value Q,,/g, = 0.1. Any 
wer value does not change the intensities of the permitted 
les by more than a few percent while larger values give quite 
portant differences: the intensities of the permitted lines are 
proximately twice as large if Q.:/g, = 1 for all the unknown 
ansitions and about one order of magnitude larger if 
w/gu = 10. 

Now, some transitions turn out to be critical, such as the 
ansition 5-7 (multiplet (42)). If any one of the collisional 
tes which populate or depopulate levels 5 or 7 is under- 
timated by two orders of magnitude — which is certainly an 


After our computations were achieved, we have noticed 
om Jordan (1978) that our A,, value of multiplet (42) was 
haps overestimated by a factor 2.4. This may explain the 
stematically strong intensity we obtain for this multiplet 
f. Paper I and below) 
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Tae Fig. 1. Grotrian diagram of Fe 11, with 


the 9-levels considered in the paper 


upper limit since ,, never exceeds ~10 — the theoretical 
intensities of the multiplet (42) would be in error by an un- 
known factor, yet lower than 10. This large uncertainty should 
be kept in mind in the following discussions. 


1.2. Observations 


Owing to the blend of the numerous lines, only in the three 
objects: IZw1, Mk42 and Mk231, the different multiplet have 
been tentatively separated (Phillips, 1978a and Boksenberg 
et al., 1977). In the other objects we have very crudely deduced 
the individual intensities from published spectra, assuming 
that the bump around the 4570 A was a combination of 
multiplets (26) + (37) + (38), that the line at 5018 A was due 
to 4 of multiplet (42) and that the bump in the range 5200 a 
5300 A was the combination of 4+ (42) + (48) + (49) (the last 
third of multiplet (42) being blended with [O m] 5007). The 
equivalent widths have relative values different from one ob- 
ject to another: for instance multiplet (42) is in some cases as 
intense as the other multiplets and in other cases, the weakest 
one. However, the three objects relatively well studied (Mk231, 
IZw1 and Mk42) present quite similar distribution of the line 
intensities (in particular multiplet (42) is much weaker than 
the others) and similar average ratios J(Fe 1)/J(H§): 0.8 for 
multiplets (27) + (28), 1.2 for (26) + (37) + (38), 1:1 for 
(48) + (49) and 0.6 for (42); the average equivalent width of 
Hf is 50 A, slightly smaller than in other objects (~ 100). 

Recent data from the International Ultraviolet Explorer 
(cf. Boksenberg et al., 1978; Ulrich et al., 1979) have provided 
the unexpected result that Fe 1 ultraviolet lines are completely 
absent either in absorption or in emission in the Spectrum of 
3C 273, and perhaps marginally present in absorption in 
NGC 4151. This implies for the equivalent widths of the UV 
multiplets to be at most equal to 5A, i.e. ~4 times weaker 
than W(42). 
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Table 1 
Transitions Multi- <A(A)> = Ay Quilgu 
plet 

1-2, a® D-a*F 49,992 0.43610-* 0.201078 
1-3, a®D-b*P = 4F 4,808 0.488 0.36 10-8 
1-4,a°D-b*F 6F 4,606 0.320 0.12 10-* 
1-5, a®D-a®S)  7F 4,363 0.304 101 0.14 10? 
1-6, a®D-a*G 8F 3,946 0.778 10-2 0.66 10-° 
1-7, a D-z°P® UV3 2,345 0.280 10° 0.27 10+ 
1-8, a° D-z*F° 2257 
1-9, a® D-z*F 2,256 
2-3, a*F-b*P 5,262 0.53 0.265 10 
2-4, a*F-b*F 20F 4,898 0.29 0.43 
2-5, a*F-a°S 4,784 

2-6, a*F-a*G 21F 4,284 0.109610! 0.66 
2-7, a*F-z°P° 2,460 
2-8, a*F-z*F® UV35 2,364 0.905 10° 0.13 10 
2-9, a*F-z*F UV36 2,363 0.419 108 0.60 
3-4, b*F-b*F 72,108 0.925 10-1 
3-5, b*P-a°S 42,723 
3-6, b*P-a*G 23,040 
3-7, b*P-z®P° 26 4,620 0.111 10° 0.96 10-3 
3-8, b*P-z*F° =28 4,293 0.341 10° 0.23 107+ 
3-9, b*P-z*D® 27 4,288 0.419 105 0.28 10-2 
4-5, b*F-a®S 196,121 
4-6, b*F-a*G 33,864 0.2610°7 0.681077 
4-7, b*F-z®P° 4,936 
4-8, b*F-z*F° 37 4,565 0.927 10° 0.39 10-1 
4-9, b*F-z*F = 38 4,558 0.242 10° 0.75 10-2 
5-6, a° S-a*G 40,933 
5-7, a®S-z®P° 42 5,064 0.3 10” 0.30 
5-8, a°S-z*F° 4,674 
5-9, a®S-z*F 4,667 
6-7, a*G-z®P° 5,779 
6-8, a*G-z*F°® 49 5,286 0.192 10° 0.16 
6-9, a*G-z*F = 48 5,344 0.339 10° 0.155 10-2 
7-8, z°P°-z*F° 60,663 
7-9, z°P°-z*F 59,593 
8-9, z*F°-z*F 3,379,520 0.41 10? 


Finally, to resume, the observations set for modelling the 
following requirements: 


ZW (UV lines) S W/5 (visible lines); 


W((27) + (28)), W((37) + (38) + (26)), W((48) + (49)) do 
not differ by more than a factor of 3. 


Multiplet (42) is generally the weakest, as in IZw1, Mk42 and 
Mk231, but may be as intense as the other visible multiplets. 
1.3. Results 


The results are given in terms of a parameter W’ related to 
the observed equivalent width W,,, by the relation: 


Wovs = 1.9 1027 W’(Q/4:) (47 R2/Lvis) (1) 


where {2 is the solid angle subtended by the Fe m1 emission 
region. The adopted continuum is proportional to v~?, in the 
UV and visible parts of the spectrum. 


1. Radiative Case 


In paper I, the discussion turns on the relative values 
equivalent widths, since the computed absolute values’ 
be wrong, given the small number of lines in which the 
was distributed. As a result, in the presence of a central so 
of continuous radiation, the radiative excitation mechani 
i.e. fluorescence — dominates upon collisional excitation onl 
in a small range of physical parameters: temperature 7] 
smaller than 10* °K for which Lyis/47R2n. should be greate 
than unity. 

Here we have made some computations with the 9-ley 
atom in a set of purely radiative cases. The new results can 
summarized as follows: | 

Only high values of the optical thickness at the center ¢ 
multiplet UV3, t2s40-(> 510°), lead to UV lines smaller thal 
the visible ones. For these values, the most intense lines hay 
W(Q/4:)-! of the order of 10. Then, even for 0/47 ~ 1, th 
equivalent widths (~10 A) are smaller than the observed one 
in a majority of Seyfert galaxies. This result is obtained usin 
the maximum allowed value of V;ms (1500 km s~+); for lowe 
values the radiative excitation is smaller and the result is worst 
Furthermore as shown in Paper I, in the radiative case 0/4 
should be smaller than 10-2, so that the lines are in absorptio 
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Fig. 2. Parameter W’ versus T, for n. = 10'°, after additi 
of the Fe 1 multiplets having the same wavelength. The dashi 
line corresponds to the UV multiplets. The Mg m doublet, t 
Cau H+ K and triplet lines (when excited or not by | 
(dotted lines)), the Ha line radiatively (Ly;3/4m7R? = 1.2 10: 
or collisionally excited and the Lea line (small dashed lines) a 
also shown 
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UvV3 UV35 UV36 26 28 27 37 38 42 49 48 Mg 11 2798 
ne T2340 
700 46.4—-10 5.8 —10 3.4 —10 4.5 —-I11 4.0 -10 3.3 —11 5.2 —10 7.5 —11 2.0 —9 2.4 -—10 3.5 —11 
0,4 108 7,000 55-9 1.8 -9 8.5 —10 2.6 -—9 4.8 -9 5.2 —10 6.0 -—9 9.5 —10 2.2 —8 4.0 -9 6.0 —10 
70,000 3.1 -8 1.4-8 3.3 —9 1.1 -7 5.6 -—8 8.3 -9 6.5 —8 1.2 -8 1,35 =7 6.5 -—8 9.5.-9 
700 1.85 -—7 1.7 -7 9.3-8 72-9 1.7 -7 1.1 —8 2.1 —7 2.3 -8 5.2 —7 1.1 -7 13-8 2.9 -5 
10° 67,000 1.4-6 6.7 —7 2.5 -7 6.3 -7 2.0 —6 2.2 -—7 2.1 -—6 3.8 —7 5.5 -—6 1.8 —6 2.4 -7 6.0 —5 
70,000 8.1 —-6 5.4 -6 1.65 —6 1.95 —5 1.9 —5 5.2 -—6 1.9 —5 5.8 —6 3.0 —5 2.0 —5 5.2 -—6 8.5 —5 
7ooO 1.5 -5 1.3 —5 1.0-—5 5.8 -—7 1.3: —5 1.2 -—6 1.7 -—5 2.5 —6 4.2-5 8.8 —6 1.3 =—6 1.5 -—4 
10:2. 7,000 4.8 —5 3.5 —5 2.8 —5 1.8 —5 9.9 —5 2.4-5 1.0 —4 4.1—-5 1.9 —4 8.7 -5 2.6 —5 1.9 -—4 
70,000 7.7-5 6.9 —5 6.6 —5 1.5 -—4 2.5 —4 1.8 —4 2.5 —4 2.1 -—4 3.0 -—4 2.5 —4 1.9 -—4 2.0 —4 
700 13-4 1.3 -—4 1.2 —4 3.1 —6 8.2 —5 9.5 —6 1.0 —4 2.0 —5 2.4 -—4 5.3 -5 1:1 —5 3.1-4 
10:4 7,000 1.6 —4 1.6 -—4 1.6 —4 2.9 =5 2.7 —4 7.7-5 3.0 —4 1.3-4 4.0 -—4 2.3 -—4 8.4 -—5 3.4 —4 
70,000 1.8 -—4 1.9 -—4 1.9 -—4 1.7 —4 4.1—-—4 2.7 —4 4.4 -4 3.3 —4 5.1 -4 4.0 —4 2.7 —4 3.4 -4 
700 1.6 -10 2.8 —10 1.8 —10 6.0 —12 3.0 —10 1.7 —11 4.0 —10 3.5 —T11 1.4—-9 1.8 —10 2.0 —11 
10!° =7,000 3.5 —10 5.0 —10 3.8 —10 1.0 —10 3.8 -9 3.2 —10 5.2 -9 7.0 —10 1.4 —-8 2.5 —9 3.7 —10 
70,000 1.5 -9 1.1 -—9 6.3 —10 6.0 -9 3.2 —8 3.9 -—9 4.0 -—8 7.8 -9 1.4-7 3.3 —8 4.5 -9 
700 8.5 —6 4.8 -6 1.8 —6 4.0 -7 3.0 —6 2.5 -7 3.0 —6 4.5 -—7 4.7 -—6 1.9 —6 2.5 —7 
10° 847,000 7.6 —-—5 4.2-5 1.3'—5 2.3 —5 4.2 -5 1.1 —5 3.7 —5 1.2 —S 5.2 —5 3.6 —5 9.5 -—6 
70,000 7.2-—4 1.5 —3 73-4 1.3 —3 6.0 —4 5.6 —4 4.9 -—4 3.2 —4 5.0 -—4 6.0 —4 3.6 —4 
~ 1042 70,000 41-5 
10*° 70,000 2.2 =5 
10*2, 70,000 0.12 —6 0.10 —6 0.88 —7 0.46-6 £0.31 —5 0.59 —6 0.40 —5 0.15 —5 0.11 —4 0.32 —6 0.71 —6 1.4 -6 


ess than 1% of the cases. Then, computed values of W are 
| than 0.1 a much too low value. Indeed in the radiative 
e the UV continuum must be strong enough for the radia- 
» processes (especially the photoionization) to be predominat- 
over the collisional ones, which leads to an intense visible 
itinuum and the ratios of line intensities to continuum 
ensity (i.e. the equivalent widths of the visible lines) are 
all. 

We conclude that the radiative case is eliminated on the 
is of the absolute values of the equivalent widths of the lines, 
i we confirm the conclusion of Paper I based on different 
uments: even in the presence of a central source of con- 
uum radiation, collisional excitation should prevail largely 
fluorescence mechanism. Me 


10° 10" 103 
3. 3. Parameter W’ versus n, for T, = 10*, for Mgu and 
nl, after addition of the multiplets having the same wave- 


igth. The dashed line corresponds to the Fe 1 UV multiplets 


2. Collisional Case (i.e. Collisional Excitation) 


Table 2 gives the values of W’ as functions of T2340 for the 
eleven permitted multiplets and for different combinations of 
n, and 7,. We consider here only relative values of W which 
are proportional to W’. The absolute values of W will be 
discussed later. The most noticeable fact is the weakening of 
the UV lines with respect to the visible ones when T2340 in- 
creases, due to the conversion of UV photons into visible ones. 
More generally, the intensities of all the lines increase with 
their optical thickness. However, their values are distributed 
over a large range for small 72349 and become comparable for 
large T2340 (>10*). Multiplet (26), strongly dependent on 
T2340, becomes the most intense for T2349 ~ 10°, except for 
very high values of n, (102*). 

The lines which are not easily separated in the observed 
spectra have been added together: (UV3) + (UV35) + 


7500 10 000 


12 500 


Fig. 4. Parameter W’ versus 7. for n. = 10%", for Mg tl and 
Fe ut, after addition of the multiplets having the same wave- 


length. The dashed line corresponds to the UV multiplets 
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Table 3. Relative equivalent widths Wz referred to W(42) = 30A 


Multiplet Model 1 Model 2 
Te ~ 10+ T. ~ 7500 °K 
T2340 ~ 2 10° Ta3a0 ~ 7 104 
Ne ~ 101° Ne ~ 107° 
42 30 30 
26 + 37 + 38 90 25 
Feu 448 + 49 50 15 
27 + 28 40 15 
xUV ~10 5) 
Mg 2798 60 150 
H+K 0 20 
ee Uripict 0 50 
Ha 70 480 
La 70 1 


Average observed values in 
IZwl1, Mk231, and Mk42 ‘ 


(UV36), (27) + (28), (26) + (37) + (38) and (48) + (49). 
Figures 2 to 4 display these combined multiplets versus n, 
and T.. 

The constraints given at the end of Sect. I.2, impose a low 
range of temperature: 5000 S T, S 7500°K, and a high 
optical thickness: T2349 ~ 10°, while n, is completely un- 
defined, the ratios of the line intensities being nearly indepen- 
dent to it. However, we were obliged to limit to 10° the optical 
depth in the lines, since the optical depth in the continuum 
becomes large and cannot be neglected any more in the com- 
putations. Also we do not know the behavior of the Fe rr 
lines at T2349 ~ 10°. However, if they do not undergo some 
drastic variation, we can infer from the previous results that 
the range of agreement with the observations might be extended 
to T, ~ 10,000 °K and T2340 ~ 3 10° (cf. Table 3). Consider- 
ing lines other than the Fe m1, which could be emitted in the 
same region, should enable us to restrict the range of the 
physical conditions. Let us examine some of these lines. 


II. Other Lines 


Some elements whose first ionization potentials are similar to 
those of Fe 11 may exhibit lines arising from the same emitting 
region as Fe I. 

If a continuous source of radiation is present inside the 
emission region (this does not imply that radiative excitations 
dominate upon collisional ones), the relative degrees of ioniza- 
tion of each element depend in a complicated manner on the 
radiation field and on the temperature. On the contrary, in 
the purely collisional case — i.e. when excitation and ionization 
are only due to collisions — the relative abundance of ions 
having similar ionization potentials is of the same order of 
magnitude and only depends on the gas temperature, except 
if some particular mechanism such as charge exchange, di- 
electronic recombination, autoionization . . . operate on 
one of the ions. From here on, we shall assume ‘a collisional 
ionization. 

The most probable ions are Mgt, Sit, C+, N°, Nt, O°, 
O*, St, Ca*. We limit our study to ions actually observed, 


although missing lines might allow us to restrict the range 
the physical parameters. 

The very large thickness of the emitting region can afi 
the resonance lines of these ions by “thermalization”. “Tr 
malization”’ is an ill-defined concept essentially relative 1 
2-level atom: it means that the intensity of the line is ab 
equal to that of a black body (integrated on the line wic 
at the same wavelength and at the electronic temperature 
the gas. It is achieved for Cz:/A2i<N> > 1 where C2; and | 
are the rate of collisional and spontaneous deexcitation, ¢ 
<N»> is the mean number of scatterings of the photons. Adopt 
the expression of C2; given by Van Regemorter (1962), adap 
for positive ions, one gets: 


Co1/Aa1 ~ 4(kT./x12)Té °!?n. 1h) 10-16). 


Ferland and Netzer (1978) give an approximate form 
for <N>, in the case of a constant function generating. 
resonance photons, which is well suited to our collisic 
model with constant temperature and constant electr¢ 
density: 


log 7 


Ge 1atrger/(1 H ( ee 


5 : 
)’) for T 21 


To being the optical thickness at the line centre. For ions ha 
an abundance similar to that of Fe+, 7. should be of 
order of 10° and <N> ~ 10°; then C2;/Aoi1<N> is never m 
greater than 1 (it is of the order of 1 for Mg* and Fe*) 
the transfer equation should be solved to get the intensitie 
the resonance lines. On the contrary, for the Lyman lines 
is of the order of 10*° and 5, = bz (the b,’s are the depar 
to LTE coefficients defined in Paper I), thermalizatio1 
achieved. 


III. Mg u Lines 2798 


This doublet can be observed from the ground only in qua 
having a redshift higher than 0.15. For 3C 273, Baldwin (1! 
gives a ratio J(Mg1)/J(Hf) = 0.34. Phillips (1978) g 
I(42)/I(AHB) = 0.21 for this object, although the real valu 


~ 
itly greater, since this value is only the intensity of 
at 5018 and 4924 A. One gets /(Mg 11)/J(42) = 1.6, 
g )/W(42) ~ 1 if the slope of the continuum is equal 
. On the other hand, Phillips, combining the intensities of 
rand of multiplet (42) from different QSO, gives an average 
b I(Mg 11)/I(42) ~ 4 (corresponding to W(Mg 11)/W(42) ~ 
h accordance with the value observed in 3C 273. 

The Mg resonance line is collisionally excited, even in 
presence of intense visible and UV continuum, as has been 
wn by Thomas (1957), so we do not need to consider a 
liative excitation mechanism for this ion. 

|We have computed the equivalent width of the line with 
imple 2-level atom: Dumont (1967) has shown that it is a 
bd approximation of the Mg ion since there is no inter- 
diate level between the 3s?7S and 3p ?P° levels. We have 
ppted the collision strength (A2798) = 18.5 from Oster- 
yck and Wallace (1977); this value might be overestimated 
30% (Shine, 1973). The ionization degree of magnesium 
§ been computed in the same way as the ionization degree 
iron, in the purely collisional case, using the experimental 
sorption coefficient tabulated by Shine (1973). Note that 
error on the ratio n(Fe*)/n(Mg*) has only a slight influence 
| the line intensity ratios owing to the large optical thickness 
‘the lines. We have assumed a normal abundance: [Mg] = 
2610-*. The results are displayed in Table 2 and on Figs 
10 4. It is easy to see that the range of densities is now restric- 
d to 10*° < n, S 104 since Mg would be too intense for 
<= 10'° and too weak for n, > 104 (one should keep in 
ind that multiplet (42) is probably overestimated by a factor 
_If we try to estimate the Mgm line at ro ~ 3 10°, T. ~ 
,000 and n, ~ 10'°, as we have done for Fem, we find a 
ill better agreement. 

Tn fact the density range of the Fe 11 region is not restricted 
Ne = 10* since Mg nm lines can be emitted in another (for 
tance less dense) region. The different behaviors of Fe 1 
d Mg 0 with respect to the density are due to the “thermal- 
ition” of Mg 11 lines which takes place at n, ~ 10° whereas 
t Fe 1 UV lines are “thermalized” at a much higher density 

0**) owing to the escape of the visible photons. 

r conclusion is opposite to Phillips’s one (1978b): he 
that a collisional mechanism gives a ratio 1(Mg 11)/I(42) 
of magnitude greater than the observed one. But he 
his computations in conditions which correspond to 
~ 10°, which is too low an optical thickness to account 
weakness of the UV lines of Fe 1 and to m, < 10°; such 
density is impossible. We see on Fig. 2 that, to fit the ob- 
tions for nm, = 10°, requires a reduction in the ratio 
*)/n(Fe*) by more than two orders of magnitude. 


Ca u Lines 


ately, lines other than the Mgm doublet are more 
It to evaluate since the corresponding spectral configura- 
are more complex and several mechanisms may be im- 
t such as continuum Le, L8. The lower terms of Ca 1 


quite similar to those of Fe m: strong resonance transitions 
level 4s 2S and 4p 2P° (the H and K lines at 3933 A 
d 3968 A), whose upper level is connected by a permitted 
ition (the infrared triplet at 8542, 8662 and 8498 A) to 
intermediate metastable level 3d?D. The H and K lines 
never been observed in emission in Seyfert galaxies or in 
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quasars, while the infrared triplet has an intensity comparable 
to HB and to multiplet (42) of Fe nin the spectrum of Mk231 
(Boksenberg et al., 1977): W(Ca 0 triplet)/W(42) ~ 1.5. 

We have performed computations of the Ca m lines with a 
[three-level + continuum] atom, including the levels 4s 7S, 
3d?D and 4p?P°; other levels have quite high excitation 
potentials and can be neglected. Like Mgu, Cau is com- 
pletely ‘“‘collision dominated’? (Thomas, 1957), so we can 
assume a collisional excitation even in the presence of a con- 
tinuum radiation. The collision strengths were adapted from 
Shine (1973): Q/z,(4s 2S — 3d?D) = 1.4, Q/g.(4s 7S — 4p ?P°) 
= 2.4, O/g,(3d?D — 4p 2P°) = 2.5 and an hydrogenic ap- 
proximation was used to compute the recombination coefficient. 
We assume a normal abundance: 0.11 10~°. 

We have first assumed a collisional ionization of Ca which 
implies N(Ca*) = N(Ca) at the considered temperatures. The 
values of W’(H + K) and W (triplet) are given in Fig. 2 for 
T2349 = 70,000 and n, = 101°. We see that for the range of 
physical conditions previously defined (J, ~ 7500 °K, n. ~ 107°, 
To34) ~ 10°), the Cau triplet is too intense compared to 
multiplet (42) by a factor ~50 and the lines H and K which 
should be negligible are too strong by at least two orders of 
magnitude. 

However, the La photons emitted in the Feu region can 
ionize Ca* from the metastable level. The Lea intensity is 
about equal to the blackbody function at the gas temperature 
since La is thermalized. We give in Fig. 2 the Ca 1! intensities 
corrected for this effect. The H and K lines are still too intense 
for T. s 7500°K. For JT, ~ 10*°K and Toga9 ~ 3 105, the 
triplet lines are about two orders of magnitude too weak. On 
the other hand the ratio W(triplet)/W(H_ + K) is greater than 
10 only for T, ~ 5000 °K. Then the Fe 11 might be emitted by 
a region with T, ~ 10* °K, T2340 ~ 3 10° and Ca 1 by another 
region with T, ~ 5000 °K. 


17.3. Sim and O1 Lines 


Phillips (1978b) has already noticed that the absence of opti- 
cal Sim lines in type 1 Seyfert spectra raises a “perplexing 
problem” in the framework of fluorescence excitation and 
photoionized models. In particular hé computed that the 
line A5978 of Sim (absent in IZw1) should be excited by a 
fluorescence continuum mechanism acting at 1021 and 1024 A 
and should have an intensity comparable to the A5169 line of 
Fem. 

Recently we have been informed (Ulrich et al., 1979) that 
ultraviolet Sim lines (1190-1262-1530 A) have been observed 


"in emission in-the spectrum of 3C 273 with intensities about 


equal to /(L«)/10. The presence of these UV lines and the lack 
of the visible ones suggest once more a collisional excitation 
mechanism at a temperature T, ~ 15,000-20,000 °K. Si* ions 
should be present at this high temperature owing to the very 
strong charge exchange rate of recombination: Si *} H®° — 
H* + Si* (MacCaroll and Valiron, 1976). 

The O1 lines at 1302 and 8446 A are generally observed in 
the spectrum of Seyfert 1 galaxies and in quasars (Netzer and 
Penston, 1976; Baldwin and Netzer, 1978; Boksenberg et al., 
1978). It has been shown by Netzer and Penston that these 
lines are excited by a selective LB fluorescence process. Detailed 
computation of the Sim and O1 spectrum are presently per- 
formed by Dumont and Mathez (private communication) in 
order to test quantitatively this hypothesis. 
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U.4. H1 Lines 


The problem of the H1 line ratio has been abundantly dis- 
cussed these last two years since Baldwin (1977) has shown 
that in quasars the ratio /(Le)/J(Hf) is of the order of 6, 
(corresponding to W(La)/W(HB) ~ 1.5) which is about 10 
times smaller than the value predicted by the recombination 
theory. Recently this result has been confirmed by direct 
observations: infrared measurements of He in the high-red- 
shifted quasars PKS 0237 — 23 and B2 1225 + 31 (Hyland 
et al., 1978; Soifer et al., 1979) and ultraviolet measurement 
of Le in the low-redshifted quasars and Seyfert galaxies 
(Boksenberg et al., 1978; Baldwin et al., 1978). Furthermore, 
it is well known that the Balmer decrement is steep in Seyfert 
spectra and cannot be explained only by reddening. 

This problem has been discussed by Netzer (1975) and 
by Krolik and McKee (1978) who suggest that self-absorption 
which affects the lower Balmer lines, and collisional deexcita- 
tion of La, would steepen the Balmer decrement and lead to a 
low ratio La/HB. However Pa has also been observed in 3C 273 
and PG 0026 + 129 (Puetter et al., 1978) and the computations 
of Krolik and McKee are not able to reproduce the observed 
ratios. Ferland and Netzer (1978) have explored the possibility 
that dust grains may absorb the Le photons and Netzer and 
Davidson (1978) conclude that only intervening dust grains in 
galaxies containing quasars are able to account for the observed 
spectra. A major advantage of this model is to account for 
the line intensities with a small coverage factor (Q/47 ~ 10-7) 
in agreement with the absence of large Lyman continuum 
absorption, and of absorption components of some lines. 

We have made a rough estimation of the Ha intensity with 
a 3-level atom plus a continuum, assuming detailed balance 
of the radiative transitions Le, LB and Loon: the approximation 
is quite valid, since Ha is formed in a region where the optical 
depth of all these transitions is very large. The ionization 
from the three levels was computed using the ionization 
collisional cross sections given by Mihalas (1967). 

The second level of hydrogen atoms is strongly populated 
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Fig. 5. The ratio <n./ny°> in the collisional case as a function 
of T., when one takes into account the ionization from the 
excited levels (upper line) and when one does not (lower line) 
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by the trapped Le photons so that ionization from this le 
important even in a purely collisional case. Since the | 
population and the degree of ionization vary inside the gs 
we have computed the mean degree of ionization <n-/ mp} 
Ju (n-/nw)dH which is shown as a function of T, in if 
For comparison, the curve corresponding to ionizations # 
only the first level is also given: ionization from level 7 
crease the ratio n,/ny° by about three orders of magnitude 
one gets an ionized gas even at the relatively low tempera 
9000-10,000 °K. The values of W’(Ha) are given in Fig. 
T2340 = 70,000 and n, = 10*°. The intensity is strongly de} 
dent on the temperature since the excitation potentials of le 
2 and, 3 are very large. The observed average 1 
W (Ha)/W (42) is of the order of 10, but one should allow, | 
part of Ha being emitted by some other regions: the 
region in the photoionized models, and the regions emit 
lines of more ionized species, C 1v, C m1]. However in ph 
ionized models (Netzer and Davidson, 1978) about 70% of 
Balmer emission is produced in the transition region, 
W(Ha)/W(42) ~ 7. For T. ~ 7500 °K, W’(H«) is of the g 
order of magnitude in the purely collisional case, altho 
slightly too high. On the contrary, for T. ~ 104 °K, Tosa 
3 10° a large contribution to Ha should be due to ano 
than the Fe 0 region. 

Figure 2 displays also W’(La) which appears muem 
small in the case 7. = 7500 °K: another region with a hig 
temperature or an H 1 region, is necessary to account for 
observed Le/Hf ratio. On the contrary the case T, = 10* 
T2340 = 3 10° gives a good fit. We have pointed out that in 
UV spectrum of NGC 4151 (Penston et al., 1979) the profil 
Lea is narrow and does not seem to present broad wings as 
Balmer lines. There is likely only a very weak component ot 
from the permitted line region. 

Finally, Table 3 summarizes all the values obtained in 
two. cases: #e:= 102°. Ts = 107, -zo520, = 3 LORpae 
T. = 7500, T2340 = 7 10*: the first case fits slightly better 
observations, provided that Ca 1 lines are emitted by reg 
different from the Fe 11 ones. We shall adopt this model in 
following discussion. 


If. Discussion 


III.1. Geometry of the Emissive Region 


The relation between 72349 and H (the thickness of the st 
iss 

n(Fe* n(a®D 

(Fe*) Kof (a°D) 


T2340 = Hny[Fe] n(Fe) n(Fe*) 
H 


dH 


in which, 

the total hydrogen density, ny, is linked to n, by the ion 
tion equation of hydrogen (cf. Fig. 5). 

[Fe] is the iron abundance with respect to hydrogen, ec 
LORORI2S Ome: 

The fractional abundance n(Fe*)/n(Fe) of Fe* is at 
equal to 1 for T, ~ 10* °K since ionization is purely collisio 

n(a® D)/n(Fe*) is the relative population of the level « 
which depends on the depth inside the shell. It is not stri 
independent of the shell total optical thickness and of 
temperature, owing to the influence of the population of 
level a*F. The small dependence on 7 (<10% for 7 < | 


n the variation on the departure to LTE Boltzmann 
on and the dependence on 7, arises from the variation 
oltzmann ratio n(a° D)/n(a*F). 

to is the absorption coefficient per atom at the center of 
lime Agsso, Ko = 2.8 10-®/Vims, Vrms being the turbulent 
tity, which can be of the order of, or much greater than 
(in the first paper, we have adopted V,; = 1500 kms~?). 
Mr, = 10* °K, n. = ny. Then, from Eq. (2), we deduce 
10% cm for Vrms; = 1500 km s-1 and H = 1014 cm for 
fe = 15 kms~?. 

For 7. = 10*°K, n. = 10?° and r2349 = 310°, we obtain 
37 + 38 + 26) = 210-4. Adopting W.,; (37 + 38 + 26) 
0 A we obtain: 

s (2)? _ 11 _ Luis 
e (=) ecole te 
eing the surface of the emitting shell. If it is a closed sphe- 
il shell, 2 is equal to 47. The average value of the visible 
jinosity for Fet-Seyfert (Ly; ~ 4 10** erg/s) leads to 
& 610° cm?. If the emission region is a spherical shell, 
radius is R = 1.5 10*® cm; perhaps the shell is not complete 
{, im any case, this characteristic dimension has a good 
fer of magnitude and is in a remarkable agreement with the 
e deduced from the permitted line variability (cf. Paper I); 
§ gives a high weight to the parameters we found. 


.2. Collisional Against Photoionized Models 


otoionized models have always been much attractive owing 
their beautiful ‘‘self-consistency”” which makes them depen- 
at on a very small number of unknown parameters (the cut- 
of the UV spectrum, the gas density). In the Fem region, 
the column density is at least 10?4cm~?, only hard 
rays (> 1 keV) can penetrate. The primary rate of hydrogen 
ization per atom, is €) ~ 107+°Lx/47R? where Lx is the 
ninosity in the range 1-10 keV. For Seyfert 1 galaxies, Ly 
generally of the order of Ly, so Ly/47R? = 10° for a dis- 
ice to the central source smaller than 10!7.cm, and &) = 
-®. Bergeron and Collin-Souffrin (1974) have shown that 

is value of £5, n/n is larger than 0.1, the temperature is 
out 10*°K and the heavy elements are ionized, especially 
yse which have K-shell potentials of the order of the keV. 
though the fractional abundance of Fe* has not been com- 
ed, one can predict by comparison with other elements 

it should be small (cf. Fig. 15 of Bergeron and Collin- 
in, 1974).? 
‘e favor a more appropriate hypothesis assuming that 
lines are emitted by a collisionally heated region, which is 
from the hard X-rays. Such a region does not exist 
shock wave model proposed by Daltabuit et al. (1978) 
ich the emitting region is actually photoionized by the 
X-rays emitted just behind the shock. On the contrary, 
region exists at the periphery of an accretion disk, extended 
pugh in the radial direction. Adopting the Shakura and 
nyaev model for an accretion disk (1973), one can compute 
idely the physical parameters (T7., m_ and H) as function 


‘However, if the rates of charge exchange processes X/** + 
'—» X/ + H* are not negligible (>10-*!s~*), these pro- 
sses can entirely govern the degree of ionization of the ele- 
nts since hydrogen and the heavy elements are weakly 
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of R, the distance to the black hole. Assuming a black hole of 
3 10° Mo accreting at the critical rate, one obtains T ~ 10% °K, 
Ng ~ 1012 cm-%, H ~ 10'*cm for R~a few 10!7cm and 
a = 1. If the accretion rate is less than the critical one, R is 
smaller. Unfortunately it is not possible to obtain more 
accurate conclusions since the self-consistency of the Shakura- 
Sunyaev model fails in this external region: the degree of 
ionization is low and the optical thickness of the gas is not 
governed by free-free absorption as they assume, but by 
free-bound and line absorption. It will be necessary to per- 
form a computation taking into account the detailed processes 
of radiative energy losses for getting a more realistic disk 
model. 

Thinking of Fe 11 emission as the “signature” of an accre- 
tion disk was an attractive hypothesis. If the angular momentum 
of a galaxy is linked to that of its nucleus, this assumption may 
explain the weakness of Fe 11 lines in broad line radio galaxies 
(which are elliptical galaxies) compared to the intense Fe 11 
spectrum in Seyfert 1 nuclei located in spiral galaxies. An 
accretion disk explains in a natural way the line broadening: 
at 10'°cm from a central mass ~10® Mo, the Keplerian 
velocity is ~10*kms~?. Shields (1978) has pointed out that 
the line profiles should present a central dip if the emission 
region is only a “ring”: the radial extension of the Fem 
region is limited to R ~ 10'®10'7 cm and therefore a central 
dip should be observed in lines which are not blended. 

On the other hand, the Mgmt line is about constant from 
one object to another while Fe 1 line intensities are strongly 
different. We have seen (Fig. 3) that the ratio Mg ui/Fe 1 is 
much dependent on the electronic density: a large ratio 
Mg 11/Fe 11 would imply a low density. It is generally admitted 
that C 11 is a density indicator since it is collisionally deexcited 
for mn. > 10°. Indeed, this line is weak in the intense Fe 1 
emitters 3C 273, A1909 (Boksenberg et al., 1978). However, this 
line could be emitted in quite a different region. 

Now, is it also possible that the other — more excited — lines 
are emitted in a region collisionally heated and ionized? 

It has been argued (Osterbrock, 1978) that a purely col- 
lisional model should lead to very different permitted line 
ratios (He 1 A5876/He 1 A4686 for instance) since the intensi- 
ties are strongly dependent on the temperature. However, this 
is not true in the case of supernovae remnants which are 
mechanically heated and show reproductible spectra as do 
H 1 regions and planetary nebulae. Indeed, the temperature 
can be fixed at a plateau by the equilibrium between gains 
and losses due to line emission which plays the part of a 
thermostat. 

As mentioned, Netzer and Davidson (1978) have proposed 
a photoionized model accounting for the observed spectrum 
of quasars; yet they do not discuss the Fem lines and. their 
model is liable to some weak points. Their extrinsic reddening 
should be remarkably constant in order to give La/HB ~ 6 
whatever is the surrounding galaxy, spiral or elliptical, or the 
inclination on the line of sight. On the other hand, the dust 
band at 2200A is not observed in quasars and this implies 
that it would be an “anomalous” dust which is not located 
in the galaxy but in the nucleus, in the forbidden line region. 
This could be tested by detailed observations with high spatial 
resolution, for instance with the Space Telescope. Finally, an 
excess of infrared radiation should be correlated with the 
La/Hf ratio. 
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Fig. 6. The accretion disk model for the broad line region 


In conclusion, although there are no definitive arguments 
against the photoionized models, they present many draw- 
backs and we prefer the following alternative model: the 
broad lines are emitted in the “atmosphere” surrounding an 
accretion disk heated by the dissipation of turbulent motions 
due to various possible instabilities (shear flow, thermal, 
convective...). The gradient of the temperature (running from 
10* up to 10° °K) necessary to explain the large observed range 
of ionization could be produced in two ways: either a radial 
increase of temperature inwards, as in the Shakura-Sunyaev 
model, or an outwards vertical increase as in a chromosphere. 
However, the second hypothesis should be better since it 
corresponds to a smaller density in the region where the most 
ionized species are present; then the C m1] region is less dense 
than the Fe 11 one (cf. Fig. 6). The first hypothesis POszESPORtE 
to an opposite variation. 


IV. Conclusion 


It is firmly established in this paper that the Fe 1 emission 
region has a high density ny > n. = 10°, a column density 
on the line of sight equal to at least 10?4 cm~? and a charac- 
teristic dimension of a few 10!° cm. 

If this dimension was the distance of the Fe region to 
the central X-ray source, the iron should be in the form of 
more ionized species, unless: 

either charge exchange processes dominate the ionization 
equilibrium; 

or the Fem region is shielded from the X-ray source by 
an accretion disk whose distant part emits the Fe m1 lines. 

We suggest that the broad lines are emitted in the atmos- 
phere of such an accretion disk heated by the dissipation of 
turbulent motions. This model is free from the difficulties of 
photoionized models and it explains in a natural way the 
broadening of the lines and the small dimensions of the 
emission region. 
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mmary. The absolute solar brightness temperature was 
lasured with a stratospheric balloon-borne lamellar-grating 
erferometer in the spectral region 15 cm~* to 100 cm~? on 
t occasion of two flights. The results are compared with 
evious measurements and the models of the solar atmosphere 
'Vernazza et al. (1976). 


ty words: solar temperature minimum — far-infrared — 
tatospheric balloons 
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(troduction 


he observation of the far-infrared (FIR) spectrum of the sun 
trmits the exploration of a region of the solar atmosphere 
hich is inaccessible in the visible (7(5000 A) ~ 10-4): the 
ansition photosphere-chromosphere where the solar tem- 
erature minimum occurs. Semi-empirical models of the solar 
mosphere strongly rely on the absolute value and on the 
1 position of this minimum. Unfortunately, the relevant 

IR spectral range of the solar emission is not investigated as 
ell as other spectral regions because of the opacity of the 
frestrial atmosphere between 25 um and 1 mm wavelength. 
hus, most of the solar observations in this spectral range are 
iormed from plane- or balloon-borné platforms. The aim 
this paper is to present the results obtained from the last 
ights of a balloon-borne lamellar-grating interferometer in a 
fies of similar experiments reported previously (Stettler et al., 


ie solar radiation is fed into the lamellar grating interfero- 
eter by means of a stabilized plane mirror and a 20 cm New- 
nian telescope as described in detail in Rast et al. (1978). 
e instrument is calibrated before each flight (Rast et al., 
978) and then mounted in the gondola of the Geneva Ob- 
vatory (Huguenin, 1974). This gondola is launched from 
i¢ Balloon Launching Centre of the CNES in Aire/Adour, 
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easurement of the Absolute Solar Brightness Temperature in the Far-infrared with a 
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Results 


Table 1 shows the parameters of the last two flights 09 and 10 
the results of which are discussed here. The previous flight 08 
was interrupted at a height corresponding to 882 mbar be- 
cause of failure of the main balloon. A detailed discussion on 
the procedure of the reduction of the data obtained during the 
flights and on error estimation was given in Rast et al. (1978). 
The geometrical configuration of the instrument during flights 
09 and 10 was identical with that of flight 07. In particular, the 
coefficients relevant for the error calculations were the same. 

The difference of the two last flights 09 and 10 versus the 
previous flights 06 and 07 with respect to the absolute error was 
the larger uncertainty in detector sensitivity, which was +2% 
instead of +0.3°%. Thus, the maximum error of the results of 
flight 10 was +4%/-—5.2%, corresponding to +200 °K/ 
—250 °K at 4900 °K. The spectra of flight 10 were measured 
with a resolution of 0.46cm~? with triangular apodization. 
They show residual terrestrial water-vapor absorption. The 
results of flight 09 should be looked at with care since this 
flight was started after the rough landing of the unfortunate 
flight 08. This caused a slight disalignment of the optics and 
the interferometer. The spectral resolution, 2.5cm~? with 
triangular apodization, did not allow resolution of the water- 
vapor lines. 

Figure 1 summarizes the results of flights 06 (Rast et al. 
1978), 07 (Rast et al. 1978), 09 and 10 showing the measured 
brightness temperature at the center of the solar disk. 

In addition, it includes the theoretical brightness tempera- 
tures corresponding to the HSRA model and to the models 


Table 1. Flight parameters 


Flight 09 10 

Date 23.9.77 14.9.78 

Altitude D2 59 mb 
Altitude 36.7 35.7 km 
Duration 3.4 5.00 h 
Number of calibration spectra 12 13. ¢ 

Number of flight spectra 8 8 

Spectral range 30+100 15+50 cm? 
Spectral resolution 2.51 0.46 cm~? 
Calibration temperature 1187 1212 K 
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Fig. 1. Solar brightness temperature at the center of the solar 
disk measured during flights 06, 07, 09 and 10 (see text) and 
calculated with models HSRA, M and S 


S and M discussed by Vernazza et al. (1976). The far-infrared 
solar emission of 70% of the solar disk was observed during 
flight 09 and 86% during flight 10. Therefore, the results of 
flight 10 were corrected taking into account the center-to-limb 
variation (see Appendix) in agreement with Vernazza et al. 
(1976). The brightness temperature measured at flight 09 is 
not corrected because its precision is low and the change due 
to the center-to-limb variation is only 5 °K to 80 °K. 


Discussion and Conclusion 


The aim of flights 09 and 10 was to determine the increase of 
the solar brightness temperature at long wavelengths beyond 
100 um. This purpose was achieved in flight 10. Furthermore, 


in Fy 


these flights together with flights 06 and 07 (Rast et al., iW 
provide a reliable profile and the absolute value of the sj 
brightness temperature around its minimum. 


Appendix 


Assuming a solar atmosphere with spherical symmetry, | 
can write the brightness temperature Tz as function of | 
angle @ between the direction of observation and the nor} 
to the solar surface as follows: ny 


Tz(A, 6) = Tz(A-(cos 8) ~ 2/2, 0) 


Consequently, the mean observed temperature is 
le Fs 

Ta(A) = (7 R?)~1 | T2(A, 8)2rrdr 

2 Sr auO, 


where r = Rosin 6. Thus, we have 7;(X, 0) expressed b 
series and evaluated the above integral. The approximation 
the series had to be valid between Amin and Amax(COS Omax)” 
where cos Omax was 0.545 and 0.371 for flights 09 and 
respectively. 
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nmary. The turbulent Bremsstrahlung process of Tsytovich et al. (1975) is reconsidered. In this mechanism the electrons that 
resonant with an already existing nonthermal level of ion-sound waves radiate Langmuir waves. The efficiency of the process 
lerived in an independent way and corrections are found to the previous result. In particular it is found that Langmuir waves 
i only be produced efficiently when the ion-sound wave number is of order the Debye wave number. It is shown that in this 
e the consumed total ion-sound wave energy roughly equals the total amount of radiated Langmuir wave energy. 


i 
y words: Bremsstrahlung — Langmuir waves — ion-sound waves — plasma turbulence 


Introduction 
t 


1975 Tsytovich et al. proposed a mechanism to produce Langmuir waves from ion-sound. Basically their suggestion boils 
wn to the following physical picture. For a given weak turbulence of ion-acoustic waves of bandwidth Aw® the resonant electrons 
perience a constant electric field during a time of order (Aw*)~*. Here a particle is said to be in resonance with an ion-acoustic 
ve when the resonance condition w$ = q-v is fulfilled (v is the particle velocity, g the ion-acoustic wave vector and w§ the corre- 
onding frequency). Because of the acceleration by the field of the ion-acoustic waves the resonant electrons radiate in all possible 
ive-modes (including Langmuir waves) at frequencies above Aw’ ~ w,;. Thus the situation is analogous to Bremsstrahlung, in 

lich an electron is accelerated by the field of a colliding ion and radiates electromagnetic waves. 
In astrophysics Langmuir waves are of primary interest because of their large phase velocities and their possible role in the 
seleration of particles. In the case of solar flares the heating and acceleration is presumably given by the dissipation of intense 
ctric currents. These become unstable for the excitation of plasma waves as soon as the drift velocity exceeds some thermal 
locity. However, the problem is that low-frequency instabilities appear first (Norman and Smith, 1978). A possible solution 
be given by turbulent Bremsstrahlung of Langmuir waves. The required level of ion-acoustic waves could be provided by a 
t-driven instability when the electron-temperature far exceeds the local ion-temperature (7,/7; > 1). In this connection the 

of Tsytovich et al. (1975) have been used by among others Benz (1977) and Hoyng (1977). 
rom the calculation by Tsytovich et al. (1975) it is not clear that all relevant terms of second order in the wave energy have 
en taken into account in the kinetic equation for the waves. Therefore we shall recalculate the efficiency of the process in an 
ndent way following the method of Davidson (1972). This is done in Sect. 2 where we carefully list the necessary assumptions 
the validity of our result and for that of Tsytovich et al. (1975). In Sect. 3 we calculate the rate of decrease of ion-acoustic 

energy due to the above process and compare it with the rate of increase of Langmuir wave energy from Sect. 2. 


ion Rate of Langmuir Waves 


derive the efficiency of the turbulent Bremsstrahlung we use the analysis by Davidson (1972) based on the Vlasov cumulant 
hy. For this theory to be valid the turbulence is assumed to be weak and spatially homogeneous. Furthermore it is assumed 
the perturbations are electrostatic and that no external magnetic field is present. 

The spatial Fourier transforms of the electric field fluctuations associated with mode « is defined by 


~ 


a= ss E*(x, t) exp (—ik-x), 


x, 1) = f dkEX(t) exp (ik- x). 


‘(t) varies on the fast time scale as exp (—iw%r). Each physical mode is characterized by two dispersion relations with real parts 
noted by w*(k) [see Eq. (4) below]. Whenever the velocity distributions of the particles have reflexion symmetry with respect to 
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the origin, these real frequency parts differ only in sign w~(k) = —w'*(k). Purthermore for every mode separately [see 
below]: 

w%(—k) = —w%(k). : 

Because of the reality of the electric field fluctuations one has E%,. = Eg*. The spectral energy density associated with the spa 
Fourier transform of the electric field Ez is defined by 


d(k + W)ERMt) = <EX(t)- Ei(t)>/87, 

where the brackets denote an ensemble-average. Thus the energy density associated with the electric field fluctuations is 

<E%(x, t)- E(x, t)>/80 = J dk&&(t). 

Note that 

E(t) = &%,(0) ( 

and that the total spectral field energy density in waves of mode « and wave vector +k is 26%. Consider the half-space in wh 

wt > 0. Then, if the particle distributions have reflection symmetry, & describes only waves travelling in this half-space (“f 

ward waves”’) while &, describes waves in the other direction (“backward waves’’). ; 7 
Now we use the kinetic equation for the waves as derived by Davidson (1972) in his Eq. (47) Ch. 14. We leave out the ter 

linear in the wave energy density and neglect the wave fusion and decay processes in the second order terms, since we wish 

isolate the turbulent Bremsstrahlung process. Thus we are left with an equation which describes all kinds of wave-particle scatter 


to second order. Expressed in terms of the spectral energy density associated with the wave electric field fluctuations the kine 
equation for the Langmuir waves at the dispersion branch w**(k) is 
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fk: eo Magemien Met (a eke fe 
dv —wi + q-v + i dv wk* — k-v + 18) Jos0,° 


A similar equation is valid for the field energy in the Langmuir waves which obey the dispersion branch w*~(k). The summat 
a is over all relevant wave modes and the + and — branches are treated as separate modes. The dielectric function is deno 
by e(k, —iw) and its derivative by ex = dc(k, —iw)/@w|.-.¢. The principal value notation P denotes the omission of a possi 
singularity. The summation / is over the electrons and protons, F;(v) is their velocity distribution normalized to unity, m; 
particle mass, e, the electric charge and n the particle density. We are interested in those second-order contributions in Eq. 
that arise from the resonance w3* — g-v = 0. We use the identity 


1 net Ip ‘ar 3 
w—qvt+ idler, w—|q-v ine = 4-2), 
and drop the principal value notation from now on as well as superfluous superscripts. Then it can be shown that the part of 
(2) involving P(1/e) gives no contribution to the process of interest. The expression for the dielectric function is 


: w? k- aF,/av 
e(k, —iw, + 8) = 1-7 ACT a aes ) 

( x ) 24 of anne aie pas 

where w>; = 4ine?/m;. In the case of Langmuir waves |wz| > |k-v| for the majority of particles so that the real part of the 
persion relation is approximately given by 


0 = e(k, wk) 
w2, kev (k-v)? w? 
== — = ( Fed (1 2 ) — 
7 (ope! vil + + 3— ro Gee Wea) 
w? e 
= ae rE (1 + 3k?v7./(wk)), 
for k « wk/v,.V3 so that 
(wk)? = w2, + 3k, ~ w?,. ( 
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= weil + kipqé*)-* = q?e3(1 + q?kp)~?. (5b) 
ewe have used Maxwellian distributions as first approximations and have introduced the notations kp = w,./v,- for the Debye 
enumber, c, = (K;7,/m;)"'? for the “sound velocity”, ve = (KzT./m,.)''? and vy = (KeT;/m,)"? for the thermal velocities and 
3oltzmann constant Kg. 
foreover in the same approximation it follows that 


F, dv aS 2w2, 
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y for Maxwellian distributions the dominant contribution to >; f dug: &F;/0v5(w, — g-v)/m? stems from the electrons (for 


g all the above approximations, Eqs. (la, b) and (6a), one arrives at the turbulent Bremsstrahlungs rate of Langmuir 


ves from Eq. (2): 


827¢? « 3g°k é: OF. 

Ba OE San f dade DTG J dod(us 7) 
dentifying the field energy U, associated with waves propagating in the direction & with 
= 28 in the halfspace where w~ >. 0 and with (8) 
= 26; in the other halfspace, 

Biting 

=o, (9) 
(7) leads to 

UE 7” are ye Le 

: = eee ot ong tS doa Oo, qv). (10) 


esu It of Tsytovich et al. (1975) is reproduced. The part in Eq. (2) involving P(1/e) is identically zero. The turbulent Bremsstrah- 
sroduction vanishes when both the distribution of ion-sound and the particle distribution function are symmetrical with 
iC ct to reflexions through the origin. 
or a drifting Maxwellian electron distribution 
= (2nvz.)-*? exp (—(v — u)?/2v2) (1) 
4 city integral in Eq. (10) becomes 
— B-alq)oi.*(2n)- exp (—(v* — u-q/q)?/2v%) 


vi Is the ion-acoustic phase velocity ws/q < c;. Since both u « vy. and c, « vy, the non-linear growth rate in terms of total 
electric plus kinetic) wave energy 


= Viet wt (12) 
or 78 dqW% (wi)? (wy + q-j/ne) k-q 

- () nKaTe @w3, Wee Cm ee 

e we have used Eq. (6b), ¥ ; 

=ne (14) 


th he growth rate is defined by @UE/ér = 2y¥*UE. The contributions in Eq. (13) correspond to the results (15a) and (15b) of 
ovich et al. (1975). Instead of their rather artificial asymmetric part of the distribution function ¢,(v)/n = j- v3(87ew*nv)~*- 
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(— 0/2) ot Rg have chosen a drifting Maxwellian distribution. Therefore the contribution in Eq. (13) due to the asymmetry 
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of the distribution function (the second term in parentheses) is a factor (w/v;-)° smaller in our case. From Eq. (13) it shoul 
noted that the Bremsstrahlung of Langmuir waves from an ion-acoustically unstable current (u > v*) is always in the directio| 
the current that is in a direction antiparallel to the electron drift, corresponding to the part of the distribution function w 
the velocity integral in Eq. (10) is negative. My 


3. Damping Rate of Ion-sound Waves a | 


It is interesting to derive the rate of decrease of ion-sound wave energy corresponding to the rate of emission of Langmuir wd 
given by Eq. (13). The kinetic equation for the ion-sound waves is similar to Eq. (2) and easily obtained from it by the follow 
transformation of the indices: (L+, k) > (S+,q); ga — k. Now the summation a@ stands for the + and — branches of the 
sound waves. Again the imaginary parts arise from the pole contributions of the particles resonant with the ion-sound wave | 
a similar way as before one elaborates the kinetic equation. Now however the part involving P(1/e) does not vanish. Using 
(3), (5), and (6), one finally arrives at a rate equation for the electric field energy density in the ion-sound waves correspon¢ 
to Eq. (7) (4 
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Since |wk — w$| > |k — q|vy is valid, one finds from Eq. (4) 


F,(v) — F(w3 — w%)q — Hla — k|~?) 
(wy — wk — (¢ — k)-v)? 
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P(e(k — q, —i(we — w§))) 


1 — 5; 03; J dv 


wo, for |q—k| « kp, 


wee 
(\q = k|?vz. 
For a drifting Maxwellian [Eq. (11)] and the case |g — k| « kp it follows from Eq. (15) with Eqs. (1), (5), (8), and (9) that 
most important contribution to the damping rate of ion-sound waves is given by the part involving P(1/e). To lowest orde: 
|\q — k|?v2,/w2. the damping rate becomes using Eqs. (12) and (14) 
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+1 for |q —k| > kp. 


0 \(&-a)*(g* + 4Ce-g)® — Tk2a?) + k*g(k? + 9) 
; 2) *" nKeTe wi Wee 3k°q?ug, = |k — ql?|k + q|2(q? — 2k-q)(q? + 2k-q) 
a | 
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The signature of the last line in Eq. (17a) is positive for 2k < g and negative for k > q while in Eq. (17b) it is always posit 
We define the total wave energy density in mode j as 
= { Widk. ( 


Then for a given isotropic spectrum of ion-sound waves Eq. (17a, b) shows that the total ion-sound wave energy decreases duc 
the turbulent Bremsstrahlung of Langmuir waves. It can be seen from Eqs. (13) and (17a, b) that the ratio of the increment 
total (electric plus kinetic) energy in Langmuir waves to the decrement of total energy in ion-sound waves is most efficient 
|g — k| « kp, |q? + 2k-q| > k2m./m, and k « q. The efficiency is 
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turbulent Bremsstrahlung of Langmuir waves is most efficient for the largest wave numbers allowed g S kp where the 

ion efficiency is of order unity. 

ever in the case kp « |g — k| and again for a drifting Maxwellian the most important contribution to the damping rate of 

sound waves is given by the part in Eq. (15) not involving P(1/e). To lowest order the ion-sound damping rate is given by 

ee OOO (28 + ecine , Sumb-e 
Ble Whi q Wee —Wteq 


n for a given isotropic ion-sound spectrum the Bremsstrahlung mechanism leads to an increase of total ion-sound wave energy 
no ion-sound is converted into Langmuir waves. 


) for |q — k| > kp. (17c) 


Conclusion 


have derived the turbulent Bremsstrahlung efficiency for Langmuir waves from ion-acoustic waves based on the cumulant 
tarchy of Davidson (1972). We have reproduced the previous result by Tsytovich et al. (1975). However, their growth rate in the 
sence of a current is a factor (v;-/u)* too large, due to their assumed unrealistic current distribution function (uw is the current 
ft velocity). Finally we have calculated the increment of total Langmuir wave energy to the decrement of total ion-acoustic 
ve energy. We have found that the mechanism of Tsytovich et al. (1975) only leads to a conversion of ion-sound waves into 
agmuir waves for |g — k| « kp and then most efficiently for the largest wavenumber g under the additional constraints 
+ 2k-q| > kim./m, and k « q. Physically this result can be easily understood since a ‘“‘sonic”’ electron will only radiate 
(ciently when the electric field of the ion-sound wave does not change appreciably over a Debye length. In the case of a current 
tribution the above ratio is of order unity in the most favourable case q + kp. 
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Summary. Using a simple description of the formation of the 
galactic disk by accretion of primordial gas onto the equatorial 
plane, we follow its chemical evolution during the life of the 
galaxy. The results obtained for the solar neighbourhood put in- 
to evidence the sensitive dependence of the cumulative metal 
abundance distribution among stars upon the time scale of mass 
accretion during the early epochs. Long time scales of the 
collapse phase are needed to account for the observed paucity 
of metal-deficient stars. The models predict radial gradients of 
gas surface mass density, and rate of star formation that agree 
with the observations. The satisfactory agreement that exists 
between these results and those derived by fully dynamical 
models, cast light on the validity of such a simple approach to 
the chemical history of the galactic disk. 


Key words: galaxy — chemical evolution — gradients 


Introduction 


The aim of this paper is to describe a simple model for the 
chemical enrichment of the galactic disk, in particular the 
solar neighbourhood, due to mass-loss from evolved stars 
and inflow of primordial unprocessed gas. Owing to the large 
amount of literature already existing on this subject, a detailed 
introductory discussion is superfluous. Recent exhaustive 
reviews are from Pagel and Patchett (1975), Tinsley (1976a), 
Audouze and Tinsley (1976). Nevertheless, to outline a few 
fundamental points seems worthwhile for the purpose of 
completeness. 

Since the early models of Schmidt (1959, 1963) many 
suggestions have been made to eliminate the apparent dis- 
agreement between model predictions and observed distribution 
of stars with different metallicity in the solar vicinity. However, 
none of the proposed models could completely account for all 
the major observational constraints. The situation was greatly 
improved when Lynden-Bell (1975) reconsidered the original 
suggestion of Eggen et al. (1962) that the metal enrichment of 
the gas must have taken place significantly during the very early 
stages of galaxy formation. This implies that the basic assump- 
tion, common to all previous models, that the whole mass in 
the solar vicinity is present as gas before any star generation 
occurred, is no longer valid. In this context, Lynden-Bell (1975) 
allowed the mass to monotonically increase with time, and 
proposed a formal solution for the metallicity distribution 
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among stars that reproduces the observational data. ‘ 
results were independent of the particular law governing 
temporal increase of the mass. Besides the two models 
Larson (1972) and Lynden-Bell (1975), a few more exis’ 
literature, which take into account the inflow of metal-p 
gas (Biermann and Tinsley, 1974; Quirk and Tinsley, 1$ 
Ostriker and Thuan, 1975). The latter, however, considered 
inflow of gas shed by dying stars of the halo, with alre 
metal-enriched chemical composition. Most of those mo 
have a rate of inflow that is assumed to be constant in sf 
and time. On the contrary, there is no firm reason for a ¢ 
stant rate of inflow. In fact, the time-dependence was somel 
implicit in Ostriker and Thuan’s models, whereas Quirk 
Tinsley (1973) needed to adopt different rates of infloy 
properly account for the observed properties of diffe 
region in M31 and M33. 

The observation of radial gradients of chemical abundat 
and colours in disk galaxies has raised many attempts to 
scribe the chemical evolution of the galaxy by extending 
results for the solar vicinity to the whole disk. As conci 
summarized by Tinsley and Larson (1978), models \ 
density wave driven star formation, or with star forma 
controlled by the disk surface mass density, can easily reproc 
gradients in colours and chemical composition (Gort, 15 
Jensen et al., 1976; Talbot and Arnett, 1975). Furthermore, : 
dynamic collapse models of disk galaxies predict both a ra 
dependence of chemical abundances correlated to gradient 
the star formation rate and inflow of gas with primordial 
already metal enriched chemical composition. Although 
most complete approach to the problem of chemical evolu 
of the solar neighbourhood and whole disk would requi 
fully dynamic formulation, nevertheless a simple descrip’ 
incorporating some of the above aspects might still be 
general interest. 

To this end we propose a model based on the folloy 
assumptions: 

(i) the disk is approximated by several independent rit 
no exchange of matter among them. The validity of this 
proximation was clarified by Tinsley (1976a). 

(ii) The mass of each ring is supposed to depend both 
the position in the disk (distance from the centre) and on ti 
Moreover, the time dependence is thought to simulate bo’ 
rapid accretion phase, collapse, and a continuous slow inf 


of primordial gas. 
(iii) A prescription for the rate of star formation, and 


use of the instantaneous recycling approximation. 


tion 1 contains the formulation of the equations of 

1 enrichment. Sections 2 and 3 illustrate the prescriptions 
d for the rate of mass accretion, and rate of star forma- 
respectively. Section 4 summarizes the input parameters 
t in our simplified model of chemical evolution. The 
Its obtained for the solar neighbourhood are widely 
iribed in Sect. 5, whereas in Sect. 6 we illustrate the model 
the whole disk. Section 7 compares the present results with 
je from dynamic models of disk galaxies, and with several 
or observations of the variation of gas content and rate 
‘tar formation across the disk of the galaxy. Finally some 
cluding remarks are drawn. 


Basic Equations for Chemical Enrichment 


= following set of differential equations describes the 
iporal evolution of each independent portion of the disk. 
ym the equation of mass conservation we obtain: 


r,t) = —aé,(r, t) uP a(r, t), (1) 


ere o,(r, t), o,(r, t) and o(r, t) denote the surface densities of 
, stars, and whole ring respectively. Each quantity is as- 
ned to be a function of time and distance from the galactic 
tre. However, due to assumption (i) only time derivatives are 
sidered. The first term of the r.h.s. of Eq. (1) represents the 
consumption by star formation, while the second gives the 
rease of the gas mass by inflow of primordial matter. From 
formulation of Eq. (1) it appears also that the instantaneous 
ycling approximation is adopted. 

If we define Zc,(r, t) to be the mass of gas in form of heavy 
ments (heavier than H and He) then we may write for the 
iporal variation of the metallicity in each ring 


Z(r, t) oar) 
,t)= ~ ofr, t) Gr, t) + o[p* — Z(r, t)] o,(r, t) : 


ere « gives the proportion of mass in each generation of 
rs that remains locked in long-lived stars or collapsed 
inants, and p* is pz/a«, pz being the stellar yield of heavy 
ments. Equation (2) is formulated on the assumption that 
accreting material has primordial metal content (Z = 0). 
The temporal variation of the fraction f(r, t) of unastrated 
terial is given by 


1 — f(r, t) 
o,(r, t) 


is equation follows the temporal variation of deuterium, 
uming that any deuterium contained in the interstellar gas is 
mnt if it passes through a star, that no deuterium can be 
thesized in the system, and the inflowing material has its 
mordial composition. According to the definition of f(r, r), 
{> is the now observed abundance of deuterium and /(r, r) is 
present fraction of unastrated matter then X>//(r, 1) is the 
mordial value. 

The Eqs. (1), (2) and (3) are complemented by the following 
of initial conditions 


&{r, 1) - aeanal = ait. 1). G) 


t= 


ofr, 0) = 0 
f(r, 0) = 1 


r, 0) = og0(r); 
0) = 0; 


(4) 
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and by prescriptions for the rate of mass accretion, and rate of 
star formation. 


2. Rate of Mass Accretion 


Current models of disk formation in spiral galaxies (Larson, 
1976) suggest that we may describe this process as taking place 
in two separate steps: a rapid collapse where most of the gas 
left over by the formation of the halo and spheroidal component 
settles onto the galactic plane without any significant activity 
of star formation, followed by a later slow inflow of gas 
coming from residual primordial matter, and from gas shed by 
faraway stars of the halo. Once the disk is formed, star forma- 
tion must have occurred again at a substantial rate. In order to 
incorporate these ideas in our description, we split the accretion 
rate term in Eq. (1) into two contributions simulating both the 
rapid collapse and the slow inflow. Moreover, we assume that 
the temporal and spatial dependence of both terms can be 
separated in the following way 


(r,t) = [A(r)e~ "Joo. + [Broo "2 Ine (5) 


where 7, and 7, indicate the time scales of collapse and slow 
inflow, respectively. A(r) and B(r) are two suitable functions of 
the radial distance from the galactic centre which are to be 
determined by additional information. Before proceeding 
further, it is worth emphasizing that this simplified formula- 
tion cannot entirely simulate the results of dynamical models, 
as we do not take into account radial movements of matter. 
However, the discussion below will clarify how this formulation 
may constitute a fair representation of dynamical models with 
respect to their chemical structure. 

In order to derive the explicit analytical dependence of 
A(r) and B(r) we have used the following procedure based on 
the present-day distribution of the surface mass density and 
rate of infall across the disk. 

Although the distribution of mass over the disk of flattened 
galaxies is not very well known, the adoption of an exponential 
law might be suitable to describe the reality (Freeman, 1970). 
The variation of the surface mass density with radial distance 
is therefore 


o(r) = op exp (—r/Rp), (6) 


where op and Rp are two scale parameters. 

It goes without saying that an exponential law is certainly 
not valid at very large distances, and near the galactic centre. 
Therefore, we have shortened our model to the maximum 
distance of 20 kpc, and replaced the exponential law by an 
inverse square law 


o(r) = oy/(r + Ry)? 1» Ae 


in the innermost rings (r S rg, where rg is arbitrarily assumed 
equal to 2 kpc). 

The fit of relations (6) and (7) at r = rg, and the values of 
the surface mass density at the centre and solar distance 
determine the four parameters oy, Ry, op and Rp. 

Since there are not many observational indications for the 
variation of inflow rate across the disk of the galaxy, we 
appealed to the theoretical investigation of Hunt (1975), who 
studied the accretion of intergalactic gas by the galaxy under 
the action of its gravitational field. The results indicated the 
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possibility of substantial rates varying with the position in the 
disk. In the absence of more detailed information, we adopted 
the ratio of central to solar vicinity inflow rate as an adjustable 
parameter, and assumed that the spatial variation of the rate 
is given by an exponential decrease. The rate of slow infall at the 
present time is given by 


Gini(7, to.) = Boe~™* (8) 


where f, stands for the age of the galaxy, the parameters By and 
R, are fixed by imposing the current estimates for the inflow rate 
at the solar vicinity, and the predicted one for the galactic 
centre. With these assumptions B(r) is 


B(r) = Bo exp (—r/R; + f,/T2), (9) 


which holds as long as the contribution from collapse is 
supposed to be negligible compared to the present day infall 
(Sco1 <K Sint). 

In order to derive A(r), we integrate relation (5) with respect 
to time and equate o(r,?f,) to the present distribution of 
surface mass density. After some algebraic manipulations we 
get 


On 


ks le + Ry)? 


+ T2Boe7 "(1 — ests) | 774 — e-telt1)~1 


(10) 
for r S rg, and 
A(r) = [ope7"®> + teBoe""*(1 — efo!"2)]7,1(1 — e7's!t1)-1 


(11) 


fOr r> Tp. 

It is worth noting however that the limitation in deriving 
B(r), Foor K Ging at the present time, is not severe since the 
above procedure still holds when we release the constraints on 
the inflow rate, leaving it undetermined. In fact the distinction 
between collapse and slow infall is more formal than physical as 
long as both have primordial chemical composition, as 
assumed here. 


3. Rate of Star Formation 


Amongst other things, the rate of star formation is known as 
one of the most important factors in determining the structure 
of elliptical and spiral galaxies (Larson, 1975, 1976). 

As shown by Larson (1976), a rate of star formation strongly 
declining during the latest stages of collapsé is needed to form a 
massive disk in models of spiral galaxies. However, once the 
gas has settled onto the equatorial plane and built up the disk, 
the process of star formation must increase again, arise to a 
peak value, and then decline. The duration of this phase, and 
age of the peak, were found to depend on the position in the 
disk (Larson, 1976). Several physical mechanisms that might 
strongly suppress star formation during the latest stages of 
collapse have been envisaged by Larson (1975, 1976). Depen- 
dence of the star formation rate on the velocity dispersion of 
gas, tidal forces exerted on the remaining gas by the already 
formed spheroidal component, and dependence on the fre- 
quency of rapid cloud—cloud collisions. The second phase of 
star formation is also partly controlled by the existence of the 


above mechanisms, and by the specific process responsible} 
star formation and its correlation with the overall struct ar 
the system. nt 

Talbot and Arnett (1975) correlated the process of | 
formation with the surface mass density of an already flatte 
system. In their formulation, the density increase by gray 
tional attraction is balanced by the increase of the gas s 
height due to energy input from short-lived stars. In 
paper we have tried to incorporate Larson’s (1976) picture i 
Talbot and Arnett (1975) mechanism. Owing to the very s 
time scale of energy input from short-lived stars, compared 
the time scale of mass accretion, we may suppose that 
disk will not greatly differ from an equilibrium configurati 
In this case the formalism of Talbot and Arnett (1975). D 
be considered valid at any time, the only significant differe 
being the time variation of the total surface mass den: 
o(r), which is allowed to increase with time. Following Tal 
and Arnett (1975) we write the rate of star formation in 
case of supersonic approximation as 


accom 


6.(r, t) = o,(r, ft). ( 
This formulation in terms of the surface mass densities sta 
on the basic assumption that the rate of star formation ob 
Schmidt’s (1959) law (|f,|% & ps). The quantities o(f, ¢) an 
are the surface mass density at a particular distance 7 from 
centre, and an efficiency parameter respectively. Although t 
were originally introduced only for purposes of normalizati 
they now assume the meaning of defining a particular ra 
scale that controls the process of star formation. In the ligh 
Larson’s picture, we might perhaps associate this partict 
radial scale with the effect of tidal interaction exerted on 
residual gas by the already formed spheroidal component : 
innermost regions of the disk. 

The spatial and temporal behaviour of relation (12) is s 
that at any given time star formation is strongly inhibitec 
distances r > 7, whereas at any given distance r star format 
starts small, increases to a peak value, and then declines ag 
These aspects will be described in more detail in the fo 
coming discussion. 


4. Input Parameters 


The numerical integration of Eqs. (1), (2) and (3) allows u: 
derive the temporal variation of o,(r,t), o.(r, t), Z(r.t) : 
J (r, t) at any chosen distance r from the galactic centre. B: 
input parameters of this problem are: 

i) the total mass densities at the centre and solar vici 
at the present time (c, and gg respectively); 

ii) the rates of inflow at the centre and solar vicinity at 
present time (Ginr,¢ and Ginr,o Tespectively) ; 

ili) the time scales of collapse and slow inflow 7; and 7 

iv) the values of # and « in the formulation for the star | 
mation rate, the age of the galaxy f,, the stellar yield of he 
elements pz, and the fraction « of mass locked in long li 
stars or collapsed remnants per stellar generation. 

Since few of them can be considered better known t 
others, for the sake of simplicity they will be assumed const 
throughout this analysis. They are reported in Table 1. The 
of the galaxy is estimated to range from 10 10° yr to 15 10° 
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. Basic input parameters 


n units of 10° yr 
n units of M,/pc? 
n units of Mo/pc?/10° yr 


| we have assumed ¢, = 13 10° yr as a canonical value. The 
| surface mass density og in the solar vicinity is uncertain by 
ut 20% and ranges from 80 M,/pc? (Oort, 1960) to values 
iter than 120 M,/pc? (Innanen, 1973). Here it is assumed to 
(00 M,/pc?. The rate of inflow of primordial matter in the 
i neighbourhood follows Oort’s (1970) estimate of 1-2 
/pe*/10° yr. Although it is known that in the instantaneous 
cling approximation, Z always scales with p*, and the 
sification of a value for p* is unnecessary, we have made a 
ticular choice for p* by assigning pz and a. However, the 
ilts can be easily read in terms of Z/p*. The yield pz of heavy 
nents, and the fraction a of long lived stars and collapsed 
nants per stellar generation are taken from Talbot and 
lett (1973). Finally, we adopt x = 2 for the power de- 
dence of the rate of star formation on the volume gas 
sity. 

The remaining parameters o,, Ginr,-, %, 71, and 72 are 
sidered free and adjusted so as to reproduce the surface 
ss density and metal content of gas, now observed in the 
uw vicinity. 


Solutions for the Solar Neighbourhood 


hough quite a large network of solutions has been explored, 
describe here only those obtained by varying 71, T2, and 7, 
se they revealed the most interesting features. As a pre- 
inary analysis also indicated that the global results did not 
nificantly depend on the central mass density o,, we have 
umed it constant in all the solutions described below 
= 10* M,/pc*). The rate of star formation given by the 
ition (12) implicitly depends upon the particular choice for 
he spatial scale of efficiency of star formation. For the sake 
simplicity we assume 7 to coincide with the distance of the 
ar neighbourhood from the galactic centre (F = 10 kpc). In 
$ case, our results can be compared with those of Talbot and 
nett (1975), who made a similar choice for 7, but assumed the 
al mass of the system constant. A few solutions were also 
culated to understand how they would be affected by a 
ferent choice for 7. This point will be discussed briefly in the 
text of solutions for the whole disk. Furthermore, since 
th collapse and slow infall accrete the disk with primordial 
tter, but with different spatial and temporal scales, it might 
of some interest to investigate their effect separately. To this 
J, we have calculated several solutions without imposing any 
istraint on the present day rate of slow inflow. This can be 
ply achieved by dropping the second term in Eq. (5). 
wwever, this does not also mean that the overall accretion 
e has to be zero at the present time. In fact, the collapse 
m alone might even contribute significantly to it, if a 
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suitable time scale 7; is adopted. The main features of models 
computed with or without the constraint on the slow infall term, 
are reported in Tables 2 and 3 for several combinations of 
7, and v. Figures 1a,b show the cumulative distribution Z(c,), 
a, being the surface mass density of stars born up to the time 
when the metal content has reached the value Z, for the 
solutions reported in Tables 2 and 3. 

The time scale of slow inflow assumed here to be 15 10° yr 
has been inferred from Larson (1976), who suggested that this 
time scale might be of the order of the galaxy’s age, or even 
longer. A few test computations, however, soon indicated that 
the particular choice made for 72 only had a minor effect on 
the main features of the results. 

It is evident that the cumulative metal distribution Z(o,) is 
controlled mainly by the collapse time scale, whereas only minor 
differences arise from different choices of 7. With short time 


Table 2. Theoretical predictions for the solar neighbourhood 
at the present age; models without the source of slow inflow 


7° v Tee Zz ig Gann 
0.5 4.6 2.43 0.049 0.45 ~ 0.0 

1.0 4.6 2.83 0.041 0.52 2.0 (—4) 
3.0 4.6 5.91 0.022 0.72 0.4 

5.0 4.6 8.28 0.017 0.77 1.6 

0.5 vast | 3.93 0.045 0.47 ~ 0.0 

1.0 D1 4.44 0.039 0.54 2.0 (—4) 
3.0 plas | 8.20 0.022 0.71 0.4 

50 2.7 11.01 0.018 0.76 1.6 

0.5 0.9 10.72 0.033 0.58 ~ 0.0 

1.0 0.9 11.56 0.030 0.61 2.0 (—4) 
3.0 0.9 16.76 0.019 0.72 0.4 

5.0 0.9 20.51 0.017 0.77 1.6 


In units of 10° yr 
> In units of Mo/pc? 
© In units of Mo/pce?/10° yr 


Table 3. The same as in Table 2; models with the source of slow 
inflow included rz = 15 10° yr, Gjnr(ro, tg) = 1 Mo/pc?/10° yr 


Tar v a,” Z f Soo 
0.5 4.6 5.74 0.019 0.75 ~ 0.0 

1.0 4.6 Dene 0.019 0.75 2.0 (—4) 
3.0 4.6 6.80 0.018 0.76 0.4 

5.0 4.6 9.00 0.017 0.78 1.6 

0.5 vu 7.63 0.021 0.73 ~0.0 

1.0 Pia 7.38 0.021 0.73 2.0 (—4) 
3.0 Pf | 9.91 0.019 0.75 0.4 

5.0 Ze, 11.92 0.017 0.78 1.6 

0.5 0.9 14.88 0.022 0.71 ~0.0 

1.0 0.9 15.30 0.022 0.71 2.0 (—4) 
3.0 0.9 18.80 0.018 0.75 0.4 

5.0 0.9 21.65 0.016 0.78 1.6 


In units of 10° yr 
> In units of M,/pc? 
© In units of M,./pce?/10° yr 
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Fig. 1a. Cumulative metal distribution Z(c,), among stars in 
the solar vicinity. Both the metal abundance Z, and the surface 
mass density of stars o; are normalized to their present-day 
values, Z’ and o; respectively. The time scale of collapse 7, is 
reported along each curve in units of 10° yr. These models are 
calculated without the source of slow inflow 
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Fig. Ib. The same as in Fig. la but for models with the source 
of slow inflow. The time scale of slow mass accretion is 
T2 = 15 10° yr 


scales of collapse the results resemble those for constant mass 
models, while for long time scales they are very similar to those 
of current models with constant infall. The most important 
difference between the two types of model, with or without the 
constraint on the slow inflow, is the occurrence in the former 
of a super metal-rich phase, visible in the peak of the Z(o,) 
relation, for 7, smaller than 310° yr and ? greater than 2. 
Moreover, the inclusion of slow inflow manifestly eliminates 
those solutions showing closed model-like behaviour. In 
particular our models with low efficiency of star formation and 
short time scale of collapse are quite similar to the closed 
model of Schmidt (1959, 1963). However, not all solutions 
reported in Table 3 are acceptable, because the models in 
which the slow inflow is explicitly taken into account are 
constrained by the condition 6.) K Ging that was used in 
deriving B(r), Eq. (9). This immediately rules out all solutions 
with 7, = 3 10° yr. On the contrary, such a limitation did not 
exist for the solutions of Table 2, since no constraint on the 
present day o was imposed. If we wish to examine the validity 
of these results, it is necessary to compare them with the 
observations for the solar vicinity. In Fig. 2 we show the 
observational cumulative distribution of heavy elements 
derived by Pagel and Patchett (1975). These data are displayed 
in the possible alternatives that either He content in stars has 
not changed with time, or He content has varied proportionally 
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) huis 1. 
05/95 
Fig. 2. Observational cumulative metal distribution Z(a;) 
the solar neighbourhood. Full dots indicate the data of Schi 
(1959) and Bond (1970). Shaded areas show the data of P 
and Patchett (1975) in the two alternatives of constan 
increasing with metal abundance He content, Caimmi (1 


to the metal abundance, Caimmi (1978). Although the assu 
tion of helium being proportional to metals is rather unreali 
it has been taken into account for purposes of illustration. 
same diagram also displays Schmidt’s (1963) and Bond’s (1 
data. Our theoretical predictions for Z(o;) agree with 
observations for models whose 7; ranges from 2 to 3 10 
and % ~ 3. In the discussion below we shall briefly exr 
why we rule out solutions with short 7, and slow in 
However, the cumulative metal distribution in stars is not 
only constraint to models of chemical evolution of the s 
neighbourhood. On the contrary, the present ratio of gas r 
to total mass, the present metal content of the gas compon 
the rate of enrichment of the interstellar medium, and 
variation of the gas mass with time, also constitute a se 
observational constraints on theoretical models. Since t 
points have been extensively discussed by Pagel and Patc 
(1975), a detailed description would be superfluous. Howe 
we will briefly summarize the basic aspects for the sak 
completeness. The gas content in the solar vicinity is estim 
to be in the range 0.05-0.15 of the total surface mass den 
with possibility of higher values, up to 0.2. The age depend: 
of the metal abundance Z of gas was investigated by Pagel 
Patchett (1975), Mayor (1976), Perrin et al. (1977). In b 
there is a significant increase of Z with time, which took p 
mostly at very early epochs of disk evolution, whereas du 
the last 5-8 10° yr the metallicity has not increased by n 
than a factor of two. Apparently, the metal increase is m« 
tonic, although a very large dispersion in Z among stars bor 
any given age of the galaxy is also observed. Thus, the exist 
of a phase of supermetallicity seems very uncertain, offerin: 
support to those models that predict a maximum in Z a 
early epoch, followed by a decrease, Talbot and Arnett (19 
Biermann and Tinsley (1974). Very little information e) 
about the variation of gas mass with time. However, indi 
arguments lead Partridge and Peebles (1967), Sandage e' 
(1970) to suggest that the galaxy very quickly sets up a 
content near it final value. 
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Age (10% ys) 
3. Variation with galaxy’s age of the gas surface mass 
sity o, for models with long collapse time scale and with or 
jout the source of slow inflow (broken and solid lines, 
sectively). All models have 7; = 3 10° yr but different values 
he efficiency parameter 7. The inflow models are calculated 
iming T2 = 15 10° yr. 
{ 


With slow Inflow Without slow Inflow 
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age (10° ys) 


.4. Variation with galaxy’s age of the gas metal abundance Z 
models with long collapse time scale and with or without 
source of slow inflow (broken and solid lines respectively). 
models have 7; = 3 10° yr, but different values of the effi- 
icy parameter 7. The inflow models are calculated assuming 
= 15 10° yr. Since, for the sake of simplicity, the Z values 
the two types of model are drawn in the above diagram 
a different scale, it is worth bringing out the fact that all 
r curves are virtually identical 


Models with 7, = 3 10° yr, Tables 2 and 3, predict values 
¥, and Z in the present age solar neighbourhood well within 
range of current observational estimates. Figures 3 and 4 
w the variation of o, and Z as functions of the age of the 
axy for models with 7, = 3 10° yr and different values of 7. 
s evident that the agreement with the observational informa- 
1 is again quite good. In fact the gas mass a, lies quite close 
its present value since the early epochs of the galaxy’s life, 
| the metal content Z has not increased very much during the 
5-8 10° yr. The variation of the star formation rate (nor- 
lized to the present value) in the solar neighbourhood during 
disk history is shown in Fig. 5. The rate reaches its maximum 
ue at very early epochs of the disk evolution (¢ ~ 1 10° yr) 
| then steadily declines. The ratio of the past to the present 
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6, (14, tg) = 0.5 
6.( ©, tg) = 1.5 
6, ( 4, tg) = 6.0 


0.5 


age (10%ys) 


Fig. 5. Rate of star formation 6, as a function of the age for 
three selected zones of the disk. The rate of star formation (in 
units of M,/pc?/10° yr) is normalized to the present-day value. 
The curves refer to a model with collapse time scale 7; = 
3 10° yr, without the slow accretion source, and ¥ = 2.7 


day rate of star formation is of the order of ten, and the present 
value is within the limits on the net present birthrate in the 
solar vicinity given by Tinsley (1977) as follows 


0.9 < 6, < 10 Mo/pc?/10° yr. 


The time variation of the stellar birthrate over the galaxy’s 
lifetime was recently discussed by Tinsley (1976a,b) and Mayor 
and Martinet (1977). The latter pointed out that the time 
variation of the birthrate can be limited at most between 
uniformity and a decrease of a factor of 7 on the galactic life. 
From the data of Fig. 5, we derive a decrease of the star forma- 
tion rate of a factor of 15 during the last 12 10° yr, which is 
twice as much as estimated by Mayor and Martinet (1977). 
Owing to the crudeness of the present formulation of the 
problem, it might be possible that a different choice of the 
basic parameters will confine the time variation of the star 
formation rate within a narrower range without changing the 
overall results. 

The relative importance of inflow compared with star 
formation in this type of model is measured by the ratio 
6,/Goo, shown in Fig. 6. After the very early stages (t => 1.5 10° 
yr) the rate of star formation dominates over the rate of mass 
accretion, which has a present-day value comparable with 
Oort’s (1970) estimate. In this case, the inflow of matter is 
viewed as the tail of the collapse phase. 

Before concluding this section, it is worth commenting 
on the values given for 7,, which seem longer tharl the custo- 
marily accepted time scale of collapse. Following Larson (1976), 
the free fall time scale of a uniform, uniformly rotating sphere 
of gas, ranges from 3 10° yr to 1.5 10° yr for an initial mass of 
10%! My, and radii from 30 to 100kpe. In the spirit of our 
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Age ( 10°ys) 


Fig. 6. Ratio of the star formation to the inflow rate for three 
selected zones of the disk. The curves refer to a model with 
collapse time scale 7, = 3 10° yr, without the source of slow 
accretion, and 7 = 2.7 


approach, 7, does not coincide with the free fall time, but may 
exceed it by a factor 2-3, since it indicates only the global 
duration of the phase of disk formation. In this sense, the 
values adopted for 7; to reproduce the observations are 
reasonable. 


6. Simple Application to the Galactic Disk 


The aim of this section is to extend the results obtained for the 
solar neighbourhood to the whole disk of the galaxy. 

It goes without saying that the formalism adopted in this 
paper allows us to, devise only a first order description of the 
chemical evolution of the disk, because the stellar birth rate 
was derived under the assumption of highly flattened con- 
figuration, the neglect of radial movements of material, and the 
hypothesis of instantaneous recycling. In spite of this, the 
adopted formalism can still hold and give reliable results once 
the disk is formed (Tinsley, 1976a), while the discussion below 
will point out that the results are also satisfactory in a wider 
context. 

Since for other regions we do not possess the same amount of 
information as for the solar neighbourhood, in modelling the 
whole disk we have used only those solutions giving appropriate 
results for the solar vicinity. It might be worthy of interest, 
however, to briefly discuss also several cases which do not 
represent the solar pool, for the sake of completeness. In the 
following we will still consider two alternatives: models with 
slow inflow of primordial matter at the present time according 
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Fig. 7a. Cumulative metal distribution Z(c;) among stars 
different distances from the galactic centre for models with 
the source of slow inflow. The metal abundance and surf 
mass density of stars o;.are normalized to their present 
values, Z’ and o; respectively. Along each curve is indica 
the radial distance from the centre (in kpc). The time scale 
fast mass accretion 7, is in units of 10° yr 
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Fig. 7b. The same as in Fig. 7a, but with the source of s 
inflow taken into account. The time scales 7, and Te 
expressed in units of 10° yr 


to Hunt’s (1975) prediction, and models where this constr 
is not taken into account. 

In view of this, we isolate four cases with two different va! 
of 7, and with or without the constraint on the slow infil 
Figures 7a and 7b show the cumulative abundance distribut 
in stars for all cases under discussion. The collapse time s 
is either 0.5 10° yr or 3 10° yr, whereas the efficiency param 
¥ has the same value which is 2.7 everywhere. Tables 4 ar 
summarize the variation of o,, Z and fraction of unastrz 
matter f with galactocentric distance that are predicted 
our models at the present time. Of particular interest is 
variation of the cumulative metal distribution in stars Z 
with the collapse time scale (a result already known fi 
the analysis of the solar vicinity), the position in the disk 
the inclusion of the source of slow inflow. Short time. sc 
of collapse and no slow inflow of gas predict models wt 
Z(o;) distribution resembles that of constant mass syste 
Models with short collapse time scales but with the source: 
slow inflow taken into account undergo stages of suj 
metallicity at intermediate radii, from 4 to 10 kpc. On 
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B® 7,=0.5 2-7 oeeeioe a= 108 
pe 
| 4 6 8 10 12 rE ta Wake 18 20 
Det 8s 181. 3.93. 7.73. . 9.87. 651 3.04 1.30 
0.053 0.055 0.056 0.055 0.045 0.025 0.009 0.002 3.0(—4) 6.0(—S) 
See 47. 043° 048 0.66 086 097 0.99. ~1.0 
T= 3 A ae | ep Sal rp eile 
2 4 6 8 10 12 14 16 18 20 
See 7NS(O0" “G67 S18 ~ 10.62 1093 664° 3.04 1.30 
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n units of 10° yr 
yin units of Mo/pc? 
1 kpc 


le 5. The same as in Table 4; models with the source of slow inflow tz = 15, Gint(To, to) = 13 


(0, to) = 10? 
7 = 0.5 VAR 10" eye Ge 
2 4 6 8 10 12 14 16 18 20 

Sfafs) 7.56 7.42 7.37 7.63 9.30 10.16 6.49 3.02 1.29 

: COIS 015” 0.015 0.016" 0,021 0.019 0.008 0.002 4.0(—4) 6.0(—5) 
0.80 0.79 0.79 0.79 0.74 0.73 0.87 0.97 0.99 ~1.0 
eee A Eg | nee LO Tor— 1107 
2 4 6 8 10 12 14 16 18 20 
8.90 8.90 8.90 9.14 9.91 11.42 11.05 6.60 3.02 1.29 
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T2 in units of 10° yr 

7 in units of Mo/pc? 

n kpc 

in units of M,/pc?/10° yr 


trary long time scales of collapse, 2 to 3 10° yr, no matter 
*ther the source of slowly inflowing gas is taken into account 
10t, give almost similar results. In fact only minor differences 
shown by the gas content, metallicity, and fraction of 
strated matter at the present time. In each case, the inner- 
st regions of the disk are expected to have almost all stars 
h uniform metal content. This property, which was originally 
nted out by Larson (1972) in his paradigm infall model, may 
attributed to the balance between the rates of mass accretion 
| star formation. This is confirmed by the variation with 
of the ratio of star formation to mass accretion rate, shown 
“ig. 6 for the 4 kpc ring. It is also worthy of mention that the 
er zones of the disk are expected to have a metal content of 
erent value compared to the present-day metallicity, in 
erent types of solution. Closed-like models (short 7, and 
slow inflow) predict that almost the totality of stars would 
'¢ a metal content much lower than the present age value. 
the contrary in all other types of model almost the totality 
stars would have a metal content quite close to the present 


The entries of Tables 4 and 5 reveal that in every model, 
moving from the external low density regions, the surface mass 
density of gas c, increases to a peak of approximately 10 M,/pe? 
at intermediate galactocentric distances, 12 to 14 kpc, the total 
surface mass density being in the range 20 M,/pc? to 50 Ma/pc?. 
The metal content Z of gas increases inwards to a peak value 
inside the radius at which the gas surface mass density is 
maximum. In these models the innermost regions of the disk 
are predicted to have slightly deficient metal abundance 
compared to the solar neighbourhood. This under-metallicity 
of the central regions of the disk is more pronounced both in 
models with the source of slow inflow, and in those without it 
but with long 7,. A few test computations also make evident 
that the metallicity gradient in the innermost regions of the disk 
is somewhat dependent on 7; in those cases which do not include 
the source of slow inflow. In fact very short time scales 7, 
(closed-like solutions) give models with continuously outward 
decreasing metal content Z. The radial variation of o, and Z 
displayed by the entries of Tables 4 and 5 in the innermost 
regions of the disk (2, 4, and 6 kpc) needs, however, con- 


214 


siderable caution. In fact the instantaneous recycling approxi- 
mation is likely to break down in these regions where the ratio 
of the gas to total surface mass density comes out to be a few 
per cent or less, Vigroux et al. (1976). This is particularly true 
for those models with short time scale of fast mass accretion 
(7; = 0.5 10° yr) and no inclusion of slowinflow as they show the 
lowest co, values at the present time. Owing to this we will 
consider these results only as a qualitative indication of the 
radial variation of surface gas density, and metallicity across 
the disk. 


7. Comparison with Dynamical Models and Observations for 
the Galactic Disk 


The comparison with Larson’s (1976) models of disk galaxies, 
and the more specific calculations of chemical evolution in 
dynamical models by Tinsley and Larson (1978), show that the 
metallicity distribution across the disk, found with our simpli- 
fied approach to the problem, agrees with the one predicted by 
dynamical computations. In fact, almost a constant metallicity 
in the inner regions and a pronounced negative gradient in the 
outer regions of the disk are displayed by all models. Moreover, 
if our results are taken literally, a weak positive gradient is 
shown in, the innermost regions, from the centre to 8-10 kpc. 
Similar behaviour of the metallicity distribution of gas exists 
in the models of Tinsley and Larson (1978), the only difference 
being the location of the peak value, which occurs in our models 
around 9-10 kpc, whereas in Tinsley and Larson (1978) it is 
found around 5 kpc. Three different factors may be thought of as 
contributing significantly to the predicted gradients, particu- 
larly in the central regions. The infall of metal-poor gas that 
reduces the metallicity by a larger amount in the centre where 
the relative contribution of the infall is greater; the temporal 
and spatial variation of the star formation rate; the neglect of 
radial inwards flow of gas in the disk which presumably might 
enhance the gradient and perhaps shift the peak location in- 
wards. The relative contribution of the infall of metal poor gas 
is already displayed by our models of Tables 4 and 5. We have 
performed a few test calculations changing the characteristic 
radial scale 7 of the rate of star formation. The result is that in 
our models the location of the metallicity (and gas) peak is 
correlated with 7. In models with smaller 7 the metallicity peak 
occurs closer to the galactic centre. In any case the slope of the 
decreasing portion of the gradient turns out to be almost 
insensitive to variations of 7. The question of the effect of the 
neglect of inward motion of gas is rather crucial as a very 
modest drift velocity, as small as few km*s~', can produce a 
significant gradient, Tinsley and Larson (1978). The variation 
with time of the star formation rate in different zones of the 
disk (Fig. 5) shows that the peak value occurs at increasing 
age moving outwards from the galactic centre. This behaviour 
agrees with the analogous results from dynamical computations 
of Larson (1976). 

In the light of the above arguments we might conclude that 
models with a short time scale of collapse and no occurrence of 
slow inflow of primeval matter can be definitely disregarded as 
they do not reproduce the results of dynamical models. The 
remaining three categories, namely those with short 7, and 
occurrence of subsequent slow inflow, or with long 7, and no 
matter whether the additional source of slow inflow is taken into 
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account or not, give almost similar results and closely 
mate the dynamical models. However, models with 
collapse time scale +, and occurrence of slow inflow 
present time predict the existence of a phase of supermet 
for which there is no well established observational evi 
Therefore, if we accept as best accretion models those with’ 
time scale of collapse and for simplicity without the soure 
slow inflow, a number of observed properties of the ch 
structure of the galactic disk can find a qualitative expla 

The presence of abundance gradients of oxygen and n 
gen in external galaxies, and across the disk of the galax 
now quite well established, Peimbert et al. (1978), Peimt 
(1978), Shields and Searle (1978). These observations sugge: 
steady increase of metallicity toward the central regions ; 
disk. The values for oxygen and nitrogen gradients esti 1 
at the Sun’s distance‘are dlog (O/H)/dR = —0.13 + 0.04 kpe 
and dlog (N/H)/dR = —0.23 + 0.06 kpc~1 (Peimbert et 
1978). The models of Tables 4 and 5 predict a virtually const 
metallicity from 2 to 12 kpc, and an outward steady decline 
larger distances, with slope d log Z/dR ~ 0.29 kpc~*. Altho 
the decreasing portion of the metallicity gradient has a sl 
similar to the observed ones, it is safest to say that wit 
the framework of the present physical picture, our models 
still unable to account for the observed metallicity distributi 
However, owing to the correlation between location of 
metallicity peak and radial scale 7 of the star formation 1 
suggested by the present analysis, it might perhaps be poss 
to reproduce the desired gradients by properly varying 
parameters of the rates of star formation and mass accreti 

The radial variation of the present day surface density} 
gas, and rate of star formation in the disk of the galaxy 
been recently studied by Guibert et al. (1978). From 5 to 15. 
both the surface gas density and rate of star formation 
found to decline outwards. 


2 6 10 14 18 
R(Kpc) 


Fig. 8. Comparison of the observed radial variation of the | 
of star formation (SFR) and surface mass density of gas 
[models (1) and (3)] of Guibert et al. (1978) with the theoret 
predictions of our best model (7 = 310% yr, ¥ = 2.7, 
inclusion of the slow mass accretion). Full dots indicate 
theoretical star formation rate, whereas open circles show 
theoretical variation of the gas surface mass density. All ¢ 
are normalized to unity for the solar vicinity 


leat ha 


ae 
si: Chemica 
mparing the observed distributions with model predic- 
f Talbot and Arnett (1975), Guibert et al. (1978) pointed 
} it theoretical models predicted a too small rate of star 
tion, and a too low gas content in the central parts of the 
It is worth emphasizing at this point that Talbot’s and 
it's model was derived under the assumption of constant 
‘of the disk, and validity of the Schmidt law of star 
ition. In Fig. 8 we show the radial variation of the gas 
ce mass density and rate of star formation (both normalized 
e solar value) predicted by our best model of chemical 
ition of the disk at the present time. In the same diagram 
ilso draw the corresponding observational relations of 
yert et al. (1978), for comparison. It is soon evident that, 
ite of the crudeness of the model, the theoretical predictions 
very satisfactorily agree with the observations. In particu- 
the gas surface density is almost constant across the disk, 
were the results taken literally one would be tempted to 
slate the theoretical radial variation of o, with the one 
icted by model 3 of Guibert et al. (1978) for the distribution 
1e molecular component. The difficulty of a too low gas 
ent in the innermost regions is now partially removed by 
occurrence of gas inflow, which is implicit in our models 
long time scale of collapse. The radial variation of the rate 
tar formation remarkably agrees with the data derived 
1 young tracers of star formation activity. The Schmidt 
of star formation, involved in the star formation rate 
\ted in this paper, is perhaps not in contradiction with the 
rvational constraints. 


clusions 


his paper we have studied the problem of accretion of 
eval gas onto the galactic plane, in particular the solar 
hbourhood, by means of a simple model which incorporates 
juggestions of Lynden-Bell (1975), Talbot and Arnett (1975), 
Larson (1976). 

fhe cumulative distribution of metals among stars, and in 
icular the G-dwarf problem, find quite a natural explana- 
in terms of the time scale involved in the early stages of 
formation. This fact reveals another yet unclarified aspect 
1e Z(c;) relation, having effects comparable with those due 
he spread of abundances among stars born at any age of 
galaxy. The comparison with the observed features of the 
r vicinity (present gas surface density, metallicity...), and 
| the results from fully dynamical models for disk galaxies 
cate time scales ranging from 2 to 3 10° yr. If so, inflow of 
10rdial matter on the disk is expected to occur now at rates 
patible with observations. Such a prediction might be 
stioned, as the observational evidence for the present rate 
mass accretion is rather uncertain. However, it is worth 
iting out that a slightly different law of mass accretion at 
y epochs, which had a time scale 7, of the order of 2-3 10° 
would still maintain the main features of our models and 
lict an unappreciable rate at the present time. The predicted 
lients of gas surface density, and rate of star formation 
ss the disk of the galaxy qualitatively agree with the 
srvational information. 

The use of a more realistic description of the restitution 
is in Eqs. (1, 2, 3) by relaxing the instantaneous recycling 
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approximation would not perhaps change the qualitative overall 
agreement of our models with the observations. 

Finally, it is worth emphasizing that this model, although 
far from being complete, nevertheless predicts results very near 
those from the more sophisticated dynamical models as far as 
the chemical evolution of the disk is concerned. 


Note: This paper is an updated version of a preprint of same 
title sometimes referred to as Chiosi (1977). 
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amary. Observational data of 55 Algol-type eclipsing binaries, 
ing lightcurves solved by means of modern numerical methods, 
e been considered in order to check some theoretical views 
mass loss and on mass transfer in Algols. The conservative 
e, the approaches of Plavec et al. (1973) and of Drobyshevski 
| Reznikov (1974) have been analyzed. Evidence of mass and 
jular momentum loss has been found at least in some Algols; 
‘negligible contradictions between some theoretical non-con- 
vative attempts and the observational scenario still persist. 


y words: eclipsing binaries — close binary evolution 


roduction 


e evolutionary status of Algol-type binaries has been qualita- 
ely well explained in terms of mass exchange (see e.g. Plavec, 
98; Paczyfski, 1971; Plavec, 1973; Thomas, 1977), but there 
still many troubles on the quantitative agreement between 
ory and observations. 
Nowadays, evolution is better explained as case B mass ex- 
than case A, at least for systems of small total mass, as 
ested by Refsdal and Weigert (1969), suspected by Plavec 
73) and confirmed by Hall (1975). Two facts complicate any 
iclusion, i.e. the behaviour of the accreting mass star, and the 
s of mass and angular momentum from the system. The first 
t, studied recently by Ulrich and Burger (1976), Kippenhahn 
i Meyer-Hofmeister (1977), Neo et al. (1977), and Webbink 
76, 1977a, b), did show that case A and sometimes case B mass 
thange produce a contact system, thus inducing a selection 
ect if one considers only Algol-type objects. The second fact 
; been taken into account in only a few computations by as- 
ning that a fraction f of the mass transferred from the original 
mary to its companion is lost together with a fraction g=d In J/ 
n M of the specific angular momentum of the system (J and M 
respectively the total angular momentum and the total mass 
the binary). Paczynski and Ziotkowski (1967) and Plavec (1973) 
k f and g as being constant, while Plavec et al. (1973) assumed 
constant and g=M,/M,, where M, is the mass of the losing 
ss star and M, is that of its companion. Different assumptions 
ve been made by Yungelson (1973) and Drobyshevski and 
znikov (1974). The results of these works can be compared 
h the analyses of observational data by Svechnikov (1969) 
1 Popov (1970), who found 1/3</f<2/3 for the less massive 
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binaries. In particular, Popov (1970) found that, for systems with 
M<6 Mo, about 2/3 of the transferred mass are lost and that 
the following parameter turns out to be equal to 3: 


g=(1—J/Jo)/(1 —_M/Mo) (1) 


(where Jy and M, are the initial values of J and M); g is the ratio 
between the specific angular momentum of the lost matter and 
that of the original system; for systems with 6M, <M<12 Mo, 
9/10 of the transferred mass are lost and ¢ is about 1.5. Guseinov 
and Novruzova (1976), analyzing the problem of the formation 
of systems containing white dwarf components, suggested that 
almost all the transferred mass is lost by the binary. 

In this paper we consider the total mass M, the period P and 
the mass ratio of almost all the Algol systems (classified as sd 
or sd—d) having lightcurves solved with modern numerical 
methods. With these data, we try to investigate the general char- 
acteristics of mass transfer by estimating the original period P, 
of each binary, as already made by Ziotkowski (1976) for some 
massive Algols. The spectroscopic and photometric elements of 
all stars here considered have been taken from the literature; for 
all binaries, except B Per, the photometric elements have been 
derived by means of Wood’s (1972) WINK model. Lightcurves 
of B Per have been solved by Wilson et al. (1972). 

Throughout this paper we define the mass ratio gq as M./M,,, 
where the subscripts c and A refer to the cooler and hotter com- 
ponents of the observed systems; therefore the original mass 
ratio gp is obviously = 1. 


Original Periods and Masses 


a) Conservative Case 


In the conservative case (i.e. M and J constant), the computation 
of the original period Py and total mass M, is straightforward if 
one assumes circular orbits and neglects stellar spins: 


M,=M AD 
Py=P(g/go) (A +qo/(1+9)F°. (3) 


Assuming a particular value for q, it is then possible to esti- 
mate the original orbital period of the binary star. 


b) Non-conservative Case ; 


It is now well-known that there are systems for which the conser- 
vative hypothesis cannot be applied (see e.g. Kopal, 1971 and 
Plavec, 1973). If a system suffered mass and angular momentum 
losses during its evolution, Eqs. (2) and (3) are not valid. 
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1 4 . 2.4+0. 

2 4 Shed 

3 4.3674 0.21+0.01 +: Bays 

2 1.2473 0.2620.01 4,440.7 

5 t 5842 0.114+0.03 Za7 

6 3.3055 0.24+0.02 4.72160 

7 2.1643 0.184+0.03 3.1+0.2 

8 1.1359 0.17+0.01 1.140.8 

3 1.1953 0.35 1275 

10) TV Cas 1.8126 0.41+0.07 3.841.5 

41 TW Cas 1.4283 0.414+0.02 2.940.3 

423 U Cep ¥ 2.4930 0.67+0.07 4.2+0.6 

13 XX Cep 2.3373 0.17+0.07 1.441.4 

14] uU CrB ¥ a. 4522 0.38 6.7 

75) RW CrB 0.7264 0.22+0.01 2.0+0.6 

16} SW Cyg 4.5730 0.21+0.03 ws. at ey 

ay WW Cyg Ee a) 0.3120 .0'5 6.24+2.6 

18 ZZ Cyg 0.6286 0.63+0.03 158 

49] MR Cyg *] 1.6770 0.56+0.06 4.54121 

20] V548Cyg 1.8053 0.29+0.01 3).9+0).5; 

21 W Del 4.8060 0.1640.02 Udo lacs 

22 TW Dra 2.8069 0.39+0.01 ie Date a 2 

23) AL Dra 1.1988 0.43240.02 27 £7 4 

24 S} Equ 3.4361 0,.12+0.01 Settle 

2 AS Eri * 2.6642 OL Ato oA 1.92+0.04 

26] RW Gem 2.8655 0.2920.01 5.0657 24 

27 RX Gem 42.2085 0.20+0.05 3.4+2.0 

28 AL Gem 7.39313 0.1020.01 Arad 

23 AD Her 9.7666 0.3320.01 2.9*053 

30 338Her 1.3057 0.1640.01 146. 

31 u Her * 2.0510 Q0,364+0.01 7.740 .2 

=f R, Lh 3.0199 0.104+0.03 6.1+4.8 

33 6 Lib * 2.3274 0.35+0.01 BFPO sz 

34 RW Mon 4.9061 0.3340.10 4,023 2G 

35 TU Mon # 5.0490 0.214+0.06 Vai tie ae 

36] AR Mon ¥ 21.208 0.30+0.01 2.694+0.10 

ad RV Oph 3.6871 0.10+0.01 SE 

38 AW Peg * 10.6225 0.164+0.03 2.0+0.1 0.32+0. 
og: B Per * 2.8673 0.22+0.01 Sire foe Eleat) 0.81+0.05 
40] ST Per 2.6484 0.1640.03 3.43249 0,540.3 
41 ¥ Psce 3.7658 0.25+0.01 2,840.6 0.7+0.2 
42] XZ Pup 2.1924 0.414+0.01 3.020.3 1,240.1 
43] U Sge * 3.3606 0.3320.02 5.841.0 1.9+0.3 
44] xz Sgr * 3.2755 0.1440.02 1.9+0.8 0.340.1 
4S) V356Sgr * 8.8961 0.36+0.05 A aA et 4.7+0.4 
46 VOBSGED 1.1829 0.494+0.01 207 tes 1.3+0.2 
47 ut Sco * 1.4463 0.66+0.01 Tao O GS 9,04+0,2 
48 » Tau * Je 535) 0.27+0.02 6.84+0.3 41, .6t Git 
49] RW Tau 2.7688 0.19+0.01 5. 5t0'.9 1.0+0.2 
50} xX Tri 0.9715 0.51+0.06 2.320.7 4a 2EOres) 
51 TX UMa x 3.0632 0.30+0.03 We eka bargit | 4.140.3 
52) VV UMa 0.6874 0.21+0.01 2.440.5 0.5+0.1 
53 Zz Vul * 2.4549 0.43+0.05 5.440.4 ZadtOwe 
54 RS Vul * 4.4777 0.314+0.03 4.440.7 1.4+0.2 
55 BE Vul 1.5520 0.40+0.03 ares 1.3 


There are only a few available computations, and among 
them, we will dwell upon the approach of Plavec et al. (1973) 
(hereinafter referred to as PUP) and that one of Drobyshevski 
and Reznikov (1974) (hereinafter referred to as DR). There are 
two main differences between the two works: (i) in PUP f is as- 
sumed to be constant while in DR it depends on q rather weakly; 
(ii) the parameter g depends on q in different ways. 

In PUP the case B evolution of a massive system is followed. 
In order to decrease the mass transfer rate, the authors have 
assumed that g=1/q; according to PUP, this means that the 
material leaving the mass-losing star carries with it an angular 
momentum per gram equal to its average specific angular mo- 
mentum. Within the framework of the PUP approach it is easy 
to work out the initial values for total mass and period: 


M,=M[(1+q4)/(1+49)] {I1+¢0—-/)I/[1+4.—/)]} (4) 
Py=P(q/40)° nee [a+q)/ +qo)I 
‘{1+qU—fNiV/i+¢a—N}e-*/. (5) 


An evident drawback is represented by the existence of the 
free parameter f, which might also be variable during the mass 
transfer, as already mentioned by PUP. 
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4 And Hiltner et ali (1949) Mezzetti 

2 ee And = Mezzettd i ay 
3] RW Are =) Mezzetti et al. 
San) Aur Mammano et al. (1967) Mezzetti et al. 
5] SU Boo = Mezzetti et al. 
Bateny Cam Struve et atl. (1950) Mezzetti et al. 
7) RZ Che Popper (1967a) | Cester et al. 
8B] R CMa Struve Smith (1950) Cester et al. 
S| RZ Cas Horak (1952) Chambliss 

10] TV Cas Sahade Struve (1945) Mezzetti et al. 
141] TW Cas Struve (1950) Mardirossian et 
12] U Cep Batten (1974) Cester et al. 
13 | XX Cep Struve (18464) |Mardirossian et 
14] U CrB Pearce (1935) Cester et al. 
45} RW CrB Sanford (1934) +) Mezzetti et al. 
16] SW Cyg Struve (1946b)+]/Mezzetti et al. 
171) WW Cyg Struve (1946b) |Mezzetti et al. 
18] ZZ Cyg = Mezzetti et al. 
19] MR Gyg Hill, Hutchings! (1873) Cester et al. 
20] V548Cyg Heard, Morton (1962) Mardirossian et 
21] W Del Struve _ (1946b) |Mezzetti et al. 
22] TW Ora Smith 7 (1949) Mezzetti et al. 
23)), Al Dra Duerbeck, Teuber (1978) Mezzetti et al. 
24)S Equ Plavec (1966) Cester Ct aire 
25] AS! Eri Popper (1973) Cester et al. 
26] RW Gem Struve (1946b) |Cester et al. 
27 | RX Gem Gaposchkin (1946) Mezzetti et al. 
28 | AL Gem rn Cester et al. 
29] AD Her Batten, Fletcher (1978) Mardirossian et 
30} V338Her = Mezzetti et al. 
Fa ah) Her Kovachev, Cester et al. 

Seggewiss (1975) 
32) T LM4 Okazaki (1977) Cester et al. 
33} 6 Lib Tomkin (1978) Giuricin et al. 
34] RW Mon Heard, Newton (1969) Mezzetti et al. 
35] TU Mon Deutsch (1945) Cester et al. 
Popper (1967b) 
36] AR Mon Popper (1976) Popper 


37] RV Oph 
38 | AW Peg 
3:93]) 8 Per 


5 Mezzetti et al. 
Hilton, McNamara (1961) Cester et al. 
Tomkin, Lambert (1978) |Wilson et at. 


40] ST Per Struve (19466) |mMezzetti et al. 
AON WN. Psc Struve (1946b) +t] mezzetti et al. 
42] XZ Pup Lucy, Sweeney (1971) Mezzetti et al. 
43]U  Sge McNamara, (1951) Cester et al. 
Plavec, Grygar (1965) 
44) XZ Sgr Sahade (1949) Cester et al. (1975 
. Smak (1965) t 
45 | V356Sgr Popper (1954) Cester et al. (1977 
46 | vsOSSgr Popper (1949) Mezzetti et al. (1975 
47] u1 sco Struve (1940) |cester et al. (1977 
48]. Tau Grant (1959) Cester et at. (1976 
49] RW Tau Hiltner, Hardie (1940) +t|/Mezzetti et al. (1975 
50] X Tri Struve (19466) |Mezzetti et al. (1975 
51} TX UMa Swensen, McNamara(1968) Cester et al. (1977 
52] VV UMa Struve (1950) Mezzetti et al. (1975 
SBP rz Vul Plaskett (1920) Cester et al. (1977 
Popper (1967) 
54] RS Vul Luyten (1936) Cester et atl. (1977 
ms Mezzetti et al. (1975 


SS) BE \Vul 


In the DR approach, case B mass transfer is analyzed 
low mass systems (M)<4 Mo.) by assuming that: (i) the los 
mass star is in synchronous rotation; (ii) its companion and 
disk formed around it do not transfer angular momentum 
tidal interaction; (iii) the specific angular momentum transfer 
is that near the Lagrangian point L, and the specific angu 
momentum lost is that near the Lagrangian point L,. The cc 
puted mass losses (40-45% of mass transferred) and the angu 
momentum losses (40-75% of the total angular momentum 
the system) are in good agreement with the statistical analysis 
Popov (1970). DR give also analytical formulae for estimat 
the original mass and period of the binary system, using 0 
M, P, q, and qo: 


Mo=M[(1 +1/4o)/(1 + 1/4)] - [1 + 1.59/g)/(1 + 1.59/qo) 


Py=Plexp [4.92(q'? — qi!) + 3.52(q~1? — qo") 
—0.115(q73? —g5 37) +. 0.0028 (q 75? — go 5). 


Data Analysis 


Table 1 contains the parameters used in computations, toget 
with spectroscopic (sp.) and photometric (ph.) references. Wh 


tw 2 0.6440.07 0.91+0.10 
(7 4. 0.89+0.06 4.2740.09 
Wo Are 3.9 0.820.068 1.1740.11 
Aur 5,540.7 0.35+0.02 0.50+0.03 
Boo 3.0 0.07+0.05 0.10+0.07 
Y¥ Cam 2.14£1.0 0.804+0.12 1.1540.18 
RZ Cnc 3.720.2 2.9944 .04 4.2641.48 
Cme 1,340.8 0.1440.02 0.20£0.02 

rz Ces 2.4 0.54 0.77 
| Cas 5,421.6 1,0240.22 4.4540.31 
Tw Cas 4,140.3 0.824+0.05 4.1740.07 
U Cep 7.0£0.8 2.2140.14 3.1540.20 
KX Cep 1.621.4 0.29+0.25 0.414+0.36 

lu cre 9.3 1.76 2.50 
in. Cre 2.440.7 0.15+0.01 0.21£0.02 
‘SW Cyg Palais 0.86+0.24 1.2340.34 
uw Cyg 6.222.8 41.2540.32 1.7840.45 
\@Z Cyg 2.9 0.5440.02 0.7640.02 
IMR Cyg 7.021.2 4.3140.12 4.8640.17 
VS46Cyg 5,040.5 0.6140.03 0.87+0.05 
[WwW Del SB. 7H 33 0.6640.15 0.9440.22 
|TW Ora 3,140.2 1.48+0.05 2.10+0.07 
[AI Ora 3.841.2 0.7140.04 1.02+0.06 
‘S|; €Equ 3.521.2 0.1940.04 0.27+0.05 
lAS Eri 2.1340.4 0.12+0.03 0.1740.04 
“RW Gem 7 28T e4 0.97+0.06 4 .36+0.08 
RX Gem 4,022.0 2.0921 .04 2.98+1.49 
iL Gem 1.4 0.05+0.01 0.07+0.02 
0 Her 3.640.3 4.06+0.19 5.78+0.26 
V338Her 2.4 0.1440.02 0.20+0.03 
Her 10.540.2 0.974+0.04 4.3840.05 
LMi 6.7+4.8 0.1140.08 0.1640.11 
; Lib 6.440.3 4.05+0.22 4.5040.31 
RW Mon 5.4434 0.7940.36 1.1340.52 
TU Mon 415.442.4 0.95+0.53 4.3640.76 
“AR Mon 3.5£0.1 7.5940.41 | 10.61+0.58 
‘RV Oph 3.5 0.1320.03 0.19+0.05 
AW Peg 2.340.141 4.1440.46 4.63+0.66 
6 Per 4.540.3 0.59+0.05 0.844+0.07 
‘ST Per 3.841.9 0.2840.11 0.4140.17 
itd Psc 3.540.7 0.99+0.07 1.4120.10 
| XZ Pup 4.240.4 1.23+0.04 1.754+0.05 
U Sge 77et <D 1.40£0.13 2.0020.18 
[XZ Sgr 2.240.8 0.26+0.08 0.3740.12 
| V356Sgr 46,941.41 4.52+0.80 6.4441.14 
| Vg0Sspr 4,020.4 0.81+0.02 4.1640.02 
p' Sco 22.620.4 4.2740.01 4.6140.02 
a Tau 8.640.3 4.1920.15 4.6940.22 
RW Tau 6.5+0.3 0.4340.05 0.61+0.07 
Tri 3.54+0.6 0.70+0.06 0.99+0.11 
™ UMe 4.74161 1.1040.18 4.5640.25 
VV UMe 2.9+0.5 0.1340.01 0.16+0.02 
Z vul 7.740.5 1.46+0.20 2.064+0.29 
RS Vul 5,8+0.7 1.69+0.26 2.4140.37 
BE Vul 4.5 0.84+0.08 4.20+0.12 


r errors on masses and on mass ratios are not available in the 
ature, they have been evaluated by inspecting the original 
ished data. For some stars it was very difficult to give a 
istic estimate of the errors, which, therefore, were not given. 
listed mass ratios have either spectroscopic or photometric 
. In the case of double-lined spectroscopic binaries (starred 
‘able 1) we have adopted the spectroscopic q-values with their 
rs (when available). For the stars with one or no mass func- 
, we adopted the q’s (with their errors, when available) derived 
n the numerical methods of lightcurve solution. For the deter- 
ation of q the same procedure as described in Cester et al. 
19) has been adopted for all binaries having unknown spectro- 
dic mass ratio (see Mardirossian et al., 1979; Mezzetti et al., 
9), except RZ Cas (see Chambliss, 1976). The spectroscopic 
nents of RW CrB, SW Cyg, Y Psc, and RW Tau were taken 
n recomputed solutions (Mezzetti et al., 1979) of the original 
lished spectroscopic material referenced in Table 1. There- 
- in Table 1 references concerning these four binaries are 
ked by a dagger. 
The data of Table 1, entered into formulae (2) and (3), or 
and (5), or (6) and (7), allow us to discuss the possible original 
us and evolution of our sample of Algols. 
All the plots given in this paper represent a bilogarithmic plot 
Ph versus M, computed according to the three approaches 
sidered. The lines ZAMS (g)=1, go =2) represent the critical 
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0. 25 0. 50 0.75 1.00 1, 25 1. 50 


Fig. 1. Conservative case: log M,—log P, plot of the 55 Algols 
listed in Table 1. Positions of all systems are shown by assuming 
4o=1. For initial mass ratios higher than 1 (i.e. g)=2) all posi- 
tions should be lifted by the amount indicated by the arrow 
(lower right) 


periods for a ZAMS “contact” system; the lines AB (q)=1, 
o=2) represent the critical periods corresponding to the transi- 
tion from case A to case B mass transfer. The values for the 
stellar radii have been taken from Iben (1967). 


Discussion 
a) Conservative Case 


The computed values for M, and P, with their errors (whenever 
available), for gg=1 and qy=2, are given in Table 2, while Fig. 1 
is the log M,—log Py plot for gy=1. The arrow at the lower 
right corner represents the displacement of each star if gp rises 
from 1 to 2. 

In Fig. 1 we can distinguish four groups of stars: 

(i) The stars lying above the AB border very likely have under- 
gone case B mass transfer; in fact, g) greater than one shifts the 
star position upwards more than the AB line does. Some doubts 
persist only for systems lying very near the boundary. 

(ii) The stars below, but near, the AB boundary (if one takes 
into account the effect of an increase of g, and the errors) could 
either fall also in the case B zone, or they might have undergone 
case AB mass transfer. 

(iii) Five stars (V 548 Cyg, u Her, TU Mon, f Per, p'Sco) are, 
in the conservative case, undoubtedly originated by case A mass 
transfer; for XX Cep the very great errors prevent any conclusion. 

(iv) Against any expectation, a group of systems surprisingly 
falls below the ZAMS contact lines. Some of these “impossible” 
systems, for g. > 1, could shift in the case A zone (IM Aur, ST Per, 
XZ Sgr, RW Tau), but a large part of them unequivocally needs 
mass and angular momentum loss in order to be removed from 
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Table 3. 


f = 1 oh™ ne f= 
Sie 
N Mo Pe mM, Py M 
eee 
1 3.044.0 | 0.6820.06 3.121.0 | 0.7420.08 3.241.0 | 0.80%0.05 1] TW And 3).GE AGS" fits 0.101 4.21.4 | 1.2140.01 Stal Sy |e 
2 4.8 0.88+0.06 4, 0.87+0.03 5.0 0.8640.01 2] XZ And 5.6 0.804 0.05 5.8 0.780.068 6.1 Os 
3 4.0 0.8720.07 4. 0.9340.06 4.4 0.99+0.05 3] RW Ara 5.3 1.2910.01 5.6 1.380.014 6.0 1.4 
4 5.720.7 0.36+0.02 Se 0.3740.02 6.140.8 0.39+0.01 4) IM Aur 7,241.0 0.4440.01 7.641.0 0.46+0.01 8.14161 0.4 
s 3.1 0.0820.05 3 4.0 +0.05 3.4 0.1220.05 5} Su Boo 4.3 Q.26+0.03 4.6 0.3140.02 5.0 0.3 
= 2.241.0 0.842 2 0.87+0.09 2a9 tte 0.9120.08 6] Y Cam 2.841.3 4.1040.00 2,941.4 1.15+0.03 3.11.5 1.2) 
7 3.820.2 3. 4 3.5220.90 4.240.3 3.834+0.81 7] RZ Cne 5.140.3 5.55+0.18 5.440.3 6.13+0.07 S.840.4 6.78 
8 1.420.8 | o. a 0.1720.02 4.5#0.9 | 0.1820.01 8} R CMa 1.841.1 | 0.2640.01 4.941.2 | 0.3120.01 2.141.3 | 0.35 
s 2.4 a 2. 0.55 Ze 0.55 9] RZ Cas 3.0 0.55 3.1 0.55 See 0.5 
10 5.551.7 [4s 5. 1.0120.12 5.6+1.8 | 1.00+0.07 TV Cas 6.62.0 | 0.96+0.11 6.92.1 | 0.94£0.15 7.242.2 | 0.9 
14 4.220.3 | oO. 4. 0.8140.03 4,420.3 | 0.8020.02 TW Cas 5.0+0.4 | 0.7740.03 5.240.4 | 0.76£0.03 5.50.4 | 0.7 
42 7.140.8 rae 7 2.15+0.01 7.2+0.8 2.1140.07 U Cep 7.740.9 1,9340.32 7.940.9 1.88+0.37 8.1+1.0 1.8 
413 4.721.5 fs) 4 0.3440.22 4.841.6 0.36+0.20 XX Cep 2.2+2.0 0.57+0.06 2.442.1 0.64+0.01 2.52.2 0.7 
14 9.5 “i 3. 1.75 410.0 1.75 U. CrB 11.6 1.74 12.1 1.69 12.7 1.6 
45 2.540.7 0.16: Be 0.1740.01 2.740.7 0.1640.01 Rw CrB 3.3+0.9 0.22+0.01 3.5+0.9 0.24+0.01 3.721.0 0.2 
16 3..221.7 0.9120 3. 0.9740.20 3.447.9 | 1.03%0.17 SW Cyg 4,242.3 41.35+0.02 4.442.4 1.45+0.04 4,742.6 | 1.5 
47 8.422.8 4.274£0.27 8. 41.2940.21 8,943.0 | 1.3140.16 WW Cyg 10.543.6 | 1.38+0.07 11.043.7 1.40£0.13 4,240.3 1.3 
18 2.3 0.5320,014 3h 0.5220.01 3.0 0.5140.01 ZZ Cyg 3.3 0.47+0.03 3.3 0.45+0.04 3.4 0.4 
13 7.121.2 | 1.294+0.08 Zn 4.27£0.03 7.441.2 | 1.25+0.01 MR yg 8.14144 1.1440.15 6.341.4 4.10+0.18 8.61.5 
20 | V548Cyg §.120.5 | 0.6220.03 Ba 0.64+0.02 5.540.6 | 0,.6520.02 VS48Cyg 6.5+0.7 | 0.7140.01 6.8+0.7 | 0,72+0.01 7,340.7 
21] W Sel 3.820.9 | 0.720.714 3.3 0.78+0.13 4.140.9 | 0.85£0.12 W Del 5.01.1 | 1.23+0.03 5.341.2 | 1.3640.01 5.724.3 
22) TW Ora 3.240.2 | 1.47+0.04 aes 1.47+0.03 3.440.2 | 1.4640.02 TW Ora 3.840.3 | 1.42+0.02 4.040.3 | 1.40+0.03 4.20.3 
23 3.921.2 | 0.7120.03 4.0 0.70#0.02 4.141.3 | 0.7020.01 AI Ora 4.741.5 | 0.664+0.02 4.941.5 | 0.6540.03 5.141.6 
24 3.621.3 | 0.2220.04 3.8 0.2640.04 4,021.4 | 0.3120.04 S . Equ 5.0+1.7 | 0-6 5.341.8 | 0.7340.01 5.6+2.0 
25 2.2220.04] 0.1420.03 | 2.32 0.17+0.03 2.4£0.1 | 0.2020.03 AS Eri 3.120.1-] 0.44+0202 3.320.1 | 0.5440.01 3,520.4 
25 7.441.2 | 6.9920.05 7.6: 1.0120.04 7.941.3 | 1.03£0.03 RW Gem—|-—-8+94T.5 | 1.1240.01 9.641.6 | 1.1540,.02 | 10.441.7 
27 4.222.1 | 2.2340.96 4.3 2.3840.87 4.5+2.2 | 2.5520.76 RX Gem 5.5+2.7 | 3.4440.10 5.842.9 | 3.7340.13 6,243.1 
28 die 0.0620.01 4.5 0.0740.01 | 1.6 0.09+0,04 AL Gem 2.0 0.2140.1 Zee 0.2640.04 255) 
28 3.920.3 | 4.0920.15 4,020.3 | 4.1340.12 4.140.4 | 4.1720.09 AD Her 4,840.4 | 4.29+0.05 5.140.4 | 4,3140.08 5.440.5 
30 2.2 0.1620.02 BS) 0.17+0.02 2.4 0.1940.02 V338Her 2.9 0.3040.01 3.4 0.3440.01 hei 
31 10.820.2 | 0.9720.03 | 11.140.2 | 0.9740.02 | 11.4#0.2 | 0.9740.02 user 43.240.3 | 0.9740.01. | 13.840.3 | 0.9740.02 | 14.520.3 
32 7.025.0 | 0.1320.09 7.325.2 | 0.1640.03 7.725.5 | 0.19#0.09 Tier Ma 9.746.9 | 0.4540.07 | 10.44+7.4 | 0.5740.04 | 11.248.0 
33 6.60.3 | 1.0540.18 6.720.3 | 1.0640.14 6.90.3 | 1.0720.10 6 Lib 8.140.4 | 1.08+0.07 8.5+0.4 | 1.0740.11 8.9+0.5 
34 5,543.2 | 0.8020.30 5.723.3 | 0.8140.24 §.9#3.4 | 0.8140.17 RW Mon 6.644,0 | 0.8440.10 7.24.2 | 0.8440.16 7,644.5 
35 45.922.5 | 1.0140.49 | 16.5#2.6 | 1.0740.43 | 17.2%2.7 | 1.1440\37 TU Mon 20.843.3 | 1.4940.04 | 22.143.6 | 1,60+0.08 | 23.6+3.8° 
36 3.620.1 | 7.7240.35 3.740.1 | 7.8540.28 3,840.1 | 7.99+0.21 AR Mon 4,540.1 | 8.5740.08 4,840.1 | 8.72£0.15 5,0£0.2 
37 3.7 3.8= 0.1920.04 4.0 0.24+0,04 RV Oph 5.0 0.5540.03 5.4 0.70+0.02 5.8 
38 2.4 2,540.1 | 1.4040.43 2,640.1 | 1.55+0.39 AW Pag 3.2#0.2 | 2,45+0.13 3.440.2 | 2.7740.01 3.740.2 
33 4.7 4,840.3 | 0.65¢0.04 5.0+0.3 | 0.69t0.04 B Per 6.140.4 | 0.86+0.01 6.4+0.4 | 0.9420.01 6.9+0.5 
40 3.9£2.0 4.142.1 | 0.3520.14 4.342.2 | 0.3940.10 ST Per §.3+2.7 | 0.61+0.03 5.62.9 | 0.69+0.01 6.0#3.1 
44 3.640.7 | 1.0240.05 3.720.7 | 1.06¢0.05 3.8#0.7 | 1.1020.04 Y. Psc 4.640.9 | 1.3040.04 4.940.9 | 1.35#0.02 §.240°.0, 
42 4.320.4 | 4.2220.03 4.440.4 | 1.2240.02 4.5#0.4 | 1.2140.01 XZ Pup 5.240.4 | 1.1640.02 5.440.5 | 1.144+0.03 5.740.5 
43 7.921.0 | 1.4240.11 8.141.1 | 1.4340.08 6.441.1 | 1.4420.06 Us Sge 9.8+1.3 | 1.4840.03 | 10.341.3 | 1.49#0,06 | 10.941 .4 
44 2.320.868 | 0.3020.08 2.420.9 | 0.3420.08 2.5#0.9 | 0.3820.08 XZ Sgr 3,121.1 | 0.67+0.03 3,341.2 | 0.7840.01 3.641.3 
45 47.324.1 | 4.5240.64 | 17.721.1 | 4.5140.47 | 18.2#1.2 | 4.50£0.31 45 | v356Sgr 21.0#1.4 | 4.4140.33 | 22.041.5 | 4.37#0.48 | 23.141.7 
46 4.140.4 | 0.80+0.01 4,240.4 | 0.7940.01 4.340.4 | 0.78+0.00 46 | vs05sgr 4.8+0.5 | 0,724+0.04 4.940.5 | 0.70+0.02 5,140.5 
47 22.820.4 | 1.2540.01 | 23.1#0.4 | 1.2420.00 | 23.4#0.4 | 1.210.041 47|u1 sco 25.140.5 | 1.1140.03 | 25.740.5 | 1.0840.03 | 26.440.5 | 1.0420) 
48 8.840.3 | 1.2220.13 9.240.3 | 1.25+0.11 9.5+0.3 | 1.29+0.09 48] Tau 11.340.4 | 4.4640.02 | 11.940.4 | 1.5040.05 | 12.640.5 | 1.55+0, 
4¢ &.720.9 | 0.4620.04 7.041.0 | 0.5040.04 7.341.0 | 0.5320.03 49]RW Tau 8,941.2 | 0.7540.01 9.541.3 | 0.8240.01 | 10.141.4 | 0.8920. 
50 3.620.8 | 0.69+0.06 3.620.858 | 0.6820.03 3.7+0.8 | 0.6740.01 SON xXe8 tad: 4.140.9 | 0.61+0.07 4.340.939 | 0,600.09 4.4£1.0 | 0.5840. 
54 4.641.1 | 1.1240.15 5.021.2 | 1.13#0.12 5.221.225 W4ie1Se0009 51 | TX UMa 6.141.4 | 1.2440.03 6.4#1.5 | 1.2640.07 6.621.6 | 1.2640. 
52 3.0+0.5 | 0.140.014 3.140.5 | 0.15#0.01 3.240.6 | 0.1640.01 52] VV Uma 3.920.7 | 0.20£0.01 4,240.7 | 0.22+0.01 4,540.8 | 0.23+0. 
53 7.940.5 | 1.45#0.15 8.040.5 | 1.44+0.11 8.240.5 | 1.4240.06 s3]Z Vul 9.440.6 | 1.3540.12 9.640.6 | 1.3240.16 | 10.2+0.7 | 1.2940. 
54 6.0£0.7 | 1.71+0.22 6.120.7 | 1.7420.17 6.320.8 | 1.7640.13 54] RS Vul 7.440.9 | 1.86+0.05 7.841.0 | 1.8940.10 6.341.0 | 1.9120. 
55 4.6 0.64+0.06 4.7 0.84+0.05 4.8 0.8320,03 55| BE Vul 5.5 0.80+0.4 5.8 0.79+0.05 6.1 0.7840, 
oak | oe Soe f ac 
Star " P 4 Pe M Star mM P mM 
° ° ° o oO a o o 
4] TW And 3.447.4 0.8620.04 Bese at 0.9340.03 3.75152 1.02+0.02 4 And 3.041.0 0.9340.09 3.241.0 0.9440.07 0.9540 
2] XZ And 5.1 0.85+0.04 cea 0.8440.02 5.4 0.824+0.03 2 And 4.9 4..2040.06 ela | 4.1240.04 4.0340 
3] RW Ara 4.5 4.0520.04 4.8 4.1240.03 5.0 4.2040.02 3 Ara 4.1 4.1840.10 4.3 4,.1940.08 1.1840 
4) Im Aur 6.340.8 | 0.40+0.01 6.640.9 | 0.4140.01 6.940.9 | 0.43+0.041 4 Aur 5.640.8 | 0.49+0.03 6.140.8 | 0.4840.02 |, 0.4640 
5] SU Boo 3.6 0.1420.05 3.8 0.17+0.05 4.0 0.2140.04 5 Boo a 0.1140.07 3.4 0.134+0.06 0.1440 
5) Y Cam 2.421.141 | 0.95+0.06 2.541.2 | 1.0020.04 2.641.2 | 1.0540.02 6] Y Cam 2.2#1.0 | 1.1340.15 DeBEt A. eee nwns 1.0940 
7} RZ Cre 4.320.3 4.1840.70 4.60.3 4.5840.56 4,840.3 5.04+0.39 7) RZ Cre 3.940.2 | 4.3941 .33 4.140.3 4.5021.16 4.6920 
8] R CMa 1.5£1.0 0.2020.01 1.641.0 | 0.2240.01 1.74124 0.25+0.01 8] R CMa 1.4+0.9 0.21+0.02 1.50.9 0.21+0.02 0.220 
8] RZ Cas 2.6 0.55 Died, 0.55 2.9 0.55 8] RZ Cas 245 0.74 2.6 0.70 0.66 © 
TV Cas 5.921.868 | 0.9940.02 6.141.38 | 0.9840.02 6.341.9 | 0.9740.07 10] 1V Cas 5.641.7 | 1.3740.23 5.941.8 | 1.2940.15 1.2040 
TW -Cas 4.520.4 | 0.8040.01 4.740.4 | 0.7920.01 4.840.4 | 0.78+0.02 TW Cas 4,340.3 | 1.10+0.05 4,540.4 | 1.0440.04 | 0.9640. 
us Cep 7.420.8 | 2.0820.14 7.540.8 | 2.0340.20 7.640.9 | 1.9940.26 U-Cep 7.240.868 | 2.96+0,09 7.440.8 | 2.75+0.01 2.5440 
XX Cep 41.921.7-| 0.4240.18 2.021.7 2.141.8 | 0.5140.11 XX Cep 1.741.5 | 0.4240.32 1.841.6 | 0.44+0.29 0.45+0 
U  CrB 10.3 1.74 10.7 44.1 fia U~ ¢rB 9.7 2.38 10.1 2.24 2.10 
RW Cre 2.620.6 | 0.1920.01 3.020.8 3.140.8 | 0.21+0.01 RW CrB 2.640.7 | 0.2140.02 2.740.7 | 0.2140.01 0.2140. 
SW Cyg 3.62.0 | 1.1020.14 3.82.1 3.94#2.2 | 1,26+0.06 SW Cyg 3.24#1.8 | 1.2440.30 3.441.9 | 1.2440.25 1.2420 
WH Cyg 8.223.1 | 1.32£0.11 8.643.3 10.043.4 | 1.3640.01 WW Cyg 6.5+2.9 | 1.7240.36 9.0+3.0 | 1.6540.28 1.5740 
ZZ Cyg 3.4 0.50+0.01 Sad 3.2 0.48+0.03 ZZ Cyg 3.0 0.72+0,014 3.1 0.674+0.01 0.6140 
MR Cyg 7.541.3 | 1.2240.04 7 .741.3 7582403) [itd 720na2 MR Cyg 7241.2) | A 75e0e10' Me 5EES) it 6220104 4.600 
V548Cye 5.720.6 |. 0.6620.01 5,920.6 6.2+0.6 |.0.6940.01 VS48Cyg 5.240.5 | 0.8644+0,04 5.50.6 | 0.8140.03 0.7840 
W Del 4.321.0 | 0.9340.10 4,541.0 4.741.1 | 1.1240.06 W Del 3.840.9 | 0.9740.20 4.140.9 | 1.00+0.17 1.02+0 
TW Ora, 3.5£0.2 | 1.460.014 3.640.2 3.720.2 | 1.4440.01 TW Ora 3.240.2 | 2.00+0.05 3.440.2 | 1.884+0.04 1.7640 
AI Dra 4.221.3 | 0.69+0.04 4.321.4 4.541.4 | 0.6740.01 AI Ora 4.041.3 | 0.96+0.04 4.221.3 | 0.90+0.03 -83+0 
S  €Equ 4.221.4 | 0.3640.04 4.441.5 4.741.686 | 0.51+0.03 S  Equ 3.7£1.3 | 0.3020.05 4,021.4 | 0.33+0.05 0.3740 
AS Eri 2.640.1 | 0.2440.03 2.740.1 2.940.1 | 0.3640.02 AS Eri 2.340.1 | 0.19+0.04 2.4£0.1 | 0.2240.04 0.2420 
RW Gem 8.241.3 | 1.0540.02 8.541.4 8.941.4 | 1.1040.01 RW Gem 7.541.2 | 1.3420.06 7,941.3 | 1.2940.05 462440. 
RX Gem 4.742.3 | 2.7440.63 4.942.5 | 2.9540.48 5,242.6 | 3.16+0.31 RX Gem 4.342.1 | 3.021.314 4,542.2 | 3.0541.114 4,842.4 | 3.0640. 
AL Gem 447. 0.1140.01 1.8 0.1440.01 1.9 0.1740.01 28| AL Gem 1.5 0.0840.02 1.6 0.09+0.02 aia 0.1140, 
AD Her 4,320.4 | 4.2020.05 4.440.4 | 4,2340.02 4.640.4 | 4.2640.01 29| AD Her 4.040.3 | 5.544+0.21 4.240.4 | 5.2940.15 4,440.4 | 5.00+0 
V338Her 2.5 0.2140.01 2.6 0.2440.01 2.7 0.27+0.01 30] V338Her Pane 0.2140.02 2.4 0.2240,02 2.5 0.2340 
wp Her 41.740.2 | 0.9740.01 | 12.2#0.2 | 0.9720.01 | 12.640.3 | 0.97+0.01 31} u Her 411,.040.2 | 1.3140.04 | 11.540.2 | 1.2440.03 | 12.140.2 | 1.1740, 
T  LMa 6.145.8 0.2420.10 8.546.1 0.29+0.09 9.16.5 | 0.36+0.09 32); 7T Umi 7.145.141 0.16+0.12 7645.4 0.20+0,12 8.25.8 | 0.2340. 
é Lab 7.220.3 | 1.07£0.05 7.4£0.4 | 1.0740.01 7.740.4 | 1.08£0.03 33] 6 Lib 6.740.3 | 1.444+0.24 7.0£0.3 | 1.3640.17 7.440.3 | 1.2640 
RW Mon 6.143.5 | 0.62+0.11 6.343.7 | 0.6340.04 6.543.8 | 0.83+0.03 34] RW Mon 5.643.3 | 1.0840.41 5.943.4 | 1.0340.30 6.2#3.6 | 0.9840. 
TU Mon 17.9#2.8 | 1.2140.30 | 18.8+3.0 | 1.30+0.23 | 19,743.1 | 1.3940.14 35] TU Mon 16.242.5 | 1.3740.66 | 17.2#2.7 | 1.37+0.56 | 18.3+2.9 | 1.3740 
Ar Mon 4.040.1 | 8.1440.14 4.140.1 | 8.2840.07 4.340.1 | 8.434+0,01 36| AR Mon 3.740.1 |10.4640.47 3.940.1 |10.05+0.36 4,140.1 | 9.5940. 
Rv Op 4.2 0.29+0.04 4.5 0.36+0.04 4.7 0.444+0.03 37] RV Oph 8.7 0.224+0.05 4.0 0.25+0.05 4.3 0.2840 
AW Peg 2.740.1 | 1.7320.35 2.9£0.1 | 1.9340.29 3.040.1 2.1740.22 38 | AW Peg 2,540.1 1.7140.61 2,640.1 | 1.7940.54 2,840.1 | 1.8640. 
6 Per 5.2+0.4 0.7440.03 5.540.4 | 0.7620.02 5.840.4 0.83+0.01 39/8 Per 4.840.3 0.864+0.06 5.04+0.3 0.84+0.05 5.340.4 | 0.8340 
ST Per 4.542.3 | 0.4340.09 4.742.4 | 0.4840.07 5.0#2.5 | 0.544+0.06 40| ST Per 4.0+2.0 | 0.4340.15 4.3£2.2 | 0.45+0.14 4.542.3 | 0.4640. 
Y  Pse 4.020.8 | 1.1540.03 4.240.868 | 1.1940.02 4.440.8 | 1.2440.01 Aa YP” IPS 3.740.7 | 1.3940.08 3.940.7 | 1.36+0.07 4.140.8 | 1.3240. 
XZ Pup 4.720.4 | 1.2040.1 4.840.4 | 1.1940.01 5.040.4 | 1.1740.01 42] XZ Pup 4.440.4 | 1.66+0.04 4,640.4 | 1.56+0.03 4,840.4 | 1.4540. 
Us Sge 8.741.1 | 1.4540.04 9.0#1.2 | 1.4740.01 9.441.2 | 1.4840.01 43]U  Sge 8.141.0 | 1.9240.14 8.441.1 | 1.8340.11 8.941.2 | 1.7840, 
XZ Sgr 2.641.0 | 0.4440.07 2.841.0 | 0.50+0.06 2,941.1 | 0.5840.05 44) XZ Ser 2.340.939 | 0.400.114 2.540.9 | 0.4340.11 2.741.0°| 0.4640. 
V356Sgr 16.621.2 | 4.4940.15 | 19.441.3 | 4.4740.02 | 20.241.3 | 4.4440.17 45] V356Sgr 17.641.1 | 6.1240.66 | 16.441.2 | 5.7740.60 | 19.4+1.3 | 5.4020, 
Vp05ser 4.440.4 | 0.7740.01 4.540.4 | 0.76+0.01 4.640.4 | 0.74+0.01 46 | VS05Sgr 4.2£0.4 | 1.09+0.02 4.3+0.4 | 1,0240.01 4.5+0.4 | 0.9440. 
uw Seo 28.640.4 | 1.1940.01 | 24.140.4 | 1.1740.02 | 24.640.4 | 1.1440.02 47| 1 sco 23.3+0.4 | 1.70£0.01 | 24,0+0.4 | 1.5840.01 | 24.940.4 | 1.4640, 
A Tau 9.80.4 | 1.3340.06 | 10.340.4 | 1.3740.04 | 10.740.4 | 1.41+0.01 48} Tau 9.0+0.3 | 1.654+0.18 9.540.3 | 1:6040.14 | 10.140.4 | 1.5540. 
RW Teu 7.641.1 | 0.5840.03 8.021.1 | 0.6340.02 8.441.2 | 0.68+0.02 49| RW Tau 6.941.0 | 0.624+0.06 7.3#1.0 | 0.63+0.05 7.821.1 | 0.6440. 
x Tri 3.640.8 | 0.66+0.01 3.9+0.8 | 0.6440.04 4.00.9 | 0.63+0.06 50) Xe set 3.6+0.8 | 0.93+0.07 3.6840.8 | D.87+0:04 3.940.939 | 0.600. 
TX UMa 5.31.3 | 1.1620.06 5.541.3 | 1.20#0.03 5.641.4 | 1.22+0.01 51 | TX Uma 4.941.2 | 1.5140.20 5.241.2 | 1.4540.16 5.5#1.3 | 1.3640. 
VV UMa 3.440.6 | 0.170.041 3.50.6 | 0.1840.01 3.740.6 | 0.19£0.01 52] VV. UMa 3.140.5 | 0.19+0.02 3.2+0.6 | 0.19+0.01 3.40.6 | 0.1940. 
Z  Vul 6.540.5 | 1.4140.01 8.740.5 | 1.3840.03 9,020.6 | 1.37+0.08 §3]Z. Vul 8.040.5 | 1.96+0.21 8.440.5 | 1.84+0.14 8.840.5 | 1.7440. 
RS Vul 6.620.8 | 1.79+0.09 6.840.6 | 1.6140.04 7.140.9 | 1.8440.01 54] RS Vul 6.1#0.7 | 2.3240.29 6.440.8 | 2.22+0.22 6.7+0.8 | 2.1140. 
BE Vul 5.0 0.83+0.01 Bint 0.82+0.01 Sag 0.8140.02 55] BE Vul 4.7 1.14#0.08 4.9 1.07+0,06 Sl 1.0040. 
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3. 4.021.3 0.9520.03 4.321.4 0.9340.02 

5.6 5.9 0.65t0.02 6.3 0.7540.03 

5.0 5.3 1.1420.03 5.8 41.1020.02 

6. 7,421.0 0.4220.01 6.021.4 0.3920.01 

3.9 4.3 0.1840.05 4.7 0.1920.04 

2. 2,621.3 1.0240.04 S.1216 0.9640,02 

4. $.120.3 4.6720.57 §.6+0.3 4.6320,36 

1. 1.821.1 0.2340.01 2.021.2 0.2340.01 

a 3.4 0.56 3.3 0.84 

6,542.0 1.1020.03 6.9t2.1 1.0020.02 7.422.3 0.8940.06 

4,920.4 | 0.6940.01 | 5.320.4 | 0.81¢0.01 | 5.620.4 | 0.7240.01 

6.0t0.9 2.3120.16 8.420.9 2.0740.21 6.91.0 .1.6320.24 

2.121.868 0.4640.20 2.242.0 0.4720.15 2.422.2 0.4740.10 

1.3 41.94 12.0 41.77 12.9 1.58 

$.120.8 | 0.2140.01 | 3.3£0.9 | 0.20¢0.01 | 3.6#1.0 | 0.19¢0.01 

3,942.4 | 1.2220.15 | 4.2¢2.3 | 4.2020.10 | 4.62.5. | 1.15#0.06 

0,143.4 | 1.4720.12 | 10.823.7 | 1.3720.05 | 11.724.0 | 1.25#0.01 

3.3 0.5620.01 | 3.5 0.5020.02 | 3.7 0.4440.02 

4.720.3 4.6620.78 5.1£0.3 4.6720.57 5.640.3 4.6320.36 

6.240.6 0.7420.01 6.740.7 0.69+0,01 7.220.7 0.64+0.01 

4,741.1 | 1.0320.11 | 5.0£1.2 | 1.04¢0.08 | 5.521.3 | 1.03¢0.05 

3.820.2 | 1.6220.01 | 4,020.3 | 1.48#0.01 | 4.3+0.3 | 1.32#0.01 

4.621.4 | 0.7740.01 | 4,921.5 | o.6st0.01 | 5.221.6 | 0.62¢0.01 

4,641.6 0.4020.04 5.041.7 0.44+0.04 5.521.9 0.4740.03 

2,840.1 | 0.2720.03 | 3.0£0.1 | 0.3020.03 | 3.40.1 | 0.3320.02 

6.921.4 41.1720.02 9.621.5 1.1020.01 10.421.6 1.0140.01 

5.142.6 | 3.05+0.70 | 5.642.8 | 3.01t0.49 | 6.123.0 | 2.9320.28 

1.8 0.1220.02 2.0 0.14*0.01 2.2 0.1520.01 

4.720.4 4.6740.06 5.0t0.4 4.3240.02 5.4t0.5 3.9220.01 

2.7 0.2420.02 2.9 0.2420.01 3.2 0.2520.01 

2.620.3 4.0640.01 13.720.3 0.994+0.01 14.740.3 0.6920,01 

6.626.3 0.26+0.11 9.626.9 0.30+0.10 10.647.6 0.33+0.08 

7.620.4 1.1920.06 8.420.4 1.0920.01 9.0t0.4 0.98t*0.03 

6.623.9 0.9140.12 7.124.141 0.8420.04 7.624.5 0.76+0.03 

9.543.1 | 1.35£0.34 | 21.143.3 | 1.32#0.23 | 23.0%3.6 | 1,2720.13 

4.3£0.1 | 9.05t0.16 | 4,620.1 | 6.44¢0.07 | 5.0£0.2 | 7.74¢0.01 

4.8 0.3220.04] 5.0 0.37#0.04 | 5.5 0.4140.03 

3.020.141 1.9240.39 3.220.1 1,9740.30 3.640.2 2.00+0.20 

5.740.4 | 0.82t0.03 | 6.2#0.4 | 0.79t0.02 | 6.720.5 | 0.760.041 0, 25 0. 50 0.75 1. 00 1.25 1,50 Mo 
4,942.5 | 0.4840.10 | 5.322.7 | 0,490.07 | 5,823.0 | 0.50%0.05 Log 
4.420.8 | 1.2720.04 | 4.720.9 | 1.22#0.02 | 5.2#1.0 | 1.14%0.01 

§.120.4 | 1.3320.01 | 5.420.5 | 1.2140.01 | 5.8#0.5 | 1.0820.01 . ; 
9.5#1.2 | 1.6220.04 | 10.141.3 | 1.49#0.01 | 10.921.4 | 1.360.014 Fig. 2. PUP approach: log M)—log Py plot of 7 double-lined 
2,921.0 0.4940.08 3,141.1 0.5140.07 3.441.2 0.5320.05 “ © ° - 

20,521.38 | 4,9920.16 | 21.921.4 | 4.5620.01 | 2a.se1.6 | 4.0820.16 spectrum binaries having well determined masses. For each star 
4,620.5 | 0.8620.01 | 5.0%0.5 | 0.7720.01 | 5.40.5 | 0.6820.01 é 

25.920.5 | 1.330.031 | 27.220.5 | 1.19+0.02 | 28.740.5 | 1,050.02 two tracks (relative to gg=1 and qy=2) are plotted; every track 

10.740.4 | 1.4a20.07 | 11.5t0.4 | 1.40#0.04 | 12.5¢0.5 | 1.3020.01 nae eK a é 
8,981.2 | 0.8420.09 | 9.081.3 | O.e4e0.02 | 9.821.4 | G.6320.01 joins the ten positions corresponding to the ten values of f ranging 
12 0.7320.0 +4 +6820. +641. -5620. 1m 

5.81.4 | 1.3440.07 | 6.221.5 | 1.2220.03 | 6.841.6 | 1.120.041 : ite ve) 
DARE Oya eee  SoRERGR 17 -2280.0, | A885 68) 4.425058 from 0 to 0.9 at step of 0.1. The first position at the left of every 
9.240.6 | 1.57£0.01 | 9.8+0.6 | 1.42+0.03 | 10.520.6 | 1.2620.07 a 

7,220.9 | 1.9920.10 | 7.720.9 | 1.8520.04 | 8.321,0 | 4.690.031 track corresponds to f=0, the second one, moving to the right, 
5.4 0.9220.01 5.8 0,6440,.01 6,2 0.75+0.02 


corresponds to f=0.1, and so on. For each star, the track having 
the lower f=0 position refers to gy =1, while the other one refers 
to qo =2 


= 
a a this “forbidden” region. It is interesting to note that all these 


XE foe | Sie" | oiessoc08 | 7:3" | ocstso:o4 | a:t°*"° | o:tssocoe| systems have small g(<0.25) and that the most distant stars from 
Wo 6.4 1. 01 . - 0.01 . +8520.02 . 
Jim Aur 6.6#1.2 | o.36t0.01 | 9.821.3 | o.3zt0.01 | 11.224.5 | 0.27£0.01 the ZAMS lines have the smallest value of q(0.10, 0.11). 

SU Boo $.2 0,2120,03 $.9 0.2220.01 6.8 0.2220.01 A 
| Y Com 3.421.6 | 0.8920.01 | 3.641.8 | 0.8020.02 | 4.3#2.0 | 0.6920.03 Only a few systems of our sample have large mass (M> 10 Mo); 
‘| RZ Cre 6.220.4 4.5020.15 7,020.4 4.2620.05 6.020.5 3.6920.22 > 
eee gee gis los as oat almost all of them have a case A origin, except only V 356 Sgr, 

We GSE | Seg | B2e880:02 | eiysers | orsse0i02 | oieto%s | olesso103| | @ binary with an unusually bright (luminosity class II) giant com- 
yu Cop 9,441.1 1,.572£0.26 10.221.2 1.3020.26 11,241.3 1.0420.24 . t 
XK roa saetka;8 eh ara et yh a Segui ort wea ponent. , d a 
| ay cre 4.0¢1.1 | 0.18¢0.01 | 42s#1.2 0-1748.01 S.t81 “ 0.3580.01 Since ~20% of our systems, all with small q, fall in the ““for- 

c $.442.8 | 1,080.01 | 5.723.1 | 1.0120, 5 .89t0. : é : ? 
. iw Gu 42.084,3 423980.05 14.2¢4.8 | 0.97¢0.09 | 16.125.5 | 0.8420.11 bidden”’ region, the conservative hypothesis seems not to be able 
‘| 22 Cys 4.0 o.30t0.03 | 4.3 0.3120.03 | 4.7 0.25%0.02 ; 
Cys 6,220.4 | 4,500.15 | 7.020.4 | 4.2620.05 | 8.0%0.5 | 3.89#0.22 to account for the evolutionary scenario of all Algols. 
| vsancyg 7.90.8 | 0.57¢0.01 | 8.6t0.9 | 0.5020.01 | 10.081.0 | 0.42%0.01 
el 6.11.4 | 1.00t0.02 | 6.8t1.6 | 0.9520.01 | 7,821.6 | 0.86%0.03 
| ™! Ore 4.720.3 | 1.1520.02 | 5.2¢0.3 | o.set0.02 | 5.820.4 | 0.7920.02 
Ws toc | ecsazis | ocsesocoz | e.sez-« | orsszo.o1 | 7.082.7 | o-sts0-01 h 
fa, are 3.70.1 | 0.3520.02 | 4.220.1 | 0.3720.01 | 4.8#0.1 | 0.38¢0.03 b) PUP Approac 
Gen 11,.421.9 0.9120.01 12.722.0 Beta ae ang eae i 
.783. 5 .5#3.7 | 2.5920. 624. +3220. : poe 
tah ae ; 021740 0% 28 r 3 01182001 3:2" | octeso-a: | Table 3 gives, for qo=1 and 2, the initial total masses and periods, 
. . . ~5t . . * . . . * - - 7 

Vasener | 3:5, tpazolot | 410 0.2420.01 | 4.6 0.2220.04 with their errors, computed with f varying from 0.1 to 0.9 at 

. Ner 16.020.3 7920.01 17.720.4 0.6720,01 20.020.4 0.5520.02 
}T wnt | 11.006.4 |] 0.3720.06 BaPRESR Me eg Rrapant step of 0.1. 

$.820.5 | 0.8720.06 | 10.9t0. 17520. : +8120. E : ' ; 
| hw as €.324.9 | 0.6620.08 | 9,225.4 | 0.5820.11 | 10.426.1 | 0.4820.13 According to PUP approach, the shift of a star in the log My, 
|} TU Men 2$.424.0 | 1.2120.03 26.424.6 ite spare 4 es li h ee 

<520. +9520. 1120. :06t0. x :0720. Ba : 
: wv Opn oe J re oe g.4ee0.01 | 8.0 | 0-S080.03 log Po plane depends strongly on the parameter f, ond qo 

. . . 4.420. 1. . -120. . - 4 = ¥ 

} ey pet | giasoss | ocyssocor ai3t0%6 oiess0.01 s:sf0%e | oispsoie: | Figure 2 shows this dependence for seven double-lined spectrum 
AY pec | osctetsa | tioseo.o9 a3et:2 018420.01 riz‘ | oitsso:02| binaries having well determined masses. In this figure, two tracks 

+320. +9420. 2020.6 | 0.7920. ‘eto. 16440. 3 f 
a te stastze | t.zosozos/| 19.283.7 | t.0ss0.04-| 15:082.0 | 0-8620-05 (relative to gg=1 and g)=2) are plotted for each star; each track 
| x2) Ser 3.621.4 0.$420.03 4,321.6 0.5420.01 4.921.686 0.5220.01 wkd iy - 1 f 
| vSsesgr | 25.821.7 | 3.59620.2€ | 26.222.0 | 3.0320.33 | 31.622.3 | 2.4720.35 joins the ten positions corresponding to the ten values o £ 
] VpOSSer $.820.6 | 0.5920.01 | 6.320.6 | 0.4920.01 | 7.120.7 | 0.3920.01 ‘ : : 
es -o2 | s3-080.8 | .7ss0.02 | 2¢.320-7 | o-s8e0-02] ranging from 0 (i.e. conservative case) to 0.9 at step of 0.1. The 
; ow . . . . . . . 

* -$720. -0 | 0.5120.01 oH = 
at sree be ge Belted asta Biaedeprerad 013320.08 first position on the left of each track corresponds to f=0, the 
| Ww tae Stators | Si4Ste‘oy | stseici | sifasece: | second one, moving to the right, corresponds to f= 0.1, and so on. 
. . 4 o. . . - o.* 

a Mee ree ede Stamenr:|oatiaascas | 4 .0ne8.08 For every star, the track having the lower f=0 position refers to 
| Of Vol 6.8 0.6520.03 7,42 0.$520.04 8.4 0.4520.04 


9o=1; while the other one refers to gg=2. For go=1, the slope 


Bul 


0. 25 : i .25 1.50 

9. 50 0.75 1.00 1.2 ia 
Fig. 3. PUP approach: log M,—log P, plot of the 55 systems 
considered and listed in Table 1. Positions of all systems are 
shown by assuming g)=1 and f=0.2. For gy=2 all positions 
should be lifted by the amount indicated by the arrow (lower 
right) 


of the track decreases with increasing g, vanishes for q~ 0.36 
(see u Her) and then becomes negative. For g)=2 the slope is 
always smaller than for g,=1 and is almost zero for q~0.18 
(see RZ Cnc). In both cases the range in log M, becomes smaller 
and smaller as qg grows. 

Figures 3, 4, and 5 refer to f=0.2, f=0.5, and f=0.8 respec- 
tively. In these figures, the arrow at the right lower corner re- 
presents the shift following the replacement of qg=1 by qo=2; 
it is noteworthy that this arrow points upwards for f<0.5, it is 
almost horizontal for f=0.5 and it points downwards for f>0.5. 

First of all we must separate the stars into two groups, i.e. 
the binaries with total mass respectively larger and smaller than 
10 M,. For the first group, the PUP hypothesis does not in- 
validate the general conclusions we derived from the discussion 
of the conservative case: u Her, TU Mon, and p'Sco have under- 
gone case A mass transfer, while V 356 Sgr hase a case B origin. 
However, if f20.8 and q) =2 also this star might have originated 
from a case A or AB. It is interesting to note that for V 356 Sgr, 
by means of Eq. (1) one may estimate (for f~0.8-0.9) g=1.5 
and g~1.1 for gg=1 and q)=2 respectively. We remind that 
Popov (1970) gives g=1.5 for stars with 6 Mo <M<12 Mo, and 
g=3 for M<6 Mg. If g were not larger than 1.5 for M>12 Mo, 
the case A hypothesis for V 356 Sgr could be even more convinc- 
ing. Thus, case A could explain the more massive binaries. 

For stars with M<10 Mo the problem is much more trouble- 
some. The PUP approach cannot be general, because for at least 
SU Boo, RW CrB, VV UMa even a large value of f leaves the 
stars in the ‘‘forbidden” region below the ZAMS lines; moreover, 
any increase in gy would move these systems downwards, away 
from the ZAMS boundary. RZ Cnc, RX Gem, AD Her, AR Mon, 
AW Peg undoubtedly underwent case B mass transfer. For all 
the other stars, it seems better to distinguish between two sub- 


0. 25 0. 50 0.75 1. 00 1.25 1,50 


Fig. 5. PUP approach: the same as in Fig. 3, but with f=( 


groups: systems with M<6 Mo, and systems with 6 M,< 
<10 M,. In the first subgroup f should be (according to Svech: 
kov, 1969 and Popov, 1970) in the range 0.4-0.7. For f/=0 
lying in the above-mentioned interval, many more stars lie o1 
side the case A zone; in addition to the five afore-mention 
stars, also RW Ara, Y Cam, SW Cyg, TW Dra, Y Psc, XZ Pu 
RS Vul are case B-origin systems (within their errors). The “fc 
bidden” region contains not only SU Boo, RW CrB, and \ 
UMa, but also IM Aur, AS Eri, AL Gem, V 338 Her, and R 
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on 


3.421.1 2.0940.15 Bh 7shad 6.1340.43 
5.1 4.5940.04 5.6 4.664+0.11 
5.6 2.5240.45 5.0 7.40+0.45 
6.30.6 0.934+0.04 6.9+0.9 2.7240.12 
3.7 0.3640.15 4.0 1.0640.44 
2.42121 2.2440.22 2.61.2 6.5940.64 
4.220.3 10.1642.30 4.6+0.3 29.95+6.76 
1.621.0 0.4940.04 = Wey ee 1.45£0.12 

27 4.18 2.9 3.46 
6.041.8 4.9940.20 6.542.0 5.85+0.58 
4.540.4 1.60+0.05 5.020.4 4.7020.13 
7.440.6 3.05+0.05 68.0+0.9 8.9840.15 
1.941.7 1.02£0.58 22424\.8 2.98+1.70 

10.4 3.61 11.3 10.61 
2.920.8 0.4420.02 3.140.8 4.30+0.07 
3.6%2.0 2.6340.46 4,042.2 7.7541.40 
86325.1 2.9440.44 10.14+3.4 8.6641.23 
Bet 0.7720.01 3.3 2.2620.01 
7.521..3 2.0620.03 8.221.4 6.05+0.08 
5.72£0.6 1.5040.05 6.240.6 4.42£0.15 
4.421.5 2.2640.34 4.86+1.6 6.6521.00 
3.540.2 2.9640.05 3.640.2 6.78640.15 
4.221.3 41.35+0.03 4.641.4 3.9740,10 
4532105 0.9140.11 4.741.6 2.6740.33 
2.6£0.1 0.6240.08 2.840.1 4.6240.25 
0°421..3 2.3640.08 9.041.4 7.0240.24 
4.842.4 6.6142.14 5.242.6 19.43+6,31 
4.7 0.2840.04 1.9 0.62+0.12 
4,340.4 9.1640.24 4.740.4 26.94+0.70 
2.5 0.5240.05 2.7 41.5440.13 
‘ 11.840.2 2.0640.04 12.94+0.2 6.0740.13 
I uma 8.345.9 0.604+0.28 9.0+6.4 41.7640.83 
f Lib 7.220.3 2.29+0.26 7.940.4 6.7440.75 
iy Mon 6.143.6 1.7920.46 6.6+3.9 5.2641.36 
F) Mon 16.122.9 2.9141.05 19.64+3.1 8.56+3.10 
- Mon 4.020.1 18.24+0.58 4.4+0.1 53.6741.71 
Oph 4.3 0.744+0.11 4.7 2.17240.34 
8 Peg 2,640.1 4.2541.12 3.0+0.1 12.4943.29 
a Per 5.340.4 1.7520.10 5.6+0.4 5.1520.29 
D Per 4,542.3 4.0640.26 5.042.5 3.1140.82 
1 Pac 4.120.8 2.6740.12 4.440.8 7 .8740.36 
2) XZ Pup 4,740.4 2.4040.03 5.140.4 7.07+0.10 
3} U Sge 6.741.1 3.17£0.16 9.521.2 9.3320.46 
4) XZ Sgr 2.741.0 1.0640.22 2.941.0 3.1840.66 
5} V3S6Sgr 18.921.2 §.3040.83 20.641.3 27.3522.45 
8] vV50SSgr 4.420.4 1.4140.01 4.640.5 4.144£0.03 
ri iw Sco 23.640.4 1.7740.01 25.9+0.5 5.22+0.01 
Bi A Teu 9,920.4 3.06+0.24 10.840.4 6.9940.71 
9] RW Tau ee sa | 1.4040.10 6.441.2 4.1240.29 
D} x Tri 3.620.6 1.1740.04 4.140.9 3.4440.11 
1] TX UMe 5.441.3 2.6420.25 §.921.4 7.7520.74 
2} VV UMe 3.420.€ 0.4040.02 3.740.6 1.1640.07 
3} Zz Vul 6.520.5 2.7620.17 9.340.6 6.1340.49 
#} RS Vul 6.640.6 3.9740.35 7.240.9 11.6941 .04 
5] BE Vul 5.0 1.6820.08 5.52 4.9320.23 


ah. For R CMa uncertainties are large and the star might fall 

the case A region; however, its unusually small qg makes a 
se A mass transfer unlikely. Difficulties arise also for the well- 
own system AS Eri; Fig. 2 shows that in any case the binary 
nnot reach the case B zone, but detailed theoretical calculations 
the evolution of AS Eri (Refsdal et al., 1974) favoured a case 
mass transfer. ; : 

For stars with 6 M,<M<10M,, Popov’ (1970) work gives 
-0.9 and g~1.5; the PUP approach yields, for g>=1, 1.25¢ 
2.0, and, for g7=2, 0.9<¢<1.5. Among the systems belonging 
this mass interval, U Cep is likely a case B; U CrB, WW Cyg, 
Sge, 4 Tau, MR Cyg, Z Vul would be case B or AB remnants 
Jo almost equalled 1. RW Gem and 6 Lib are probably case A 
stems; this could be retained also for RW Tau, but for this 
r the error on its total mass is so large that the binary could 
long to the M<6 M, subgroup. The same may be said also 
t T LMi, which has a very uncertain total mass. 

The PUP approach, therefore, which seems to be consistent 
thigh mass (M>6 M,) stars, turns out to be unsatisfactory for 
w mass (M <6 M,) stars. Some 25% of the systems studied can 
considered as likely originated from case B; some 15% of the 
stems, placed in the “forbidden” region, cannot be explained 
d the remaining binaries can be classified as case A, AB or B 
ly with difficulty since conclusions drastically depend on the 
oice of f and gy. The only three low mass systems (almost 
rely case A remnants) are V 548 Cyg, 8 Per, and RW Tau. 
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Fig. 6. DR approach: log M,—log P, plot of the 55 systems con- 
sidered and listed in Table 1. Positions of all systems are shown 
by assuming g,=1. For g9=2 all positions should be shifted by 
the amount indicated by the arrow (lower right) 


c) DR Approach 


The behaviour of the systems in the log M,—log Py plane strik- 
ingly differs from that resulting from both the PUP and the con- 
servative approach. Table 4 gives the computed positions for 
9o=1 and 2. As one can see in Fig. 6, formulae (6) and (7), 
relative to the DR approach, imply a larger upward shift for all 
binaries. Moreover, if g)~2, all stars should be considered as 
case B remnants, as indicated by the displacement of the arrow 
at the lower right corner of Fig. 6. 

It is worth noting that, within the DR hypothesis, no system, 
even for gy=1, lies in the “forbidden” region, except SU Boo, 
which has very large errors; nevertheless, if one bears in mind 
the uncertainties involved, the star could be included in the case 
A zone. 

Among our few high mass systems, only p'Sco could be a 
case A remnant. Only few of our low mass systems could be 
considered as results of case A or AB: IM Aur, AL Gem, and 
RV Oph could be case AB remnants, while SU Boo, RW CrB, 
T LMi, and VV UMa could be produced by a case A mass 
transfer. It is worthwhile to remark that, in the DR approach, 
only ~15% (at the most, i.e. for gy=1) of our systems may 
derive from a case A or AB mass transfer; however it is very 
likely that this percentage might be noticeably reduced, whenever 
Yo> 1. 


Conclusions 

’ 
In this paper we have touched some general aspects concerning 
the mass transfer in Algols by examining observational data of 
an extended sample of 55 systems, whose lightcurves have been 
analyzed by means of modern techniques of lightcurve synthesis. 
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In particular, we focused our attention on the conservative case 
and on two very different hypotheses of mass and ‘angular mo- 
mentum loss: (i) the PUP approach, taking fas a free parameter, 
and characterized by a relatively small ¢ (1 <¢S2); (ii) the DR 
approach characterized by intermediate values of f(0.4<f<0.6) 
and relatively high values of ¢(¢~3). Bearing in mind the esti- 
mates of f and ¢ deduced by Popov (1970) from a statistical 
comparison between detached and semidetached systems, the 
following conclusions can be drawn: 

(i) The conservative hypothesis cannot be applied for at least 
a certain number of systems, as already suggested by previous 
investigations (e.g. Popov, 1970; Kopal, 1971; Plavec, 1973). 

(ii) The PUP approach gives rise to some problems for 
M <6 Mg, i.e. the existence of systems falling in the “forbidden” 
region of the log M,—log P, plane; too small values of g with 
respect to Popov’s (1970) results; and an inconsistent picture of 
AS Eri as compared with detailed theoretical investigations of 
Refsdal et al. (1974). For higher masses (MM >6 M,) the scenario 
provided by the PUP approach is consistent and g is in agreement 
with Popov’s (1970) analysis. 

(iii) The DR approach, on the contrary, can bring the low 
mass (M <6 M.) systems into a consistent picture; on the other 
hand, for M>6 M,, the g value resulting from this approach is 
higher than that given in Popov’s (1970) work. 

These considerations suggest that neither the PUP, nor the 
DR mechanisms of mass and angular momentum loss give results 
in satisfactory agreement with observational data, although the 
PUP mechanism appears to be more suitable to high mass 
(M>6 Mo) systems, and the DR one is able to explain low mass 
(M <6 M,) binaries. 

As far as the type of mass transfer (case A, AB or B) is con- 
cerned, the following considerations can be proposed: 

(i) case B predominates in systems with M<6 Mp; 

(ii) case A predominates in systems with M>10 M,; 

(iii) both cases or case AB are possible for 6 Myo <M<10 Mo. 

Obviously the number of available high mass Algols (W@>10 
Mo) is statistically very small. This fact is at least partially due 
to selection effects, since we ‘‘a priori’ discarded contact binaries 
having Algol-type lightcurves [see e.g. LY Aur (Cester et al., 
1978a)]; components of these systems can probably be brought 
into contact during the mass transfer. 

These considerations are not too far removed from those of 
earlier studies. Arguments in favour of case B (at least for systems 
of low mass) have been already provided in the literature (see 
e.g. Refsdal and Weigert, 1969; Plavec, 1973; Hall, 1975), whereas 
Stothers (1973) invoked a case A mass transfer. However, final 
conclusions concerning this kind of classification absolutely de- 
pend on a clarification of the role of non-conservative mass 
transfer. Our way of approaching this problem has underlined 
some not negligible contradictions between a number of theo- 
retical attempts in this direction and the observational scenario. 
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Summary. We have mapped three bright rimmed dust clouds, 
NGC 7822, B 35, and NGC 281 in the main line of the CH ground 
state and compare these results to already published CO maps. 
Complementary observations were also made in the lower CH 
satellite line, in the 6-cm H,CO line and in the 1667 MHz OH 
line. 

Our results, although hampered by our low spatial resolution, 
indicate that the CH density does not fall off as rapidly as CO 
at the bright rims and that the CH line broadens at the rim. 
These results suggest that the CH abundance may be enhanced 
in the vicinity of bright rims and that at least some fraction of 
the observed CH emission may originate from postshocked gas, 
thus explaining the observed increase in linewidth. Support for 
this interpretation is presented in a rough calculation based on 
recent models by Hill and Hollenbach (1978) and Viala et al. 
(1979). 


Key words: interstellar clouds — radio frequency lines — shock 
waves — abundances, interstellar 


I. Introduction 


Several observational studies have recently focused on bright 
rimmed dust clouds. Most of these are based on CO observations 
(see Elmegreen et al., 1978 and references therein) but also on 
H,CO and recombination lines (Rieu and Pankonin, 1977). These 
bright rimmed clouds offer a simple physical situation, in which 
one can study the influence of an ionization and shock front on 
the surrounding neutral gas. 

Optical observations (Pottasch, 1956, 1958; Osterbrock, 1957) 
reveal that the ion densities are much higher in the bright rims 
than in the associated Hu regions. CO observations, which give 
information on the neutral gas, indicate the presence of a shock 
front, which compresses and heats the gas and which preceeds 
the optically visible ionization front. It is also possible that such 
a shock wave may compress the gas enough to create gravita- 
tional instabilities, which initiate the collapse and formation of 
protostars (Loren et al., 1975; Lada et al., 1976; Elmegreen and 
Lada, 1978; Loren and Wootten, 1978). Therefore studies of 
bright rimmed molecular clouds may offer a case, where one can 
study shock induced star formation, in a simpler way than in 
e€. g. supernova induced shocks or shocks from the galactic spiral 
density waves. 


Send offprint requests to: G. Sandell 
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In the following we present half beam (7/5) spaced CH: 
together with some additional OH and HCO (6-cm) observat 
of three bright rimmed molecular clouds: NGC 7822, B 35, 
NGC 281. These clouds were chosen using the following t 
criteria: 1. the clouds should have prominent bright rims in 0 
to enable us to study the CH distribution in the vicinity of the 
with our very limited spatial resolution, 2. they should all | 
been previously studied in CO, and 3. they should, if poss} 
be visible over large hour angle intervals. Of these three criti 
the first one was quite difficult to match and none of the cle 
really fulfils this condition. ; 


II. Observations 


The CH observations were made in 1978 September—Octe 
(apart from a short test run in May) with the 25.6 m telescop 
the Onsala Space Observatory.’ A new maser front-end was u: 
this has a wider band (~15 MHz) than the old 3 GHz m 
and has sufficient gain to permit operation at the atmosph 
pressure boiling point of helium (4.2 K). The zenith system t 
perature was 35-40 K. Frequency switching was employed, | 
a frequency separation such that the signal, as well as the refere 
band could be recorded by the 100-channel (resolution 10 k 
filter backend. Typical integration times were 2-3 h. Base 
curvatures in the spectra were removed before folding. 

Supplementary observations were obtained in Nover 
(1978) at a few positions in the 6-cm H,CO line and the 1 
MHz OH line, also with maser frontends. Antenna and rece 
parameters as well as the adopted line frequencies are summar: 
in Table 1. 

The CH main line was observed in a point grid over tl 
sources, with a spacing between the points of half a beamw: 
(7'5). The grid was placed in such a way that when pointing 
wards the bright rim, the beam would cover as little as poss 
of the dust cloud. Several points in each cloud were also obser 
in the lower satellite line of CH. The extent of the grids is appa: 
from Fig. 1a—c, which shows the results; for comparison Vv 
photographs of the regions the reader is referred to Elmegreene 
(1978), Fig. 1 (NGC 7822); Lada and Black (1976), Figs. 1. 
2 (B 35) and Elmegreen and Lada (1978), Fig. 1 (NGC 281). 


1 The Onsala Space Observatory is operated by the Resez 
Laboratory of Electronics, Chalmers University of Technolc 
Gothenburg, Sweden, with financial support from the Swec 
Natural Science Research Council and the Swedish Board 
Technical Development 
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. Instrumental parameters and adopted rest frequencies for the observed molecular 


ile Transition Rest System Beamwidth Beam effi- Velocity 
| frequency temperature ciency resolution 
(MHz) (K) (arcmin) (km s 4) 
“Mg I=}, Fa2-2 1667.359 Be 30 29 0.64 or.) a) 
“My »J=},Fe1-1/0-1 3335.481/3263.794 35 - 40 5 0.60 0.9 
lio = ly 4829 .660 40 - 50 10.5 0.44 0.6 


K antenna temperature corresponds to 10 Jy for a pointsource. 


Results and Discussion 


(the CH main line and the lower satellite line were detected 
le three clouds chosen for our study. We also detected 6-cm 
O absorption towards the center of NGC 7822 and B 35 but 
towards NGC 281. The 1667-MHz OH line was also seen in 
C 7822, presumably due to normal dust cloud emission. In 
‘r to get a good idea about velocity fields and linewidths, we 
+ fitted Gaussian shaped profiles to all observed lines. Some 
hese results are given in Table 2 as a complement to the 
‘tra in Fig. 1a—c. In the following we give more details of our 
Its and compare these results with published CO observations. 


Description of the Clouds and Observational Results 


(C 7822 


: bright rim in NGC 7822 is ionized by a cluster of OB stars, 
Cepheus IV OB association, which is located about 1°2 south 
he rim. The distance to the star cluster is 850 pc (McConnell, 
8). Elmegreen et al. (1978) have published a CO map of a 
ecular cloud associated with the bright rim in NGC 7822. 
ir map reveals a relatively warm, high density cloud just be- 
1 the bright rim. Both the temperature and the density rise 
idly in front of the rim and fall off again at about 15’ (3.7 pc) 
he north. The overall extension of the molecular cloud ob- 
ed in CO is ~15’ x15‘ i.e. about the size of our CH beam. 
The cloud we observe in CH is at least twice as large. Our 
“map, based on 14 half beam spaced positions in the CH 
n line, is given in Fig. 1a as a profile map. Our reference 
ition, labeled (0, 0) in Fig. 1a and Table 2, corresponds to the 
imum in CO emission, which lies just in front of the ionized 
_ Of all our observed positions only one, (0.5, —0.5), appears 
totally void of CH gas. In addition to the main line obser- 
ons, we have also reobserved six positions in the lower satellite 
of CH. These spectra, multiplied in intensity by a factor of 
, are shown in Fig. 1a as dotted lines. For an optically thin 
id the ratio between the satellite and the main lines (Rydbeck 
|., 1976; Hjalmarson et al., 1977) 


wt 1-TToss a) 
a 21 ad + ae 


als 0.5 if the excitation temperatures 7,,,, and 7,,., are equal 
f |7,,., |and | 7,,.,,!>7,. In this relation 7,,=the excitation 
perature and 7,=the diffuse background radiation. The sub- 
pts s and m refer to the satellite and the main line respectively. 


An inspection of Fig. 1a shows that the agreement between the 
two CH lines is very good. Only at one position, (0, 1), do the 
lines depart from this ratio. Because the main line appears to be 
quite noisy this difference may not be significant. Probably it is 
just due to noise fluctuations. 

The CH emission profiles (Fig. 1a) are quite broad (AV 24 km 
s~') around the southern part of the cloud, i.e. at positions which 
fall inside the ionized region. Although the lines at (—0.5, 0), 
(0, —0.5), and (—0.5, —0.5) are quite weak, they are still distinctly 
above the noise level. At the first two positions both the satellite 
and the main line also have similarly shaped emission line profiles. 
The lines also appear to be broader than the CH emission seen 
towards the CO cloud. Part of this broadening may be due to 
noise fluctuations. However, main line spectra obtained at quite 
different times (i.e. spring and fall), all show definitely broadened 
features relative to the CO cloud area. In this case the CH emis- 
sion may originate from post-shocked gas, explaining the CH 
broadening (Sect. III.b). However, we also have some broader 
spectra to the north and northwest, here we should not expect 
any influence from a shockfront. 

Towards the CO cloud, which in our observations is best 
covered by the (0, 0) and (0, 0.5) positions, our results from both 
the main and satellite line give an average radial velocity V;,,= 
—9.3+0.2kms~'! and linewidth 4V=2.9+0.3 kms! (quoted 
errors are 10). These results should be compared to the average 
13CO results; V,.=—8.0+0.7kms~!, 4V=2.0+0.4kms"! 
(Elmegreen et al., 1978). The CH lines are slightly broader, but 
we also cover a larger area and have broad lines both towards 
the north and the south only half a beamwidth away. 

The radial velocity of CH appears to be more negative than 
the velocity obtained from **CO. This velocity difference, about 
1.3 kms‘, is larger than what we expect from measurement un- 
certainties. Both H,CO and OH (Table 2) have radial velocities 
in good agreement with our CH results. 

In Table 2 we also give the CH column density computed from 
Eq. (7) in Rydbeck et al. (1976). We have assumed that the diffuse 
background is 3 K and that the excitation temperature is constant 
and equal to —30 K for both the main line and the lower satellite 
line (cf. Hjalmarson et al., 1977; Genzel et al., 1979). Although 
this value is highly uncertain, and may vary from cloud to cloud 
and even within a cloud, Nc, is not very sensitive to 7,, as long 
as |7,,|> 7,. The similarity of the main line and the lower satellite 
seems to suggest that for this cloud the excitation temperature 
does not differ very much for the two lines. Thus the uncertainty 
of the excitation temperature gives us one possible source of 
error for the column density. Another source of error is the beam- 
filling factor. The CO observations indicate a high density plateau 
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Table 2. Selected results for NGC 7822, B 35, and NGC 281, obtained from least 
square Gaussian fits. Coordinates for the reference position, (0, 0), in each source 
is given in Fig. 1a—c. All quoted errors are 10 estimates 


Cloud & Molecule Line Ly See AV N/R, a) 
ban =i! — 13 =p 
Position (MHz) (K) (km s_) Gans)! G10" = vem) 
NGC_7822 
(0,0) CH 3335 0.066 + 0.006 —951 S OEL SIG SROs) 34) 91.8 
3264 0.030 + 0.002 9.4 + 0.1 3.04 035 823+ 1.3 
HCO 4830 -0.037 + 0.006 fer psa oel 128) = 0003 is ee pa tee b) 
(0,0.5) CH 3335 -061 + 0.006 Oe Ot 21 £03: 7.4 +4 
3264 -031 + 0.003 =O ee vO: 2.0 £ O03 Ses x 
OH 1667 -042 + 0.003 —9.1 + 0.2 553) 2 ON4 8.4 +1 c) x 
(@5-0:.5). CH 3335 -018 + 0.004 9.0 + 0.4 420. 1.0 32352 15 : 
3264 -011 + 0.003 =8.6 £0. Aoy 250.6 4.8 + 
(-0.5,-0.5) 3335 0.015 + 0.005 aA lios NSC O- 95S 27, AT ie TSS) 
B_35 
(0,0) CH 3335 0.059 + 0.012 124 £5031 ere tO) 3 Sh 0 ie Seb esy 
3264 0.018 + 0.003 yi Won AT Said Oa a psy fe Hy CIPS 2.5 & 0.8 
H,CO 4830 -0.044 + 0.005 uy AE as Cleat a EOD 10+ 0.3 ey 
(0,0.5) CH 3335 0.028 + 0.004 12.6.2 0.2 iG tees eas | CSS ee era) 
0.029 + 0.021 12 (0% 3054 fees pe ets HR | Pe oseck 240) 
3264 0.012 + 0.002 £256) +3063, j Cte SOS} EARP A Re seal OPIS 
0.012 + 0.002 1026" 3°052 Tea £002 Teas 025 
0.051 + 0.011 ADIZ £7 ORs Ole S052 4) 
0.063 + 0.009 TOL 7 = 60)s1. 0.6 + 0.1 
NoC_281 
(-0.5,0) CH 3335 0.020 + 0.003 30 5ety Ono Set Os6 3.2) 0 
3264 0.013 + 0.002 <3). 33) £3056 655.2013 Cir f tee aN 
OH 1667 <0.022 *) 
1665 <0.030 ©!) 
HCO 4830 <0.030 f) 
(0.5,0) CH 3335 0.031 + 0.004 30-7 -£ L052 229 2410.5 40! Sls 
3264 reais Ji DAL A “Wiel Ros Bie be sen Ney SEO 205 


0.010 + 0.004 


a) The subscript x denotes molecule ; Ro = beamfilling factor, see text for estimates 

b) Hyperfine structure overlooked, column densities computed according to Minn and Greenberg (1979) 
c) OH column density computed according to Héglund and Gordon (1973) 

d) Resolution 1 kHz (0.09 km s /) 


e) Observed towards the H,O maser ; see text 


2 
£) Upper limits are 2 0 (mns) 


—10~7. Therefore our observed abundance ratio is well w 
the expected range, possibly somewhat higher than the ave 
abundance ratio (+107 °— 1078). 


about 9’ wide (in the north-south direction). Therefore our beam- 
filling factor is certainly less than one. However, because the CH 
emission is more extended than CO, we cannot directly utilize 
the CO results to compute a beamfilling factor. If we assume 
this factor to be about 0.5, we obtain a CH column density 
Noy =1.7 10'* cm~? in the CH cloud (Table 2). Using the Ny, 
estimate by Elmegreen et al. (1978) we thus deduce a Ney/Nu, 
ratio of 4.510~®. Observational studies (Cohen, 1973; Chaffe, - 
1974, 1975; Zuckerman and Turner, 1975; Hjalmarson et al., 
1977; Lang and Willson, 1978; Sandell and Johansson, 1979) as 
well as theoretical model calculations (Mitchell et al., 1978; Viala 
et al., 1979) give a variation in abundance ratio between 107° 


B 35 


Within or in the vicinity of the giant Hu region S 264, ther 
several dark nebulae with bright rimmed structures. One of 
is B 35, which was mapped in CO by Lada and Black (4 
The source of excitation for S 264 and the bright rims in the 
rounding nebulae is a single O star, 2 Ori; spectral class O' 
Within the optical boundaries of B 35 lies the first detectec 
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M025, 0.5) 


COS, -0,5) 


Fig. la. The observed CH grid in 
NGC 7822. Solid lines represent the 
CH main line emission whereas the 


dotted spectra are for the lower CH 
satellite line. The latter are 
multiplied in intensity by a factor 
of two. The intensity scale, given in 
antenna temperature, refers to the 
CH main line emission. The grid 
point positions are given as offsets 
in (a, 6) from the reference position 
(0, 0), with the HPBW (15’) as unit. 
Thus 0.5=7!5. Coordinates for the 


oni star, FU Ori itself, which probably is related to the dark 
id (Herbig, 1977). The estimated distance to B 35 is 550 pc 
da and Black, 1976). 

The CO map of B 35 resembles that of NGC 7822. Close to 
bright rim there is a region of dense warm gas, which extends 
n the bright rim 4 pc into the neutral cloud. Lada and Black 
mate that the total gas density inside the high density ridge 
f the order of 10°-10* cm~*, which is about the same as in 
C 7822. Gottlieb et al. (1978) have detected SO (3,—2,) in 


reference position (0, 0) are 
fi och = 0116". 
04950.0 = 98 18/33" 


the high density ridge, which is taken as a support for the density 
estimate. 

Our CH map is shown in Fig. 1b. Also in this case we have 
complemented our main line observations with some observations 
of the lower satellite line (dotted spectra in Fig. 1b: note that the 
antenna temperature scale is multiplied by a factor of two.) The 
observed CH emission is much narrower than in NGC 7822 
(Fig. 1a, b; Table 2). In fact, our 10 kHz resolution (correspond- 
ing to a velocity resolution of 0.9 kms~') is not sufficient to 
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Fig. 1b. Same as in a but for B 35. The coordinates for the refence positions (0, 0) are @959,9=5"42™758, 5,959.9 =09°10'30" 


Fig. 1c. Same as in a but for NGC : 
The coordinates for the reference 
position (0, 0) are 1959.9 = 00°50"36¢ 
01950,0= 50 15/00” 


resolve the line and we therefore get an instrumental broadening 
of the line. Judging from the observed linewidths alone, the CH 
emission in B 35 resembles that of a typical cold dark cloud. 

Towards the bright rim a moderate line broadening (~0.5 


km s~', i.e. almost within our observational uncertainties) is 


seen, which in the northern part splits up into two distinct velocity 
components. The line at (—0.5, 0.5) is so noisy that one would 
doubt the presence of any signal at all, were it not for the fact 
that the feature at ~12 kms * is so similar to the two spectra in 
the nearby, (0, 0.5) position. At the latter position we also mea- 
sured a 1 kHz spectrum of the lower satellite line. Although we 


had intensity calibration problems with the 1 kHz filterband, 
some bad channels in one of the components (the one at 
km s~'), the 1 kHz spectrum clearly reveals two narrow vel 
components with velocities in good agreement with the tw 
kHz spectra. Because the two velocity components are see 
three independent spectra, all in good agreement with each c 
(Table 2), this strongly suggests that both components are 
and not due to random noise fluctuations. 

The average CH velocity V=12.1+0.3 kms~+, agrees « 
well with SO (Gottlieb et al., 1978), CO and optical lines 
Herbig, 1977; to convert from heliocentric radial velocities g 
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to velocities relation to the local standard of rest, sub- 
km s~'), and with H,CO (Table 2). 

in this case we see no significant differences in excitation 
ratures between the main and satellite line (Fig. 1b, Table 2). 
reference position, (0, 0), which in this case is the middle 
'CO cloud, we expect that the beam filling factor should 
ise to one. Using the same assumptions as for NGC 7822 
| a Now =2.7 10*°, which leads to a Ncy/Ny, ratio of 
® (Ny, estimated from the average CO column density 
. the abundance ratio Nisco/Ny,*210~°; Dickman, 


. 
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southern part of NGC 281, which corresponds to rim C in 
otation of Pottasch (1956), was mapped in CO by Elmegreen 
Lada (1978). They also review some previous radio and 
fal observations of this region. The CO map shows two 
tal clouds, at approximately the same radial velocity, sepa- 
i by a ridge of ionized gas. The eastern cloud fragment shows 
jroneunced increase in either density or temperature, while 
western cloud fragment reveals a hot spot near the ionized 
Close to this hot spot Elmegreen and Lada also discovered 
1,0 maser, with the dominant velocity component close to 
of the neutral cloud. Elmegreen and Moran (1979) have 
ntly made new CO observations of the western cloud frag- 
t. These observations, made with high velocity resolution, 
rly resolve the cloud into two CO components. The hotter 
denser component, blueshifted by 1.5-2 kms ' relative to 
other component, is interpreted as being due to postshocked 
while the weaker component is emitted from neutral un- 
ked gas. Renewed observations of the H,O maser indicate 
jiderable variation in intensity and number of emission com- 
ents. However, the dominant emission line always seems to 
ithin +1 km s~' of the neutral cloud velocities (Elmegreen 
Moran, 1979). 
n CH (main and lower satellite line) we also detected the two 
d fragments seen by Elmegreen and Lada (1978) (Fig. 1c) 
because of our large beam, we could not map the region. In 
onized ridge between the two clouds we see no CH emission, 
Qugh our beam overlaps both clouds 3 the beamfilling is too 
Somewhat to the north of the western cloud fragment, at 
1.0 =0"49"58°, 51950.0 = 56°20'33”", i.e. within the ionized re- 
, Rydbeck et al. (1976) failed to detect CH emission. 
Jur radial velocities and linewidths (Table 2) are quite close 
ae average CO values given by Elmegreen and Lada (1978) 
ern fragment: V=—30.7+0.6kms~!, 4V=1.7+0.7 km 
western fragment: V= —30.4+1.1 kms~', 4V=3.4+0.9 
s-") and to those of the ionized gas (V=—29kms'™!: 
er, 1968; V= —28 kms~'; Georgelin and Georgelin, 1970). 
velocity resolution is not sufficient to resolve the CH line in 
western cloud fragment into two velocity components, al- 
igh the width of the line does not exclude such a possibility 
Table 2 (this paper) and Elmegreen and Lada (1978) versus 
egreen and Moran (1979)}. 
fhe CO map by Elmegreen and Lada (1978) leads to beam- 
2 factors of about 0.8 and 0.7 for the eastern and western 
d, respectively. According to Table 2 we thus get CH column 
ities Noy, +4.6 10’? cm~? (eastern cloud) and Noy ~5.6 10"? 
2 (western cloud). If we use the molecular hydrogen densities 
nated by Elmegreen and Lada we get the abundance ratio 
‘Ny, *310~* for the eastern cloud, and =710~° for the 
ern cloud. Because two CO velocity components are seen 


~ 
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towards the western cloud fragment, the CO density estimate is 
somewhat uncertain (Elmegreen and Moran, 1979). The CH 
abundance ratios are of the same order as those obtained for 
NGC 7822 and B 35. 

We also tried to detect possible OH main line maser emission 
towards the H,O maser, but the results were negative (Table 2). 
The H,O maser, which Elmegreen and Moran interpret as a 
young object, possibly a middle to late B type star, therefore does 
not seem to have any OH counterpart, at least no strong class I 
OH maser. This is the case for many H,O masers associated 
with young objects. Because of beamfilling effects we do not see 
any trace of the neutral cloud. 

Nguyen-Q-Rieu and Pankonin (1977) searched for H 1100 
and 6-cmH,CO at the position 959.9 =00"50™13%0, 5,950.0 
=56°17'12", i.e. close to the western cloud fragment but some- 
what into the ionized region. They failed to detect any radiation, 
with an rms limit of 0.02 K. We also searched for 6-cm H,CO, 
placing instead, our beam on the position labeled (—0.5, 0) 
(Table 2 and Fig. 1c) but saw no trace of H,CO absorption. The 
failure to detect H,CO in NGC 281 is probably due to the rela- 
tively low density of the region. 


b) CH Enhancement, Velocity Broadening 
and Two-component Structures 
in the Vicinity of Bright Rims 


Hill and Hollenbach (1978) have recently published model cal- 
culations exploring the effects of a compact Hn region expanding 
into a surrounding neutral cloud with a density 10°-10* cm~?*. 
Their model shows that a dissociation wave develops, which 
initially travels much faster than the shock. After about 10° yr 
the dissociation wave has slowed down and may be swept up by 
the shock. Although the model by Hill and Hollenbach (herein- 
after HH-model) is computed for an evolving compact H i region, 
the situation is very much the same for a bright rimmed molecular 
cloud, where a diffuse Hu region is advancing into a molecular 
cloud. 

The HH-model shows that the dissociation wave dissociates 
the molecular gas and ionizes atoms with low ionization potential 
like carbon. After the dissociation wave has passed, the gas cools 
down and molecular hydrogen starts forming again. In the post- 
shocked region the gas will have a velocity equal to the shock 
velocity, which after 10°-10° yr (an appropriate timescale for our 
bright rimmed clouds) is about 2-5 km s_'. On such a timescale 
the postshocked region may have become sufficiently cold, so that 
observable amounts of molecular gas have formed. In NGC 281 
(Elmegreen and Moran, 1979) CO emission can be seen both in 
the pre-and post-shocked gas. If the H,O maser has formed due 
to the shock (Elmegreen and Lada, 1978; Elmegreen and Moran, 
1979) the postshocked region will be about 10° yr old. After such 
a time most of the gas will be molecular (cf. the HH-model) and 
therefore observable in CO. “4 

Because CH is formed primarily by radiative association of 
C* with H, (Black and Dalgarno, 1977; Dalgarno, 1976; Clavel 
et al., 1978; Viala et al., 1979) it may be possible to get an increase 
in the formation rate by several orders of magnitude due to the 
large amounts of ionized carbon. However, also the CH destruc- 
tion rate, which in this case is totally dominated by photodis- 
sociation and photo-ionization (Sandell, 1978; Viala et al., 1979), 
is likely to increase because of more intense far UV radiation. 

The increase in the radiation field can be estimated, because 
the ionizing stars are known in each observed case. Using effective 
temperatures and radii for O and B stars given by Panagia (1973) 
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and positions and spectral classes for the ionizing stars (NGC 
7822: Blanco and Williams, 1959; B 35: Lada and Black, 1976; 
NGC 281: Sharpless, 1954; Pottasch, 1956; Hogg, 1959) we com- 
pute the radiation field at each bright rim at a wavelength of 
0.12 pm [chosen because it is the shortest wavelength at which 
CH can be dissociated (Sandell, 1978)]. In all cases except for 
NGC 281, we use the projected distances to the bright rim. In 
NGC 281 this would probably lead to a serious underestimate of 
the distance, because the ionizing cluster is probably somewhat 
behind the rim (Elmegreen and Moran, 1978). In this case we 
adopt a distance of 10 pc (compared to the projected distance of 
~6 pce to the bright rim in the eastern cloud). We also account 
for dust absorption within the Hu regions, but these corrections 
are quite small (<30%) due to the low gas densities. Our calcula- 
tions give the radiation densities: 5.0107 1°, 6.010 1° and2.0107*5 
ergcm * A! for NGC 7822, B 35, and NGC 281, respectively. 
This should be compared to the normal interstellar radiation 
field 8.5 10-17 erg cm~* A“! (Spitzer, 1978). For NGC 7822 and 
B 35 we thus have a radiation field about 8 times stronger than 
the normal interstellar radiation field. For NGC 281 the field is 
about 25 times stronger, but this value is much more uncertain. 


In order to see if we can get observable amounts of CH in 
the postshocked gas we can perform a rough calculation. Figures 
1 and 2 in Hill and Hollenbach (1978) indicate that after 10°-10° 
yr we may expect a molecular hydrogen density in the postshock 
region of about 300cm~* or more, if the total gas density is 
10° cm~* (2ny,/ny,,, 9.6). The carbon will be almost totally 
ionized; therefore, if we assume a depleted carbon abundance 
and neglect the carbon tied up into CO (which, except for NGC 
281, does not appear to be present in significant amounts), we 
get a C* density no+ ~8 10° * cm”. If we use destruction rates 
from Sandell (1978) assuming a visual optical depth t,=1, we 
can calculate the CH densities by using Eq. (3) in Viala et al. (1979). 
This gives noy/Ny,,,¥2.5 10°-°. However, the UV field appears to 
be about 10 times larger than the average interstellar UV field. 
Therefore the dissociation rates are underestimated by a factor 
of 10. This would result in a ratio noy/ny,,=2-5 10°, which 
might be hard to detect if the region is very small. However, if 
we assume cosmic carbon abundance instead of the depleted one 
(which may be more realistic for the postshocked gas), the ratio 
is about 1.3 10~°, which should be easily observed. 


Because we are likely to see the postshock region more or 
less edge on, the depth of the postshock region may be quite 
large, even if the region is narrow. In cases like NGC 7822 and 
B 35 the depth may be 2-3 pc, which would give CH column 
densities of the order of 10'°-10'* cm~?. 


The HH-model pays very little attention to molecules other 
than H, (and to some extent CO) but considers explicitly observ- 
able effects in H1, and suggests that it may be possible to have 
observable amounts of cold H1 in both the pre- and postshocked 
gas, which therefore would appear as two distinct velocity com- 
ponents against the continuum background. CH, which is a good 
tracer of low density gas, behaves in many respects like H1 (Sandell 
and Johansson, 1979). The model by Viala et al. (1979) predicts 
that most of the CH will be found in a 2™ (in the visual) shell 
around a molecular cloud; the same situation is predicted for H1 
in the early model by Hollenbach et al. (1971) and supported by 
observations (Mattila and Sandell, 1979). 


From the above discussion we therefore expect to see CH in 
both the preshocked (CO cloud) and postshocked region whereas 
the CO density may still be quite low in the postshocked region. 
If sufficient time has elapsed since the shock, it will also be possible 


to have observable amounts of CO (cf. NGC 281). Becat 

projection effects, the velocity difference between the two 
ponents will at most be 1-2 km s_*. The shape of the cloud} 
determine the amount of broadening or asymmetry of the WI 
shock emission. 


The velocity difference in CO, 1.5—-2 km s~', between th 
and postshocked gas in NGC 281 (Elmegreen and Mora 
gives a good estimate of the shock velocity, because the 
shocked gas moves almost radially towards us (no visible 
rim in the western cloud fragment). Unfortunately, we hi 
CH too limited spatial resolution and velocity resolution ff 
study of this cloud. The more nearby clouds NGC 7822 and} 
are clearly more favourable. 


IV. Summary and Conclusions 


CH ground state emission in the main and lower satellite 1} 
was detected in NGC 7822, B 35, and NGC 281. With our lim 
spatial resolution (HPBW =15’) only the first two clouds ¥ 
large enough to permit a more detailed study of the CH distri 
tion. 


In NGC 7822, CH is more widely distributed than CO, wh 
probably reflects the fact that CH is a good tracer of low dex 
gas. In the southern part of the cloud weak, broad CH | 
extend far into the optically visible bright rim. These lines ¥ 
be due to postshocked gas moving towards the neutral cli 
with the velocity of the shock according to the recent model 
Hill and Hollenbach (1978). Because we observe the postshoc;} 
shell more or less tangentially this will result in a broadening 
the lines but not in a shift of the central velocity. 


A rough analysis, based on the chemical model by Viala et 
(1979), indicates that the CH formation rate can increase ¢ 
siderably due to large amounts of C* in the postshocked 
Therefore CH may be present in observable quantities even thor 
the CO density is still quite low. 


The CH emission in B 35 is only moderately broadened n 
the bright rim. Because the lines are weak and the intrinsic li 
widths are of the same order as our velocity resolution the velo 
broadening is not as clear as in NGC 7822. In the northern ¢ 
of the bright rim we observe another velocity component, dif 
ing in velocity by ~1.8 km s~'; this could be due to postshoe! 
gas. Supplementary observations of H,CO and OH, which in 
cases were centered on the dense CO clouds, resulted in detect 
of H,CO in both NGC 7822 and B 35 but not in NGC 281. 7 
1667 MHz OH line was detected in NGC 7822. We also loo! 
for OH maser emission in both main lines towards the E 
maser in NGC 281, but saw no emission stronger than 3 Jy (2 


Our results show that higher spatial resolution is needed 
fore one can get a more detailed picture of the gas distribut 
in the postshock region. It might prove worthwhile to carry | 
high sensitivity CO observations near the bright rims in orde: 
see if CO can be detected in the postshocked gas. This has alre: 
been done by Elmegreen and Moran (1979) in NGC 281, wh 
the CO density was even higher than in the preshocked gas 
would, however, be interesting to see if CO can be detected i 
case where the postshocked gas is less molecular, i.e. youn: 


Because the HH-model predicts large amounts of cold 
in the postshocked gas a study of H1 in self-absorption towa 
NGC 7822 and B 35 would be a good test for our interpretat 
of the CH behaviour. 


oa li : 
ell et al.: Observations of Bright Rimmed Clouds 
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Summary. Using the data of the two Basle catalogues of 
galactic star clusters it has been tried to derive some large scale 
characteristics of the neighbouring (r < 1000 pc) galactic ab- 
sorption layer. Applying a least square procedure to the 101 
clusters which lie within 1000 pc of the Sun, the “thickness” of 
the galactic absorption layer has been found to vary strongly 
as a function of galactic longitude. The large amount of inter- 
stellar matter between /™ = 80° and /™ = 220° is a feature also 
found by other authors and is strongly correlated with the 
distribution of the extreme population I galactic star clusters 
and H 0 regions. ; 


Key words: colour excesses — dust distribution 


1. Introduction 


The distribution of the interstellar reddening material in the 
solar neighbourhood has been studied in several ways. The 
strong concentration to the galactic plane is directly seen from 
the distribution of dark nebulae which lie practically all within 
100 pc from the galactic plane (Lynds, 1968). For a more 
detailed study, we would like to know in principle the colour 
excess as a function of the distance from the Sun and the 
direction /™ and b™. This function has mostly been derived with 
a set of stars with known colour excesses and distances (Fernie, 
1962; Neckel, 1966; Scheffler, 1966; Fitzgerald, 1978; Lucke, 
1978; Knude, 1979). The advantage of having large samples of 
stars is somewhat troubled by the relatively large errors in the 
individual distances and colour excesses. For this reason it has 
been tried in this paper to derive some characteristics of the 
neighbouring absorption layer using the data of the galactic 
star clusters in the two Basle Catalogues (Becker and Fenkart, 
1971; Fenkart and Binggeli, 1979). The drawback of small 
numbers is perhaps compensated by the small errors in the 
distances (~ 10%) and the colour excesses as well as by the 
homogeneous reduction of the cluster data. 


2. Description of the Method 


Scheffler (1966) showed from the distribution of colour excesses 
of 4700 stars near the galactic plane that the structure of the 
interstellar reddening material can be understood by assuming 
different kinds of absorbing clouds distributed statistically 


homogeneous ina thin galactic absorption layer, at 
within about 1000 pc from the Sun. The small scale distribus 
however, may deviate from homogeneity (Knude, 1979). 

The main purpose of this paper is to derive the “thickn 
of the neighbouring absorption layer as a function of gal 
longitude by means of a least square procedure using the | 
of the 101 galactic star clusters within 1000 pe for whi 
three colour photometry exists. 

The definition of the ‘‘thickness’’ depends on the functi 
dependence e(z), that is the mean colour excess per kpc 
function of the distance from the galactic plane. In this pa 
four different models assuming four different functions 
have been used: 


Model 1: e(z) = eo zis 
e(z) = 0 be Sah 


Model 2: e(z) = eo/(1 + (z/H)?) 
Model 3: e(z) = eo exp (—(z/H)?) 
Model 4: e(z) = eo exp (—z/H) 


where @€) denotes the mean colour excess (in this p 
E(B — V)) per kpc for galactic latitude 5" = 0° and A den 
the ‘“‘thickness”’ (halfwidth). The four functions e(z) are sh 
in Fig. 1 for equal H. The dependence of eo from the gal. 
longitude has been shown by different authors (Fernie, 1 
Fitzgerald, 1968), but there are some discrepancies in 
published values (Fig. 2). In this paper the values of Fitzge 


e=e, ; z<H 
e=0 ; z>H 
e@ = eo/(1+(2/H)*) 
e=e,: EXP(-(z/H) *) 
e=e,- EXP(-z/H) 


H Zz 


Fig. 1. The mean colour excess per kpc as a function of 
distance from the galactic plane: e = f(z). Numbers 1, 
and 4 correspond to the different models (see Sect. 2) 


— Fitz Gerald 1968 
—— Fernie 1962 


2. Mean colour excess per kpc at galactic latitude b%! = 0° 
‘function of galactic longitude according to Fernie and 


gerald 
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are used because he gives more detailed information about the 
latitude-dependence of the mean excess per kpc within about 
1000 pc. The weighted mean excess per kpc of all galactic 
longitudes at latitude b™ = 0° according to Fitzgerald is e9 = 
0™9 kpc~?. This value is a bit higher than the one usually 
found in other works (Fernie, 1962; Scheffler, 1966) of 0™6 to 
0™8 kpc~?. The reason for this descrepancy may probably be 
the fact that the mean excess per kpc is usually derived from a 
set of stars lying within a fixed distance from the plane or 
within certain limits of b4%. For each model the “thickness” has 
been calculated with the longitude-independent value eg = 0™9 
kpc~1 and with the longitude-dependent values e) according to 
Fitzgerald (linear interpolation in Fig. 2). 

Assuming constant ‘“‘thickness’” and constant e) within 
1000 pc from the Sun and within a certain interval of galactic 
longitude, the “thickness” in that sector has been derived by 
minimizing the sum S = > (ons — @exp)* (Cons = Observed 
colour excess, @ex» = colour excess expected from the model) 
which is a function of the “‘thickness”’ H. In order to get a 
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, 3a-d. “Thickness” of the galactic absorption layer within 1000 pc as a function of galactic longitude /". All models (see 
) are used with the longitude-independent value eg = 0™9 kpe~? 
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text) are used with the longitude dependent values e, of Fitzgerald (Fig. 2) 


reasonable number of clusters (5-15), overlapping intervals of 3. Results and Discussion 

galactic longitude with a width of 60° had to be chosen. 

Furthermore, the least square procedure has been done The results of the procedure described in the last section 
separately for the clusters south of the plane and north of the shown in Figs. 3 and 4. The dotted lines in the figures m 
plane, thus allowing an asymmetrical structure of the dust thatthe “‘thickness” at that longitude is very ill-defined. In tt 
layer. regions the minimum S is reached for “‘thickness”’ betw 


Table 1. The mean deviation of the observed colour excesses from the expected ones 
(d = > (ors — Cexp)/m, 2 = 101) and the mean error of a single expected colour excess 


(s = (Xeon: — exp)?/(@ — 1))”) 
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5. Relative absorbing mass distribution within 1000 pc asa 
stion of galactic longitude (see text) 


and 500 pc but shows no significant variations over 
ral hundred pc. Table 1 shows the mean deviations of the 
erved colour excesses from the ones calculated according 
he different models and their “‘thicknesses”. The values of 
ind ¢o have been linearly interpolated from Figs. 2, 3, and 4. 
> mean error of a single predicted colour excess is about 
2 and indicates the crudeness of the two-parameter models 
H). Nevertheless, some large-scale features can be derived. 
suming a longitude-independent composition of the inter- 
lar grains and assuming the number of absorbing particles 
ng the line of sight proportional to e, we can derive the 
itive mass distribution as a function of galactic longitude. 
this case the absorbing mass is proportional to e)H. For 
del 3 with varying e. the relative mass distribution is 
wn in Fig. 5. It reflects more or less the same features as 
. 4c. 
The general features from Figs. 3, 4, and 5 reveal the much 
her amount of absorbing mass in the galactic longitude 
ge 0° to 180° than between 180° and 360°. The main differ- 
e between the models with variable e, and the ones with 
gitude-independent eg is the distribution around /™ = 180° 
the southern part. There, according to Fitzgerald, the mean 
ess per kpc at b™ = 0° is about 0™6 kpc~+ and causes a 
lickness” for the southern absorbing layer of more than 
) pc, whereas when taking a mean excess é of 0™9 kpc™? we 
the much smaller value of about 20 pc. 
Restricting the further discussion on the models with a 
gitude-dependent eo, we can conclude the following large- 
le features. The total “thickness” of the absorption layer 
hin 1000 pc from the Sun varies strongly from about 20 pc 
und / = 260° to at least 200pc around /™ = 170°. 
ound /™ = 80-90° the “thickness” has another relative 
ximum of about 100 pc. 


uer: Interstellar Reddening in the Solar Neighbourhood 


("=0° 


i =0° 


Fig. 6a and b. Distribution of the galactic star clusters within 
1000 pc of the two Basle catalogues. a: all clusters used in this 
paper. b: only clusters with earliest spectral types earlier than 
B2 (@) and H m-regions (+) 


A comparison of the éo values (Fig. 2) with the “thicknesses” 
(Fig. 4a-d) shows that the maximum values of e@ 9 at about 
Pt = 110°, 270°, and 360°, correspond to the minimum values 
of the “thicknesses”. Despite this fact, the product e oH, being 
proportional to the absorbing mass, shows qualitatively the 
same longitude-dependence as the “‘thickness”’. 

Whereas a comparison of the small features within 1000 pc 
with other works cannot be made, the general features agree 
well with other results. The big amount of absorbing matter 
between /™ = 80° and /'! = 200° is also obvious from the 
works of Neckel and Fitzgerald and is probably correlated 
with the local spiral arm, which is clearly shown by the galactic 
star clusters with earliest spectral types O ~ B2. Figure 6 
shows the distribution of these extreme population I objects 
within 1000 pc (2 Basle catalogues) lying mainly in the galactic 
longitude range 80-215°. A correlation with Goulds Belt, 
however, is not obvious from Figs. 3 or 5, because it is a 
feature of the nearby early type stars and therefore cannot be 
detected by the rough methods used here. 
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Summary. The high frequency deflection technique has been 
applied for an investigation of the time resolved spectrum of the 
SiH+ molecule. Two new bands, (2,0) and (3,0), of the 
A‘ll-X'X* transition have been identified and analysed. 
Molecular constants for both the A1II and X+*X7* states are 
given and from these constants an improved value of the disso- 
ciation energy has been derived. 

Wave numbers for the (2, 0) and (3, 0) bands are given as 
well as term values for v’ = 0,1, 2,3 of the A+II state and 
v’ = 0,1,2 for the X*X* state. Potential curves have been 
constructed and calculations of Franck-Condon factors and 
r-centroid have been carried out. 

Lifetimes have been measured for the A'Il v’ = 0, 1, 2 and 
3 levels and they are converted into oscillator strengths for 
the A-X transition. 


Key words: molecules — oscillator strengths — dissociation 
energies — SiH*-spectra 


I. Introduction 


The SiH* molecule is of considerable astrophysical importance. 
It was first observed in laboratory by Douglas and Lutz (1970) 
and was the first ion-molecule discovered in the solar photo- 
spheric spectrum by Grevesse and Sauval (1970). So far, five 
bands of the A*II-X*X+* transition have been observed, 
namely, the (0, 0), (0, 1), (0, 2), (1, 0) and (1, 1) bands. Recently, 
the possibility of finding the SiH*+ molecule in the interstellar 
space has also been discussed (de Almeida and Singh, 1978; 
Singh and Vanlandingham, 1978). The oscillator strengths, 
which are of astrophysical importance, for the (0, 0) and (0, 1) 
transitions have been derived with the help of fitting line 
profiles to features in the solar spectrum (Grevesse and Sauval, 
1970, 1971). A more accurate way to determine oscillator 
strengths is to deduce them from measured lifetimes when the 
associated Franck-Condon factors and the transition moment 


variation with internuclear distance are known. However, no 


lifetime measurements of the A‘II state have thus far been 
reported. 
In view of the large astrophysical interest in the SiH+ 
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molecule and the fact that high power electron excitation | 
proved to be a very powerful way of creating excited states 
ion-molecules, we decided to make an exhaustive time resol 
study of the A1II state using the High Frequency Deflect; 
(HFD) technique. A systematic search for unknown band 
the A-X transition was undertaken, and we were able to ident 
and analyse the (2, 0) and (3, 0) bands. The discovery of th 
two bands has made possible a more accurate determination 
the dissociation energy of the SiH* molecule and the deducti 
of improved molecular constants for the A?II state. | 

In order to convert the measured lifetimes into oscilla 
strengths, we have calculated Franck-Condon factors and 
centroids which are to be considered as more accurate th 
earlier attempts (Rao and Lakshman, 1971; Singh and Pras: 
1971; Liszt and Smith, 1972). Potential curves for the A 
and X1X+ have been constructed and are displayed in Fig. 
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Fig. 1. Klein-Dunham-Morse potential curves of the A1II a 
X*X* states in SiH* calculated using new molecular consta 


mental procedure for time resolved precision spec- 
, the High Frequency Deflection (HFD) technique, has 
ibed in detail elsewhere (Erman, 1975; Erman and 
mz owski, 1975). Briefly, an intense electron beam is passed 
yugh a target gas. The impact energy is about 7 keV, and 
m the beam is continuously exciting, the net current to the 
is about 15 mA. When lifetimes are being determined, the 
'm is interrupted in such a manner as to insure a highly 
tient duty cycle, while a variable time window allows regis- 
tion of decay curves for an arbitrary number of half-lives. 
The spectra is recorded with a two-meter Czerny-Turner 
aning monochromator, supplied with a EMI 9789 QA 
otomultiplier. This arrangement allows for spectral recordings 
about 40 mA FWHM resolution. 

the present experiment spectra were recorded in the first 
der with a grating blazed at 5000 A. SiH, was used as a 
get gas at pressures ranging from 0.5-10 mTorr. Lifetimes 
me measured for v’ = 0,1,2, and 3 of the A state, and 
thin the vibrational bands also for individual rotational lines. 
omplementary recordings of the SiH* spectrum were made 
jing a 21 ft Eagle type spectrograph at 20 mA FWHM 
solution. 


/... and Analysis 
i 


& 


jouglas and Lutz (1970) gave estimated values for the vibra- 
onal constants w, and w,x, for the A state. From these 
ted constants we calculated the expected positions for the 

, (2, 1), (2, 2), (3, 0), (3, 1), G, 2), 4, 0), (4, 1), and (4, 2) 

, and a systematic search for them was undertaken. Two 
bands, (2, 0) and (3, 0), were indeed found at 3882 

nd 3839 A. Figure 2 shows a survey spectra of the (2, 0) band 
hich is partly overlapped by the much weaker (1, 0) band 
om the A?A-X7II transition in SiH. The (2, 0) band is more 
tense than the (3, 0) band, and they show the same features as 
ie bands reported by Douglas and Lutz (1970). In order to get 
te wavenumber estimates of the new bands, photographs 
also taken with a 21 ft Eagle spectrograph by registering 
spectrum of a discharge through helium, which has been 
xed with a trace of silane in an aluminum hollow cathode. 
lines from a neon-filled iron hollow cathode were used for 


(2, 0) 
PJ) 


Oy) 
25758.71 


25743.52 756.56 
726.18 745.74 

25681.05 700.27 726.18 25968.96 

640.05 665.37 697.61 924.15 

590.34 621.23 659.78 874.02 

. 531.77 567.52 612.53 810.84 
; 464.14 502.63 555.27 
1 387.16 425.57 486.90 


1, Observed vacuum wave numbers of SiH*+ A1II-X'X+ (cm~*) 
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Fig. 2. Section of the emission spectrum of SiH, recorded 
using the HFD technique. The SiH* A-X-.(2, 0) band is over- 
lapped by the weaker (1, 0) band from the SiH A?A-X?II 
transition 


wavelength standards. The analysis was straight-forward since 
the lower state was already well known. Each band consists of 
single P, Q, and R branches of which the P branch is weakest. 
The R(0) lines are present while the P(1) lines are absent, which 
indicates that the bands arise from a II-= transition. In fact, 
the rotational structure of these two bands could be constructed, 
at least approximately, using the rotational constants given by 
Douglas and Lutz (1970). The wavenumbers and assignments 
are given in Table 1. Some indications of perturbation are 
apparent in the P and R branches for (3, 0). However, the 
number of recorded rotational lines of this band is too low to 
allow more detailed discussion at this point. 


IV. Rotational and Vibrational Constants 


Rotational and vibrational constants can be obtained using 
the well-known graphical methods as described by Herzberg 
(1950). Another possibility is to reduce observed spectral lines 
to model-independent term values and from these term values 
derive model-dependent molecular parameters. The computa- 
tional method, as introduced by Aslund (1965), fits the term 
values by a least square procedure to the relationship 


=Tj-T; 


26048.58 
26033.47 044.39 
014.36 029.88 
25985.57 009.77 
946.85  25976.53 
897.46 933.79 ; 
835.15 
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where »;, is the observed wavenumber, and 7; and T; the term 
values of upper and lower level respectively. Tj — Tj — vw, is 
in general not equal to zero, since observational errors are 
involved in the measured spectral lines. 

The least-square procedure thus amounts to minimizing 
> piTi — Tj — vi,)?, where p;, is a weight factor which can 
be ascribed to a measured »;,. This problem has a unique 
solution, provided that at least one term is kept fixed at an 
arbitrary energy. 

Term values of SiH* were obtained using this least-square 
technique with wavenumbers from both Table 1 and the wave- 
numbers given by Douglas and Lutz (1970) (a procedure 
which, of course, might be hazardous). All wavenumbers were 
ascribed equal weight (p;, = 1), an assumption by no means 
free from objections; yet, it is the best one can do as long as the 
weights of the individual lines remain highly subjective. The 
results of this calculation are given in Tables 2 and 3, where 
the term values are referred to the minimum point of the poten- 
tial curve for the ground state. The RMS value of the deviations 
between raw and reconstructed lines was 0.030cm~?. The 
molecular constants for the ground state were easily obtained 
from the term values and are listed in Table 4. They are in good 
agreement with the constants given by Douglas and Lutz (1970). 
The A?II state proved to be a more tricky problem. It was 
assumed that the rotational energy levels in the A state could 
be represented by the relation 


PO) =o + BIS + 1) ~ 1) = DI +) Pe 
+ H{J(J + 1) — A’? (1) 


and the constants were determined by a least-square method. 
Since AtII is a degenerate electronic state (A = 1) separate 
values of B and D were used for each component in order to 
allow for the A-type doubling whereas the higher term H was 
assumed to be the same for each component. This model proved 
to be satisfactory for v’ = 0 and 1, and the results are given in 
Table 5. However, the model gave less satisfactory results for 
v’ = 2 and 3. The reason for this will be discussed in Sect. V. 


Table 2. Term values for the X1X* ground state of SiH+ 
referred to the minimum of the potential curve for the X12+ 
state 


| T@=0) Te=1) “Te=2 
0 — 1070.02 3158.69 5178.90 
1%» 1085.13 3173.40 5193.21 
Pe 1115.34 3202.82 5221.83 
3 © 1160.64 3246.92 5264.74 
4 1221.00 3305.68 5321.91 
5 ~~ 1296.38 3379.06 5393.31 
6 1386.74 3467.01 5478.88 
7 1492.02 3569.49 5578.57 
8 1612.15 3686.42 5692.33 
9 1747.06 3817.74 5820.07 
10 1896.68 3963.35 5961.71 
11 2060.91 4123.18 6117.16 
12 2239.64 4297.11 6286.33 
13. 2432.78 4485.04 6469.10 
14. 2640.20 4686.85 6665.35 


Table 3. Term values for the A*II state of SiH* 


a T(v=0) T(v=0)- Tv = 1) 

1 26104.27 26104:27 26492.94 

9) 122.34 122.30 507.95 

3 149.30 149.24 530.36 

4 185.06 184.93 560.06 

5 229.39 229.19 596.89 

6 282.08 281.76 640.61 

di 342.81 342.47 690.95 

8 411.27 410.82 747.56 

9 487.01 486.45 809.97 
10 . 569.58 568.90 877.42 
11 658.39 657.61 949.48 
ws 752.87 5198 
$3 huts RS7 33 851.26 | 
14 956.04 954.69 
15 27063.17 
uf T.v=2- T(iv=2. Tv=3) To=3) 
1 26828.72 26828.65 27118.59 27118.60 
2 841.69 841.52 129.56 129.70 | 
3 861.07 860.92 145.22 146.22 
4 886.77 886.37 170.41 167.85 
5 918.56 917.61 197.56 193.84 
6 956.16 954.26 230.17 221.89 
7 999.29 994.64 
8 27047.28 27037.72 
9 099.05 


Table 4. Principal molecular constants (in cm~+) of SiH* 


Molecular All X2Se 
constants 

(cm~*) 

B. 5.0032 7.6576 
Che 1.0202 0.2015 
Ve O24 (BNOR= 
De DANIO RS 3 SiO 
Be Seon Omen 310m! 
We 448.39° PANG gils) 
WeXe 30.41° 34.23 
WeVe 0.81 —- 

1S 25878.52 0 


a These constants do not reproduce Bz exactly 

> Only Do and D, have been used to derive D, and B. 

° The apparent agreement between these constants and 
corresponding constants given by Douglas and Lutz (197(¢ 
due to an error they made in estimating w, and WeXe \ 
Pekeris rule (Herzberg, 1950, p. 108). A correct estimat 
given by Liszt and Smith (1972), where w, = 534.16 | 
@eXe = 72.80 

a T, is defined as the energy difference between the minim 
of the potential curves of the excited and ground state res| 
tively 


The AKI state 


D x 10° 


jead, ordinary graphical methods (Herzberg, 1950) were 
d, and only term values for lower J-values were taken into 
ount. The results are given in Table 5 where it should be 
ed that the observed rotational energy levels for higher 

deviate strongly from the positions calculated using 
constants determined above. The principal constants of the 
tate have been collected in Table 4. 


A-type Doubling and Perturbations 


> SiH* molecule has a similar electronic structure to the 
d group hydrides (BH, AIH, GaH, etc.) with configura- 
1s of the X*X* and A'II states which are (3sc)?(3pc)? and 
1)°(3po)(3p7) respectively. Kleman (1953), who examined 
existing data on the third group hydrides, produced a con- 
ent dissociation scheme for the entire BH family. 
Using his correlation of molecular states to the ground-state 
mic terms, we predict that X4£+, *IIo- and °I1, will disso- 
le into 2P,)2(Sit) “se 251,2(H), and STI p+, 3TI,, A*Tl and *=+ 
dissociate into ?P3).(Si*) + 7S,)2(H). Several triplet-singlet 
sitions have been observed for the heavier hydrides 
1H, InH, TIH) (Ginter, 1966) while the °X* must be con- 
as repulsive (Kronekvist et al., 1971). In the lighter 
es BH and AIH as well as CH? the “II state is observed 
lower state in triple-triplet transitions (Carre, 1969; 
d, 1975). None of these transitions have so far been 
erved for SiH*. 

he probable perturbations in the (3, 0) band together with 
= that the number of lines is so low makes the evaluation 


rotational constant B;, and D3, rather uncertain. As 

y noted from other hydride molecules like InH (Neuhaus, 
8) and TIH (Larsson and Neuhaus, 1963), it is not possible 
entirely describe the rotational energy levels by a short 

series in J(J + 1) when the molecule is on the verge of 
jOciating. The extreme shallowness of the AI state poten- 
curve is strikingly shown in Fig. 1. 
The configurations of the X*=+ and A'II states of SiH* 
gest that there should be a pure precession relation between 
se two states (Van Vleck, 1929; Mulliken and Christy, 1931). 
$ is also the case for the similar molecules AIH (Zeeman and 
ter, 1954), BH (Johns et al., 1967), and CH* (Botterud et al., 
3). 
If the A-doubling constant q is defined as 


FAS) — FJ) = aS + 1) (2) 


* 


on et al.: The Oscillator Strengths and the Dissociation Energy of SiH*+ 


AH x 107 


e 4.5271 + 0.0008 1.92+0.005 66+0.2 
f 4.5214 + 0.0007 1.92 + 0.005 

e 3.7579 + 0.0020 1.43 + 0.005 33.5 + 2.0 
f 3.7518 + 0.0020 1.65 + 0.005 

e 3.251 + 0.010 ~1.5 = 

f 3.221 + 0.010 ~1.8 

e ~291 ~2.7 ae 

f 2.86 + 0.06 ~5.4 
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5. Constants (in cm~*) derived from the analysis of the A-X system of SiH* 


Tyo . 


25029.72 + 0.02 
25419.14 + 0.03 
25755.34 + 0.13 


26045.48 + 0.26 


Band origin. According to formula (1), terms in A? are not included in the band origin 


the theory predicts q, to decrease with increasing v’ according 
to the formula (Van Vleck, 1929): 


_ 2B3I(1 + 1) 


qv = AILS) (3) 


where (II, ©) is the separation of the II state from the = state 
and / = 1 in this case. In the ideal case of pure precession B, 
is the same for the II and © states, and v(II, X) for v = 0 is 
practically the same as v,(II, &). 

This is not the situation for SiH*, which is obvious from 
Fig. 1 and Table 4. It is not possible to use vo(II, ©) in formula 3. 
Instead we have used a method described by Mulliken and 
Christy (1931) to obtain v(II, &), by projecting vertically down- 
ward from the level v = v of the II state to the potential curve 
of the = state. A rough estimate of g, then yields: go = 0.0047, 
9: = 0.0049, go = 0.0080, gg = 0.010: that is, g, increases with 
increasing v’, contrary to what was found for AIH, BH, and CH*. 
This anomalous behaviour of the A-doubling was observed 
already by Douglas and Lutz (1970) and is a consequence of 
the shallow A state potential curve leading to a rapidly de- 
creasing v(II, £) in (3) with increasing v’. Douglas and Lutz 
(1970) also found that higher order correction terms are 
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Fig. 3. A-type doubling plotted against J(J + 1). The circles 
denote v’ = 0, the squares v’ = 1, and the triangles v’ = 2 
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needed in Eq. (2) for v’ = 1, and it is clear from Table 4 and 
Fig. 3 that this is also the case for v’ = 2 and 3 (the behaviour 
of the A-doubling for lower J-values of v’ = 3 is due to the 
possible perturbations). Veseth (1970) gave a theoretical treat- 
ment of the centrifugal distortion and introduced a dependence 
on the rotational quantum number into the parameter q: 


gq =q+qJ(J + 1). (4) 


He gave a rather complicated expression for g;, but making 
some assumptions he was able to simplify this expression to 
gz = 4q(D,/B.), which is identical with Eq. (27a) in the paper 
by Mulliken and Christy (1931) derived from classical considera- 
tions. This relation does not hold for SiH*, as can be seen from 
Fig. 3; not even the sign is correct. Basically, this is due to the 
fact that v(II,=) does not, as assumed by Mulliken and 
Christy (1931) and Veseth (1970), remain constant with in- 
creasing J’, but instead decreases with J’ yielding g; > 0 in 
accordance with observations. 


VI. Dissociation Energy and Ionisation Potential of SiH* 


The fact that we have observed v’ = 3 of AtII and that we 
have been able to determine the vibrational constants enables 
us to derive a more accurate value of D(SiH*+). If we accept 
the assumption made by Douglas and Lutz (1970) that-the 
1{I state has no appreciable potential maximum (an assumption 
which is supported by the lifetime measurement, see Sect. VII), 
@, and w,x. give a dissociation energy Do(*Il) = 1436cm7-! 
which can be considered as an upper limit for D (+I). A lower 
limit is the observed v’ = 3 at 1017 cm™?. If we adopt the mean 
of these two limits as a reasonable value D,(*II) should be 
1230 + 210cm7}?. 

The 'II state correlates with Si+(?P3,2) and H(S), and the 
1+ state with Sit(?P,,2) and H@S). Thus, the dissociation 
energy of SiH* is obtained by adding D,(+II) to its excitation 
energy of 25025 cm~?, and subtracting the multiplet splitting 
between ?P)2 and ?P3)2, which is 287 cm-! (Moore, 1949). This 
yields: 


D§(SiH*) 


25970-5210 cms * 


3.22 + 0.03 eV. (5) 


The ionization potential of SiH, J(SiH), can be obtained from 
the relationship 


I(SiH) = I(Si) + D&(SiH) — D9(SiH*). (6) 


Using our value for Do(SiH*) with J(Si) = 8.15 eV (Moore, 
1949) and Do(SiH) = 3.3414 + 0.0250 eV from (Carlson et al., 
1978) we obtain 


I(SiH) = 8.27 + 0.06 eV. (7) 


This is somewhat larger than the value, given by Douglas and 
Lutz (1970), which to a large extent depends on the fact that 
there now exists an accurate determination of D§(SiH) (Carlson 
et al., 1978). No other experimental investigation exists for 
comparison, but it may be noted that a recent ab-initio calcula- 
tion (Rosmus and Meyer, 1977) gives a slightly lower value 
for the ionization potential and a slightly higher value for the 
dissociation energy. 


VII. Lifetime Experiment ' 


Figure 4 shows a lifetime recording of the R-head of t r 
(0, 0) band performed at about 10 mTorr pressure with 
frequency of 82 kHz. Lifetime measurements were perf 
for v’ = 0-3 in the pressure range 0.5-10 mTorr. § 
caution was paid to avoid distortions due to Coulomb rep 
effects. As is well known, the electrostatic repulsion b 
the ions tends to shorten the lifetime in a fairly uncontro 
way. This effect has been thoroughly discussed by Curti 
Erman (1977), where it was shown that the distortion cot 
avoided by adding low energy electrons into the target re 
In order to eliminate Coulomb distortion effects, the ¢ 
charge neutralisation was accomplished in the present sti 
of SiH*, and the pressure dependence was checked do 
0.5 mTorr. Tests at even lower frequencies than 82 kHz sh 
that the decay curves were linear for a large number of 
lives, and no cascade components were visible. The resu 
the present lifetime investigation are shown in Table 6. | 
general trend the lifetime tends to increase with increasir 
Even though no experimental or theoretical determinati 
the transition moment for A-X exists, a comparison with ( 
makes it probable that the increasing lifetime is due 
transition moment which decreases with increasing i 
nuclear distance. Elander et al. (1977) calculated the trans: 


1000 ns 


30 CHANNEL 60 


Fig. 4. Decay curves of the R(0), R(1) transitions of the S 
(0, 0) band registered at 82 kHz sweep frequency using the E 
technique and at a pressure of 10 mTorr yielding 7 = 80 
10 ns 


Table 6. Measured lifetimes of the A1II state of SiH* 


oe T (ns) 

0 1025 + 80 
1 1150 + 80 
2, 1220 + 80 
3 


1280 + 80 


0 1 Zz 3 
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= 5 
61 — 1 0.120 0.156 0.162 0.147 0.121 
1.64 1.76 1.85 1.94 2.02 2.09 
me 0.886 — 1 0.110 0.752, —.1 0.252 — 1 0.688 — 3 0.107 — 1 
mm 1.62 1.74 1.83 1,97 a9 2.08 
0.944 — 1 0.700 — 1 Ost G—31 0.912 — 3 0.260 — 1 0.561 = 1 
1.60 173 1.82 1.87 1:95 2.07 
0.847 — 1 0.352 — 1 0.517 — 3 0.168 — 1 0.420 — 1 0.388 — 1 
1.58 1.72 1.80 1.88 197 2.05 


for the A-X transition in CH*, which were shown to 

tease with increasing internuclear separation, and demon- 
ted that this had the result that the lifetime of the vibrational 
of the A state were increasing with increasing v’, a 
ilusion that was fully confirmed experimentally by Erman 


ative decay channel opening up. This fact supports the 
jumption that the A*II state does not have a potential 


Il, Franck-Condon Factors and Oscillator Strengths 


applications the oscillator strength rather than the 
is the appropriate quantity, where the absorption 
or strength for a vibronic transition is defined as 


= 3.038 10-8 vy yyy Re (8) 


i here the wave number in cm™}, q,.- the Franck-Condon 
or and R, the electronic transition moment in a.u. This 


ational part. In most cases the electronic transition moment 
ot independent of the internuclear distance. An often applied 
roximation, when more sophisticated computational 
$ are not available, is to expand R? in a short power 


= da) + aiF + aor... (9) 


re F is the r-centroid. This method is by no means free from 
ctions (Klemsdal, 1971) and it is our hope to perform 
culations similar to those for CH* (Elander et al., 1977) in 


If we use (9) in the relation 
2.026 10-° © - ¥ qyy-v9 R? (10) 
* xs 


tre r,- is taken from Table 6, the constants, do, a, ..., can 
deduced provided that Franck-Condon factors and r- 
atroids are available. Since all earlier calculations of Franck- 
don factors (Rao and Lakshman, 1971; Singh and Prasad, 
; Liszt and Smith, 1972) for the A-X transition are based 


le entries: Yv'y: (Franck-Condon factor followed by power of ten); 7,-,- (r-centroid in A) 


on the constants from Douglas and Lutz (1970), we decided 
to carry out a calculation based on the new constants, using 
Klein-Dunham-Morse potential curves (Jarmain, 1971). The 
results of these calculations are given in Table 7. They are 
essentially in agreement with earlier calculations for transitions 
from v’ = 0, 1, but somewhat different for v’ = 2 and 3. The 
deduced variation indicates that R2 should decrease with 
increasing 7 as 


R2(F) = 0.92 — 0.227. (1) 


From (8) and (11) the absorption oscillator strength for the 
(0, 0) transition is determined to be foo = 2.6 10~%. This is a 
factor of 5 larger than the value (foo = 5 10-*) derived by 
Grevesse and Sauval (1970, 1971) with the help of fitting line 
profiles to features in the solar spectrum. It is clear that there 
are several sources of errors converting the measured lifetimes 
to oscillator strengths in the present work, in particular for 
the determination of the transition moment variation with the 
internuclear distance. The summation in (10) has to be carried 
out over a large number of lower vibrational levels due to the 
broad Franck-Condon range and, as shown in Fig. 1, the upper- 
state potential curve is quite shallow. From measured relative 
intensities of the (0, 0), (0, 1), and (0, 2) bands we get another 
approximate estimate of the variation of the transition moment, 
also indicating a decreasing transition moment with increasing 
r-centroid. Taking all controllable errors into account, we 
conclude that 


foo = (2.4 1) x-10-2: (12) 


Thus, the large discrepancy compared to the solar estimate 
of the fo,o-value remains unexplained. 
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amary. The radio galaxy Virgo A is mapped at 610 MHz. 
icture in the extended “halo” suggests a diffuse double mor- 
logy. Linear polarization is detected in the central core com- 
ient and in the “halo”. A comparison is made with Centaurus 
ind important differences are found which may be explained 
he presence of a confining environment for Virgo A. 


y words: radio galaxies — Virgo A — radio and X-ray haloes 


i¢ radio source Virgo A (3 C 274) shows structure on a variety 
angular scales. The largest component known has dimensions 
12’ x 16’ (Cameron, 1971). The structure of this component is 
known, even though the associated elliptical galaxy M 87 
4486) in the Virgo Cluster is the nearest radio galaxy in 
hern sky. From early observations (Baldwin and Smith, 
)) a faint, extensive (~1°) radio “‘halo”’ was suspected to 
ound the galaxy but this has not been confirmed (Lockhart, 


Radio haloes are very rare in radio galaxies which in the great 
: ity show a double structure often extending well outside 
aintest isophotes of the associated galaxies (e.g. MacDonald 
, 1968). On the other hand a small number of double radio 
s may be expected to show “haloes” due to projection 
ts when the source major axis is at a small angle to the line 
sight. Observations are presented here indicating that this 


‘operation are described by Hégbom and Brouw (1974), van 
ymeren Gréve (1974), and Weiler (1973). The map of the total 

sity is shown in Fig. 1. The sensitivity in the total intensity 
ed entirely by instrumental dynamic range. Structures 
ger than 0.8° x 3.7° (RA. x Dec.) are not recorded due to the 

ence of interferometer spacings shorter than 36 m. The side- 
bes of the strong central component were removed using the 
LEAN algorithm (Hégbom, 1974). The map is not corrected 
r the primary beam attenuation which amounts to less than 2% 
the entire source extent. 


7 . s 


~, © 


Westerbork Map of Virgo A at 610 MHz 
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iteyn Astronomical Institute, University of Groningen, P.O. Box 800, 9700 AV Groningen, The Netherlands 


Table 1. Parameters related to the observations 


610 MHz (50 cm) 

R.As=12°28™ 726, Dec.=12°40'435 
12h 

From 36 m to 1404 m 

in steps of 72 m 

0.25 Jy/beam ° (Stokes parameter I) 
0.03 Jy/beam (Stokes 

parameters Q and U) 

0/9 x 4/3 (R.A. x Dec.) 

0°39 x 1°86 (R.A. x Dec.) 


Frequency (wavelength) 
Field centre coordinates 
Length of observation 
Baselines 


r.m.s. error levels 


Synthesized beamwidth 
Radii first grating ellipse 
Conversation flux 
density to brightness 
temperature 

Dynamic range 


1 Jy/beam=50 K 
23 dB 


* Optical position from Gallouét and Heidmann (1973) 
Bey =10* Wiz ms 


Table 2. Source parameters at 610 MHz 


Flux density: Total 390+17 Jy 

Central component 190+10 Jy 

Lin. polarization 1.4+0.4 Jy (0.3+0.1%) 
Angular size at the 2 x r.m.s. level 12° x16" 


Position angle major axis 34° 
Position angle E vector of integrated 


lin. polarization 153°: 5* 


The data derived from the observations are summarized in 
Table 2. The total extent of the source agrees with that found in 
previous observations at frequencies of 80 MHz (Lockhart, 1971), 
408 MHz (Cameron, 1971), 1420 MHz (Costain et al., 1976), and 
2695, 4800, and 10,690 MHz (Andernach et al., 1979). A deficit 
of about 10% on the integrated flux density based on single-dish 
measurements (Baars et al., 1977) is probably due to a weak 
instrumental non-linearity. : 

A slightly resolved central component is present in the map 
with a peak intensity more than 10 times higher than any other 
structure in the map. This component was mapped at high reso- 
lution by Graham (1970), Turland (1975), and Forster et al. (1978); 
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Fig. 1. Map of total intensity of Virgo A at 610 MHz. The contour 
' levels are, in Jy/beam, —0.5 (dashed), 0.5, 1.5, 2.5, 5.0, 7.5, 10.0, 
iy 12.5, and from 25 to 150 in steps of 25. The halfpower width of 
f the synthesized beam is shown as a shaded ellipse. The cross 

marks the radio nucleus (Cohen et al., 1969) coinciding with the 

optical centre of the galaxy and the bar shows the orientation 
aN and angular size of the inner double component (see text) 
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Fig. 2. East-West strip distribution obtained from the map in 
Fig. 1 by integrating North-South 


12.40 


DEC.(1950) 


12°30 


2840" 12°28"00° 
R.A.(1950) 
Fig. 3. Distribution of linearly polarized emission. The conti 
levels are, in Jy/beam, 0.15, 0.30, 0.45. The bars give the posi 

angles of the electric vectors and their lengths are proporti 

to the percentage polarization; the scale is shown by the bar 
the lower left | 


it has a double structure with an extent of about 1’ in positi 
angle 113°. A compact nuclear source is embedded in this co 
ponent (Kellermann et al., 1977). The positions of the rac 
nucleus and the size of the central component are indicated 
Fig. 1. Spectra of the nucleus, central component and “hal 
component were given by Graham (1970). 

The “halo” or 12’ x 16’ component has an elongated shape 
position angle 34° and shows structure in the South-West (S 
and North-East (NE) regions. The NE region has a distinct pe 
of emission suggesting a separated component and a tail or bric 
of emission with a length of 3’ connecting it to the nuclear regi: 
The bridge runs nearly East-West. In the SW region no disti 
peak is apparent but a ridge of emission runs in a South-West« 
direction from the nuclear region outwards in a shape suggest: 
a curved tail. In this SW region the surface brightness decrea 
less steeply than in the NE region, as is shown in an East-W 
strip distribution in Fig. 2. Emission is present North and Soi 
of the nuclear region amounting to less than 5% of the to 
emission. 

The picture suggested of a bent double-tailed structure shou 
be confirmed by observations at higher resolution especially 
the North-South direction. The asymmetry with respect to 1 
central galaxy, with a general displacement of the “halo” towa 
the South, is however confirmed at 10,690 MHz by Anderna 
et al. (1979). The axis of the source defined by the NE peak a 
the SW ridge is at a position angle of about 65°. 

Linear polarization is detected over a large part of the sou: 
providing the first polarization data at frequencies below 958 M 
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Virgo A Centaurus A 
ince (Mpc) * 10 5 
[radio luminosity at 1.4 GHz (W Hz“! sterad~') 221072 Dip Ae 
§ ponents Inner Outer Inner Outer 
‘0 luminosity at 1.4 GHz (W Hz“ sterad™') 1 2A0e 1.0 10° 0.6 1077 1.9 1079 
Jar size (kpc) 6° 100° 12 700 
partition energy density (erg cm ~*) ° 100 10-12 Sil Ome FAs 0210722 
ipartition magnetic field (Gauss) 5010~° 8 10~° 10 107° P1106 


¥=100 km s~' Mpc™! 
issuming a projection factor of 2 
}issuming a ratio of proton to electron energy of 100 


summary of earlier data, see Andernach et al., 1979). The 
tibution of polarized emission is shown in Fig. 3. Polarization 
ligh as 6% of the total emission is seen in the NE region of 
“halo”. A lower percentage is also seen in part of the SW 
ion. Near the centre two peaks of polarized emission are 
sent which are presumably associated with the lobes of the 
er double component and the jet. This distribution is in agree- 
nt with that found in East-West strip observations at 1416 MHz 
Seielstad and Weiler (1969). 


ipa 
B. 
i 


€ structure present in the 12’ x 16’ ‘‘halo”’ component at 610 
Hz indicates a double-lobed source with an axis at position 
gle 65° (however the overall elongation of the “halo” is at 

tion angle 34°). This is appreciably different from the orien- 
ion of the inner double source at position angle 113° (Graham, 
; Turland, 1975; Forster et al., 1978). The orientation of the 
‘double source coincides with the orientation of the optical 
indicating a common origin e.g. that the inner radio lobes 
ult from activity in thejet(e. g. expanded jet electrons : Shklovski, 
17). The one-sidedness of the optical jet versus the two-sidedness 

he inner radio source has been explained in terms of relativistic 
oppler favouritism’? enhancement of the near side of an 
lally two-sided optical jet, which would result from relativistic 
W in the jet if the axis of the jet is at a small angle (10°-45°) to 
ine of sight (Shklovski, 1977; Matthews, 1978; Rees, 1978). 
e outer radio axis is also near the line of sight the inner and 
T radio axes might be closely aligned, the apparent difference 
mtation being due to projection. The double structure of 
alo”’ then may be evidence that it was produced via the 
mechanism than the inner double source, e.g. in an earlier 


is suggests a similarity with the radio galaxy Centaurus A 
3C 5128) which has a double-double (i.e. double on two dif- 
nt scales) structure with an inner component aligned with the 
ter component within about 30° (Cooper et al., 1965). An ad- 
onal similarity with Centaurus A is the high brightness of the 
aer double compared with the external regions. Brightness in- 
tasing towards the inner regions is a characteristic feature of 
ak radio galaxies (power P<10**> W Hz™' sterad~' at 1400 
Hz) of Class I (Fanaroff and Riley, 1974). Even the S-shape 
ent in Centaurus A might be present in Virgo A as is suggested 
he curvature of the SW lobe. 


An important difference is however the small size of Virgo A 
compared to Centaurus A even though their radio luminosities 
are very similar (Table 3). Note also the difference in the energy 
densities. A different confining environment may account for 
these differences. Virgo A is situated at the centre of an extended 
X-ray source (e.g. Gorenstein et al., 1977) interpreted as thermal 
emission from a hot plasma (e.g. Bahcall and Sarazin, 1977) 
while the extended X-ray emission recently discovered in the 
lobes of Centaurus A (Cook et al., 1978), if similarly interpreted, 
implies gas densities lower by an order of magnitude. 

The bent shape of the extended “‘halo”’ radio source in Virgo 
A, although not uncommon in radio galaxies (Harris, 1974), is 
suggestive for a wide-angle head-tail structure (Owen and Rud- 
nick, 1976). Such structure is apparent in the inner double on the 
map by Turland (1975; see also Forster et al., 1978) and may be 
evidence for motion of Virgo A through its confining environ- 
ment. A lower limit to the motion of M 87 relative to the thermal 
gas may be estimated if one assumes that the relativistic gas is 
subject to ram-pressure confinement in the direction of motion 
(e.g. Jaffe and Perola, 1973). The resulting value of ~200 km s~! 
is comparable with the radial velocity of M 87 relative to the 
Virgo Cluster (170 km s~*; e.g. Tammann, 1972). This low value 
is consistent with the coincidence of M 87 with the centroid of 
the X-ray source within a few kpc. 

The coincidence of this radio galaxy with the centroid of the 
X-ray source also suggests that the radio and X-ray emission have 
a related origin. The radio emission may result from the presence 
of the fuel reservoir provided by the surrounding gas (Gisler, 
1976). The surrounding gas could also result in an enhancement 
of the radio emission due to the confinement of the radio source 
via the mechanism put forward by Ekers and Ekers (1973). An- 
other possibility is that the X-ray source was switched on as a 
result of the “activity” in M 87, e.g. due to heating of the ambient 
gas by low-energy relativistic electrons from the radio source. 
Although it has been shown that such a mechanism can be 
effective (Lea and Holman, 1978) a similarity could be expected 
in the structures of the radio and X-ray sources e.g. in their 
orientation. Such agreement is not apparent but higher resolution 
X-ray maps may be needed. 

The importance of better observations of the structure of the 
X-ray source for an understanding of Virgo A was also stressed 

by Andernach et al. (1979), who suggested an alternative to the 
head-tail explanation of the bent shape or asymmetry of the radio 
source. They indicated that a diffusion of the relativistic plasma 
southwards would result from a density gradient in the surround- 
ing gas increasing towards the North. Although there is no direct 
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evidence yet for such a density gradient an extension of the X-ray 
halo towards the central Virgo concentration of galaxies to the 
North-West has been suggested by Lawrence (1978). It remains 
open whether high sensitivity X-ray observations will bring a 
confirmation to this. 
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nmary. A collection of the existing data on the phase curves of 
eroids allows analytical representation of the opposition effect 
fined as the surge in brightness at small phase angles with 
pect to the linear part of the phase relation) by means of a 
abola and to fix its precise starting point. 

A study of the standard deviation of the observations indicates 
t, as a first approximation, this effect is independent of the 
edo. 

As a consequence of these results, the phase coefficient can be 
culated also from observations performed in the opposition 
ct range only; the accuracy of this determination is quite good 
phase angle ranges larger than 3-4°. 


y words: Asteroid — opposition effect — phase coefficient 
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reduction 


2 opposition effect is commonly defined as the non-linear surge 
brightness at small phase angles («<7°) (Gehrels, 1956, 1970; 
ylor, 1971); for the asteroids it was recognized for the first time 
20 Massalia (Gehrels, 1956). 
More precisely, we prefer to define the opposition effect as the 
ge in brightness at small phase angles with respect to the linear 
t of the phase relation. This definition allows to separate the 
brent trends commonly recognized in the phase relations. 
Recent observational and theoretical results indicate that the 
use coefficient is correlated with the albedo (Zappala and 
| Houten-Groeneveld, 1979; Bowell and Lumme, 1979). These 
iclusions disagree with the ideas of Veferka (1971), who stated 
t an unambiguous physical meaning of the phase coefficient is 
| possible, 
The aim of this paper is to state that the opposition effect as 
ed before, is similar for all the asteroids; so, at least as a first 
roximation, it does not depend on the geometric albedo. 


alysis of the Data 


: collected data on asteroids observed in a large phase interval 
to small phase angles. As supported by observations, we 
ume that the phase-magnitude relation is linear from about 9° 
about 25°; therefore we stopped our analysis at «=23°. 
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26 objects were considered; they are listed in Table 1 including 
informations on size (in km), albedo, taxonomic type, phase 
coefficient (in mag/degree), number and source of the obser- 
vations. The size and the taxonomic classification were taken from 
the TRIAD file (Bender et al., 1978) updated to March 1979 
[except the diameter of 2 Pallas for which we refer to Wasserman 
et al. (1979)] the geometric albedo from Morrison (1977). 

To have an homogeneous set of data, we considered phase 
coefficients relative to the primary maximum of the lightcurves in 
order to minimize the amplitude-phase relation (i.e. the decreasing 
lightcurve amplitude for decreasing phase angles). Therefore, 
some tabulated f,, originally calculated by mean magnitudes, 
differ from author’s values. 

For Ceres and Pallas two values of f, are given as from two 
different oppositions; for asteroids 6, 7, 39, 44 the phase coef- 
ficients derive from pole determinations under assumption of a 
three-axial ellipsoid, combining observations at different oppo- 
sitions. 

The albedo of the considered objects ranges from 0.033 to 
0.377; these values, very close to the limits observed for the 
asteroids, makes significant the sample used in our analysis, even 
if the S-type is over-represented (46 %). 

Since the phase coefficients are not the same for all the 
asteroids, as before mentioned, we normalized the observations of 
each object to the linear part of its magnitude-phase relation. 
After, superimposing all the straight lines defined by the phase 
coefficient of Table 1, we identified the resulting line with the 
abscissae axis. We obtained the plot of Fig. 1 where we have used 
different symbols for different taxonomic types. The ordinates are 
the normalized magnitude differences. 


Table 1 
Astereié Dies, by Taxen. Type Phase Coeff, No.of References” 
(x=) (mag/degres) — Obser, 
1 Ceres 1025 0,054 c 0.036-0,039 10-23 1,2 
2 Pallas 5B 0.074 uv 0,040-0.037 5-11 34 
4 Vesta 555 0.229 vw 0.025 "W 5 
6 Hebe 0,164 s 0.027 22 6 
7 Iris 222 0.154 s 0.029 . 7 
8 Plore 160 0.144 s 0.027 6 8 
12 Vioteris 135 0,114 s 0,024 3 9 
15 Buncmia 261 0.155 s 0.038 10 
16 Peyche 249 0.093 x 0.027 5 2 
20 Massalia 140 0.164 s 0,026 6 " 
22 Kalliope 175 0.130 x 0,031 5 2 
39 Laetitia 158 0.169 3 0,026 W Wy 
41 Daphne 0.056 c 0.053 6 M“ 
43 Ariadne 778 0.113 s 0.030 6 Lb) 
44 Nyse 68 0.377 z 0.018 6 1% 
63 Ausonis 0.128 s 0.035 12 7 
69 Hesperia 108 - . 0.033 $ 8 
80 0.137 3 0.032 7 19 
110 Lydia 102 - u 0.032 10 4 20 
129 Antigone Wy 0,187 uv 0.024 6 “ 
192 Neusikes 0,165 s 0.035 9 19 
261 Lucretia “ - v 0.028 7 : 
349 Dembowske 44 0.260 z 0.022 10 2 
354 Eleonors 196 0.148 o 0,020 
433 Bree x 0.174 s 0.024 “ 22,23,24,25 
704 Interemia Be 0.033 w 0.044 


** The reference cusbere are given in parentheses in the references seotien, 


Fig. 1. V magnitudes against ph 
angles normalized to the linear 
of the phase relation. Different 
symbols are used for different 
taxonomic types 
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Fig. 2. Standard deviations from the analytic fits versus phase 
angles, degree by degree 
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Fig. 3. Differences between actual and calculated phase coef- 
ficients versus phase intervals, half degree by half degree 


Results 


A first glance at Fig. 1 indicates that the increasing displacement 
of the points from the x-axis starts at about 9°. Therefore we tried 
to represent the observed magnitude differences for «<9° with a 
very simple non-linear curve. We found that the parabola: 


m= —0,0039a? +. 0.066a—0.282 
+, 5 +.5 +. 9 (1) 


fits very well the observed points (a is in degrees). The vertex of 
such a parabola has coordinates (8°5, — 0.003). Therefore we can 
state: 1.the opposition effect starts at ~=8°5; 2.the parabola 
fitting the non-linear surge is tangent to the linear part of the 


20° 


phase relation; 3.at ~=0° the average value of the opposit 
effect is about 0.28 mag. 

By the initial assumptions, the distribution of the po 
around the linear trend («> 875) is affected by observational er 
only (a further discussion of this point will be given in the 
paragraph); therefore, in order to establish the opposition ef 
independence of the albedo, the standard deviation from 
parabola for «<8°5 should be comparable with that from 
linear part. A considerably larger error for the non-linear p 
increasing towards smaller angles, would mean that the op 
sition effect depends on the taxonomic type. 

Figure 2 shows the standard deviation, degree by deg 
weighted according to the number of points in each interval, fi 
the corresponding analytic fits. As a first approximation, we 
state that the deviations are of the same order in each part; on 
other hand, slightly larger, but not increasing, dispersion for «- 
can be partially explained by other reasons as the different : 
that errors in the aspect data play: an error in the phase a1 
computation implies larger deviations during the opposition st 
as a consequence of its steeper trend. Moreover, the parat 
might not represent perfectly the actual trend of the non-lir 
part, chiefly for very small phase angles («<1°). Therefore, < 
first approximation, we conclude that the opposition effect cat 
considered independent of the albedo, at least for the aste: 
range. 

In view of such a conclusion, the previously deduced parab 
trend allows to calculate the phase coefficient using observati 
performed in the opposition effect range; this kind of observati 
is quite usual when only the determination of the rotatic 
period is planned. 

By means of two observations, the phase coefficient is giver 
the formula: 


By =(V, — Vz +0.0039(a? — a3) — 0.066(a, —a,))/(x, — a>) 


deduced in taking into account that the magnitude m, given by 
can be correlated with the observed magnitude V, and with 
phase coefficient B,, by the simple relation: m,=V,— V(1,0)—« 
where V(1,0) is the absolute magnitude. 

A check of this method was made recalculating the alre 
known phase coefficients (see Table 1) by means of several pair 
observations at phase angles where the opposition effect is ac 
(«<8°5).. 


eeeas 
pala: Asteroid Opposition Effect 


‘ig. 3 we plot the absolute values of the differences between 
and calculated phase coefficients for half degree 
$§ against phase intervals. The hyperbolic dotted line may 


: ie phase coefficient can be. obtained for phase intervals 
35°. 

Ve note that a given phase interval yields similar differences in 

ven if chosen in different parts of the opposition effect range, 

pt probably for very small phase angles (less than 1°) and that 

tr results were obtained when the same comparison star was 

a the different observing nights. 


auing Remarks 


should state that the range of the asteroid albedos is not so 
it as that of other bodies of the Solar System; therefore, even if 
could admit that the opposition effect varies with the albedo, 
/ariation is masked by the observational errors and is negligi- 
ifcompared with the larger interval of the phase coefficients, at 
it in the asteroid range. 
Esoier Sy if we consider the photometric data of other bodies 
Solar System, we see that our analysis cannot be enlarged to 
ects with too high albedo like Io, Europa, Dione, and Rhea 
=0,.63, 0.64, 0.60, and 0.60) (Morrison et al., 1977); we note 
for objects like the rings and the satellites of Saturn, the 
ble range of phase angles extends only to about 7°; so it is 
ible to derive phase coefficients. We conclude that the 
y objects whose data can be used for a comparison with our 
ner are the Moon (Rougier, 1933; Pohn et al., 1969), Deimos 
and Capen, 1974), and Callisto (Veverka, 1977) with 
of 0.12, 0.07, and 0.17, respectively (Morrison et al., 1977). 
: agreement i is quite good for all of them even if for Callisto an 
ertainty exists in the determination of the phase coefficient (x 
11° only). 
before mentioned, the hypothesis of the linearity of the 
se curve for 8°5<a<25° can be not strictly true; effectively 
ints near 15° of Fig. 1 seem to show a systematic positive 
Is with respect to the points near 10° and 20°, implying a 
parabolic trend; but for the purpose of this paper we can 
this very small deviation, whose amount is about 0.01 mag 


ver we would point out that 73% of the asteroids 
red in the present paper have diameter larger than 100 km; 
re it might be very interesting to enlarge the knowledge of 
curve to smaller objects in order to see whether the 
ition effect can be correlated with size. 
Finally, we would like to encourage more generally obser- 
ions at small phase angles, chiefly for asteroids with unusual 
onomic types, in order to have a more complete scenario of the 
nal trend of the opposition effect. 


es The authors would like to thank Dr. E. Bowell 
Lowell Observatory for useful comments and stimulating 
russions on this paper. 
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Summary. We follow the tidal evolution of massive close binaries 
with components of 20 and 10M, during the main-sequence 
stages by taking into account the evolution of both components. 
We considered several values of the initial orbital period up to 
17d. We find that synchronism between the orbital motion and 
the rotation of both components should be common among those 
systems. 


Key words: close binary systems — evolution — rotation 


1. Introduction 


There is a tendency for components of close binary systems to 
rotate synchronously with the orbital motion (Plavec, 1970; 
van den Heuvel, 1970; Stothers, 1973; Levato, 1975). The most 
credible explanation for this fact is that tidal interaction has been 
operative in those systems. At the end of the tidal evolution the 
system will reach the most stable configuration, i., the com- 
ponents will rotate synchronously with the orbital motion and the 
system has a circular orbit. In this state the energy of the system is 
minimum for a given angular momentum. Whether this state can 
be attained within the lifetime of the system depends on the ratio 
R/a (the ratio of the component radius to the orbital semi-major 
axis) and on the rate of the energy dissipation process. Zahn (1977) 
indicates that the dissipative process in stars with a convective 
envelope is mainly due to the turbulent friction in the convective 
region of the star, while in stars possessing radiative envelope and 
convective core the dissipative process is mainly caused by the 
radiative damping. The importance of the energy dissipation 
process can be expressed in terms of a mean dynamic viscosity 
(Kopal, 1968; Alexander, 1973). From the fact that some massive 
X-ray binaries have almost perfectly circular orbit and that the 
lifetime of such systems (since the supernova explosion which has 
created the compact star) should not be more than ~5 10° yr, 
Sutantyo (1974) derived that the mean dynamic viscosity of the 
system should be of the order of 10'7-10!2 gem 1571. This is the 
same conclusion as is obtained by Alexander (1973) for the 
AG Per system. 

In Sect.2 the formalism used in the computations is given 
together with the assumptions. 

In Sect.3 results are presented for a specific system with 
masses 20M, and 10M, and different initial periods in the range 
4-17d. The results are discussed in Sect. 4. 
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2. Formulation of the Problem 


Suppose that the tidal evolution has been completed at the 
when both stars settle on the zero age main-sequence (the 
convective configuration during the Hayashi phase might | 
provided a strong tidal friction during the pre main-sequ 
phase). However, the expansion of the components during 
after the main-sequence stages will disturb the stability of 
orbit. Due to the increase of the moment of inertia, the rotatic 
the components is slowed down. On the other hand the » 
forces try to maintain the synchronism. Therefore there wil 
transfer of angular momentum from the orbital motion to 
rotation. DeGréve et al. (1975) investigated the post m 
sequence tidal evolution of massive X-ray binaries. They obta 
that for systems with large mass ratio a tidal instability m 
occur before the primary fills its Roche lobe. This will result t¢ 
collision of both stars. Since the size of the compact stz 
negligible, De Gréve et al. have neglected the rotation ang 
momentum of the secondary. 

In this work we follow the tidal evolution of normal ¢ 
binaries with components of comparable mass and size. 
generalize the method applied by De Gréve et al. by taking 
account the effect of stellar evolution (i.e. the variation in tin 
the moment of inertia and the radius) of both components. 

We start from the stage immediately after the zero age m 
sequence. We assume that a circular orbit and a synchronous : 
have been attained at that stage. Zahn (1977) indicates that { 
system with circular orbit, the weak friction approxima 
formulae derived by Alexander (1973) give a good approxima: 
One can show from those formulae that the orbit remains circ 
during the tidal evolution. Following Alexander we writ 
variables in dimensionless form by defining the unit of lengt 


M,+M 
Lo= io 2. H? 
G(M,M,) 
and the unit of time, 
Me tM>. 25 
o> AB 3 
G’(M,M,) 


where M, and M, are the masses of the primary and 
secondary respectively, H is the total angular momentum, G is 
gravitational constant. The semi-major axis a and the time t 
represented by dimensionless parameters X and t through 
following equations 


Hb Wo, 


L=Tot.. 


I 1 2 3 
.1. The tidal evolution of the orbital period P, and the 
ational period P, and P, for a <u)=10!? gcm~'s~* (solid 
8) and b <u)>=10'°gcm~!s~! (dashed lines). The initial 
ital period i is (Po);,=4d (synchronous rotation of both com- 
nents is assumed at the initial stage) 


4 tho°yr 5 


4 t/o°yr 5 


{ 
..2. Same as Fig. 1 for (P,),,=7d 


Bisesat of inertia C, and the rotational angular velocity «, of 
b component are respectively given by the parameters 


MM, 
(Ema wea a) (4) 
=y/to. (5) 


suming a circular orbit we can simplify the formulae derived by 
exander (1973) for the evolution of the orbital rotational 
_ e 


ASF xcs y,—x-?) (6) 


(=1 je2 


2 ins ,— aM... taal? (7) 


Fig. 3. Same as Fig. 1 for (Po), = 10d 


where 
(i) i mad! T, . 2j+1 : 
W=zs — (i+ I)(K),(Ri/Lo) er j=2,3,4. (8) 
2 ia ito \ 
The tidal lag time is given by 
224n Ri < 
Tym ee 9) 


75G M2? (k;); 


where <> is the mean dynamic viscosity, R; is thé component 
radius and x, are the apsidal motion constants. Our results are not 
sensitive to the values of x, since those parameters only appear as 
the ratios of kK /K, in the second and third terms of Eqs. (6) and (7) 
where the effect is much less dominant. For this reason we only 


3 


4 to-yr 5 


Fig. 5. Same as Fig. 1 for (P,);,=17d 


adopt the values of x, for polytropic stars with index n=3 
calculated by Kopal (1959). 


3. Numerical Results for a System of 20M,+10M, 


We follow the variation of the orbital and rotational period of a 
system consisting of a 20 and 10M, star. We integrate Eqs. (6) 
and (7) starting from t=1.175716 10° yr after the zero age main- 
sequence. We assume the initial orbital period to be 4, 7, 10, 13, 
and 17d, respectively. Synchronous rotation of both components 
is assumed at the initial stage. The computations are carried out 
for <u>=10'° and 10‘? gcm~‘s_ 1, respectively. However, it 
should be stressed that the assumption of the mean dynamic 
viscosity has been made merely for convenience, and is not 
based on a (known) physical process, though a value of 
~ 10'* gcm™*s~? seems reasonable (Alexander, 1973; Sutantyo, 
1974). The results are shown in Fig. 1 to S. 

We assume that both components are rotating as a rigid body. 
Since differential rotation might be important at the post main- 
sequence stages (Zahn, 1977), we only follow the tidal evolution 
during the main-sequence stage, ie., up to ~510° yr after the 
starting point. 

As can be seen from Figs. 1-5, we find a trend for the rotation 
period to increase to a maximum value before it decreases to the 
synchronous state (especially for P,). The orbital period is always 
decreasing in all cases. This trend means that the expansion of the 
components, coupled with the decrease of the orbital separation 
makes the tidal forces to grow stronger. As a result the deviation 
from the synchronous state does not grow indefinitely. This trend 
does not appear for <u> =101° gcm™'s~! except for P, =4d. We 
can also see that for P,=4d and <u) =1012 gem! 5s}, the tidal 
forces can always maintain the synchronism. Our computation 
indicates that the rotation period does not go asymptotically to 
the. synchronous value. It will instead oscillate with a period of a 
few thousand years around the synchronous value before it settles 
on the equilibrium state. We do not follow this oscillation due to 
the numerical difficulties 


rotation period of conrney yis((hi=s I, ‘5 ana Po As the i i 
orbital period 5 


Ps <p> = 10'3 gcm™'s"! <p> = 10!° gem 
(A 1 Nia (A2)max (A i Jia (A2)max 
4d 1.0050 1.0010 1.4007 1.2065 
i 1.0301 1.0083 1.8636 1.2038 — 
10 1.0737 1.0308 PRAMS 1.2040 | 
13 1.1377 1.0663 2.1813 1.2055 
17 1.2376 1.1232 2.2142 1.2056 © 


Table 2. Ratio of stellar to orbital period of components of ¢ 
served binary systems (see text) 


HD Period M,/M) M,/My P,/Po P2/Po Refe 
number (d) 
216,014 1.77 16.1 13.9 0.971 , 1.0465) (50% ¢ 
227,696 3.88 17.8 Nay 9) a 0.402 ° , 
198,846 3.00 17.8 17.5 — 0.685 ° 3 
216,014 1.78 16.1 13.9 0,952 = (0952 f 
EEE Un 
* Levato (1975) E 


> Giannone and Giannuzzi (1974) 3 
© Stothers (1973) 4 


4. Discussion and Conclusions 


For a massive system with components of comparable mass a) 
orbital period of days, the bulk of the total angular momentum 
in the orbital motion so that any exchange of angular momentt 
from the orbital motion to rotation, or vice versa, will only al 
the orbital period slightly. In such a system the tidal instability 
unimportant. This is in contrast to systems with large mass rai 
such as some massive X-ray binaries (Cen X-3 and 3U 1700-: 
where a tidal instability might occur before the primary fills 
Roche lobe (De Gréve et al., 1975). 

We express the deviation from the synchronous state of t 
component i in terms of 1;= P;/Po, where P; is the rotational peri 
of the component i and P, is the orbital period. Table 1 gives t 
maximum deviation of each component within ~ 5 10° yr after t 
starting point. Note that for <w)=10'°gcm~‘s~', the prime 
can deviate from the synchronous rotation by a factor more th 
1.4 and even up to 2.2 if the initial period is 17d. On the otk 
hand if <u) =10'3gcm~!s~! as is expected if tidal forces hav 
been responsible for the circularization of the orbits of so1 
massive X-ray binaries (Sutantyo, 1974), the deviation for t 
system with a period up to 17d will not be more than a factor 
1.24. The deviation of the secondary is smaller since it evolves a 
slower rate. 

Observationally it might be difficult to detect a deviation fre 
the synchronous state by a factor less than ~1.2, therefore, 
expect that synchronous rotation is common among massi 
main-sequence close binaries, at least for those with an orbi 
period up to ~17d. On the other hand if observations indicé 


it == 
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al. : Synchronous Rotation and Evolution in CBS 


the deviation is larger than this value, the mean dynamic 
ysity should be considerably less than ~10'* gcm™!s~?. 
‘rom a search through the literature we found four candidate 
bms for comparison to the theoretical results. The small 
iber results from the fact that the rotational velocities of the 
(ponents need to be known, as well as the dimensions of the 
em, and that the masses must more or less match those of the 
yretical system. Moreover only detached systems prior to mass 
isfer are considered. From the rotational velocities given by 
lato (1975) and Stothers (1978) and the dimensions derived by 
fmnone and Giannuzzi (1975), the ratio of rotational to orbital 
iod P;/P, (i=1,2) was computed. The data and the results are 
tn in Table 2. The table shows that the two short period 
tems (P <2 d) are in synchronous rotation, buth the two other 
tems are not, at least for one of the components. This could 
ul mean that for wider systems synchronism is not attained 
on arrival at the ZAMS. 

Despite the fact that at present an extensive comparison of 
‘oretical results and observations is not possible, we expect that 
: above results give some insight on the rotational behaviour of 
> components of massive close binaries prior to mass transfer. A 
re extensive investigation covering a larger mass range of the 
mary, as well as asynchronism at the ZAMS will be presented 
a following paper. 
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Summary. A solar active region (McMath 14275) located near 
N04 E49 on June 16, 1976 was mapped at 6cm wavelength from 


. observations over a period of twelve hours with the Westerbork 


Synthesis Radio Telescope. The peak brightness was ~ 1.410°K. 
Comparison of the 6cm total intensity map with D3, Ha, and 
Ca*K spectroheliograms of McMath 14275 for this day shows 
that the maxima of the 6cm emission correspond to the location 
of sunspots. There is good correspondence between the circularly 
polarized 6cm emission and the photospheric magnetic field in 
both position and polarity, in agreement with the gyroresonance 


_ absorption theory of the slowly varying component. During the 


observations, two impulsive radio bursts were recorded, one of 
which was associated with a chromospheric flare. One- 
dimensional fan beam scans of the burst sources were synthesized 
in order to display their time history with regard to intensity, 
polarization, position and size. The burst sources have peak 
brightness temperatures of 2 to 3107K and their positions are 
located near lines of zero polarization on the 6cm total intensity 
map or near the neutral lines on the photospheric magnetogram. 
The burst sources are very compact with sizes ~15” during the 
impulsive phase and of larger size in the post-burst phase. The 
bursts are polarized only in the impulsive phase. One of the burst 
sources is unipolar while the other is bipolar in nature. 


Key words: solar radio radiation — solar bursts 


Introduction 


The presence of small scale structures in active regions and burst 
sources was first established by Kundu (1959) from interferomet- 
ric observations at 3cm wavelength. A typical active region 
consisting of sunspots and plages was found to have an intense 
and narrow polarized “core” associated with a sunspot and a 
weak unpolarized halo associated with plages. Typical burst 
sources were found to have sizes varying between 1’ and ~ 3/5. 
More recently, similar observations of fine structures in cm-/ 
active regions and burst sources have been obtained by various 
authors with aperture synthesis instruments with spatial re- 
solutions of ~ 3” to 20” (see e.g. Kundu et al., 1977; Alissandrakis 
and Kundu 1975 and 1978 ; Hobbs et al., 1973 ; Chiuderi-Drago et 
al., 1977). The general characteristics of the “core-halo” model of 
an active region have been confirmed on scales of ~ 10” for the 
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core and ~1’ for the halo, Angular sizes of burst sources well 
estimated to be as-small as 2” at the impulsive peak of bur 
emission, and a much larger size (= 1’) in the post burst phase. TH 
active region observations have confirmed the gyroresonand 
absorption theory of the slowly varying component at centime 
wavelengths while the burst observations have played an impo 
tant role in the development of models of microwave and X-ra 
burst sources (Matzler, 1976; Kundu and Vlahos, 1979). By far 
most important of these sets of observations were taken in Ma 
1974 with the Westerbork Synthesis Radio Telescope (WSRT 
These observations were specifically aimed at high resolution (6' 
mapping of active regions and burst sources at 6cm. The results « 
these observations have been published (Kundu an 
Alissandrakis, 1975; Kundu et al., 1977; Alissandrakis an 
Kundu, 1978). A second set of WSRT observations of the Su 
were made in June 1976; these observations were aimed < 
mapping quiet Sun disk regions and limbs with high spatie 
resolution of 6” (EW) x 15” (NS) at 6cm, However, in the course ¢ 
quiet Sun observing, data relative to a. solar active region and tw 
burst sources were also recorded. In this paper we present an 
discuss briefly the two-dimensional synthesized map of thi 
region. In addition we discuss briefly one of the burst sources an 
present a more detailed analysis of the second burst source. _ 


Observations 


The procedure of observing solar active regions at 6cm wave 
length with the WSRT has been discussed previously by Kundu ¢ 
al. (1977) and Alissandrakis and Kundu (1978). The WSR’ 
consists of twelve 25m paraboloids on an E—W baseline. Th 
antennas form 20 interferometer pairs. For our observations th 
minimum spacing was 90m, the maximum 1458m and th 
separation between successive baselines was 72m. The primar 
beamwidth (FWHM) is ~10’. The synthesized two dimension: 
beamwidth at 6cm for a source at 6 ~ 23° (the Sun’s declination < 
the time of our observations) is ~ 6” (EW) x 15” (NS). The effectiv 
integration time is 30s. There were two main changes made fe 
our observations as compared to those of Kundu et al. (1977); (¢ 
since in the present case our primary objective was to obserye th 
quiet Sun, the asymmetry in the attenuation of the fixed an 
moving antennas was set at 10dB instead of 30dB, with th 
parametric amplifiers on; (b) for the present observations th 
dipoles of the fixed and moving antennas were kept parallel t 
each other instead of being crossed with each other at a 45° angl 

A quiet region near the disk center (location NO1 E06) wa 
tracked for a period of 12h on June 16, 1976 for the purpose « 
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sia 0.0 12u 
,. a-b. a 12 hour synthesis map of McMath region 14275 (near 
49) for June 16, 1976, Stokes Parameter J. Brightness 
nperature contours are (1) 0.39, (2) 0.58, (3) 0.76, (4) 0.95, (5) 
3, (6) 1,32 10° K. Straight lines show loci of possible positions of 
rsts. b Same as (a) but Stokes Parameter V. Brightness tempera- 
fe contours are (1) +3.7, (2) 5.6,,(3) 7.4, (4) 9.3 10* K. Positive V 
responds to right circular polarization (RCP). Dashed contour 
tes negative V (LCP) 


f.. a synthesized map of this region. This 12h period was 


atially free of radio bursts, except for two small bursts produced 
@ solar active region associated with McMath 14275. This 
ior was located at N04 E49, approximately 11/4 east of the 

sr of our primary beam. Although McMath 14275 was 

the half-power points of the primary beam, we were able 

$ynthesize a two-dimensional map of this region in the Stokes 
rameters J and V from the visibility data collected over the 12h 

erving period. 

A linear array such as the WSRT cannot give two-dimensional 
aps of rapidly varying burst sources. However, it is possible to 
one-dimensional (fan beam) scans every 30s (effective in- 
ion time) and thus study the structure and evolution of burst 
s. The fan beam gives resolution along the direction of the 

ted baseline on the plane of the sky. This direction changes 
ng the 12h observing period so that at zero hour angle we can 
lve structures in the E—W direction and at hour angles of 
* we can resolve structures in the N-S direction. The one- 
sional beam pattern (after application of a Gaussian taper- 


ained in Alissandrakis and Kundu (1978), the fan beam 
has prominent grating lobes which introduces some 
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aan er, 
Fig. 2. Schematic drawing of MPR 14275, June 16, 1976 showing 
relative positions of sunspots, Ca* K and H« plage, 6cm J and V, 
photospheric magnetic field, B. Straight lines show loci of possible 
bursts positions 


ambiguity in the position of a source. Since there were few active 
regions on the solar disk during our observing period, there was 
no problem in associating the two observed bursts with a 
particular active region. We used our fan beams scans to study the 
position and structure in total intensity and circular polarization 
of the two burst sources and their time evolution. The effective 
integration time of 30s limits our ability to study variation on a 
shorter time scale; it also smooths out the observed intensity of 
the peaks of explosive events, which can be of much shorter 
duration. 


Results and Discussion 


Figure 1 shows the 12h synthesized map at 6cm of McMath 
14275 located at N04 E49 for June 16, 1976. In Fig. 1(a) is shown 
the total intensity J and in Fig. 1(b) the circularly polarized 
intensity V. Figure 2 shows a schematic drawing of the various 
Ha, Ca*K, magnetogram features superimposed along with the 
sunspots and the 6cm total and polarized intensity contours. The 
individual D3, Ha, Ca~K spectroheliograms and the detailed 
magnetogram will be supplied on request. On the magnetogram 
there are two intense right circularly polarized peaks with a weak 
region of opposite polarity in between. One of these regions con- 
tains two and the other five sunspots. The 6cm map (J) shows 
two separate regions — an intense region on the east elongated in 
the S-E direction and a weaker smaller region on the west. The 
elongation of the eastern region is such as to contain the five 
sunspots of one right circularly polarized region and another spot 
at the southeastern end. The western region breaks up into two 
regions of opposite polarity — one right circularly polarized with a 
peak polarization of 25% and the other left circularly polarized 
with peak polarization of 10%. The eastern 6 cm region consists of 
only one polarity (right circular) with peak polarization of 5%. 
This is consistent with the photospheric magnetogram which 
shows predominantly only one polarity. The oppositely polarized 
(left circular) weak peak of the western region separates the two 
right circularly polarized peaks. There is a slight displacement 
between the radio polarized peaks and the magnetogram peak; 
this may be due to the fact that the 6cm emission ofiginates at 
~10*km above the photosphere. The Ca*K and Hz spectro- 
heliograms show three bright plage regions encompassing the 
6cm intensity contours; there are some scattered bright patches 
more or less aligned with the S-E elongation of the eastern region. 
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As can be seen in Fig. 2, there is no good correspondence between 
the Ha or Ca*K emission and the 6cm emission; the correlation 
of the 6cm intensity peaks is much better with the positions of 
sunspots. 

As mentioned earlier, in the course of our observations two 
bursts were recorded. The first 6cm burst began at 12:25 UT, 
reached its maximum at 12 : 26 UT and ended at 12 :31 UT. It was 
associated with a H« flare of importance 1N and was observed by 
other radio observatories using patrol instruments. The times of 
start, maximum and end observed by us are in close agreement 
with the patrol observations. The first burst was of impulsive 
nature and was associated with a group of type III bursts at meter 
wavelengths starting and ending at 12:25.6 and 12:261UT 
respectively. The one-dimensional position of this burst at 
12:26 UT is indicated in Figs. 1(a) and 2. Detailed plots of 6cm 
total flux as well as the one-dimensional time histories of total 
intensity and circularly polarized intensity are shown in Figs. 3(a), 
3(b) and 3(c). This burst is similar to some other bursts reported 
by Kundu and Alissandrakis (1975) and Alissandrakis and Kundu 
(1978) in that only one burst polarity was observed. 

Our second observed burst of Juné 16, 1976 began at 
13:11 UT, had its maximum at 13 :12 UT and ended at 13 :16 UT. 
It was not associated with any reported Ha flare but was 
coincident with a burst observed at 10.8 and 21cm by patrol 
instruments (Solar Geophysical Data, 1976). This burst was also 
of impulsive type. The one-dimensional position of the 6 cm burst 
at 13:12 UT is indicated in Figs. 1(a) and 2. We estimate the east- 
west location of the burst position lines on Fig. 2 to be correct to 
within approximately +1”. Both bursts appear to be located near 
the peak of 6cm total intensity of the eastern region. Careful 
examination of the burst positions reveals that they are located on 
the edge of the polarization peak of the eastern region. It is 
possible that the eastern region is in fact composed of two peaks 
of opposite polarity, but the other polarity must be too weak to be 
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POSITION (” ARC) 


Fig. 3a-c. a 6cm total flux in solar flux 
(1sfu=10°-27Wm~?Hz~*) as a function of time. b 
dimensional position and brightness temperature (S 
Parameter I) for region 14275 during the first 6 cm burst obsej 
on June 16, 1976. Contours are (1) 0.62, (2) 1.24, (3) 1.87, (4) 4 
(5) 3.1110®K arcsec. ¢c Same as (b) but Stokes Parametei 
Contours are —1.3 and —1.610’K arcsec. Dashed conté 
correspond to LCP 


seen on the 6cm polarization map. In that case, the location of 
6cm bursts will be consistent with the fact that the bursts o 
occur near the neutral line of zero polarization (see e.g. Kund 
al., 1977). Indeed, as can be seen in Fig. 2, the burst position hi 
seem to separate two regions of opposite polarity on 
magnetogram. | 

In Fig. 4(a) we show the total flux recording for the burs 
13:12 UT. There is a factor of two discrepancy between the 
value computed by us and that reported by Sagamore | 
Observatory (Solar Geophysical Data, 1976). We attribute 
lower value to the reduced sensitivity of the WSRT to large s 
components of burst emission. Similar discrepancy was also n« 
by Alissandrakis and Kundu (1978) in their burst observati 
using the same instrument. In Fig. 4(b) are shown the « 
dimensional position and brightness temperature for the burs 
Fig. 4(a) as a function of time. In both the bursts of 12 :26 UT 
13:12 UT most of the emission is concentrated within a small 
of ~15”-18”", with peak brightness temperatures of 2.2 107K 
3.1107’K respectively. In Fig. 4(c) are shown the correspon¢ 
quantities in polarized intensity for the burst of 13:12 UT. B 
bursts appear to be polarized during the impulsive phase o: 
however the burst of Fig. 4(c) is bipolar in nature, in contras 
the burst of 12 :26UT which is unipolar. In the postburst ph 
which represents an expanding plasma of large size, both 
bursts of 12:26 UT and 13:12 UT are unpolarized. Compari 
of the positions of the two burst polarities with the magnetog 
indicates that in both cases they correspond to the polarities 
the magnetogram. 


Concluding Remarks 
The two-dimensional synthesis observations with 6” resolutio1 


6cm active region as presented in this paper confirm the c 
clusions of previous high resolution observations regarding 
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nerating mechanism of the slowly varying component at centi- 
sr wavelengths (see e.g. Kundu, 1959; Kundu et al., 1977; 
iuderi-Drago et al., 1977). There is a general lack of good 
espondence between bright plage regions and the 6cm emis- 
| peaks; the correlation of sunspots with the total intensity 
S is rather good; the correspondence in position of the 
s with the 6cm circularly polarized intensity peaks is 
ing. The peak brightness temperature of the region at 6cm is 
4 10° K. The degree of polarization at the various polarization 
ks ranges from 5% to 25%. All these properties of the slowly 
ing radiation are consistent with the commonly believed 
tation that gyroresonance radiation at the second and 
d harmonics of the gyrofrequency is primarily responsible for 
junspot-associated emission at6cm. _ 
he one-dimensional synthesis observations with ~ 6” resolu- 
at 6cm of two burst sources have provided further evidence 
Support of the conclusions from previous high resolution 
ervations (e.g. Kundu and Alissandrakis, 1975; Alissandrakis 
Kundu, 1978). The burst sources have brightness tempera- 
es of 2 to 310’ K and their positions are located near the lines 
ero polarization on 6cm maps or near the neutral lines on 
Otospheric magnetograms. The burst sources are very compact, 
1S” during the impulsive phase and of much larger size in the 
r post-burst phase. The bursts are polarized in the impulsive 
ase - only, the post-burst phase showing essentially zero or weak 
rization. One of the burst sources is unipolar, the other being 
polar in nature; in the latter case the two polarities correspond 
regions of opposite polarity on the magnetogram. This polar- 
lion is different from the unipolar structure observed by 
sandrakis and Kundu (1978), although in both cases the 
rsts were of weak intensity (1-10 sfu). The unipolar nature of the 
m bursts has been interpreted in terms of asymmetrical! field 
ucture of loops in which the energetic electrons responsible for 
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Fig. 4a. a 6cm total flux in solar units 
(1sfu=10~-?? Wm? Hz~"*) as a function of time for the burst of 
13:12 UT. b One-dimensional position and brightness tempera- 
ture (Stokes Parameter J) for McMath 14275 during our second 
observed burst of June 16, 1976. Contours are (1) 0.62, (2) 1.24, (3) 
1.87, (4) 2.49, (5) 3.11, (6) 3.72, (7) 4.36, (8) 4.98 108 K arcsec. e Same 
as (b) but for Stokes Parameter V. Contours are +1.3 and 
+1.6 10’ K arcsec. Dashed contours correspond to LPC, and solid 
contours to RCP 


the radiation are contained (Kundu and Vlahos, 1979). According 
to this interpretation the bipolar structure of one of our bursts 
may be due to energetic electrons contained in loops in which the 
field strengths at the two feet are not too dissimilar. 

The absence of circular polarization in the post-burst phase 
can be used for estimating an upper limit to the magnetic field. 
Assuming the emission in this phase is due to the free-free process, 
the degree of polarization of an optically thin source is (Kundu, 
1965): 


where y=/f;,/f, f is the frequency of observation, fj, is the 
gyrofrequency. At f=5GHz and with an observational upper 
limit to the degree of polarization of about p<3% we get an 
estimate of the magnetic field B< 30 Gauss. This is consistent with 
the magnetic fields measured at photospheric levels. 
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2arch Note 


ensammar', M. Friedjung?, and P. Assus* 
gPEG, Observatoire de Meudon, F-92190 Meudon, France 


3RGA, 8 Boulevard Emile Zola, F-06130 Grasse, France 


tived August 13, 1979 


imary. Infrared observations made in April 1979 indicate a 
tly Planckian energy distribution with a temperature of 
dK, plus an excess in the visible region. This star is probably 
it closely related to the symbiotic stars. 


' words: FU Orionis type — infrared — symbiotic star 
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(ntroduction 

t nature of the object discovered in Vulpecula by Kuwano is 
certain. It appears to have brightened from B= 14 on October 
\977 to B=9.5 on November 26, 1978 (Liller and Liller, 1979). 
& star seems to have been even fainter earlier, with B of the 
ler of 16 for many years from 1898 onwards. This light curve 
i led to its being called a novalike object, but its spectrum does 
t closely resemble that of an ordinary nova. Normal A4 star 
tures were observed by Norimoto, April 11.8 and and April 
8 1979 (Norimoto, 1979), while Mochnacki (1979) did find a 
Dygni profile at Ha with an absorption component shifted only 
km s~? and a Be star type profile at Hf on April 13, 1979. It 
trefore seems that the nature of Kuwano’s object has not yet 
en quite clarified. 


. 


| Observations 


€ measurements considered here were made with the infrared 
meter of the European Southern Observatory (La Silla, 
ile), adapted to the Cassegrain focus of the 1 m telescope. The 
id diaphragm (13”) as well as the filters corresponding to the 
indard photometric system between 1 and 5m were cooled to 
mperature near 66 K, in order to obtain the best performance 
the employed InSb detector. The photometric data from the 
ject were supplemented by measurements of a standard star, so 
to optimize the reductions. The uncertainty of the measure- 
nts is mainly due to that of the correction for atmospheric 
orption. 

Finally 3 field stars were measured at the same time 
'D 194,577, SAO 88,555, and SAO 88,572), so as to test for the 
ssible presence of variability in the emission of Kuwano’s object 
ing the magnitude differences. 


nd offprint requests to: S. Bensammar 
Based on observations made at the European Southern 
servatory, La Silla, Chile 
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rared Observations of Kuwano’s Novalike Object* 


stitut d’Astrophysique, 98bis, Boulevard Arago, F-75014 Paris, France 


III. Discussion 


The fluxes at the earth corresponding to the observed infrared 
magnitudes are shown in Fig. 1. In this figure the crosses represent 
the infrared observations made on April 13 and the x’s those 
made on April 15, 1979. The fluxes derived from the U, B, V 
observations of Ishida et al. (1979) on April 10 are shown by open 
circles. The flux which corresponds to the V measured by us 
relative to HD 194,577 (magnitude equivalent to 5.64 in the V 
system), is shown by an asterisk while the open square cor- 
responds to the August 19, 1978 I magnitude of Ishida et al. 
(1979). 

It will be seen from Fig. 1 that the infrared observations lie 
close to the energy distribution of a 3200 K black body, while an 
excess seems to occur relative to this distribution for shorter 
wavelengths. Using the tables of Allen (1973) an effective tempera- 
ture of this value would correspond to a type of M2 on the main 
sequence, and one of MO for giants. It may be noted that the 
presence of M4 features in a September 6, 1978 IN emulsion 
spectrum was noted by Ishida et al. (1979), while Stephenson 
(1979) gives the same type for an objective prism plate covering 
the 6800— 8800 A range in August 1958. 

The cool object found does probably not resemble a main 
sequence star. According to Johnson (1966) an M 2 main sequence 
star has a V— K of 4.27, so the predicted V for such a star would be 
10.2. Interpolating the values of Allen (1973) (M,,= 10.1), derives a 


ites ee ae 
log Fy (Watt/m/HZ) + 26.0 : 
x 
0.5 
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Fig. 1. The energy distribution of Kuwano’s object. The symbols 
are explained in the text 
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distance of the star of only 10pc (assuming no interstellar 
absorption). The cool object, therefore, probably lies above the 
main sequence. In addition the brightness increase is not only due 
to short wavelength excess; the V of the cool star seems to have 
decreased by at least 4mag. A combination of a temperature and 
a radius change could be responsible for this, although the value 
of R=15, in July 1951 (Ishida et al., 1979), indicates that the 
change was mainly a radius one. 

Kuwano’s object can be compared with stars of the FU 
Orionis type, especially as it occurs near the edge of the Delphini 
T association (Allen, 1973). However, the energy distributions are 
somewhat different. FU Orionis type stars also have composite 
distribution, but the results of Mould et al. (1978) for V 1057 
Cygni in 1977 suggest that there was considerably more flux due 
to a contribution of an object with 6000 K than that with 2000 K. 

It is more probable that Kuwano’s object is related to the 
symbiotic stars. There are nevertheless also objections to this 
interpretation. Boyarchuk (1967) showed that the brightness of 
the cool component of Z Andromedae did not vary much during 
periods of activity, while symbiotic stars in general show easily 
detectable emission lines during outbursts. 

The most probable interpretation of the star studied here is 
one involving a binary containing a cool star above the main 
sequence. The latter is variable and can expand to fill its Roche 
lobe, thus provoking mass transfer onto a normally faint compact 
companion. In this case the model proposed by Warner (1972) for 


Mira Ceti may be applicable. According to this mo 
companion is heated by infall. It remains to be seen whethi 
an explanation is compatible with the near absence 
emission. 
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